
The Fragmentation of

Massive Star-Forming Regions

Javier Adrián Rodón
Max-Planck-Institut für Astronomie

Heidelberg 2009





Dissertation in Astronomy
submitted to the

Combined Faculties of the Natural Sciences and Mathematics
of the Ruperto-Carola-University of Heidelberg, Germany,

for the degree of
Doctor of Natural Sciences

Put forward by
Lic. Javier Adrián Rodón
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Abstract

Since its discovery by E. Salpeter in 1955, the high-mass end of the Initial Mass Function (IMF) has been
continuously tested, and its slope has not changed from the value −2.35 originally calculated by Salpeter,
the “Salpeter value”. Furthermore, it is found that this value is universal. It not only describes the mass
distribution of stellar masses in the Milky Way but also in other galaxies.
Stars form individually or in systems within molecular clouds, from local condensations of sizes on the
order of ∼ 0.01 pc, the so-called “dense cores”. In the case of low-mass star-forming regions, it is found
that the Core Mass Function (CMF) resembles the Salpeter IMF. However, in the case of massive star-
forming (MSF) regions, the answer is not that clear.
The first CMF for a MSF region was derived in 2004 by H. Beuther and P. Schilke for the MSF
IRAS 19410+2336. They found that this CMF also resembled the Salpeter IMF. Since then, a few more
CMFs for MSF regions have been derived, always with exponents comparable to Salpeter. This suggested
that the CMF and the IMF are related in a one-to-one or nearly one-to-one relationship, and that the frag-
mentation processes within a molecular cloud would set the shape of the IMF at an early evolutionary
stage
Attempting to test that scenario, in this thesis I present and analyse high angular resolution interferometric
observations of several MSF regions at millimeter wavelengths, describing their protostellar content and
deriving their CMF whenever is possible. We confirm the result of Beuther & Schilke (2004) and obtain
a CMF with a power-law slope similar to the Salpeter IMF, however for other MSF regions we obtain a
CMF with a power-law slope flatter than Salpeter. This difference suggests that the IMF might not be set
at the moment of the fragmentation of the cloud, but insted would be a result of the evolution of the cloud,
starting with a flatter mass distribution that becomes steeper at laterevolutionary stages. This result is not
conclusive yet, and we suggest a series of observations that would be needed to fully test it.



Zusammenfassung

Seit seiner Entdeckung durch Edwin Salpeter im Jahre 1955 wurde das massereiche Ende der ursprünglichen
Massenfunktion (IMF) immer wieder untersucht, und die Steigung hat sich vom ursprünglich bestimmten
Wert Salpeters von−2.35, dem “Salpeter-Wert”, nicht verändert. Vielmehr hat sich herausgestellt, daßdieser
Wert universell ist, er beschreibt nicht nur die Massenverteilung stellarer Massen in der Milchstrasse son-
dern auch die in anderen Galaxien.
Sterne entstehen in Molekülwolken, einzeln oder in Systemen, aus lokalen Kondensationen in einer
Grössenordnung von ∼ 0.1 pc, den sogenannten “dense cores” (“dichten Kernen”). Im Falle von Re-
gionen massearmer Sternentstehung wurde gefunden, daß die Kernmassenfunktion (CMF) der Salpeter
IMF gleicht. Allerdings ist für Regionen massereicher Sternentstehung (MSF) diese Frage noch nicht
geklärt.
Die erste CMF für eine MSF Region wurde 2004 von H. Beuther und P. Schilke abgeleitet für die MSF
IRAS 19410+2336. Auch die von ihnen gefundene CMF gleicht der Salpeter IMF. Seitdem wurden einige
wenige CMF für MSF Regionen bestimmt, alle mit einem Exponenten ähnlich dem von Salpeter bes-
timmten. Dies deutet auf eine eins-zu-eins-, oder beinahe eins-zu-eins-Beziehung der CMF und der IMF
und daß der Fragmentierungsprozess innerhalb einer Molekülwolke die stellare IMF schon zu einer sehr
frühen Entwicklungsphase festlegt.
Um dieses Szenario zu testen, präsentiere und analysiere Ich in dieser Doktorarbeit interferometrische
Beobachtungen mit hoher räumlicher Auflösung im Millimeterbereich von mehreren MSF Regionen.
Dabei beschreibe Ich deren protostellaren Inhalt und leite, sofern möglich, deren CMF ab. Wir bestätigen
das Ergebnis von Beuther & Schilke (2004) und erhalten eine Steigung der CMF ähnlich der Salpeter
IMF, für andere MSF Regionen jedoch erhalten wir eine CMF mit einer etwas flacheren Steigung als die
Salpeter IMF. Der Unterschied deutet darauf hin, daß die IMF nicht zum Zeitpunkt der Fragmentation
festgelegt wird, sondern vielmehr ein Ergebnis der Entwicklung der Molekularwolke ist. Diese beginnt
mit einer flacheren Massenverteilung, die mit der Zeit steiler wird. Dieses ist jedoch noch kein endgültiges
Ergebnis und wir empfehlen eine Serie von notwendigen Beobachtungen um dies vollständig zu testen.
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Chapter 1

Introduction

1.1 The fragmentation of a cloud

It is known that stars form within Molecular Clouds. Among these clouds, the Giant Molecular
Clouds (GMC) in particular have masses of 104−106 M�, average densities of 102−103 cm−3 and
temperatures on the order of ∼ 10 K, reaching sizes on the order of ∼ 10 pc. A molecular cloud
will remain in hydrostatic equilibrium, until as a consequence of their low temperatures and
high densities it exceeds its Jeans mass and starts to collapse. As it collapses, the cloud breaks
into smaller and smaller fragments. During the collapse temperature and pressure increase and
the fragments become optically thick, which makes them less efficient at radiating the potential
energy as heat, thus inhibiting further fragmentation (e.g. Blitz 1993; Williams et al. 2000).
Complicating this picture of a collapsing cloud are the effects of turbulence, macroscopic flows,
rotation, magnetic fields and the cloud geometry. Both rotation and magnetic fields can hinder
the collapse of a cloud (e.g. Hartmann 1998), while turbulence is instrumental in causing frag-
mentation of the cloud, and on the smallest scales it promotes collapse (e.g. Ballesteros-Paredes
et al. 2007).

1.1.1 The Jeans scale of fragmentation

The fragmentation process of molecular clouds just mentioned produces the observed complex
pattern of filaments, sheets, bubbles, and irregular clumps. The densest parts of the filaments
and clumps are called molecular cores, and is within these dense cores that star formation takes
place.

Perhaps a better way to understand the difference between molecular clouds, clumps and cores
is by determining their Jeans scale. The Jeans scale or length is the minimum length-scale for
gravitational fragmentation, based on the mass necessary for an object to be gravitationally bound

1



2 CHAPTER 1

against its thermal support. Such mass is the so-called Jeans mass, and can be estimated by
comparing the gravitational and thermal energies. In the case of a uniform density sphere the
Jeans length is given by

λJ = 0.19 pc
(

T
10K

)1/2 ( nH2

104 cm−3

)−1/2
, (1.1)

which also gives an estimate of the minimum initial separation for self-gravitating fragments.

As mentioned before, molecular clouds have average densities of 102−103 cm−3 and temperatures
of ∼ 10 K. Introducing this values in Eq. (1.1) we obtain λJ ∼ 0.2 − 0.6 pc. These resulting self-
gravitating fragments are called clumps, and is within these structures where most likely a star
cluster will form. As just shown, clumps have sizes on the order of ∼ 0.1 pc, and their densities
are found to be on the order of a few 104 cm−3 to about 105 cm−3.

If we now introduce those values in Eq. (1.1), we obtain Jeans scales on the order of λJ ∼ 0.01 pc.
These structures are called molecular cores and are the densest parts of the clumps. The cores
have densities of 104−107 cm−3 and temperatures of ∼ 10 − 30 K, and is within these dense cores
that a star or a stellar system will form.

1.2 The formation of a star

1.2.1 Low-Mass Stars

Stars of different masses are thought to form by different mechanisms. In the case of stars with
masses up to a few solar masses, it is fairly well known how a core evolves into a star. The
dense cores in the molecular clouds will collapse, building a central protostar surrounded by
an infalling envelope through which the protostar continues to accrete (Larson 1969; Shu et al.
1987). While contracting, the angular momentum excess in the core entails the formation of
a rotationally supported circumstellar disk. At later stages this disk becomes the main source
of infalling material onto the protostar, while molecular outflows and jets are produced via in-
teractions with the protostar, most likely as an effect of the angular momentum of the infalling
material (e.g., Richer et al. 2000). Once the protostar becomes optically visible, it moves through
the Hertzprung-Russell diagram along evolutionary tracks, deriving its luminosity from gravita-
tional contraction (Hayashi 1961; Stahler 1983; Palla & Stahler 1993). When the density and
temperature in the protostar are high enough hydrogen fusion begins and the star reaches the
ZAMS (e.g., Palla & Stahler 2000). For detailed reviews on different topics of low-mass star
formation see, e.g., Andre et al. (2000); Lada (1999); Shu et al. (1999); Richer et al. (2000).
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1.2.2 Massive Stars

In contrast, the picture for stars with masses above ∼ 8 M� is not that clear. These stars do not
have a visible pre-main sequence phase since they start the nuclear burning while still deeply
embedded in the parental core, thus directly appearing in the ZAMS (Palla & Stahler 1993). The
main problem in determining their formation mechanism arises from the radiative pressure that
massive stars exert on the surrounding ambient cloud as soon as they ignite, pushing against
infalling material. In the past decades studies demonstrated that in the classical star-formation
scenario derived for low-mass stars the radiation pressure might be substantial enough to halt
accretion onto the massive protostar, therefore the theory had to be adapted to account for the
formation of massive stars (Kahn 1974; Wolfire & Cassinelli 1987; Bonnell et al. 1998; Stahler
et al. 2000).

The proposed solutions are following mainly two paths. The most straightforward is the so-called
monolithic collapse, that tries to adapt the mechanism of low-mass star formation by increasing
accretion rates from 10−6−10−5 M� yr−1 to 10−4−10−3 M� yr−1 and letting the star accrete through
circumstellar “disks”. Theoretical work has shown that the production of a jet and outflow clears
a cavity through which much of the radiation from a massive protostar can escape without hinder-
ing accretion through the disk and onto the protostar (Wolfire & Cassinelli 1987; Jijina & Adams
1996; McKee & Tan 2003; Norberg & Maeder 2000; Tan & McKee 2002; Yorke & Sonnhalter
2002). Also there is mounting evidence that at least some massive protostars are indeed sur-
rounded by accretion disks (e.g., Beuther et al. 2007a; Cesaroni et al. 2007; Fallscheer et al.
2009; Zinnecker & Yorke 2007). However, some authors caution that this scaled-up version of
low-mass star formation can be feasible only up to early B stars (see Zinnecker & Yorke 2007).

The second approach to massive star-formation remains to be tested observationally. It is the
theory of coalescence and competitive accretion, which suggests that massive protostars are
“seeded” by low-mass protostars which compete with other protostars to draw in matter from
the entire parent molecular clump instead of simply from a small local region, and that if the pro-
tostellar densities in the evolving cluster are high enough (∼ 106−8 pc−3), then massive stars may
form by the coalescence of two or more lower-mass stars (Bonnell 1997; Bonnell et al. 1998;
Bonnell & Bate 2006; Davies et al. 2006; Stahler et al. 2000; Zinnecker & Bate 2002). However,
recent studies in stellar rotation seem to rule out the coalescence scenario, at least for stars up to
∼ 50 M� (e.g., Wolff et al. 2006).
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1.3 To look for a Massive Star

When observing Massive Star-Forming (MSF) regions, one of the basic questions tried to be
answered is: How is their mass distribution compared to the stellar Initial Mass Function (IMF)?

To answer this we have to observe MSF regions with increasing spatial resolution, probing the
fragmentation of the dense cores, and trying to find the elusive high-mass pre-protostellar objects,
the massive analogues to the low-mass Class 0 objects.

The problem is that observations of MSF regions are more difficult than for their low-mass coun-
terparts, for several reasons. Most prominently, massive s tars are rare, and their evolutionary
timescales are short. While a solar-type star can remain in the main sequence for ∼ 1010 years,
stars with masses over ∼ 10 M� will only last for a few ∼ 106 years (Schaller et al. 1992). This
in turn adds to its rarity. A direct estimate with the stellar IMF reveals that stars with masses
above ∼ 8 M� account for only ∼ 2% of the stars born in the Galaxy in a single star-forming
event. This makes the probability of finding a nearby MSF region very low. Whereas there do
exist a number of low-mass star-forming (LMSF) regions within a few hundred parsecs from the
Sun (e.g, Taurus-Auriga, Perseus), with a few exceptions like Orion at ∼ 420 pc and Cepheus
at ∼ 750 pc (see e.g., Zinnecker & Yorke 2007), the large majority of known MSF regions are
located beyond a few kiloparsecs from the Sun.

Also, unlike low-mass stars, massive stars do not form in isolated mode but seem to form exclu-
sively in clustered mode (Stahler et al. 2000; see also Fig. 1.1). Together with their relatively
large distances, this formation mode makes very difficult to disentangle single massive protostars
within a protocluster. Furthermore, because they are extremely deeply embedded during all their
formation phase, observations of massive protostars are challenging even in the near-infrared
(e.g., Menten & Reid 1995 for the case of the BN/KL region in Orion). The most convenient
regime to study the early phases of massive star formation is the sub-mm and mm range, where
the continuum and molecular line emission of compact, massive cores are strong and easily de-
tected by current single-dish antennas and interferometers.

In the last years improvements in sensitivity and angular resolution in (sub)mm interferometers
are making possible to observe deeper into MSF regions and observe each time smaller cores.
This has allowed us to study in more detail the physical and dynamical properties of massive
protostars and cores, their small-scale outflow component and also derive the CMF of MSF
regions, studying a possible link to the IMF.
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Figure 1.1: Summary of the multiplicity of the Orion Trapezium stars. The images in the figure
are K-band speckle reconstructions of a few bright Orion Nebula cluster member stars of spectral
type O or B. There are several visual companions of these stars, all of which seem to be low-
or intermediate-mass stars (see Preibisch et al. 1999). Extrapolation with correction for the
unresolved systems suggests that there are at least 1.5 companions per primary star on average.
This number is clearly higher than the mean number of 0.5 companions per primary star found
for the low-mass stars in the Orion Nebula cluster as well as in the field population. This suggests
that a different mechanism is at work in the formation of high-mass multiple systems in the dense
Orion Nebula cluster than for low-mass stars (see e.g., Bally et al. 1998; Herbig & Griffin 2006;
Kraus et al. 2009; Preibisch et al. 1999; Schertl et al. 2003; Weigelt et al. 1999). Image produced
by T. Preibisch, available at http://www.usm.uni-muenchen.de/people/preibisch/.
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1.4 The IMF

The stellar IMF is the distribution function of the masses of stars formed in one event. Salpeter
(1955) first suggested a power-law approximation to the mass function of stars with masses
0.4 < m/M� < 10 of the form

dn
dm
∝ m−β, (1.2)

with an exponent β ∼ 2.35, the now so-called “Salpeter value”. More recently, Miller & Scalo
(1979) studied the IMF for the mass range outside the Salpeter limits, and proposed a flattening
of the IMF below ∼ 0.5 M� and suggested the lognormal form

dn
d
(
log m

) =
A√
2πσ

exp
−

(
log m − log mc

)2

2σ2

 , (1.3)

where mc is the mean mass and σ2 =
〈(

log m − 〈
log m

〉)2
〉

is the variance in log m.

At the present time the most widely used functional form is the power-law (1.2), but broken into
three mass regimes, each one with a different value for the exponent (e.g., Chabrier 2003; Kroupa
et al. 1993; Kroupa & Weidner 2005; Kroupa 2007, 2008; Pflamm-Altenburg & Kroupa 2006;
Reid et al. 2002; see Fig. 1.2):

dn
dm
∝ m−βi , i = 0, 1, 2

β0 = 0.30 ± 0.7, 0.01 m/M� ≤ 0.08

β1 = 1.30 ± 0.5, 0.08 ≤ m/M� ≤ 0.50

β2 = 2.30 ± 0.7, 0.50 ≤ m/M� . 150

(1.4)

A substantial contribution to the determination of the uncertainties in the exponents of the IMF
was made by Scalo (1998), who summarized a large part of the observational constraints on the
IMF and demonstrated that the observed scatter in β can be understood as being due to Poisson
uncertainties and dynamical effects, as well as arising from biases through unresolved multiple
stars.

Garmany et al. (1980) studied the high-mass end of the IMF (β2) in OB associations, and con-
cluded that it is consistent with Salpeter. On the other hand, observational results give dif-
ferent values for β2. For instance, Pflamm-Altenburg & Kroupa (2006) finds a steeper (than
Salpeter) value in the Orion cluster, while Stolte et al. (2006) obtains a slope β2 ∼ 1.9 in the
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NGC 3063 cluster. Nevertheless, Scalo (1998) had already noted that the high-mass slope of sev-
eral young clusters and associations varies but the average slope remains similar to the Salpeter
value β = 2.35.

Furthermore, the high-mass end of the IMF given by Eq. (1.4) is found to be universal despite
environmental factors like metalicity or density that could change this distribution. Not only in
the Galaxy, but also studies at moderate to high redshift are consistent with this Salpeter power-
law (e.g., Baldry & Glazebrook (2003)). It is true, however, that in the Milky Way disk Scalo
(1986) found a third slope β3 ∼ 2.7 (m ≥ 1 M�), a result later confirmed by several other authors
as for example Reid et al. (2002) (2.5 ≤ β3 ≤ 2.8), Portinari et al. (2004) and Romano et al.
(2005) (2.5 ≤ β3 ≤ 2.7). Nevertheless, Weidner & Kroupa (2005, 2006) showed that this third
steeper slope follows naturally from the very universality of the IMF (see also Köppen et al.
2007; Kroupa 2008).

Attempts to explain the universality of the IMF follow basically two ways. One is via competitive
accretion (see the review of Bonnell et al. 2007), and the second is via random sampling of fractal
clouds (see e.g., Elmegreen 1997; Henriksen 1991). For a detailed discussion of these methods,
see the review of Zinnecker & Yorke (2007). This universality of the IMF is the main motivation
to study its assembly, and one of the drivers of this thesis.

1.5 The Core Mass Function

The life and death of a star is determined almost completely by its mass, marking the importance
of knowing the distribution of masses of the newly formed stars, the IMF. But stars form in
molecular clouds, and therefore the clouds’ dynamical and physical properties determine the
initial conditions for star formation.

In their large mm survey of the ρ Ophiuchi LMSF region Motte et al. (1998) derived a CMF
with a power-law slope similar to the IMF. This led them to conclude that the cores were the
direct precursors of individual stars or stellar systems. Furthermore, other star-forming regions
have shown CMFs similar to the IMF (e.g., Testi & Sargent 1998; Johnstone et al. 2001; Reid
& Wilson 2006; Enoch et al. 2007; Nutter & Ward-Thompson 2007; Alves et al. 2007). Several
theoretical results supports a one-to-one or nearly one-to-one relationship between cores and stars
(e.g., Padoan & Nordlund 2002; Scalo 1998; Matzner & McKee 2000), however the similarity
between the CMF and the IMF is the only observational evidence supporting this relationship.

On the other hand, there is also evidence suggesting that this one-to-one relationship may not
hold. Some cores must fragment to produce the large population of observed multiple systems,
and that cores fragment is indeed found, as I show in Chapter 4. Also the fraction of cores that
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Figure 1.2: The average Galactic field IMF (Eq. 1.4) is shown as a solid line, with the associated
uncertainty range. Adapted from Kroupa & Weidner (2005).

will evolve into stars is uncertain, as is for example found by Lada et al. (2008) that in the Pipe
Nebula the large majority of cores are gravitationally unbound.

Different initial conditions at the moment of the fragmentation might result in different shapes of
the CMF. Simulations of the evolution of molecular clouds show that if the dynamical evolution
is dominated by gravity, then the slope of the mass spectrum becomes flatter than the Salpeter
value (e.g., Klessen 2001). In the case of pure gravitational contraction (i.e., the cloud is gravita-
tionally dominated), the slope is β ∼ −1.5, while when the cloud is supported by turbulence the
slope steepens.

In the case of gravitational fragmentation, the Jeans criterion would set a characteristic mass (the
Jeans mass) and thus set the basis of the CMF. Simulations show that this kind of fragmentation
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produces a mass distribution extending to, and peaking at, about the Jeans mass (∼ 0.5 M� in the
case of clumps). Subsequent processes like competitive accretion and ejection later define the
shape of the high- and low-mass end of the IMF, respectively (e.g., Jappsen et al. 2006; Bonnell
& Bate 2006; see the review by Bonnell et al. 2007). In contrast, feedback processes like heating
from accretion can inhibit fragmentation (e.g., Krumholz 2007), thus allowing the existence of
massive cores at the moment of fragmentation.

In the case of MSF regions the CMF at spatial scales of ∼ 0.01 pc was not determined until
the work of Beuther & Schilke (2004) on IRAS 19410+2336. They found that also at those short
spatial scales the CMF resembled the high-mass end of the IMF. For this thesis I have determined
the CMF of MSF regions at similar spatial scales, and found contrasting results. While the result
of Beuther & Schilke (2004) is confirmed taking into account the temperature structure of the
cores, for other regions I find a flatter slope.

1.5.1 Cloud Mass Function

The mass functions of molecular clouds at spatial scales larger than ∼ 0.01 pc can also be de-
scribed by a power-law in the form given by Eq. 1.2, but with slope values in the β ∼ 1.4 − 1.8
range, shallower than Salpeter.

In their study of seven Galactic molecular clouds Kramer et al. (1998) showed that their mass
functions have slopes in the β ∼ 1.6 − 1.8 range. This was a confirmation of the results that
had been found since the ’80s by several authors. Just to name a few, the studies of Brand &
Wouterloot (1995); Carr (1987); Casoli et al. (1984); Dobashi et al. (1996); Kramer et al. (1996);
Lada et al. (1991); Langer et al. (1993); Loren (1989); Sanders et al. (1985); Solomon et al.
(1987); Solomon & Rivolo (1989); Tatematsu et al. (1993); and Williams et al. (1994, 1995) all
found that the mass distribution of molecular clouds have power-law slopes between β ∼ 1.4 and
β ∼ 2.0. Also studies in other galaxies yield values in the β ∼ 1.5 − 1.7 range, as for example
for the LMC, IC10 and M31 (see e.g., Blitz et al. 2007). This results suggest that also the mass
function of molecular clouds is universal, and consistently shallower than the IMF.

It is not yet clear why the molecular cloud mass function and the CMF show different slopes
or if there is a relationship between them, for example if the slope of the cloud mass function
“evolves” into the steeper slope of the CMF. Trying to understand this difference is another of
the motivations of this thesis.
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1.6 Outline of this work

In this thesis I show a study of several MSF regions at high spatial resolution down to spatial
scales on the order of ∼ 2000 AU and smaller, aimed to give insight into their fragmentation
process and (proto)stellar content.

1.6.1 Observational approach

The low temperatures found in molecular clouds (see Sec. 1.1) imply that they are detected at
radio wavelengths. To derive a CMF, we are interested in determine the masses of the cores
within the clouds. For this we use the dust emission, that at the low temperatures of the clouds
(10 − 30 K), is found to emit more prominently at (sub)millimeter wavelengths, since in general
the dust optical depth increases with decreasing wavelength (see e.g., Ossenkopf & Henning
1994).

Therefore, the observations for this thesis were done at mm wavelengths. To calculate the mass of
the cores we followed the approach of Hildebrand (1983) and assumed that the dust continuum
emission is optically thin and of thermal origin, allowing us to determine the gas mass of the
cores from the mm continuum emission after adopting a grain model and a gas-to-dust ratio.

To determine the mass of a core, we also need to know its temperature. In the mm regime the
temperature can be determined using spectral lines of certain molecular species, as for example
formaldehyde, methyl cyanide and ammonia (see e.g., Mangum & Wootten 1993; Watanabe &
Mitchell 2008; Zhang et al. 1998). For our work, we observed in particular several formaldehyde
transitions at ∼ 1.4 mm. The details of the observations will be given in the following chapters.

Since we are interested in describe the cores within the clouds we need to resolve them at dis-
tances of a few kiloparsecs. Core sizes are in the order of 0.01 pc or equivalently, about a few
thousand AU, thus we require angular resolutions on the order of ∼ 1′′ and better to resolve them.

Currently, at mm wavelengths such resolution is only achievable with interferometers. At a
wavelength of ∼ 1 mm it is possible to reach angular resolutions of some tenths of arcsecond
with interferometers like the Plateau de Bure Interferometer (PdBI) or the Submillimeter Array
(SMA), and at ∼ 7 mm and ∼ 13 mm the Very Large Array (VLA) can achieve resolutions even
below 0.1′′ under good weather conditions. Regarding the sensitivity, at ∼ 1 mm is usual to reach
r.m.s. noises of about 1 mJy when observing the continuum and a some 10 mJy in the case of line
emission. The PdBI is currently the most sensitive array in the mm1, and in particular is capable

1It has to be mentioned, however, that at the moment of writing this thesis the SMA has successfully upgraded
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of achieve sensitivities of a few 0.1 mJy at ∼ 1 mm and as low as ∼ 80 µJy at ∼ 3 mm.

Although in this work we rely on high-resolution interferometric observations, we often resort
to larger-scale mappings with single-dish telescopes in the (sub)mm to, for example, determine
the amount of flux that has been filtered by the interferometer for being emitted by large-scale
structures. At this moment, antennas operating at the mm wavelength range can achieve angular
resolutions in the order of 10′′. For example, the IRAM 30m Telescope has a resolution of ∼ 11′′

at ∼ 1.2 mm, the Effelsberg 100m Telescope achieves ∼ 10′′ at ∼ 3.5 mm and the James Clerk
Maxwell Telescope (JCMT) reaches ∼ 14′′ at ∼ 0.85 mm.

Detailed technical specifications and capabilities of some state-of-the-art interferometer and
single-dish antennas can be found at http://www.vla.nrao.edu/astro/guides/vlas/current/ (VLA);
http://www.iram.fr/IRAMFR/GILDAS/doc/html/pdbi-intro-html/pdbi-intro.html (PdBI); http://www.
jach.hawaii.edu/JCMT/ (JCMT); http://sma1.sma.hawaii.edu/status.html (SMA); http://www.apex-
telescope.org/ (APEX: Atacama Pathfinder Experiment); http://www.iram.es/IRAMES/mainWiki
/TelescopeSystemStatus (IRAM 30 m).

1.6.2 Thesis Organization

This thesis is structured as follows. In Chapter 22 we revisit the region IRAS 19410+2336 to
determine its temperature structure and thus derive better mass estimations for the cores and
produce a more accurate CMF for the region. We confirm the results of Beuther & Schilke
(2004), obtaining a CMF with a power-law slope similar to the Salpeter IMF, and discuss the
implications this has for the theories of massive star-formation.

Continuing in Chapter 33 I present and analyse data on four more MSF regions observed at
similar spatial resolutions as before. We take advantage of the similarities between two of those
regions and derive a CMF using the cores detected in both of them. This time however, we obtain
a CMF with a power-law slope flatter than the Salpeter IMF. We compare this with the results of
the previous chapter, and discuss possible scenarios that might explain this difference and which
observations would be needed to further investigate them. Also, we show NIR data on these
MSF regions from a VLT-SINFONI survey within the framework of the FEMS project (P.I.: A.
Bik, E. Puga), and highlight the importance that a multiwavelength has in the study of massive
star-formation.

its bandwidth, improving its sensitivity in a factor
√

2 and now being capable of sensitivities similar to the PdBI at
1 mm, although the latter still remains as the most sensitive array in operation to date.

2Based on a paper submitted to Astronomy & Astrophysics by Rodón et al. (2009a).
3Based on a paper to be submitted to Astronomy & Astrophysics by Rodón et al. (2009b).
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Then in Chapter 44 we go one step further in spatial resolution and I show our study of the MSF
region W3 IRS5, resolved down to ∼ 0.0036 pc (∼ 750 AU). We are faced with the possible pro-
genitor of a multiple stellar system similar to the Trapezium in Orion: a so-called prototrapezium
system. The outflow component in the system is resolved into five small-scale outflows, and we
analyse their physical properties.

Finally in Chapter 5 I present a summary of the work presented in this thesis and what can be
learned from it, and potential and ongoing work in the framework of this thesis.

4Based on a paper published in Astronomy & Astrophysics by Rodón et al. (2008).



Chapter 2

The Core Mass Function of IRAS 19410+2336

Our understanding of the structure of the cold, dense interstellar medium (ISM) in star-forming
regions has improved in the last years. In those regions the ISM exhibits a clumpy, often fila-
mentary structure with density maxima at the sites of star formation. To represent this structure
quantitatively we use the Core Mass Function (CMF). In this paper we will refer to “core” as the
small (diameter D∼ 0.01 pc), dense condensation that will form individual stars or small multiple
systems, while with “clump” we denote structures that may form (proto)clusters and may there-
fore be more massive and larger than cores. In this sense, cores may be considered as a subset of
clumps.

Submillimeter observations of low-mass star-forming regions such as Serpens (e.g., Testi & Sar-
gent 1998), Orion B (e.g., Motte et al. 2001) and ρ Oph (e.g., Motte et al. 1998), as well as
near-infrared extinction maps (e.g., Alves et al. 2007), show that their CMFs resemble the shape
and intrinsic mass scale of the stellar Initial Mass Function (IMF; e.g., Salpeter 1955; Kroupa
2002). This suggests that these dense cores would be the immediate precursors of stars, and that
by applying a more or less constant core-to-star mass conversion efficiency we can obtain the
IMF from the CMF.

In the case of Massive Star-Forming (MSF) regions we have, for example, the analysis of Reid
& Wilson (2006). They gathered the published masses of the MSF regions M8 (e.g, Tothill et al.
2002), M17 (e.g., Reid & Wilson 2006), NGC 7538 (e.g., Reid & Wilson 2005), W43 (e.g.,
Motte et al. 2003) and RCW 106 (e.g., Mookerjea et al. 2004), tracing spatial scales of clumps
that correspond to (proto)clusters rather than to individual cores, and tested the fit of several
functional forms for their clump mass functions. They found that in those cases, the best fit
was obtained by a double power law, having a mean power-law exponent for the high-mass end
consistent with the Salpeter IMF. This would again imply that by an almost one-to-one mass
conversion efficiency the IMF could be obtained from the clump mass function, as in the case for
low-mass star-forming regions. Similar analyses were conducted by e.g., Shirley et al. (2003);
Beltrán et al. (2006).

13
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However, this one-to-one relationship may not hold as, for example, some clumps must fragment
to produce the observed quantity of multiple stellar systems (Goodwin et al. 2007). The relatively
large distances (& 2 kpc) of most of the known MSF regions require spatial resolution of about
1′′ to resolve the clumps into cores with sizes below ∼ 0.1 pc. That resolution in the (sub)mm
regime is only achievable with the interferometric technique. So far, only a few MSF regions
have been observed in the (sub)mm with spatial resolutions good enough to resolve individual
cores (e.g., Fontani et al. 2009, Rodón et al. 2008, Rathborne et al. 2008, Beuther et al. 2006),
and only for one source, IRAS 19410+2336, has it been possible to determine a mass function
(Beuther & Schilke 2004).

The young MSF region IRAS 19410+2336 is at a distance of 2.16 kpc (Xu et al. 2009) and
has an integrated bolometric luminosity of about 104 L�. It is a very active star-forming site,
with sources detected from X-rays down to radio wavelengths. It has H2O and CH3OH maser
emission (Sridharan et al. 2002; Beuther et al. 2002d) and X-ray sources (Beuther et al. 2002a),
denoting the ongoing formation of intermediate-to-high mass stars. The region is embedded
within a cluster of over 800 components detected at NIR wavelengths (Martı́n-Hernández et al.
2008; Qiu et al. 2008), and it has a rich and energetic outflow component with multiple outflows
detected in CO (Beuther et al. 2002c, 2003). Beuther et al. (2002b) found that the large-scale
mm emission shows two massive gas clumps roughly aligned in a north-south direction that splits
into several sub-sources with increasing spatial resolution (Beuther & Schilke 2004).

With their studies of the mm continuum at high spatial resolution, Beuther & Schilke (2004) were
able to derive the mass function of IRAS 19410+2336, resulting in a Sapleter-like distribution.
However, the strongest caveat in the derivation of that mass function was the fact that a uniform
dust temperature was used in the calculation of the masses. Although they argue that the dust
temperature distribution should not vary strongly, they also warn that changes in the temperature
of the cores would result in a somewhat flattened slope.

We have revisited IRAS 19410+2336 observing the mm continuum at high-spatial resolution
and obtaining molecular-line emission of known temperature tracers, to determine via several
methods a temperature structure for it and in the end derive a more robust mass function.
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2.1 Observations

2.1.1 Interferometric

We observed the two protostellar clusters of IRAS 19410+2336 with the PdBI in the B, C and D
configurations, comprising baselines from 20m to 330m. This translates into projected base-
lines ranging from ∼ 7 kλ to ∼ 120 kλ at 3 mm and from ∼ 15 kλ to ∼ 240 kλ at 1.4 mm.
The phase centers were set at RA(J2000) = 19h43m10.7s; Dec(J2000) = 23◦44′58.4′′ (“North-
ern” (proto)cluster) and at RA(J2000) = 19h43m11.2s; Dec(J2000) = 23◦44′03.2′′ (“Southern”
(proto)cluster), and the continuum was mapped at 3 mm and 1.4 mm.

Table 2.1: Observed molecular transitions and rms of the respective maps.

ν Spect. Resol. Eup rmsa

Transition
(GHz) (MHz) (K)

(mJy beam−1)

North South

CH3CN (60 − 50) 110.383 0.18 18.5 10 17

CH3CN (61 − 51) 110.381 0.18 25.7 10 17

CH3CN (62 − 52) 110.375 0.18 47.1 10 14

CH3CN (63 − 53) 110.364 0.18 82.9 10 14

H2CO
(
30,3 − 20,2

)b 218.222 0.36 21.0 29 36

H2CO
(
32,2 − 22,1

)b 218.476 0.36 68.1 19 30

H2CO
(
32,1 − 22,0

)
218.760 0.36 68.1 23 34

aFor a spectral resolution of 0.5 km s−1

brms values obtained after combining 30 m and PdBI data.

The 3 mm receiver was tuned in the upper sideband and the 1.4 mm receiver in the lower side-
band. With this spectral setup we observed the H2CO and CH3CN transitions described in Table
2.1 with a maximum spectral resolution of 0.5 km s−1, adopting a systemic velocity
VLSR = 22.4 km s−1 (Ridge & Moore 2001; Tieftrunk et al. 1998).

The phase and amplitude calibrators were 1923+210 and 2023+336 and the flux calibrators were
3C273, 2200+420, 1749+096 and 1741-038, adopting for the calibration the flux values from the
SMA flux monitoring of these quasars. The data were calibrated with CLIC and then imaged with
MAPPING, both part of the GILDAS package. The spectra were processed with CLASS90, also
from the GILDAS package.
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After imaging and deconvolution, the resulting synthesized beams for the continuum data are
1.2′′ × 0.8′′ at 1.4 mm and 2.2′′ × 1.6′′ at 3 mm. At the given distance of 2.2 kpc that means a
spatial resolution of ∼ 2200 and ∼ 4200 AU, respectively. The continuum data for the Northern
(proto)cluster have rms noise levels σ ∼ 0.8 mJy beam−1 and σ ∼ 0.4 mJy beam−1 at 1.4 mm and
3 mm respectively, while in the southern (proto)cluster the rms noise levels areσ ∼ 1.0 mJy beam−1

and σ ∼ 0.4 mJy beam−1 at 1.4 mm and 3 mm respectively. For the line data, the synthesized
beams and noise levels are detailed in Table 2.1.

2.1.2 Short spacings

We obtained IRAM 30 m observations of H2CO
(
30,3 − 20,2

)
and H2CO

(
32,2 − 22,1

)
towards

IRAS 19410+2336 in November 2007, taken in the on-the-fly mode with both HERA heterodyne
receivers tuned at 218.222 GHz. For the backend we used the VESPA correlator, assigning 2 of
its spectral bands to each HERA receiver, with a channel spacing of 320 kHz and a bandwidth of
80 MHz, resulting in a spectral resolution of 0.5 km/s at 218 GHz.

The data were processed with CLASS90. The single-dish uv-data were combined with the inter-
ferometric uv-data using MAPPING. After imaging and deconvolution we obtained a synthesized
beam of 1.6′′ × 1.0′′ for the combined data. The rms levels of the combined data are shown in
Table 2.1.

2.2 Results

2.2.1 Millimetric Continuum

We established a detection threshold of 4σ in our 1.4 mm continuum maps, corresponding to
∼ 4 mJy beam−1, M ∼ 1 M�1 and N (H2) ∼ 6 × 1023cm−2 in the Southern (proto)cluster, and ∼
3.2 mJy beam−1, M ∼ 0.8 M�1 and N (H2) ∼ 4.5 × 1023cm−2 in the Northern (proto)cluster. In
the latter we detect 7 sources, while in the former there are 19 detected sources. Fig. 2.1 shows
the 1.4 mm and 3 mm continuum maps for both (proto)clusters, with the 26 sources detected at
1.4 mm marked with triangles and the two sources only detected at 3 mm marked with squares.

The properties of the sources are summarized in Table 2.2. Cols. 2 and 3 give their absolute
positions, the measured peak flux intensity and integrated flux density are given in Cols. 4 and 5
respectively.

1For Tkin ∼ 40 K (see Secs. 2.2.1 and 2.3.1 for more details).
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Figure 2.1: Continuum maps of IRAS 19410+2336 obtained with the PdBI. On the top row are
the 1.4 mm maps of the Northern -panel a)- and Southern -panel c)- (proto)clusters. Similarly,
on the bottom row are the 3 mm maps of the Northern and Southern (proto)clusters in panels b)
and d) respectively. The contouring stars at the 4σ level in all the panels, increasing in 1σ steps
first and in 4σ steps afterwards (see Table 2.2 for the σ values). The triangles mark the position
of the sources detected at 1.4 mm while the squares are the sources detected at 3 mm. A square
appearing in a 1.4 mm map indicates a source that is only detected at 3 mm. Similarly, a triangle
in a 3 mm map signals a source detected at the same position in a 1.4 mm map.
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Because the brightness temperature at 1.4 mm of the corresponding Planck function for the
strongest source in the region is about 2 K, just ∼ 2% of the typical hot core temperatures of
∼100 K, we can assume that the emission comes from optically thin dust and thus calculate the
masses and column densities with the approach outlined by Hildebrand (1983) and adapted by
Beuther et al. (2002b, 2005). We adopted a distance of 2.2 kpc, and used a grain emissivity index
β = 2, corresponding to a dust opacity per unit mass κ1.4 mm ∼ 0.3 and κ3 mm ∼ 0.08 cm2 g−1 for
a median grain size a = 0.1 µm, a grain mass density ρ = 3 g cm−3, and a gas-to-dust ratio of
186 (Draine et al. 2007). The calculated masses and H2 column densities are in Cols. 7 and 8 of
Table 2.2, respectively. For their calculation we used the temperatures shown in Col. 7 of Table
2.4. Those temperatures were determined from the measured H2CO line ratios, following the
procedure explained and discussed in Sec. 2.3.2.

Figure 2.2: Comparison of the interferometer (PdBI, filled) and single-dish (IRAM 30m, solid
line) H2CO

(
30,3 − 20,2

)
line emission towards IRAS 19410+2336. Clearly seen is the “self-

absorption”-like feature in the PdBI emission, denoting the missing flux, coming from more
extended spatial-scales and filtered out by the interferometer. The single-dish spectrum has been
scaled down for comparison by a factor 10.
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The masses obtained are strongly affected by the spatial filtering inherent to interferometers.
While varying dust properties may account for the discrepancy between the masses calculated at
1.4 mm and 3 mm, the spatial filtering is most likely the cause. Our shortest baseline of 20m at
the given distance of 2.2 kpc corresponds to a spatial scale of ∼ 38000 AU at 1.4 mm, therefore
any structure larger than this was not detected. Comparison with single-dish data (Beuther et al.
2002b) indicate that only ∼ 6% of the flux at 1.4 mm was recovered, the remaining flux being
part of the filtered out large-scale common envelope (see Sec. 2.4.1 for further discussion).

The visual extinctions in Col. 9 were calculated assuming Av =N (H2)/0.94 × 1021 (Frerking
et al. 1982).

2.2.2 Formaldehyde

With the purpose of estimating the kinetic temperature structure of IRAS 19410+2336, we ob-
served three H2CO transitions known to function as a gas thermometer (e.g., Mangum & Wootten
1993, see Sec. 2.3.2).

As mentioned before, the PdBI data are clearly affected by missing short spacings (an example of
this is shown in Fig. 2.2), therefore the region was also observed with the IRAM 30m telescope.
Fig. 2.3 shows the integrated intensity maps of the combined PdBI+IRAM 30m data.

Of the three detected H2CO lines, H2CO
(
30,3 − 20,2

)
and H2CO

(
32,2 − 22,1

)
are the ones with

the best signal-to-noise ratio. According to Mangum & Wootten (1993) those two transitions
are enough to determine temperatures, therefore we did not use the third detected transition,
H2CO

(
32,1 − 22,0

)
, for the temperature analysis.

Both H2CO
(
30,3 − 20,2

)
and H2CO

(
32,2 − 22,1

)
have their strongest emission peak towards the

brightest mm source detected in the continumm in both the north and south (proto)clusters. The
secondary peaks in all the maps are in the same spatial region as the continuum emission, with the
notable exception of an emission feature seen in the northern cluster at both H2CO

(
30,3 − 20,2

)
and H2CO

(
32,2 − 22,1

)
transitions ∼ 4′′ southeast of the main peak, marked with a star in panels

-a- and -b- of Fig. 2.3. The feature is at the rest velocity, and we detect continuum emission
neither at 1.4 mm nor at 3 mm at that position.

The first-moment maps of the combined PdBI+30m data (see Fig. 2.4) show only a small veloc-
ity dispersion of ∼ 1 kms−1 in both (proto)clusters for the observed H2CO lines. Similarly, the
second-moment maps show no strong variation over the (proto)clusters.
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Figure 2.3: Combined PdBI and IRAM 30m integrated emission of H2CO towards
IRAS 19410+2336. In the left side is the H2CO

(
30,3 − 20,2

)
transition in the Northern (upper

panel) and Southern (lower panel) (proto)clusters, and in the right side of the image is the
H2CO

(
32,2 − 22,1

)
transition. The contour levels are in 10% steps of the peak integrated in-

tensity for each map. The triangles mark the continuum sources detected, and the 1.6′′×1′′ beam
appears in the lower-right corner of each panel.
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2.2.3 Methyl Cyanide

We observed the K = 0 − 3 components of the CH3CN(J = 6 → 5) K-ladder, which is useful to
determine temperatures. We detected CH3CN emission only towards sources 13-s, 6/7/9-s and
4-n. Fig. 2.5 shows the CH3CN spectra toward those three positions.

The K=0 and K=1 components were detected at the three positions, however, we only detect the
K=2 and K=3 components towards 13-s, implying that this source is the warmest in the region.
Also there is a tentative detection of the K=2 component towards 4-n.

In this case, the data are barely affected by missing short-spacings, indicating the compact nature
of the emitting sources.

Figure 2.4: Combined PdBI and IRAM 30m first moment maps of H2CO
(
30,3 − 20,2

)
towards

IRAS 19410+2336 for the Northern (upper panel) and Southern (lower panel) (proto)clusters.
The triangles mark the continuum sources detected, and the beam appears in the lower-right
corner of each panel. We can see how there is no signature of a strong velocity dispersion.
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2.3 Deriving the Core Mass Function

2.3.1 Temperature determination

One of the major caveats of Beuther & Schilke (2004) in deriving a CMF for IRAS 19410+2336
was the assumption of a uniform kinetic temperature for both north and south (proto)clusters
when deriving the masses of the cores. In this work, we were able to derive a temperature
structure for each of the (proto)clusters, therefore obtaining a more accurate mass for the cores
and a more reliable CMF.

Applying H2CO line ratios

Formaldehyde (H2CO), one of the first polyatomic molecules discovered in space, has proven its
uselfulness to derive physical properties of the interstellar gas. In particular, H2CO allows one to
estimate the kinetic temperature and the spatial density in star-forming regions.

H2CO is a well known kinetic temperature determinator (e.g., Mangum & Wootten 1993; Jansen
et al. 1994, 1995; Mühle et al. 2007; Watanabe & Mitchell 2008). Because it is an asymetric rotor,
transitions between energy levels with different K are only collisionally excited. Therefore the
comparison between the level populations from different K components from the same ∆J = 1
transition gives a measure of the kinetic temperature of the medium (Mangum & Wootten 1993).

In this work, we used the line intensity ratios of the H2CO
(
30,3 − 20,2

)
and H2CO

(
32,2 − 22,1

)
transitions, with energies Eup ∼ 21 K and Eup ∼ 68 K, respectively. These transitions meet the
criteria previously mentioned and are only ∼ 254 MHz apart, therefore they could be observed
within the same spectral setup of the PdBI receivers and the HERA heterodyne. In this way,
possible instrumental uncertainities such as telescope efficiency as a function of wavelength,
or receiver and pointing instabilities, can be disregarded, thus obtaining a line ratio that is not
affected by instrumental effects.

From the combined PdBI+30m H2CO data we extracted spectra towards the positions of each of
the 26 sources detected at 1.4 mm, and processed them with CLASS90. Some of the spectra are
shown in Fig. 2.6, and the obtained line parameters in Tables 2.3 and 2.4.
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Figure 2.5: Observed CH3CN spectra towards sources 13-s; 6,7,9-s and 4-n. Marked with arrows
are the K-components detected in each case, and with a dotted line the rest velocity. The green
solid line is the best gaussian fit for the lines, obtained with CLASS, the resulting line parameters
are in Table 2.5. Only for 13-s were detected the four K-components, indicating a warmer
environment.
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LVG modeling

Once we obtained the R = H2CO
(
30,3 − 20,2

)
/H2CO

(
32,2 − 22,1

)
line ratios, they were compared

with LVG model predictions of the behaviour of R as a function of molecular hydrogen density
(nH2), formaldehyde column density [N (H2CO)] and kinetic temperature (Tkin). To constrain Tkin

for the sources, either nH2 or N (H2CO) in the region must be given.

The hydrogen number density could be estimated from our data. With the continuum emis-
sion measured towards the positions of the different sources detected, we estimate a molecu-
lar hydrogen column density [N (H2)] ranging from ∼ 5 × 1023 cm−2 to ∼ 6 × 1024 cm−2 with a
mean value of ∼ 1024 cm−2. For this calculation we assumed a priori a uniform temperature
Tkin = 46 K (Beuther & Schilke 2004). However, after determining the temperature structure for
the (proto)clusters, the mean N (H2) did not deviate significantly from the previous value despite
the changes introduced by the different temperature values.

Considering spherical symmetry for the (proto)clusters, at the given distance of 2.2 kpc and if θ
is the angular diameter of the (proto)cluster, the relationship

nH2 = 1.5 × 10−16
[
N (H2)
cm−2

] (
kpc
d

) (arcsec
θ

)
cm−3 (2.1)

gives an average value nH2 ∼ 107 cm−3 for each (proto)cluster addopting an approximate size
θ ∼ 9′′ for the (proto)clusters.

In contrast to nH2 , we cannot directly measure the value of N (H2CO) from our data. Values for the
H2CO abundance relative to molecular hydrogen are reported in the range of
X (H2CO) ∼ 10−9 − 10−12, for nH2 ∼ 104−6 cm−3 (e.g., Wootten et al. 1978; Mundy et al. 1987;
Carey et al. 1998; van der Tak et al. 2000a), therefore calculations of an average N (H2CO) as-
suming an X (H2CO) value from the literature would introduce a high degree of uncertainity.

To constrain the value of N (H2CO) we performed a least-squares
(
χ2

)
minimization of the

H2CO
(
30,3 − 20,2

)
and H2CO

(
32,2 − 22,1

)
line intensities as a function of nH2 and N (H2CO) for

the strongest source in the region. In Fig. 2.7 we show the χ2 surface plot at 100 K for source
13-s with the contours denoting the 1σ, 2σ and 3σ levels, and the star marking the minimum,
corresponding to N (H2CO) ∼ 1014.5±0.1cm−2. It can also be seen that the minimum χ2 corre-
sponds to a value nH2 ∼ 106.4±1.0 cm−3. This agrees to within 1σ with the previously calculated
nH2 ∼ 107 cm−3.
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Figure 2.6: H2CO spectra of the main sources in each (proto)cluster of IRAS 19410+2336. In the
bottom row are the H2CO

(
30,3 − 20,2

)
spectra for sources 4-n (left panel) and 13-s (right panel),

and similarly in the upper row are the H2CO
(
32,2 − 22,1

)
spectra for those two sources. To each

spectrum was fitted a gaussian profile, shown with a green solid line. The dotted line marks the
rest velocity adopted for the observations.
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Table 2.3: H2CO line parameters of the detected cores.

Source

H2CO
(
30,3 − 20,2

)
H2CO

(
32,2 − 22,1

)
∫

Tb dv σ vc σ Width σ
∫

Tb dv σ vc σ Width σ

(K km s−1) ( km s−1) ( km s−1) (K km s−1) ( km s−1) ( km s−1)

1-sa . . . . . . . . . . . . . . . . . . 1.0 0.4 20.4 0.6 2.7 1.2

2-s 45.7 0.8 22.2 0.1 3.0 0.1 4.5 0.8 21.7 0.2 2.5 0.6

3-s 40.8 0.9 22.3 0.1 2.8 0.1 3.5 0.4 21.3 0.1 1.7 0.3

4-s 51.8 0.8 22.3 0.1 2.8 0.1 7.4 0.7 21.9 0.1 2.3 0.3

5-s 54.4 0.8 22.3 0.1 2.9 0.1 7.4 0.8 21.5 0.1 2.6 0.4

6-s 56.3 1.1 22.2 0.1 2.9 0.1 6.8 0.8 21.4 0.2 3.5 0.6

7-s 54.6 0.8 22.2 0.1 2.8 0.1 5.9 0.8 21.0 0.2 2.4 0.4

8-s 39.0 0.9 22.3 0.1 3.0 0.1 4.1 0.4 20.9 0.1 2.2 0.2

9-s 62.7 0.6 22.2 0.1 2.9 0.1 7.3 0.5 21.6 0.1 2.6 0.2

10-s 61.2 1.3 22.3 0.1 3.1 0.1 9.3 1.2 21.5 0.2 3.2 0.5

11-s 58.3 1.0 22.1 0.1 2.8 0.1 8.4 0.9 21.3 0.1 2.6 0.3

12-s 38.7 0.6 22.1 0.1 2.8 0.1 8.0 1.1 21.3 0.2 2.9 0.5

13-s 83.5 0.8 21.6 0.1 3.8 0.1 21.7 0.8 20.8 0.1 3.0 0.1

14-s 13.3 0.7 22.1 0.1 2.1 0.1 5.1 0.8 21.2 0.2 2.9 0.6

15-s 21.6 1.1 22.3 0.1 3.1 0.2 1.0 0.4 21.4 0.1 0.5 1.2

16-s 8.6 0.8 22.2 0.1 2.3 0.3 0.8 0.4 21.3 0.2 0.9 0.6

17-s 10.8 0.7 22.4 0.1 2.5 0.2 1.4 0.3 22.2 0.1 0.7 0.3

18-s 25.3 0.9 22.4 0.1 2.8 0.1 2.3 0.5 21.5 0.1 0.7 0.1

19-s 21.6 0.8 22.4 0.1 2.5 0.1 3.1 0.5 22.0 0.3 2.8 0.5

1-n 3.3 0.7 21.3 0.5 4.0 1.1 2.3 0.9 23.9 1.8 9.3 3.5

2-n 4.2 0.6 21.1 0.2 3.0 0.6 1.3 0.6 20.7 0.3 1.6 1.1

3-n 5.1 0.7 21.3 0.2 3.4 0.6 2.5 0.9 22.8 0.9 4.9 2.1

4-n 35.6 1.1 21.0 0.1 4.3 0.2 12.2 1.2 20.5 0.2 4.2 0.5

5-n 13.6 0.9 21.2 0.1 2.4 0.2 6.0 1.0 20.2 0.2 3.2 0.7

6-n 20.2 0.9 21.3 0.1 2.8 0.1 3.4 0.8 20.7 0.3 2.3 0.7

7-n 16.4 1.3 20.6 0.1 2.7 0.3 5.9 0.7 20.5 0.2 4.1 0.6

aNo detection in H2CO
(
30,3 − 20,2

)
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Once the average N (H2CO) value was determined, we compared the LVG model predictions of
the behaviour of R as a function of N (H2CO) and Tkin for nH2 ∼ 107 cm−3 with the observed R
values. Fig. 2.8 shows the comparison. The dotted black contours are the modeled R values from
1 to 10 by R = 1 steps, while the solid red contours are the observed R for sources 3-s, 12-s, 13-s
and 19-s (for viewing simplicity, we only plot a few sources here). The vertical dashed line and
dotted lines mark the previosuly obtained value log N (H2CO) ∼ 14.5, which can be considered
as an upper limit since it was derived for the brightest source, with the highest N (H2).

For nH2 ∼ 107 cm−3, the calculated upper limit N (H2CO) puts the cores close to the optically
thin/thick regime turnover. This turnover is hinted at in the behavior of the contour lines in Fig.
2.8, and is located at N (H2CO) ∼ 1015 cm−2. At higher values the temperature is no longer sen-
sitive to the column density, which indicates the onset of the optically thick regime. Another
method to estimate the optical depth is by comparing the kinetic temperature Tkin with the bight-
ness temperature Tb. We find that Tb is systematically lower than Tkin (see Table 2.4), therefore
if we assume beam-filling the medium is optically thin.

Near to the turnover, the uncertainty in the temperature becomes larger, and in this case we see
that it is approximately ∼ 15 K. To derive this value we considered the uncertainty of σ ∼ 0.2 dex
in the derivation of N (H2CO). Shifting our upper value for N (H2CO) by that amount, the derived
temperature varies by ∼ 15 K for 13-s, the brightest source. This can be seen in Fig. 2.8, where
it can also be noticed that this effect is smaller for the sources with lower column density.

Figure 2.7: χ2 surface plot for source 13-s. The contours mark the 1σ, 2σ and 3σ lev-
els, and the star marks the minimum χ2, corresponding to N (H2CO) ∼ 1014.5±0.1cm−2 and
nH2 ∼ 106.4±1.0 cm−3.
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It was not possible to determine a Tkin value for all the cores due to either the absence of emission
in one of the H2CO lines used (e.g. source 1-s), or the low S/N ratio of one or both of the H2CO
lines (e.g., sources 1-n, 14-s). Therefore, based on its continuum flux and relative location in the
(proto)cluster, we separated the cores into several groups. For each of these groups an average
value of Tkin was determined based on the values obtained for each of the sources within the
group. Col. 7 of Table 2.4 contains the kinetic temperature values assigned to each group which
are used to determine the masses and N (H2) of the cores shown in Table 2.2, and to build the
mass distribution to fit the CMF.

The temperatures obtained range from ∼ 35 K to ∼ 90 K (see Table 2.4), with an average value
of ∼ 40 ± 15 K for the whole region. This average is in agreement with the Tkin ∼ 46 K derived
based on IRAS far-infrared observations (Beuther & Schilke 2004).

Figure 2.8: Behaviour of the R = H2CO
(
30,3 − 20,2

)
/H2CO

(
32,2 − 22,1

)
ratio. The dotted con-

tours represent the R values from the LVG model for nH2 ∼ 107 cm−3 (see Sec. 2.3.1) and go
from 2 to 10 in unit steps. The red solid contours are the observed R values, here we plot
them for cores 3-s, 12-s, 13-s and 19-s for viewing simplicity. The vertical grey solid line is the
N (H2CO) upper limit value obtained with the LVG model. Also seen is the effect of the optically
thin/thick turnover, which introduces the largest uncertainity in the Tkin estimation.
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The CH3CN k-ladder spectra

Methyl cyanide (CH3CN) is a dense gas
(
n & 105 cm−3

)
tracer and can also be used as a tem-

perature determinator. As described previosuly in Sec. 2.2.3 we only detect CH3CN towards 3
positions for which we can use it to derive temperatures.

Two methods were used. First we compared the three CH3CN spectra with LTE model spectra
produced with XCLASS (Schilke et al. 1999), a superset of CLASS of the GILDAS package,
obtaining a temperature of ∼ 80 ± 40 K (see Fig. 2.9). Second, for source 13-s we could also
derive a rotational diagram to derive the gas temperature (see e.g., Loren & Mundy 1984; Zhang
et al. 1998).

For the rotational diagram, we followed the method outlined in Appendix B of Zhang et al.
(1998). Basically, we assume LTE and optically thin emission, then the level populations be-
come directly proportional to the line intensities of the k components and are translated into a
single temperature via the Boltzmann equation. With these assumptions, we have the follow-
ing equation (adapted from Eq. (B6) of Zhang et al. 1998) for the relation between the level
populations NJ,K and the gas temperature Trot

ln
NJ,K

gJ,K
∝ −EJ,K

k
1

Trot
(2.2)

where gJ,K and k are the statistical weight of the (J,K) level and the boltzmann constant, respec-
tively. Studies by Wilner et al. (1994) show that Trot derived with this formulation agrees with
those obtained with LVG calculations.

The level population for the upper K-level can be obtained from the integrated intensity of the
corresponding line. The line parameters obtained from the gaussian fit of the spectra shown in
Fig. 2.5, and the calculated NJ,K for each level are in Table 2.5. The resulting rotational diagram
is shown in Fig. 2.10, along with the least-squares fit of all the K components using Eq. (2.2),
obtaining the value Trot ∼ 100± 60 K. The fit does not represent the physical picture well, which
may be related to the assumption of optically thin emission, and could also represent an optically
thick, hot and small core with a colder extended envelope.

Despite the crude fit, this value agrees very well with the Tkin obtained from thevLVG model and
also with the value obtained from the XCLASS model.
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Table 2.4: H2CO line intensities, ratios and LVG temperature of the detected cores.

Source

H2CO
(
30,3 − 20,2

)
H2CO

(
32,2 − 22,1

)

RatioTb σ Tb σ Tkin

(K) (K) (K) (K) (K)

1-sa . . . . . . 0.4 0.2 . . . 35

2-s 14.7 0.5 1.7 0.3 8.5 35

3-s 13.6 0.5 1.9 0.4 7.0 35

4-s 17.1 0.8 3.0 0.3 5.8 35

5-s 17.5 0.7 2.7 0.2 6.5 35

6-s 18.0 0.9 1.8 0.4 9.8 35

7-s 18.1 0.7 2.3 0.2 7.8 35

8-s 12.4 0.4 1.8 0.3 7.0 35

9-s 20.5 1.1 2.6 0.5 7.7 35

10-s 18.4 1.3 2.7 0.4 6.8 35

11-s 19.2 0.7 3.0 0.5 6.5 35

12-s 12.8 0.6 2.6 0.4 4.9 45

13-sb 14.9 1.0 4.8 0.5 3.1 90

14-s 5.8 0.2 1.7 0.5 3.5 35

15-s 6.5 0.7 1.8 0.0 3.6 35

16-s 3.5 0.2 0.8 0.1 4.2 35

17-s 4.1 0.3 1.8 0.1 2.3 35

18-s 8.4 0.7 3.1 0.0 2.7 35

19-s 8.0 0.6 1.0 0.3 7.9 35

1-n 0.8 0.3 0.2 0.1 3.4 35

2-n 1.4 0.2 0.8 0.0 1.7 35

3-n 1.4 0.1 0.5 0.3 2.9 35

4-n 7.8 0.7 2.7 0.4 2.9 60

5-n 5.4 0.2 1.8 0.3 3.0 50

6-n 6.8 0.2 1.4 0.1 4.9 35

7-n 5.6 0.7 1.4 0.3 4.2 35

aNo detection in H2CO
(
30,3 − 20,2

)
bObtained with a 3′′ beam to avoid the optically thick regime.
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Table 2.5: CH3CN line parameters and LTE column densities.

Source Line

∫
Tb dv σ vc σ Width σ Tb σ log Nk σ

(K km s−1) ( km s−1) ( km s−1) (K) ( cm−2)

13-s

k = 0 6.4 1.0 21.3 0.4 6.1 1.1 1.0 0.2 12.1 0.2

k = 1 2.9 0.9 20.0 0.3 3.4 0.9 0.8 0.2 11.8 0.3

k = 2 2.7 0.4 20.2 0.3 4.2 0.7 0.6 0.2 11.8 0.1

k = 3 4.4 0.6 19.8 0.3 6.0 1.2 0.7 0.2 12.1 0.1

6,7,9-s
k = 0 2.0 0.2 22.0 0.1 1.6 0.2 1.2 0.1 11.6 0.1

k = 1 1.3 0.2 20.9 0.1 1.3 0.3 0.9 0.1 11.4 0.2

4-n
k = 0 2.78 0.02 21.4 0.4 4.1 0.8 0.6 0.1 11.77 0.01

k = 1 1.71 0.01 20.3 0.3 2.6 0.7 0.6 0.1 11.57 0.01

2.3.2 The Differential Core Mass Function

Combining the data from both (proto)clusters we derive a differential CMF ∆N/∆M, with the
number of cores ∆N per mass bin ∆M.

The strongest caveat we faced when deriving the CMF was the relatively low number of cores
detected. Because of that, a continuous linear binning in mass was not possible. Instead, we
performed a logarithmic binning to better represent and analyze the data, meaning that the fixed-
width mass bins are defined on a logarithmic axis,

∆M = log Mk − log Mk−1 = B (2.3)

where B is the constant bin width. Therefore, the k-th mass is defined as Mk = 10kB. This binning
scheme is further discussed in e.g., Maı́z Apellániz & Úbeda (2005) and Rosolowsky (2005).

A priori we do not have a preferred value for B, thus we derive a mass spectrum for different
bin widths, with B ranging from 0.001 to 1 in 0.001 steps. Not all the CMFs obtained with this
method were fitted. To obtain meaningful results, we established the following criteria to be
satisfied for a CMF to be fitted:

• At most only one bin may contain a single core.

• There must be at least four non-empty bins after the incompleteness threshold.
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We fit a power-law of the form ∆N/∆M ∝ Mβ to the CMFs satisfying those two criteria, obtaining
a βB index value corresponding to a given B. The final value β is the weigthed mean of all the βB

indices with σ ≤ 0.4 and coefficient of correlation2, r2 ≥ 0.9. The different values of the power-
law indices βB satisfying these consitions are plotted in Fig. 2.11 as a function of the bin width B.
The resulting weighted average and its formal error β = −2.3± 0.2 are also marked. Some “local
trends” can be seen in Fig. 2.11, for example between B = 0.215 and B = 0.238. That happens
because of the method used to define the mass bins. For some values of B, the change in the bins’
extrema is not enough to produce a change in ∆N for any of the ∆M intervals. The histogram,
and therefore the fit of the resulting mass distribution changes only because (the arbitrary) ∆M
change, i.e., this effect is artificial and gives us an estimation of the uncertainity in the fit of the
mass distribution.

Aside from these “local trends” there is also an overall trend seen between βB and B. This trend
is again an effect of the binning method, but also of the shape of the mass distribution itself. In
a similar way as before, with increasing B the ∆M intervals become larger, but because there is
a finite number of data points (cores) the differential CMF starts to be contained in fewer ∆M
intervals each time until the whole mass range is covered by 3 or fewer mass bins. This steepens
the distribution until there is only one mass bin containing all the data points. Despite this, we
see that the βB values are consistently steeper than β ∼ −2.

Figure 2.9: XCLASS (dashed line) fit to the observed CH3CN spectrum towards source 13-s.

2This coefficient is defined as r2 = 1− S S err
S S tot

, where S S err is the sum of squared errors or residual sum of squares,
and S S tot is the total sum of squares. By this definition r2 ranges between 0 and 1. A value of 1 means a perfect fit
to the data (e.g, Draper 1998).
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We see then that our results for the CMF slope are steeper than the ∼ −1.6 found for the Clump
Mass Functions (e.g. Kramer et al. 1998; Kerton et al. 2001; Muñoz et al. 2007), obtained with
CO emission maps for structures of sizes on the order of ∼ 0.1 pc. Going to at least one order of
magnitude better in spatial resolution, we find that the slope of the Mass Function is consistently
steeper, signaling further fragmentation at smaller spatial scales.

For reference, Fig. 2.12 shows an example of the CMFs we obtained in this case corresponding
to B = 0.214 and having a power-law index β = 2.3±0.2. A turnover in the distribution at the bin
centered at ∼ 1.4 M�can be seen, containing masses above ∼ 1 M�. It appears in all the derived
CMFs at about the same position, and since it matches our detection threshold, we assume that
it is likely caused by the low-mass incompleteness of our sample rather than being a physical
feature. In all of the cases, we fit our mass distributions for masses higher than the turnover.

The Cumulative Mass Function

Using the differential CMF in a low-number sample has the disadvantage that it is sensitive to
the arbitrariness of binning, as we have shown in the previous section and led to the analysis
described there. On the other hand, a cumulative CMF is free from any problems associated with
the binning, and is more suitable for low-number samples, as in our case.

With our treatment of the CMF described in the previous section, we have taken into account
the arbitrainess of the binning. However, for comparison and further analysis we also derived a
cumulative CMF for our sample. Since our differential CMF above ∼ 1 M� can be fit by a single
power-law of the form

∆N
∆M

∝ Mβ (2.4)

then the cumulative CMF is

N(> M) ∝ − 1
1 + β

M1+β (2.5)

for β < −1. According to Reid & Wilson (2006), when using the cumulative CMF one should
take into account the upper mass cutoff Mmax of the sample, whether it is a real cutoff or a result
of the finite sampling. In that case, the cumulative CMF takes the form

N(> M) ∝


1
1+β

(
M1+β

max − M1+β
)
, M < Mmax

0, M ≥ Mmax

(2.6)

for β < −1. However, they also state that a “steep power law” (β = −2.5) will overwhelm the
effect that the upper mass cutoff introduces in the fitting. From the differential CMF we see that
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Figure 2.10: Rotational diagram of the observed K-levels of CH3CN(J = 6 → 5) towards
source 13-s. The solid line is the best fit of Eq. 2.2, corresponding to a rotational temperature
100 ± 60 K, in agreement with the kinetic temperature obtained with the LVG modeling of the
H2CO line emission.

we are close to that “steep power law” limit, so we adopt both analytical forms given in Eqs.
(2.5) and (2.6) for the cumulative CMF.

Fig. 2.13 shows the cumulative CMF for masses above 1 M�. As stated before we fit both
the analytical expressions given in Eqs. (2.5) and (2.6). The results are β = −2.4 ± 0.1 and
β = −2.2± 0.1, respectively, with the σ values resulting from the fitting algorithm. These results
are comparable, showing that for a steep power law the inclusion of Mmax in the definition of the
cumulative CMF does not affect the result significantly (Reid & Wilson 2006). Since both results
are similar, we adopt their average value β = −2.3 ± 0.2.

The cumulative CMF shows that the lower-mass objects dominate the fit. This is already visible
in the differential CMF, but is clearer in the cumulative CMF. This is because the lower-mass
bins are more populated. We see that of the 25 cores with masses above 1 M�only 6 are more
massive than 2.5 M�, therefore the lower-mass bins have more statistical weight in the fitting.

There is also a noticeable is a “bump” in the distribution starting at ∼ 4 M�. It is not clear if it
is a real physical feature of the distribution or a product of the uncertainty of its derivation. We
discuss this in further detail in Sec. 2.4.3.
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2.4 Discussion

2.4.1 Continuum Sources

Beuther & Schilke (2004) detected 24 millimetric sources at 1.3 mm, 12 in each northern and
southern cluster, with a detection threshold of 3σ ∼ 9 mJy beam−1. Having better sensitivity,
we adopted a detection thershold of 4σ ∼ 4 mJy beam−1 at 1.4 mm finding 26 cores, 19 in the
Southern cluster and 7 in the Northern (proto)cluster. Despite the slight difference in the total
number, the general 1.4 mm high-resolution cluster structure shown in Beuther & Schilke (2004)
is recovered. The differences also highlight the general mapping difficulties with interferometers
having only a small number of elements close to the detection limit. For example, contrary to
expectations, formal 3σ limits in such maps are not as reliable as one may expect. Therefore, here
we raised the threshold to 4σ. ALMA, with its many antennas, will overcome such problems.

In the Southern (proto)cluster, there are NIR and MIR counterparts detected for several of our
mm sources. Martı́n-Hernández et al. (2008) and Qiu et al. (2008) detect in the position of 13-s
a bright source in the Ks filter and the 3.6µm, 4.5µm, 5.8µm and 8.0µm Spitzer/IRAC bands.
Martı́n-Hernández et al. (2008) suggest that the detected NIR and MIR emission is either leaking
through an outflow-created cavity (see Beuther et al. 2003), or that the cavity itself is radiating
the emission, based on their estimation that the visual extinction at that position should be very
large and thus should not have any detectable NIR or even MIR emission. We confirm their
estimation, finding that the visual extinction for 13-s is Av ∼ 2700 (see Table 2.2). Source 13-s
is in an early stage of evolution, according to its NIR excess and the presence of H2O and Class
 CH3OH masers (Beuther et al. 2002d), however the detection of a VLA 3.6 cm source at its
position (Sridharan et al. 2002), suggest the presence of a recently ignited protostar that has
already formed an Ultracompact or Hypercompact H region, the detected radio emission being
consistent with an ionizing B2 V star (Martı́n-Hernández et al. 2008; Qiu et al. 2008; Panagia
1973).

In Fig. 2 of Martı́n-Hernández et al. (2008), MIR emission is also seen at the position of the
“subcluster” centered in sources 6-s, 7-s and 9-s (source mm2 in their work and in Beuther
et al. 2003). There is no detected cm counterpart at that position, suggesting that either none
of the sources have ignited or the ionized H region is still too small so the free-free emission
is confined and not detectable. Therefore these sources might be at an even earlier stage of
evolution as 13-s, the equivalent of a Class 0 low-mass protostar, heating their circumstellar dust
enough to be detected at MIR wavelenghts.
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Figure 2.11: Obtained power-law index β for the different binnings B. Marked are the Salpeter
value for the stellar IMF (blue dashed line) and the average β value obtained (green solid line)
and its ±σ interval (green dotted lines).

Source nr76 of Martı́n-Hernández et al. (2008) is located less than 1.5” from source 1-s. How-
ever, nr76 is detected in the J, H and Ks bands and not in any of the Spitzer bands, while 1-s is
marginally detected at 1.4 mm and is resolved at 3 mm. The lack of emission in the Spitzer bands
while being well detected in the Ks band, and the fact that is a relatively strong source at 3 mm,
make us believe that nr76 is not the counterpart of 1-s, but a separate source, appearing nearby
due to a projection effect. The case is similar also for source nr71. It is located at ∼ 1.5′′ from
20-s, and although nr71 shows strong MIR emission, we only detect source 20-s at 3 mm and not
at 1.4 mm. Therefore we believe that this is also a case of spatial projection.

This can be expected, since IRAS 19410+2336 is embedded in a cluster of Young Stellar Objects
(YSOs). Martı́n-Hernández et al. (2008) detects 116 NIR/MIR sources in a ∼ 75′′ × 75′′ region
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Figure 2.12: Example of the obtained CMFs, corresponding to B = 0.214, for core masses above
1.4 M�. The solid line is the best fit of Eq. (2.4), with a power-law index β = −2.3 ± 0.2.

centered on IRAS 19410+2336, while Qiu et al. (2008) detect 46 YSOs ranging from Class 0 to
Class  protostars within a radius of ∼ 2 pc, in addition to the detection of over 800 NIR sources
in that region. The fact that there are already low-mass stars in the outskirts of IRAS 19410+2336
while high-mass stars are still forming in it supports the hypothesis that the low-mass stars form
before their high-mass counterparts (e.g., Kumar et al. 2006).

Also in the Northern (proto)cluster there are identified NIR and MIR counterparts. Qiu et al.
(2008) found 5-band Spitzer/IRAC and 2MASS H and Ks emission towards 4-n, as well as
Spitzer/IRAC 3.6µm, 4.5µm, 5.8µm and 8.0µm emission towards 1/2/3-n. Source 4-n is likely
at an early stage of evolution, however it is likely the most evolved source in the Northern
(proto)cluster. It is not detected at cm wavelenghts, therefore it has either not yet ignited its
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protostar or the ionized region is still too small and the free-free emission is trapped and thus not
yet detectable. The other NIR/MIR detection in the (proto)cluster is towards sources 1/2/3-n, and
their NIR/MIR flux is lower than that of 4-n, while their respective 1.4 mm masses are similar.
This would indicate that 4-n is in a more advanced evolutionary stage than 1/2/3-n.

With L ∼ 104 L�, IRAS 19410+2336 is a high-mass star-forming region, but the (proto)stellar
content in its core is unknown because of high obscuration. Since it shows cm emission, most
likely it already has a (proto)stellar component, ionizing an Ultra- or even a Hypercompact H

region. While it is not possible to directly measure the masses of the (proto)stars with millimeter
data, it is possible to derive the masses of the circumstellar structure. The low masses that we
calculate from the 1.4 mm data can be attributed to a circumstellar structure, while the surround-
ing envelope likely contributes to the larger masses derived from the 3 mm data. However, we
must take into account the “short-spacing problem” when interpreting the calculated masses of
the continuum sources. This caveat, inherent to interferometers, means that a high percentage of
the flux is filtered out and lost. This effect is more severe in the extended configurations (long
baselines), as in our case.

Single-dish continuum observations of IRAS 19410+2336 at 1.2 mm with the IRAM 30m Tele-
scope indicate an integrated flux density3 S1.2 mm ∼ 6.3 Jy for the southern (proto)cluster (Beuther
et al. 2002b). Considering a dependence Sν ∝ ν4, that value corresponds to S1.4 mm ∼ 3.8 Jy, and
S3 mm ∼ 240 mJy. In our 1.4 mm continuum map of the southern (proto)cluster, the average flux
density recovered within the PdBI primary beam is S1.4 mm ∼ 210 mJy, meaning that ∼ 94% of the
flux is lost. Therefore the calculated masses at 1.4 mm are actually a lower limit for the current
mass of each source. On the other hand, at 3 mm we recover S3 mm ∼ 85 mJy within the PdBI
primary beam, therefore we are losing ∼ 63% of the flux. This shows how there is still a large
fraction of the emission emitted by extended structures, that we are filtering out. Nevertheless, at
3 mm the obtained values for the masses are more representative of the mass of their envelopes.

The different percentage of flux filtered out in each wavelength band can be explained in the
same way as the large (up to a factor ∼ 10) difference between the calculated masses at 1.4 mm
and 3 mm. As discussed previously (see Sec. 2.2.1), varying dust properties can account for this
difference, however the interferometer flux filtering is likely the main reason. Both wavelengths
were observed at the same time with the same interferometer configurations meaning that al-
though the ground baselines are the same, the uv coverage measured in units of wavelength (kλ)
at 3 mm is more compact than at 1.4 mm, therefore tracing more extended components in the
region.

3Although bolometers have broad bandwidth, MAMBO has a bandwith of ∼ 80 GHz centered at νe f f ∼ 240 GHz,
therefore we assume this as the flux at 1.2 mm.
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Figure 2.13: Cumulative CMF of IRAS 19410+2336 for core masses above 1 M�. The solid
red line and the dashed blue line represent the best fit of Eqs. (2.6) with a power-law index
β = −2.2 ± 0.1 and (2.5) with β = −2.4 ± 0.1, respectively. The green crosses represent a slight
increase of 10 K in the higher-mass end, and the green dash-dotted line is the new fit of Eq. (2.6)
(see Sec. 2.3.2). Notice the flattening of the “bump” in the distribution, while the slope of the fit
practically does not change. Note that we have normalized N(> M) by the total number of cores
Ntot.
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2.4.2 Virial and Jeans analysis

The large uncertainity that the flux filtering introduces in the mass calculations can be seen when
comparing the gas masses with the virial masses. The former are calculated from the interfer-
ometric continuum emission that is affected by the flux filtering, while the latter are calculated
using the combined interferometric and single-dish H2CO data, with the short-spacings correct-
ing the effect introduced by the flux filtering. The virial and gas masses for the resolved cores
in IRAS 19410+2336are compared in Fig. 2.14. At first glance, the cores do not appear to be
collapsing, however the gas masses derived from the continuum are lower than the virial masses
because of the missing flux discussed previously. If we shift the gas masses higher by a factor of
2, taking into account only ∼ 10% of the missing flux, we see that within the uncertainty on the
virial masses now all the resolved cores are likely collapsing.

The relative distances between neighboring cores within each (proto)cluster range several thou-
sands of AU. These are similar and below the (proto)cluster’s Jeans length λJ ∼ 25000 AU,
calculated from the equation

λJ = 0.19 pc
(

T
10K

)1/2 ( nH2

104 cm−3

)−1/2
(2.7)

for an average nH2 ∼ 105 cm−3 and an average Tkin ∼ 40 K (see Sec. 2.3.1; Stahler & Palla 2005).
Our resolution of ∼ 1′′ at 1.4 mm corresponds to a spatial scale of ∼ 2200 AU, which clearly
resolves the Jeans length of the region. We are thus resolving the fragmentation of the clump-
scale (proto)clusters far below their Jeans length. This cannot be said in the case of the cores,
for which our resolution is above the Jeans length of the individual cores, in the 700 − 1200 AU
range.

We are resolving the Jeans length of the clumps by one order of magnitude, almost reaching the
Jeans length of the individual cores, therefore we can safely assume that we are mapping the
direct progenitors of single stars or multiple systems at most (similar to the Trapezium in Orion,
see e.g., Rodón et al. 2008), and from the H2CO data, we see that there is only a small signature
of velocity dispersion (see Fig. 2.4), which would imply that the (proto)clusters are in a stage of
weak dynamical evolution.
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Figure 2.14: Comparison between the virial masses and gas masses of the resolved cores in
IRAS 19410+2336. Virial masses are not affected by the interferometric flux filtering, which
do affect the gas masses. The red dots are the actual values obtained, while the blue crosses
represent the relationship if we take into account ∼ 10% of the flux filtered by the interferometer.
This is a hint of the care that has to be taken when interpreting interferometric flux values.

2.4.3 The Core Mass Function of IRAS 19410+2336

From the analysis described in Sec. 2.3.2, we obtain a power-law differential CMF for
IRAS 19410+2336 with an index β = −2.3 ± 0.2, in agreement with the Salpeter value of
β = −2.35 for the stellar IMF.

This result is also in agreement with the previous result of Beuther & Schilke (2004). However
the new result is much more reliable as the previous one because we estimated a temperature
structure for the (proto)clusters, thus getting a more accurate value for the core masses, avoid-
ing the previous caveat of assigning a uniform temperature. The calculation of the power-law
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index was done taking into account the arbitrariness of the binning at the moment of deriving a
differential CMF. Also, the cumulative CMF was taken into account in the analysis.

In the case of the cumulative CMF, the result obtained from it matches the result from the dif-
ferential CMF. Although the cumulative CMF is better suited than the differential CMF for the
analysis of a low-number sample, in this case we observe that the fit to the cumulative CMF rep-
resents the lower-mass end of the distribution well but not the higher-mass end. However, a slight
10 K increase in temperature in the higher-mass end flattens the “bump” seen starting at ∼ 4 M�,
obtaining also a better fitting for the distribution while not introducing substantial modifications
to the fitted parameters. It should be noted that a 10 K difference is within the uncertainity in the
temperature determination. Therefore is not certain whether the “bump” seen in the cumulative
CMF is real or is just a product of the uncertainity in the temperature determination.

Observations of low-mass star-forming regions suggest that the IMF of low-mass stars is deter-
mined at early evolutionary stages (e.g., Testi & Sargent 1998; Motte et al. 1998, 2001; Alves
et al. 2007; see varying suggestions e.g., Goodwin & Kouwenhoven 2009). This is not so clear in
the case of MSF regions because dynamical processes like competitive accretion and merging of
less massive protostars can shape the IMF at later evolutionary stages (e.g., Bonnell et al. 2004,
2007; Bonnell & Bate 2006).

Nevertheless, sinlge-dish sub-mm observations of MSF regions find that the shape of the CMF
resembles the IMF (Johnstone et al. 2000, 2006; Nutter & Ward-Thompson 2007). We find that
is the case also at higher-spatial resolution in massive star-forming regions, resolving collapsing
structures on the order of ∼ 2200 AU.

The similarity found between the CMF and the IMF suggests that the structure and conditions
within the molecular cloud determine the IMF. This would be the case if the relationship between
the cores and the stars forming from them is one-to-one or nearly one-to-one. This kind of
relationship is supported by theoretical models explaining the shape of the high-mass end of
the IMF (e.g., Scalo et al. 1998; Padoan & Nordlund 2002), and by the apparently constant star
formation efficiency suggested both by theory and observations (Matzner & McKee 2000; Alves
et al. 2007).

Also, in the Clark et al. (2008) picture of competitive accretion, the shape of the IMF is indepen-
dent of when competitive accretion is halted. This would suggest that the IMF is set early on in
the evolution of the clump, and therefore having non-pre-stellar cores at the moment of deriving
a CMF would not affect the final results, as in our case.

Our derived power-law index β could then be compared with the IMF. This would suggest that
the IMF is indeed determined at the earliest stages of the cluster formation, providing support for
the early fragmentation and disk-accretion scenario for the formation of stars of all masses.
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However, caution must be taken when doing a direct comparison between the CMF and the
IMF. Numerical simulations show that although the overall shape of the IMF in the low-mass to
intermediate-mass regime is robust against different core evolution scenarios, further turbulent
fragmentation of the cores may change the high-mass slope of the IMF (Swift & Williams 2008).
The latter is hinted at in our data. The high-mass “bump” seen in the cumulative CMF can also
be smoothed if further fragmentation of the cores take place, although we find that the power-law
index does not vary significantly, given our degree of uncertainity in the calculations.

Remarkably, IRAS 19410+2336 is so far the only known high-mass star-forming region that
shows more than 10 cores when resolved down to a spatial scale of several thousand AU. Sim-
ilar high-spatial resolution (sub)mm observations of MSF regions resolve only a few cores.
As an example, interferometric PdBI and SMA mm mappings of the MSF regions W3 IRS 5,
IRAS 06058+2138, IRAS 06061+2151, IRAS 05345+3157 and AFGL961 resolve cores down
to spatial scales between ∼ 750 and ∼ 5000 AU, recovering in all cases fewer than 10 cores in
each region (Fontani et al. 2009; Williams et al. 2009; Rodón et al. 2008, 2009 in preparation).
These regions are similar in distance and luminosity to IRAS 19410+2336, and although the gas
mass varies, even the regions more massive than IRAS 19410+2336 show much less fragmenta-
tion at similar spatial scales.

In most cases, the PdBI has ∼ 20% better sensitivity than the SMA, therefore lower mass sources
can be detected with the PdBI that might escape detection with the SMA. Therefore the lack of
detections of lower mass sources may be an observational artifact when using the SMA. However
when using the PdBI the sensitivity levels are similar in all cases, and this lack of detections
may indicate that the CMF in those regions are more “top-heavy”, meaning then that they are
intrinsically different from IRAS 19410+2336.

It is unclear where this apparent uniqueness of IRAS 19410+2336 comes from. It could be an
effect of being at a different evolutionary stage, having a different chemical composition or even
through perturbation and/or a different formation processes. Whichever the case, this apparent
lack of fragmentation is preventing the derivation of a CMF for other individual MSF regions,
highlighting the uniqueness of IRAS 19410+2336.

2.5 Conclusions

We resolve the two clumps of the MSF region IRAS 19410+2336 into 26 cores at 1.4 mm, with
a spatial resolution of ∼ 2200 AU. This resolves the Jeans length of the clumps, and the relative
distances between the cores are similar or smaller than the Jeans length corresponding to indi-
vidual cores. Also, the cores show only a marginal signature of velocity dispersion, implying
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that the (proto)clusters are not in a strong dynamical evolution.

The temperature structure of IRAS 19410+2336 was determined from its H2CO and CH3CN
emission allowing the derivation of a reliable CMF. Taking into account the arbitrariness of the
mass binning when deriving a mass function, we found a CMF index β = −2.3 ± 0.2 for core
masses above ∼ 1.4 M�, consistent with Salpeter, and confirming the previous results of Beuther
& Schilke (2004) with significantly increased confidence levels.

This similarity between the CMF and the IMF would imply that the latter is determined already
at the early stages of fragmentation of the molecular cloud, supporting the early fragmentation
and disk-accretion scenario for the formation of stars of all masses. However, we also discuss
the caveats of this assessment.





Chapter 3

Fragmentation in the outer Galaxy

The results of the previous chapter on IRAS 19410+2336 gave indications for a Core Mass Func-
tion (CMF) similar to the stellar Initial Mass Function (IMF) which suggests that fragmentation
of the initial massive cores may determine the stellar IMF. However, the sample of resolved
fragmenting massive star-forming clumps has to be increased significantly to understand the
fragmentation processes in a more general way and to reach solid conclusions.

Observationally, at the low-mass end a series of (sub)mm continuum studies have revealed that
the low-mass core function resembles the IMF (e.g., Motte et al. 1998; Johnstone et al. 2001).
These results indicate that at least at the low-mass end the IMF is really determined at the early
evolutionary fragmentation stages. Bonnell and collaborators caution that it has not yet been
conclusively shown that all cores in these studies are really bound, and they may be transient
structures. Although this is not likely for the dense gas traced by the (sub)mm continuum, as for
instance Belloche et al. (2001) have shown in the case of ρ Ophiuchi.

Even more problematic is the picture for the high-mass end of the CMF because of the clustered
mode of massive star formation and the difficulty to resolve enough Massive Star-Forming (MSF)
regions reasonably well at the given large distances. Single-dish studies of samples of high-mass
star-forming regions at early evolutionary stages have shown that at high clump1 masses, the
cumulative mass distributions are consistent with the the slope of the high-mass stellar IMF
(e.g., Williams et al. 2004; Reid & Wilson 2005; Beltrán et al. 2006). However, one has to
keep in mind that these single-dish studies are sampling cluster-forming scales and hence rather
resemble final cluster mass functions.

Furthermore, one has to study regions in different —albeit young— evolutionary stages in de-
tail to discriminate whether the fragmentation processes may be different for differently sized
original gas cores. Aside certain molecular tracers as DCN and methanol, to determine the rel-

1We keep the convention set in Chapter 2, and will refer to “core” as the small (diameter D∼ 0.01 pc), dense
condensation that will form individual stars or small multiple systems, while with “clump” we denote structures that
may form (proto)clusters and may therefore be more massive and larger than cores.

49
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ative age of a MSF region one can also take a multiwavelength (multi-λ) approach in response
to the large range of densities the MSF regions are enshrouded by. For example, in an evolution-
ary sense MSF regions start as High-Mass Starless Cores and go through different evolutionary
stages of the newborn protostar until they become Final Stars emerging from the parental cloud
and dispersing them in this process (Beuther et al. 2006). The different stages are observation-
ally distinguishable via the wavelengths in which they are detectable, ranging from radio to the
near-infrared (NIR). Some of these evolutionary stages often occur simultaneously within an
individual region.

A complete inventory of the high-mass stellar content in a region requires the coverage of the
different evolutionary stages therein. In the NIR we trace the photospheric component of the
more evolved protostars, while with (sub)mm interferometry we can observe the deeply embed-
ded dust component of the younger protostars at a comparable spatial resolution, and both stages
have already been seen occurring simultaneously (e.g, Kumar et al. 2006; Qiu et al. 2008).

Going in this direction we selected a sample of relatively close MSF regions at ∼2 kpc as well as
being suggested to be of different ages (e.g., Ghosh et al. 2000). The sample consist of the MSF
regions IRAS 06056+2131, IRAS 06058+2138, IRAS 06061+2151 and IRAS 06063+2040.
These regions have been previously mapped at (sub)mm wavelengths with single-dish telescopes
by Klein et al. (2005), with their best beam size of about 14′′, thus only mapping the large scale
dust structures. Nevertheless, they already show fragmentation of the cores in an arc-minute
scale.

Also, the regions in our sample have been observed within the framework of the project Forma-
tion and Early Evolution of Massive Stars (FEMS, P.I.: A. Bik). The project is aimed to classify
the stellar content and derive the distribution of OB stars, massive young stellar objects (YSOs)
and the lower-mass pre-main sequence stars, as well as derive the stellar parameters of OB stars
by fitting stellar atmospheric models. In the observational side, FEMS comprises observations
with the SINFONI integral field spectrograph at the VLT (see Puga et al. 2008), covering the
spectral range from 1.5 to 2.4 µm and obtaining NIR K-band continuum data and in particular
the [Fe], H2 and Brγ spectra.
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3.1 The Sample

3.1.1 IRAS 06056+2131

This region, adjacent to the S247 H region, is closely related to the IRAS 06058+2138 region,
and comprises two sites of massive star formation. Each one contains a bright IRAS source and
they are connected by a bridge of material seen at 850 µm (see Fig. 3.1). Multiline, molecular
line and NIR studies, together with detailed FIR studies characterizes this region as an active
star forming region (Carpenter et al. 1995a,b; Ghosh et al. 2000). The presence of molecular
outflows and H2O and CH3OH

(
42,2 − 31,2

)
maser emission (Xu et al. 2006) indicates that the

(sub)mm continuum peaks may contain a very young protostellar object. Klein et al. (2005)
already detect indications of substructures in their single-dish large-scale maps. Its estimated
distance and luminosity are 2.0 kpc and 104.3 L�, respectively (Klein et al. 2005).

3.1.2 IRAS 06058+2138

This region is part of a sample of young high-mass star-forming regions in the outer Galaxy first
compiled by Henning et al. (1992) and studied in detail later by Schreyer et al. (1996) and Klein
et al. (2005). Especially the (sub)mm continuum mapping study by Klein et al. (2005) revealed
a strong and peaked (sub)mm continuum source approximately 10′′ offset from any near-/mid-
infrared emission (see Fig. 1 in Klein et al. 2005). Hence Klein et al. (2005) classified this
region as a “pre-protocluster” candidate. The elongation of the submm single-dish core and the
presence of a nearby near-/mid-infrared cluster are indicative of substructure and fragmentation
at smaller angular scales. Since the whole region is known to drive a molecular outflow and H2O
and CH3OH

(
42,2 − 31,2

)
maser emission (e.g., Wu et al. 2004; Henning et al. 1992; Szymczak

et al. 2000), the (sub)mm continuum peak may contain already a very young embedded source
of protostellar nature. Nevertheless, the non-detections in the near- and mid-infrared bands defi-
nitely classify this source as being in the earliest evolutionary stages of high-mass star formation.
Its estimated distance and luminosity are 2.0 kpc and 104 L�, respectively (Klein et al. 2005).

3.1.3 IRAS 06061+2151

Within this region lies one of the brightest IRAS sources surrounding S247, however the mm con-
tinuum peak detected is slightly westwards of it, which indicates the possible presence of a deeply
embedded protostar. IRAS 06061+2151, together with IRAS 06056+2131 and IRAS 06058+2138,
are surrounding the S247 H, part of the Gemini OB1 molecular complex (see e.g., Carpenter
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et al. 1995a). Anandarao et al. (2004) have detected H2 emission knots in the region, indicating
a jet. This will be corroborated with the SINFONI survey. The slightly southward elongated mm
core emission may indicate substructure at smaller angular scales. Its estimated distance and
luminosity are 2.0 kpc and 104 L�, respectively (Klein et al. 2005).

3.1.4 IRAS 06063+2040

This region is associated with the ultracompact H region S252-C. The detected extended mm
emission covers a NIR cluster, and a radio and a bright NIR object coincide with the IRAS source
(Klein et al. 2005). The clearly elongated shape of the single-dish mm emission and the presence
of a NIR cluster are strong indicators of substructure and fragmentation at small angular scales.
Its estimated distance and luminosity are 2.0 kpc and 104.1 L�, respectively (Klein et al. 2005).

3.2 Observations

We observed the four MSF regions IRAS 06056+2131, IRAS 06058+2138, IRAS 06061+2151,
and IRAS 06063+2040 with the SMA in the compact, compact-north and extended configura-
tions. IRAS 06058+2138 was observed during the Winter 2006/2007 semester, the other three
sources were observed during the Winter 2007/2008 semester. In all cases the baselines ranged
from ∼ 16 m to ∼ 230 m, that translate into projected baselines from ∼ 11 kλ to ∼ 161 kλ.
Sources IRAS 06061+2151 and IRAS 06063+2040 were observed in the track-sharing mode, as
well as the two pointings (North and South) on source IRAS 06056+2131 (see Table 3.1).

Table 3.1: SMA pointings and configurations.

Region
R.A. Dec LIRAS Vlsr

Conf.a
Obs. Dates

(J2000) (J2000) (log L�) ( km s−1) yy-mm-dd

IRAS 06056+2131-N 06:08:46.2 21:31:48.2 4.3 2.5 C-N,E
07-12-27 & 08-01-13

IRAS 06056+2131-S 06:08:40.3 21:31:04.0 4.3 2.5 C-N,E

IRAS 06058+2138 06:08:53.0 21:38:08.7 4.0 3.2 C,E 06-11-29 & 07-02-25

IRAS 06061+2151 06:09:06.5 21:50:36.8 4.0 -0.9 C,E
08-01-27 & 08-03-05

IRAS 06063+2040 06:09:21.3 20:38:45.6 4.1 8.9 C,E

a SMA configurations: C→ compact, C-N→ compact-north, E→ extended.
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Figure 3.1: Single-dish maps of the four regions in the sample. In all panels the gray-
scale represents the K-band 2MASS image and the contours represent the (sub)mm map. For
IRAS 06061+2151 the IRAM 30 m 1.3 mm contour map is presented, for the other 3 regions the
contours are the JCMT 850 µm emission. The IRAS sources plus positional errors are denoted by
a diamond together with an error ellipse. Entries in the MSX point source catalog are denoted by
a plus sign (resolution 18′′, positional uncertainty 2′′). NVSS radio point sources are indicated
by triangles (resolution 45′′, positional uncertainty < 7′′). Adapted from Klein et al. (2005)
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In all cases the 2 GHz receiver was tuned to the H2CO
(
30,3 − 20,2

)
line in the lower sideband,

chunk #9. With this spectral setup we mapped the continuum at 1.4 mm and observed the transi-
tions described in Table 3.2 with a spectral resolution of ∼ 0.6 km s−1, adopting for each source
the systemic velocities shown in Col. 5 of Table 3.1.

The phase and amplitude calibrators were the quasars 0510+180 and 0530+135, and the flux cal-
ibrators were 3C279, 3C273, Uranus and Titan, adopting for the calibration the flux values from
the SMA flux monitoring for the quasars and the SMA Planetary Visibility Function Calculator
for the planets. The data were calibrated with the IDL superset MIR2 (Scoville et al. 1993) and
then imaged with MIRIAD (Sault et al. 1995). The spectra were exported to, and processed with,
CLASS90, from the GILDAS3 package (Pety 2005).

After imaging and deconvolution, the resulting synthesized beams for the continuum data are
1.6′′×1.4′′ for IRAS 06056+2131-N and IRAS 06061+2151, 1.3′′×1.2′′ for IRAS 06056+2131-
S and IRAS 06063+2040, and 1.2′′×0.9′′ for IRAS 06058+2138. At the given distances of 2 kpc
of all the regions, this translates into spacial resolutions between ∼ 2200 and ∼ 3000 AU. The
obtained noise levels for the continuum and line data of each pointing are detailed in Tables 3.3
and 3.2, respectively.

Table 3.2: Observed molecular transitions and rms of the respective maps.

Transition
ν Sp.Res. Eup rmsa ( mJy beam−1)

(GHz) (MHz) (K) i56n i56s i58 i61 i63

SiO (5 − 4) 217.105 0.36 31.2 · · · 68.9 99.0 · · · · · ·
DCN (3 − 2) 217.239 0.36 20.9 81.6 66.3 76.6 · · · · · ·
H2CO

(
30,3 − 20,2

)
218.222 0.36 21.0 85.1 88.9 76.6 62.7 62.3

CH3OH
(
42,2 − 31,2

)
218.440 0.36 45.5 · · · · · · 126 52.3 · · ·

H2CO
(
32,2 − 22,1

)
218.476 0.36 68.1 · · · 65.1 58.1 50.4 · · ·

H2CO
(
32,1 − 22,0

)
218.760 0.36 68.1 · · · · · · 55.2 54.2 · · ·

a The rms reported here is the average of the rms of all the channels.
N – The abbreviations are as follow: i56n→ IRAS 06056+2131-N; i56s→ IRAS 06056+2131-S; i58→

IRAS 06058+2138; i61→ IRAS 06061+2151; i63→ IRAS 06063+2040.

2The MIR cookbook by Charlie Qi can be found at http://cfa-www.harvard.edu/∼cqi/mircook.html
3http://www.iram.fr/IRAMFR/GILDAS
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3.3 Results

3.3.1 Millimetric Continuum

In our continuum maps we established a detection threshold of 4σ for regions IRAS 06056+2131
and IRAS 06058+2138, while for IRAS 06061+2151 and IRAS 06063+2040 a 3σ threshold was
considered safe to adopt. These thresholds are sufficient to rule out any possible contribution
from sidelobes in the maps, i.e., there are no negative contours above those values. The adopted
thresholds correspond to the mass and column density values shown in Table 3.3. Figs. 3.2 to
3.5 show the 1.4 mm continuum maps obtained, with the detected sources marked with triangles.
In IRAS 06056+2131-N and IRAS 06056+2131-S we detect 8 and 13 sources respectively, 15
are detected in IRAS 06058+2138and 4 in both IRAS 06061+2151 and IRAS 06063+2040. The
properties of these sources are summarized in Table 3.4. Cols. 2 and 3 give their absolute
positions. The measured peak flux intensity and integrated flux density are given in Cols. 4 and
5 respectively.

Table 3.3: Properties of the continuum emission.

IRAS Region Sources a

Detection Thresholds b

SMA Sν c SD Sν d Rec. Sν e rms Iν Mass N (H2)

(Jy) (Jy) (%) ( mJy beam−1) ( mJy beam−1) ( M�) (1024 cm−2)

06056+2131-N 8 0.12 0.16 73 1.55 6.2 1.6 0.5

06056+2131-S 13 0.46 0.74 62 2.26 9.0 2.4 1.1

06058+2138 15 0.86 3.91 22 2.28 9.1 2.4 1.4

06061+2151 4 0.29 0.45 64 2.62 7.9 1.8 0.5

06063+2040 4 0.02 0.22 11 1.1 3.2 0.8 0.4

a Detections above the flux threshold in Col. 7.
b Masses and column densities calculated assuming Tex ∼ 35 K (Klein et al. 2005), and grain emissivity index

β = 2 (see text).
c Total flux recovered within the primary beam of the SMA
d Single-dish flux reported by Klein et al. (2005) at 1.3 mm or 850 µm, see Sec. 3.5.1 for details.
e Percentage of recovered single-dish flux based on the fluxes in Col. 4.

Because the brightness temperature at 1.4 mm of the corresponding Planck function for the
strongest source in all regions is less than about 2 K, just ∼ 2% of the typical hot core tem-
peratures of ∼100 K, we can assume that the emission comes from optically thin dust and thus
calculate the masses and column densities with the approach outlined by Hildebrand (1983) and
adapted by Beuther et al. (2002b, 2005). We adopted a distance of 2 kpc, a gas-to-dust ratio of
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186 (Draine et al. 2007), and used a grain emissivity index β = 2 for all regions, corresponding
to a dust opacity per unit mass κ1.4 mm ∼ 0.3 cm2 g−1 for a median grain size a = 0.1 µm, a grain
mass density ρ = 3 g cm−3. The calculated masses and H2 column densities are in Cols. 6 and 7
of Table 3.4, respectively. For their calculation we used an average IRAS temperature T ∼ 35 K,
according to the values in Klein et al. (2005). The visual extinctions in Col. 8 were calculated
assuming Av =N (H2)/0.94 × 1021 (Frerking et al. 1982).

The fluxes obtained and by extension the masses calculated are affected by the spatial filtering in-
herent to interferometers. Our shortest baseline of 16m at the given distance of 2 kpc corresponds
to a spatial scale of ∼ 28000 AU at 1.4 mm, therefore any structure larger than this was not de-
tected. Comparison with single-dish data (Klein et al. 2005) indicate that while only about ∼ 10%
to ∼ 20% of the flux was recovered in the case of IRAS 06058+2138 and IRAS 06063+2040, for
the other regions the recovered flux is about ∼ 60% to ∼ 70% (see Table 3.3). In all cases, the
remaining flux is part of the filtered out large-scale common envelope (see Sec. 3.5.1 for further
discussion).

The continuum emission and the SINFONI NIR data for each region are discussed in detail in
Sec. 3.5.1.

3.3.2 Formaldehyde

In a similar approach taken in Chapter 2 for the source IRAS 19410+2336 we aimed to do an
estimation of the kinetic temperature structure of the MSF regions. In that direction we observed
the H2CO

(
30,3 − 20,2

)
, H2CO

(
32,2 − 22,1

)
and H2CO

(
32,1 − 22,0

)
transitions, known to function

as a gas thermometer (e.g., Mangum & Wootten 1993).

At least one of the targeted formaldehyde transitions are detected in the regions of our sample.
According to Mangum & Wootten (1993) and as I have shown previously in Chapter 2, the detec-
tion of H2CO

(
30,3 − 20,2

)
and H2CO

(
32,2 − 22,1

)
would be enough to determine the temperature

of the cores. This would be the case for all the regions, with the exceptions of IRAS 06056+2131-
N and IRAS 06063+2040. However the obtained SMA data is affected by missing short spacings
in a similar way as shown previously for IRAS 19410+2336. In this case however, we do not
have yet single-dish observations at this moment. Such observations will be proposed to be car-
ried out with the IRAM 30m telescope for the Winter 2010 semester. Because of this it is not yet
possible to use the H2CO emission to derive the core temperatures. However, one of the surpris-
ing results from Chapter 2 was that the knowing the temperature structure of IRAS 19410+2336
did not change its CMF significantly.
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Table 3.4: Properties of the continuum millimetric sources in the observed regions.

Source
R.A. Dec. Iν Sν Mass N (H2) Av

(J2000) (J2000) ( mJy beam−1) (mJy) (M�) (1023 cm−2) (103 mag)

IRAS 06056+2131-N

i56n-1 06 08 46.24 21 31 54.85 6.6 1.6 1.7 0.5 0.5

. . . -2 06 08 46.91 21 31 45.32 7.7 3.1 2.0 0.6 0.6

. . . -3 06 08 46.82 21 31 46.73 8.4 3.6 2.2 0.6 0.7

. . . -4 06 08 46.72 21 31 44.26 38.7 69.3 18.1 2.9 3.1

. . . -5 06 08 46.54 21 31 45.70 9.8 4.9 2.6 0.7 0.8

. . . -6 06 08 46.26 21 31 45.77 8.9 6.9 2.3 0.7 0.7

. . . -7 06 08 46.14 21 31 45.43 10.3 12.7 3.3 0.8 0.8

. . . -8 06 08 45.93 21 31 46.32 12.7 16.2 4.2 1.0 1.0

IRAS 06056+2131-S

i56s-1 06 08 40.76 21 31 06.43 13.3 4.1 3.5 1.5 1.6

. . . -2 06 08 40.66 21 31 06.94 32.2 37.0 9.7 3.8 4.0

. . . -3 06 08 40.60 21 31 06.35 28.5 38.2 10.0 3.3 3.5

. . . -4 06 08 40.61 21 31 05.03 15.2 7.7 4.0 1.8 1.9

. . . -5 06 08 41.11 21 31 01.12 10.9 6.0 2.8 1.3 1.4

. . . -6 06 08 40.40 21 31 01.10 41.3 27.4 10.8 4.8 5.1

. . . -7 06 08 40.33 21 31 01.40 61.2 89.9 23.5 7.2 7.6

. . . -8 06 08 40.28 21 31 00.62 41.3 41.1 10.7 4.8 5.1

. . . -9 06 08 40.14 21 31 02.16 10.7 5.0 2.8 1.3 1.3

. . . -10 06 08 40.13 21 30 58.27 24.4 27.4 7.1 2.9 3.0

. . . -11 06 08 39.95 21 30 58.97 11.0 10.3 2.9 1.3 1.4

. . . -12 06 08 40.10 21 30 57.33 11.0 73.7 19.2 1.3 1.4

. . . -13 06 08 39.97 21 30 52.59 14.5 15.8 4.1 1.7 1.8

IRAS 06058+2138

i58-1 06 08 53.46 21 38 30.19 12.4 11.1 3.2 1.9 2.0

. . . -2 06 08 53.33 21 38 28.92 38.9 51.7 13.5 6.0 6.3

Continued on next page. . .
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Table 3.4 – Continued

Source
R.A. Dec. Iν Sν Mass N (H2) Av

(J2000) (J2000) ( mJy beam−1) (mJy) (M�) (1023 cm−2) (103 mag)

. . . -3 06 08 53.32 21 38 13.68 17.5 19.6 5.1 2.7 2.9

. . . -4 06 08 53.41 21 38 13.18 22.8 29.0 7.6 3.5 3.7

. . . -5 06 08 53.35 21 38 11.57 56.3 128.5 33.5 8.6 9.2

. . . -6 06 08 53.38 21 38 10.37 41.9 55.5 14.5 6.4 6.8

. . . -7 06 08 53.24 21 38 09.84 64.1 123.5 32.3 9.8 10.5

. . . -8 06 08 53.38 21 38 09.03 27.6 54.6 14.2 4.2 4.5

. . . -9 06 08 53.44 21 38 07.30 13.4 14.9 3.9 2.1 2.2

. . . -10 06 08 52.98 21 38 11.07 25.5 20.4 6.7 3.9 4.2

. . . -11 06 08 52.93 21 38 05.56 19.9 17.3 5.2 3.0 3.2

. . . -12 06 08 52.79 21 38 02.41 25.3 23.5 6.6 3.9 4.1

. . . -13 06 08 53.52 21 38 08.90 18.8 31.4 8.2 2.9 3.2

. . . -14 06 08 53.55 21 38 10.30 17.8 30.2 7.9 2.7 2.9

. . . - 15 06 08 53.56 21 38 11.30 17.3 26.1 6.8 2.7 2.8

IRAS 06061+2151

i61-1 06 09 06.99 21 50 41.36 110.3 224.5 50.0 7.2 7.7

. . . -2 06 09 06.84 21 50 43.44 8.8 3.8 2.0 0.6 0.6

. . . -3 06 09 06.81 21 50 41.63 10.3 6.1 2.3 0.7 0.7

. . . -4 06 09 06.82 21 50 29.47 9.7 9.7 2.2 0.6 0.7

IRAS 06063+2040

i63-1 06 09 21.28 20 38 51.02 6.4 6.0 1.4 0.7 0.8

. . . -2 06 09 21.18 20 38 55.70 5.4 9.6 2.5 0.6 0.6

. . . -3 06 09 20.85 20 38 53.85 3.9 4.7 1.2 0.4 0.5

. . . -4 06 09 20.97 20 38 46.43 11.5 15.1 3.9 1.3 1.4
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IRAS 06056+2131

The H2CO
(
30,3 − 20,2

)
emission peaks in the Northern clump match in all cases continuum

sources. The strongest peak is located at the position of source i56n-7, while the secondary
peaks are associated with sources i56n-2 to i56n-5. This in particular strengthens the identifica-
tion of sources i56n-2,3 and -5 as individual cores. From the first-moment map no clear velocity
gradient can be determined, although there is a velocity differential of about ∼ 2 km s−1 in the
east-west direction along the main continuum source i56n-4 (see Fig. 3.6). We did not detect
any of the other two formaldehyde transitions targeted.

In the Southern clump the H2CO
(
30,3 − 20,2

)
emission has its strongest peak towards the proto-

system i56s-A, with secondary peaks not matching any of the other detected sources, but instead
bordering the continuum emission. The first-moment map show a velocity gradient running in
the north-south direction along the continuum emission, with the northern tip redshifted and the
southern tip blueshifted a few km s−1 respect to the rest velocity of ∼ 2.5 km s−1 (see Fig. 3.6).
H2CO

(
32,2 − 22,1

)
is detected towards similar positions as H2CO

(
30,3 − 20,2

)
. In particular, the

strongest emission peak, as well as the second brightest, are located at the same positions as
before. The first-moment map also shows the velocity gradient described before (see Fig. 3.6).
No H2CO

(
32,1 − 22,0

)
emission was detected.

IRAS 06058+2138

For this region the H2CO
(
30,3 − 20,2

)
emission present its brightest peaks offset from any con-

tinuum source. Nevertheless a secondary peak can be associated with one the bright continuum
source i58-7, and the other emission peaks are located in the same spatial region as the main con-
tinuum emission. The intensity-weighted velocity map does not show any clear velocity gradient
or structure (see Fig. 3.7).

The H2CO
(
32,2 − 22,1

)
transition has a similar emission structure as the previous line, with its

emission peaks at approximately the same positions. However, it is noted that the emission
feature located south-east of the continuum source i58-9 is relatively brighter for this molecular
transition than for H2CO

(
30,3 − 20,2

)
. In the same way as before, there is no strong variation or

defined structure in the velocity field (see Fig. 3.7).

This region is one of the only two towards which we detected the H2CO
(
32,1 − 22,0

)
transi-

tion. Its integrated emission has a spatial structure more similar to H2CO
(
32,2 − 22,1

)
than to

H2CO
(
30,3 − 20,2

)
, and again the first-moment shows a small velocity dispersion of ∼ 2 km s−1

(see Fig. 3.7).
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Figure 3.2: Continuum maps of IRAS 06056+2131 obtained with the SMA at 1.4 mm. On the
top and bottom panels are the maps of the Northern and Southern protoclusters, respectively.
The contours start at the 4σ level in both panels, increasing in 1σ steps up to the 8σ contour
and in 2σ steps afterwards (see Table 3.3 for the σ values). The triangles mark the position of
the detected sources. In the lower panel are circled the three “protosystems” described in the
text. The synthesized beam is in the lower-left corner of each map, and the scalebar in each map
represent a projected length of 10000 AU.
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IRAS 06061+2151 and IRAS 06063+2040

Region IRAS 06061+2151 is the second one where H2CO
(
32,1 − 22,0

)
is detected. Together with

the other two H2CO molecular transitions targeted, the only detected emission comes from the
main continuum source i61-1 (see Fig. 3.8).

In the case of IRAS 06063+2040 only H2CO
(
30,3 − 20,2

)
is detected. The emission is associated

to the continuum emission, however none of its emission peaks matches a continuum source. The
strongest emission features are located in the bow-shaped continuum feature formed by sources
i63-1 to i63-3, and there is also H2CO

(
30,3 − 20,2

)
emission towards the main continuum source

i63-4 (see Fig. 3.9).

Figure 3.3: Continuum maps of IRAS 06058+2138 obtained with the SMA at 1.4 mm. The con-
tours start at the 4σ level increasing in 1σ steps up to the 8σ contour and in 2σ steps afterwards
(see Table 3.3 for the σ values). The triangles mark the position of the detected sources. The
synthesized beam is in the lower-left corner, and the scalebar represent a projected length of
10000 AU.
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3.3.3 Deuterated hydrogen cyanide

Deuterium has a low abundance ratio, of about D/H ∼ 10−5 in the local interstellar medium
(ISM) and as low as ∼ 8 × 10−8 outside the standard 100 pc of the Local Bubble (Linsky 2003).
Despite that, high abundances of deuterated molecules are observed in dark clouds and star-
forming regions (e.g., Parise et al. 2007). Deuterated species are associated to cold environments
such as prestellar cores, but they are also observed in the gas phase of hot cores because they
are believed to have been evaporated from icy mantles of dust grains (e.g. Caselli & Dore 2005;
Cyganowski et al. 2007; Parise et al. 2007).

In our case, we detect the DCN (3 − 2) transition in regions IRAS 06056+2131 and
IRAS 06058+2138. Figs. 3.10 and 3.11 show the observed DCN integrated emission. It can
be seen that the emission features are located at the border of the brighter continuum peaks.
Noticeably, in regions IRAS 06056+2131-S and IRAS 06058+2138 a DCN feature is located
peaking between the main continuum peaks. Also in IRAS 06058+2138, the first-moment map
shows a velocity gradient of ∼ 4 km s−1 in the S-N direction. Since it encompasses the continuum
emission, it is likely an indicator of the overall rotation of the cloud.

Figure 3.4: Continuum map of IRAS 06061+2151 obtained with the SMA at 1.4 mm. The con-
tours start at the 3σ level, increasing in 1σ steps up to the 6σ contour and in 4σ steps afterwards
(see Table 3.3 for the σ values). The triangles mark the position of the detected sources. The
synthesized beam is in the lower-left corner, and the scalebar represent a projected length of
10000 AU.
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3.3.4 Methanol

This molecular species is believed to form more efficiently in grain surfaces than in the gas-phase
medium. High abundances of CH3OH are achieved by the evaporation of the grain mantles either
by the passing of a shock or by the radiation field of a young protostellar object (e.g., Bacmann
et al. 2007; Charnley et al. 1992; Charnley 1997; Garrod & Herbst 2006). Its presence usually
indicates ongoing star formation and/or the presence of a strong radiation field.

We detect the CH3OH
(
42,2 − 31,2

)
transition in regions IRAS 06058+2138 and IRAS 06061+2151.

In the latter the only emission feature matches the position of the main mm source (see Fig. 3.12)
and presents a gradient of about ∼ 3 km s−1in the E-W direction more likely tracing the overall
rotation of the cloud, while in the former the emission extends over the same spatial region as the
continuum emission, but the main emission peak is located about ∼ 5′′ to the south of the main
continuum sources (see Fig. 3.13).

Since methanol is not important in the current context, we omit further discussion.

Figure 3.5: Continuum map of IRAS 06063+2040 obtained with the SMA at 1.4 mm. The con-
tours start at the 3σ, with increments of 1σ up to the 7σ level continuing in 2σ steps (see Table
3.3 for the σ values). The triangles mark the position of the detected sources. The synthesized
beam is in the lower-left corner, and the scalebar represent a projected length of 10000 AU.
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Figure 3.6: Formaldehyde maps of IRAS 06056+2131. The left column shows the
zeroth-moment maps and the right column the first-moment maps of H2CO

(
30,3 − 20,2

)
for

IRAS 06056+2131-N (upper row), and H2CO
(
30,3 − 20,2

)
(middle row) and H2CO

(
32,2 − 22,1

)
for IRAS 06056+2131-S (lower row). The background in the left column is the continuum emis-
sion (see Fig. 3.3), and the contours is the integrated emission of the line in steps of 10% of the
peak intensity. In the left column the background shows the intensity-weighted velocity, with
contours in 0.5 km s−1 steps. The triangles mark the continuum sources detected, and the beam
appears at the bottom of each panel. The rest velocity is Vlsr ∼ 2.5 km s−1.
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Figure 3.7: Formaldehyde maps of IRAS 06058+2138. The left column shows the zeroth-
moment maps and the right column the first-moment maps of H2CO

(
30,3 − 20,2

)
(upper row),

H2CO
(
32,2 − 22,1

)
(middle row) and H2CO

(
32,1 − 22,0

)
(lower row). The background in the left

column is the continuum emission (see Fig. 3.3), and the contours are the integrated emission of
the line in steps of 10% of the peak intensity, starting at 40%. In the left column the background
shows the intensity-weighted velocity, with contours in 1 km s−1 steps. The triangles mark the
continuum sources detected, and the beam appears in the lower-right corner of each panel. We
can see in the left column how the emission peaks of the three H2CO lines are located in similar
positions. The right column shows that there is no signature of a strong velocity dispersion. The
rest velocity is Vlsr ∼ 3 km s−1.
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3.3.5 Silicon monoxide

We detect the SiO (5 − 4) transition of this shock and outflow tracer in regions IRAS 06056+2131-
S and IRAS 06058+2138. In Fig. 3.14 is shown how the integrated SiO (5 − 4) emission towards
IRAS 06056+2131-S is located in two features. The northernmost feature appears to trace the
compact component of an outflow in the SE-NW direction, likely driven by one of the sources
i56s-1 to -4. The southern SiO (5 − 4) feature would be tracing an outflow almost perpendicular
to the other one. It has no clear driving source, but since i56s-7 is the strongest mm source it is
a likely candidate to be the driving source. In this region the SiO (5 − 4) emission is very weak,
and to map it we had to degrade the spectral resolution of the data to 5 km s−1. The recovered
emission is centered at the rest velocity of ∼ 2.5 km s−1 and therefore comprises gas velocities
from 0 km s−1 to ∼ 5 km s−1.

Fig. 3.15 shows that the case of IRAS 06058+2138 is slightly different. In this region SiO (5 − 4)
emission is detected in the ∼ 1 − 9 km s−1 velocity range. It is mainly distributed in a SE-NW
direction, and would appear to be tracing an outflow probably driven by any of the main mm
sources. If that is the case, we would be detecting mostly its redshifted lobe, since most of the
SiO (5 − 4) emission is detected at the rest velocity of ∼ 3 km s−1 and higher. There is also an
emission feature associated with source i58-1, centered at the rest velocity and with a width of
∼ 2 km s−1.

3.4 Deriving the Core Mass Function

3.4.1 The Differential CMF

As stated before, we observed H2CO transitions with the purpose of determine a temperature
structure for each region. However, the H2CO data is affected by missing flux, and therefore
we cannot get meaningful results from them until the data is complemented with short-spacing
observations, proposed at the IRAM 30 m Telescope for the Winter 2009/2010 semester.

Because of this, we calculated the masses and column densities of each region using an average
value of the kinetic temperature (Tkin) throughout each region. In a similar approach to Beuther
& Schilke (2004), we adopted the IRAS temperature of each region. According to Klein et al.
(2005), all the regions in our sample have similar temperatures, therefore we adopted an average
value Tkin ∼ 35 K for all the regions, obtaining the masses and column densities shown in Col.
6 of Table 3.4. Furthermore, we have already seen in Chapter 2 that the difference introduced in
the slope of the CMF of IRAS 19410+2336 by using or not the H2CO temperatures is marginal.
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Figure 3.8: Formaldehyde maps of IRAS 06061+2151. The left, central and right panels show
the integrated emission of the H2CO

(
30,3 − 20,2

)
, H2CO

(
32,2 − 22,1

)
and H2CO

(
32,1 − 22,0

)
tran-

sitions, respectively. The background in all panels is the continuum emission (see Fig. 3.4), and
the contours are the integrated emission of the line in steps of 10% of the peak intensity. The
beam appears in the lower-left corner of each panel. The only detection for the 3 transitions is
towards the main continuum source. The rest velocity is Vlsr ∼ 0 km s−1.

Against our expectactions the regions IRAS 06061+2151 and IRAS 06063+2040 show too few
cores as to derive a mass function. The same can be said for regions IRAS 06056+2131 and
IRAS 06058+2138, however these two regions have similar properties. Their luminosities are on
the order of ∼ 104 L�, and their masses are M ∼ 570 M� for IRAS 06056+2131 and M ∼ 510 M�
for IRAS 06058+2138 (Klein et al. 2005). They are located about ∼ 7′ apart in the sky, and not
only they are at the same distance of ∼ 2 kpc but they are also connected by a bridge of material
seen at 850 µm (see Fig. 3.1). Klein et al. (2005) proposed that this bridge may be caused
either by tidal forces between the regions or perhaps a remnant of the fragmentation process, in
which case both regions would come from the same molecular cloud. The mentioned properties
of IRAS 06056+2131 and IRAS 06058+2138 encouraged us to combine their data and derive a
common differential CMF ∆N/∆M, with the number of cores ∆N per mass bin ∆M.

Combining the two regions we detect 36 cores. Although this is 40% more than for
IRAS 19410+2336, it is still a relatively low number when compared to studies of stellar clusters
with hundreds or thousands of stars. Because of that, we applied the same analysis detailed in
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Figure 3.9: Integrated emission map of the H2CO
(
30,3 − 20,2

)
transition towards

IRAS 06063+2040. The background is the continuum emission (see Fig. 3.5), and the contours
are the integrated emission of the line in steps of 10% of the peak intensity. The beam appears
in the lower-left corner. This is the only H2CO transition detected of the 3 targeted. There is an
emission peak associated with the main source, and a second emission feature associated with
the arch formed by continuum sources i61-1,2 and -3. The rest velocity is Vlsr ∼ 9 km s−1.

Sec. 2.3.2. In short, we performed a logarithmic binning, meaning that the mass bins have a
fixed width B on a logarithmic axis. We derive a mass spectrum for different bin widths with
B ranging from 0.001 to 1 in 0.001 steps. We do not fit all the mass spectra obtained but those
satisfying the same two criteria established in Sec. 2.3.2, namely that at most only one bin may
contain a single core, and that there must be at least four non-empty bins after the incompleteness
threshold.

We fit a power-law of the form given by Eq. 2.4 to the CMFs satisfying those two criteria,
obtaining a βB index value corresponding to a given B. The final value β is the weighted mean of
all the βB indices. The different values of the power-law indices βB are plotted in Fig. 3.16 as a
function of the bin width B. The resulting weighted average and its formal error β = −1.5 ± 0.1
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Figure 3.10: DCN integrated emission maps of IRAS 06056+2131-N (upper panel) and
IRAS 06056+2131-S (lower panel). The background is the continuum emission (see Fig. 3.2),
and the contours are the integrated emission of the line in steps of 10% of the peak intensity. The
beam appears at the bottom of each panel. We can see how the main emission peak in all cases
is offset from any continuum source, and in the case of IRAS 06056+2131-S an emission feature
is located between two continuum peaks. The rest velocity is Vlsr ∼ 2.5 km s−1.

are also marked. Unlike for IRAS 19410+2336, this time only one “local trend” can be seen in
Fig. 3.16, starting at B = 0.26. This feature is explained in detail in Sec. 2.3.2. Aside from this
“local trend” there no overall trend seen between βB and B. It can be seen that the data points are
homogeneously distributed between β ∼ −1.7 and β ∼ −1.2.
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We see then that our results for the CMF slope are similar to the β ∼ −1.6 found for the Clump
Mass Functions (e.g. Kramer et al. 1998; Kerton et al. 2001; Muñoz et al. 2007), obtained with
CO emission maps for structures of sizes on the order of ∼ 0.1 pc, one order of magnitude larger
than the cores we are tracing now. This is surprising, more taking into account our results for
IRAS 19410+2336 shown in the previous chapter, where we find a CMF slope comparable to the
Salpeter IMF slope.

For reference, Fig. 3.17 shows an example of the CMFs we obtained in this case correspond-
ing to B = 0.206 and having a power-law index β = −1.5 ± 0.1. A turnover in the distribution
for masses below ∼ 2.4 M�can be seen. It appears in all the derived CMFs at about the same
position, and since it matches our detection threshold, we assume that it is likely caused by the
low-mass incompleteness of our sample rather than being a physical feature. In all of the cases,
we fit our mass distributions for masses higher than the turnover.

Figure 3.11: DCN maps of IRAS 06058+2138. The left panel shows the zeroth-moment map
and the right panel the first-moment map of the DCN (3 − 2) transition. The background in the
left panel is the continuum emission (see Fig. 3.3), and the contours are the integrated emission
of the line in steps of 10% of the peak intensity, starting at 30%. In the left panel the background
shows the intensity-weighted velocity, with contours in 1 km s−1 steps. The triangles mark the
continuum sources detected, and the beam appears at the bottom of each panel. We can see in
the left column how the emission peak is located between the two main continuum sources, and
in the right panel we see a velocity gradient of ∼ 4 km s−1 in the S-N direction. The rest velocity
is Vlsr ∼ 3 km s−1.
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Figure 3.12: Methanol emission towards IRAS 06061+2151. The left panel shows the integrated
emission and the right panel the first-moment map of the CH3OH

(
42,2 − 31,2

)
transition, with

contours in 1 km s−1 steps. The background in the left panel is the continuum emission (see Fig.
3.4), and the contours are the integrated emission of the line in steps of 10% of the peak intensity.
The triangles mark the continuum sources detected, and the beam appears in the lower-left corner
of each panel.The only emission detected matches the position of the main continuum source,
and is slightly blueshifted respect to the rest velocity Vlsr ∼ 0 km s−1.

3.4.2 The Cumulative CMF

In the previous section we have taken into account the arbitrariness of the binning of the CMF,
however, to avoid the problems arisen by this a arbitrariness we also analyze the cumulative CMF
of our sample.

We follow the reasoning detailed in Sec. 2.3.2, and we adopt the expressions for the cumula-
tive CMF described by Eqs. (2.5) and (2.6). The former is derived from the differential CMF
described by Eq. (2.4). The latter is also derived from Eq. (2.4), but taking into account the
upper-mass cutoff of the distribution, which for our sample is at about ∼ 34 M�, corresponding
to the core i58-5 (see Table 3.4).
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Figure 3.13: Methanol maps of IRAS 06058+2138. The left panel shows the zeroth-moment map
and the right panel the first-moment map of the CH3OH

(
42,2 − 31,2

)
transition. The background

in the left panel is the continuum emission (see Fig. 3.3), and the contours are the integrated
emission of the line in steps of 10% of the peak intensity. In the left panel the background
shows the intensity-weighted velocity, with contours in 1 km s−1 steps. The triangles mark the
continuum sources detected, and the beam appears in the lower-right corner of each panel. We
can see in the left panel how the main emission peak is located ∼ 5′′ to the south of the main
continuum sources. The first-moment map do not show a strong velocity gradient or structure.
The rest velocity is Vlsr ∼ 3 km s−1.

Fig. 3.18 shows the cumulative CMF for masses above ∼ 2.5 M�. As stated before we fit both
the analytical expressions given in Eqs. (2.5) and (2.6). The results are β = −1.8 ± 0.1 and
β = −1.4 ± 0.1, respectively, with the σ values resulting from the fitting algorithm. Although
the fitting error on the fitting parameter β are similar in both cases, the fit of Eq. (2.6) is better
than the fit of Eq. (2.5). The chi-square value of the former is χ2 ∼ 0.16 while for the latter it is
χ2 ∼ 0.29, with χ2 defined as:

χ2 =
∑

i

(Fi − Oi)2

Fi
(3.1)

where Fi is the value of N(> M) given by the fit for mass Mi, and Oi is the calculated value of
N(> M) for mass Mi.

This result shows that the inclusion of Mmax in the definition of the cumulative CMF affects the
result significantly, corroborating the results of Reid & Wilson (2006). Since its χ2 is better, we
adopt the value β = −1.4 ± 0.1 given by the fit of Eq. (2.6).
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Figure 3.14: SiO integrated emission map of IRAS 06056+2131-S. The background is the con-
tinuum emission (see Fig. 3.2), and the contours are the integrated emission of the line in steps
of 10% of the peak intensity, starting at 40%. The beam appears in the lower-right corner of
each panel. There are two possible outflows, one in the SE-NW direction and the second in the
NE-SW direction. The rest velocity is Vlsr ∼ 2.5 km s−1.

3.5 Discussion

3.5.1 (Proto)stellar content

With mm data it is possible to derive the masses of the circumstellar structure of the (proto)stars,
but not the masses of the (proto)stars themselves. The masses that we calculate from the 1.4 mm
continuum data can be attributed to a circumstellar structure, However, we must take into account
the “short-spacing problem” when interpreting the calculated masses of the continuum sources.
This caveat, inherent to interferometers, means that a percentage of the flux is filtered out and
lost.

Klein et al. (2005) reports single-dish continuum observations of the 4 regions of our sample.
The observations are at ∼ 1.3 mm with the IRAM 30m Telescope, except for IRAS 06063+2040
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that was observed at ∼ 850 µm with the JCMT, and indicate the integrated flux densities4 shown
in Col. 4 of Table 3.3. Considering a dependence Sν ∝ ν4 the average flux densities we recover
within the SMA primary beam in each of the regions (Col. 3 of Table 3.3) correspond to the
percentages shown in Col. 5 of Table 3.3 of the single-dish fluxes.

In the cases of IRAS 06056+2131 and IRAS 06061+2151 we recover about two-thirds of the
single-dish flux, denoting the rather compact nature of the emission. In those cases, the masses
shown in Col. 6 of Table 3.4, although a lower limit, are a good approximation to the circumstel-
lar masses. On the other hand, for regions IRAS 06058+2138 and IRAS 06063+2040 we recover
less than a quarter of the flux. This indicate that there is a large fraction of the emission emitted
by extended structures, that we are filtering out.

In the following sections we will describe the (proto)stellar content of each region in more detail.

IRAS 06056+2131-N

The detection limit adopted in this region is 4σ ∼ 6.2 mJy. Above this level we detect 8 sources
with a spatial resolution of ∼ 3000 AU and masses in the ∼ 2 − 18 M� range. The cores are
aligned in the E-W direction along a ∼ 30000 AU region, with the exception of source i56n-1
(see Fig. 3.2). This follows the distribution hinted from the single-dish observations of Klein
et al. (2005), where this region appears elongated in the E-W direction.

The three faint sources i56-2,3 and -5 are located around the brightest source, labeled i56n-4,
all of them occupying an area of diameter ∼ 10000 AU, and we find that the brightest source is
located at the edge of the protocluster.

Sources i56n-4 and i56n-7 have counterparts detected in the NIR K-band by the SINFONI survey
(Arjan Bik, priv. comm.; see Fig. 3.19). The brightest NIR source in the region is associated
with i56n-4, which is the brightest mm source, however it only shows H2 emission and not [Fe]
or Brγ. This source has also a counterpart in the MSX catalogue, with its strongest emission in
the 21.34 µm band. There is a NIR counterpart for i56n-7, but not for i56n-6. This is intersting,
since these two sources are only ∼ 4000 AU (∼ 2′′) apart, are apparently sharing a common dust
envelope, and have comparable H2 column densities and masses (see Table 3.4). The presence
of this NIR source might then indicate that either i56n-7 is more evolved than i56n-6 or that
somehow NIR radiation is leaking from the envelope of i56n-6, perhaps through an outflow
cavity. There is in fact a CO outflow associated with this region in the NW-SE direction (Kim
& Kurtz 2006; Snell et al. 1988; Xu et al. 2006; Zhang et al. 2005), however the resolution
of the observations (& 15′′) is not enough to determine the driving source. Furthermore, we

4See footnote in Page 41
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Figure 3.15: SiO maps of IRAS 06058+2138. The left panel shows the zeroth-moment map and
the right panel the first-moment map of the SiO (5 − 4) transition. The background in the left
panel is the continuum emission (see Fig. 3.3), and the contours is the integrated emission of
the line in steps of 10% of the peak intensity, starting at 40%. In the left panel the background
shows the intensity-weighted velocity, with contours in 0.5 km s−1 steps. The triangles mark
the continuum sources detected, and the beam appears at the bottom of each panel. There is a
possible outflow in the SE-NW direction. The rest velocity is Vlsr ∼ 3 km s−1.

do not detect SiO emission in the region, which would have helped us to discern whether the
NIR emission is caused because i56n-7 is more evolved, or is leaking through an outflow cavity.
Several other nearby NIR sources are detected by SINFONI and can be seen in Fig. 3.19, most
likely members of the small NIR star cluster associated with this region (Carpenter et al. 1995a).

There is no other known association for this source. There are no masers, radio sources or H

regions described in the literature, in overall not showing any of the typical signposts of massive
star formation. However, the strong emission in the K-band, the lack of Brγ emission and the
molecular outflow suggest that the forming stars are very young and still embedded.
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Figure 3.16: Obtained power-law index βB for the different binnings B. Marked are the weighted-
average β value obtained (green solid line) and its ±σ interval (green dotted lines).

IRAS 06056+2131-S

Here we detect 13 sources above the 4σ ∼ 9.0 mJy detection threshold, linearly distributed along
∼ 40000 AU in the NE-SW direction. The single-dish map of IRAS 06056+2131-S in Klein
et al. (2005) do not show any defined structure, however a molecular-gas bridge connecting the
southern and northern clumps is seen, extending in the NE-SW direction (see Fig. 3.1).

The sources have masses between ∼ 3 and ∼ 24 M�, and are mainly distributed in three “proto-
stellar systems” labeled i56s-A, i56s-B and i56s-C in Fig. 3.2. Within each of these protosystems
the cores have a mean separation of ∼ 4000 AU, below the map spatial resolution of ∼ 2400 AU,
and the protosystems themselves are separated about ∼ 10000 from each other. The continuum in
each protosystem is dominated by one or two main sources, with the other cores located around
them. In this case, the brightest source in the region, labeled i56s-7 is located roughly at the
center of the protocluster.
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Figure 3.17: Example of the obtained CMFs, corresponding to B = 0.206. The solid line is the
best fit for core masses above ∼ 2.5 M�, with a power-law index β = −1.5 ± 0.1.

In the NIR, SINFONI only detects a counterpart for i56s-6, also matching within pointing ac-
curacy to the position of a strong MSX source. SINFONI shows that its spectrum is extremely
red, also showing Brγ emission lines (A. Bik, priv. comm.). The NIR emission at that position
has a diffuse component elongated towards the SE resembling an outflow cavity (see Fig. 3.20).
There is in fact a known CO outflow in this region aligned in that same direction, (Kim & Kurtz
2006; Xu et al. 2006; Zhang et al. 2005), but from the SiO emission is more likely to be driven by
source i56s-2 (see Fig. 3.14). The other SiO feature detected is associated with i56s-B and hints
to an outflow in the NE-SW direction, i.e. perpendicular to the NIR emission, which suggests
the outflow-cavity hypothesis is less likely to be the source of the diffuse NIR emission. On the
other hand, all the other mm sources do not have infrared counterparts. The IRAS source that
gives its name to the IRAS 06056+2131 region is associated with this southern clump, and it is
also associated with the NIR cluster GL 6366s (e.g., Hanson et al. 2002).
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Figure 3.18: Combined cumulative CMF of IRAS 06056+2131 and IRAS 06058+2138 for core
masses above 2.5 M�. The solid red line and the dashed blue line represent the best fit of Eqs.
(2.6) with a power-law index β = −1.4 ± 0.1 and (2.5) with β = −1.8 ± 0.1, respectively. Note
that we have normalized N(> M) by the total number of cores Ntot.

An ultracompact H region is associated with source i56s-2, which shows a compact and unre-
solved radio source, with a flux Sν ∼ 0.7 mJy at 3 cm and estimated to be ionized by a B3 star
(Kurtz et al. 1994). There is also a fainter 3 cm source at the position of i56s-4.

It is noticeable that from the 3 identified protosystems, the one associated with the NIR emission
(protosystem i56s-B) is the one that shows less molecular line signatures, with just a detection
of a possible outflow in SiO but no detections of DCN, methanol or formaldehyde. On the other
hand, the protosystem i56s-A shows strong emission in H2CO and DCN, and is associated with
the strongest SiO feature in the region and the only known radio source. Also, i56s-2 would
account for ∼ 30% of the luminosity of the region since it is associated with a B3 star. All this
seems to suggest that source i56s-6 is the oldest in the region and most likely not a massive star,
while source i56s-2 would be the second older, with an already ignited intermediate-to-high mass
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star. The other mm sources would be the youngest, and in particular the bright mm source i56s-7
would have the potential to form a massive star.

Saito et al. (2008) traces several C18O cores at ∼ 2.7 mm in this region. Sources i56s-11 and
i56s-13 are associated with Cores B and C of their work, respectively, while Core J is associated
with the protosystem i56s-A and of this work, peaking at the same position as our eastmost DCN
feature (see Fig. 3.10-b). Their strongest emission, labeled Core E, peaks between sources i56s-8
and i56s-10, at the same position of our westmost DCN feature.

This southern clump also harbors the only maser emission detected towards the IRAS 06056+2131
region. Caswell et al. (1995) reports the detection of one 6.6 GHz methanol maser, however we
do not detect methanol at 1.4 mm (∼ 218.2 GHz).

Figure 3.19: SINFONI K-band NIR map (background) of IRAS 06056+2131-N (Arjan Bik, priv.
comm.). The contours are the mm continuum presented in this work (see Fig. 3.2).
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Figure 3.20: Composite map of IRAS 06056+2131-S. The background is the SINFONI K-band
NIR map (Arjan Bik, priv. comm.), blue contours are the mm continuum presented in this work
(see Fig. 3.2) and red contours are the 3.6 cm emission from Kurtz et al. (1994).

IRAS 06058+2138

The morphology of the continuum emission in this region is different to the others. Of the
15 sources identified above the 4σ ∼ 9.1 mJy detection threshold with a ∼ 2200 AU spatial
resolution, 10 are located in a region about ∼ 15000 AU in diameter. Fig. 3.3 shows that this
region is dominated by two cores, labeled i58-5 and i58-7, of roughly the same brightness located
at the edge of the protocluster. The other 5 sources detected are isolated, with no continuum
emission connecting them with the main emission region. Of those 5 isolated cores sources
i58-10,11 and i58-12 have similar angular size and brightness, while the remaining two sources,
labeled i58-1 and i58-2, are located ∼ 14000 AU to the north of the main continuum emission.

Single-dish maps in Klein et al. (2005) for IRAS 06058+2138 shows that the continuum emis-
sion is slightly elongated in the N-S direction. We find the same overall morphology in the
interferometer continuum.

There are two NIR sources associated with our mm emission. Sources i58-2 and i58-5 cor-
responds to sources SNIR 1 and SNIR 5 from Tamura et al. (1991), detected in the K-band.
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Figure 3.21: SINFONI K-band NIR map (background) of IRAS 06058+2138 (Arjan Bik, priv.
comm.). The contours are the mm continuum presented in this work (see Fig. 3.3).

However, in the SINFONI data there is only K-band continuum towards SNIR 1, while at the po-
sition of SNIR 5 it only detects a H2 emission feature. Source i58-2 has also a MIR counterpart.
Along with i58-1 they are detected at 7.9 µm, 8.8 µm, 11.6 µm, 12.5 µm and 18.5 µm by Long-
more et al. (2006). Furthermore, i58-2 is resolved into 3 MIR sources, with mean separations of
∼ 1700 AU.

The region is next to the rich NIR protocluster AFGL 5180 with about ∼ 63% − 80% of YSOs
(Devine et al. 2008; Hodapp 1994; Lada & Lada 2003; Leistra et al. 2006), but with the exception
of sources i58-1 and -2, the mm emission is located in an obscured area in the NIR and MIR and
separated more than 10′′ from any NIR or MIR source. H2O masers are detected for i58-2 and
i58-5. Source i58-2 is also associated with a methanol maser (Minier et al. 2005; Tofani et al.
1995), and there is no radio emission towards this region (Kurtz et al. 1994; Moffat et al. 1979).
These signatures characterize this region as an active star-forming region, and based on this Klein
et al. (2005) classified IRAS 06058+2138 as a “pre-protocluster” candidate, i.e., a region where
massive stars have begun to form deeply embedded, but have not yet cleared a cavity.
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On the other hand, IRAS 06056+2131 is classified as a “young cluster” by Klein et al. (2005), a
stage where the cluster has emerged from its parental cloud but has not yet dispersed said cloud.
This is in line with the studies of Ghosh et al. (2000), who also suggests that IRAS 06058+2138 is
the youngest of the three regions IRAS 06056+2131, IRAS 06058+2138 and IRAS 06061+2151
(described in Sec. 3.5.1).

The three cores i58-10, 11 and -12 are interesting in that they do not show any hint of sub-
structure and are rather spherical (though marginally resolved), and are located more or less
isolated, several thousands AU from the closest neighbor. Of these three cores, i58-11 is the
only one that do not show any molecular line signature. The other two cores are associated with
CH3OH

(
42,2 − 31,2

)
, H2CO and/or SiO (5 − 4) features. Within our uncertainty, the three cores

have similar masses, although i58-11 is slightly less massive. These cores are likely forming an
intermediate-mass star, or a system of low-mass stars, as is the case of i58-2.

The outflow component in IRAS 06058+2138 is not clear. Snell et al. (1988) mapped the region
in CO and found evidence of an outflow, but only its blueshifted component could be clearly
identified since the redshifted wing suffered from contamination from the molecular cloud asso-
ciated with the neighboring H regions S252-258. In addition, Davis et al. (1998) mapped the
region in H2 at 2.12 µm and found two chains of knots he suggests may be related to two different
outflows, one in the N-S direction and the other in the SE-NW direction. We detect redshifted
SiO emission extending from the main sources towards the SW. The apparent direction of this
emission is ∼ 45◦ apart from the line of the H2 knots, therefore an association seems unlikely.
There is, however, an H2 emission feature at the position of i58-5 that might be related to the SiO
outflow.

IRAS 06061+2151

The IRAS 06061+2151 continuum emission is dominated by the single bright source i61-1, with
a diameter ∼ 10000 AU and presenting no structure, despite having a spatial extension over ∼ 3
times the synthesized beam. Two fainter sources can be seen in Fig. 3.4 around i61-1, with
a mean separation of ∼ 6000 AU from it. The remaining fourth core is isolated and located
∼ 25000 AU from the main source. All the 3 fainter cores have similar peak intensities, and are
a factor 10 fainter than the main source.

This region is associated with the NIR cluster AFGL 5182. There are five 2MASS sources
within a few arcseconds from the main mm peak, and Anandarao et al. (2004) have identified all
of them as early B-type massive (proto)stars. Those NIR sources can be seen in the SINFONI
map shown in Fig. 3.22, where it can be clearly seen that the main mm source, labeled i61-1, is
located between two of the NIR sources.
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Figure 3.22: Composite map of IRAS 06061+2151. The background is the SINFONI K-band
NIR map (Arjan Bik, priv. comm.), blue contours are the mm continuum presented in this work
(see Fig. 3.4), and red contours are the 3.6 cm emission from Kurtz et al. (1994). The arrows
mark the two NIR sources aligned with the H2 knot chain detected by Anandarao et al. (2004)
(see text).

In this region we identify 4 cores, of them i61-1 being the largest and brightest by far. With
∼ 50 M� is the most massive core detected in the 4 regions of this study. Saito et al. (2008)
detects a C18O core of diameter ∼ 15000 AU with its emission peak at the same position as
i61-1. This core encompasses sources i61-1, 2 and -3, and confirms the compact nature of i61-1.

This source has also a weak radio counterpart at 3.6 cm and is marginally detected at 2 cm (Kurtz
et al. 1994), indicating the presence of an ultracompact H region and the ongoing formation of
an intermediate-to -high mass star. On the other hand, the weaker continuum feature i61-4 is
probably related to a C18O core, supporting its identification (“M” in Saito et al. 2008).

The outflow component in the region is uncertain. Kim & Kurtz (2006) finds CO emission
towards the region but not an outflow. However, Anandarao et al. (2004) detect H2 knot-like
features suggesting the presence of a collimated jet in the SE-NW direction, in line with two
of the NIR sources (marked with arrows in Fig. 3.22) and also with i61-1. Furthermore, these
sources are located roughly in the middle of the projected distance between the H2 features.
Based on the evolutionary stage of the NIR sources, Anandarao et al. suggest that one of them
might be the driving source. Source i61-1 is clearly in an earlier evolutionary stage so it is also a
likely candidate to be the driving source of the jet. However, we do not detect any SiO signature,
therefore it is not so certain whether this may be the driving source of the jet.
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IRAS 06063+2040

IRAS 06063+2040 is dominated by a single source, a factor ∼ 2 brighter than the other 3 cores
detected in this region. It can be seen in Fig. 3.5 that the 3 fainter sources are arranged in an
arch-like shape about ∼ 20000 AU from the main source.

This region is located within the rich NIR cluster AFGL 5183 (see e.g., Kumar et al. 2006), how-
ever none of the mm cores have a NIR counterpart (see Fig. 3.23). Qin et al. (2008) mapped the
CO emission in the region and found a large-scale outflow in the N-S direction, but its projected
axis is offset from any of the mm sources. Furthermore, we do not detect any SiO signature in
the region.

There is no reported radio emission in the region. In addition, OH maser surveys do not detect
any H2O, methanol or OH masers emission (Edris et al. 2007; Sunada et al. 2007).

There is none of the typical signatures of massive star formation, furthermore, the continuum
emission show cores of relatively low masses. All this suggest that the these cores are not form-
ing massive stars.

Figure 3.23: Composite map of IRAS 06063+2040. The background is the NTT K-band NIR
map (Arjan Bik, priv. comm.), and the blue contours are the mm continuum presented in this
work (see Fig. 3.5)
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3.5.2 The CMF

The results of Sec. 3.4 shows us a CMF with a slope β ∼ −1.5±0.2. This is a relatively flat slope,
if we compare with the results of Sec. 2.3.2 where the CMF resulted with a slope β ∼ −2.3±0.2,
similar to the Salpeter value for the stellar IMF.

The CMF’s slope we obtain now is comparable to the slope of the Clump Mass Functions
(ClMFs), for which a slope of ∼ −1.6 is found (e.g. Kramer et al. 1998; Kerton et al. 2001;
Muñoz et al. 2007). Those ClMFs are obtained with CO emission maps for structures of sizes on
the order of ∼ 0.1 pc. Going to at least one order of magnitude better in spatial resolution, and
based in our previous results (Sec. 2.3.2, Beuther & Schilke 2004), we were expecting a steep-
ening of the slope. This would signal further fragmentation at smaller spatial scales since large,
massive structures would resolve into several smaller, less massive ones, therefore depopulating
the higher-mass end of the mass function while at the same populating its lower-mass end.

Single-dish maps of regions IRAS 06056+2131 and IRAS 06058+2138 at spatial scales of clumps
show only a single clump where we find several fragments (see e.g. Klein et al. 2005; Saito et al.
2007). We are indeed seeing further fragmentation in the regions, but apparently the CMF does
not reflect that fragmentation.

The procedure used to obtain the CMF is the same we used for IRAS 19410+2336. The only
difference is that in that case we were able to estimate the temperatures of the individual cores
and thus refine the mass calculations. As explained earlier, for the regions in this Chapter we
currently cannot make a temperature determination since we do not have the complimentary
single-dish observations of the formaldehyde lines yet, that is the reason why we used the average
IRAS temperatures from the literature. A change in the core’s temperature has the possibility of
making the CMF slope steeper. We already saw for IRAS 19410+2336 that it is more likely that
the brightest cores are warmer than the average temperature in the region, while the fainter cores
have a temperature similar to the average value. A higher temperature for the brightest cores
will lower their masses and if at the same time the fainter cores do not change their temperature,
the CMF will become steeper. Nevertheless, for IRAS 19410+2336 we also found that knowing
the temperature structure of the region did not change the result significantly (see Sec. 5.1 for
further discussion). In that case we obtained the same value for the CMF slope as the previous
study of the region (Beuther & Schilke 2004), where the average IRAS temperature of the region
was used. Therefore, although is a plausible explanation of why the slope is now flatter, using
average temperatures for the calculation of the masses likely do not change the result.

Having merged the regions IRAS 06056+2131 and IRAS 06058+2138 in one single sample to be
able of calculating a differential CMF is also not the reason of the slope being flatter. In Fig. 3.24
we show that the cumulative CMF of regions IRAS 06056+2131 and IRAS 06058+2138 have the
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values β ∼ −1.6±0.2 and β ∼ −1.7±0.2 for the slope of the differential CMF, respectively. Within
the uncertainties this two results are indistinguishable between them and between them and the
β ∼ −1.4 ± 0.1 obtained for the combined sample.

This suggests that the fragmentation processes in both regions are intrinsically similar and what-
ever is affecting such processes, thus making the combined CMF slope flatter, would be affecting
both regions in a similar way, having a comparable effect on them.

Simulations of the evolution of molecular clouds show that if the dynamical evolution is dom-
inated by gravity, then the slope of the mass spectrum becomes flatter (Klessen 2001). In the
case of pure gravitational contraction, i.e., the cloud is gravitationally dominated, the slope is

Figure 3.24: Comparison between the cumulative CMFs of regions IRAS 06056+2131 (red tri-
angles) and IRAS 06058+2138 (blue squares), and the cumulative CMF of the combined sample
obtained in Sec. 3.4.2 (green circles). The solid, dashed and dotted lines are the best fit to
Eq. 2.6. for the combined data, IRAS 06056+2131 and IRAS 06058+2138, respectively. The
different slopes and their standard deviations are shown in the same color code.
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β ∼ −1.5, while when the cloud is supported by turbulence the slope is β . −2. On the other
hand, during their early collapse the clouds are gravitationally dominated and then during their
evolution the feedback from the forming stars, e.g., stellar winds and molecular outflows, injects
energy, and hence turbulence, into the forming cloud. Following this, it could be possible that at
early evolutionary stages, while the cloud is mainly gravitationally supported, the mass function
will have a shallow slope, that will “evolve” into a steeper distribution as the cloud itself evolves.
This would suggest that the slope of the mass function could be indicating the relative age of the
cloud, the flatter it is the younger the cloud is.

In our case, it is suggested in the literature that IRAS 06058+2138 is somewhat younger that
IRAS 06056+2131 (Ghosh et al. 2000; Klein et al. 2005), however is not so clear that
IRAS 06056+2131 is in turn younger than IRAS 19410+2336. In Sec. 2.4.1 we showed that
IRAS 19410+2336 has several NIR and MIR identified counterparts, as well as a cm source as-
sociated with its most massive core and several H2O and methanol masers. The region also has a
very energetic and active outflow component, with multiple CO outflows detected with a spatial
resolution of ∼ 7500 AU (Beuther et al. 2003). On the other hand, in Sec. 3.5.1 we mention
that IRAS 06058+2138 has only one NIR and MIR counterpart and are not associated with the
brightest mm source. The region also has a cm counterpart, but is associated with the more iso-
lated protosystem we recover. There are only two outflows detected, although at larger scales
than for IRAS 19410+2336, however our SiO observations only detect weak emission in the
southern part part of the region. As for maser emission, only one methanol maser is associated
with IRAS 06056+2131.

The apparently weaker outflow component, less NIR emission and cm emission from the main
mm sources hints to the possibility that IRAS 06056+2131 might be younger than
IRAS 19410+2336. However, this is not conclusive at all. Further observations would be needed
to assert a difference in age, as for example high-resolution interferometric CO maps to look for
smaller scale outflow activity, or MIR imaging with MIPS and/or PACS and SPIRE onboard the
Herschel Space Observatory. If indeed IRAS 06056+2131 is younger than
IRAS 19410+2336, it would then explain the difference in the slope of their CMFs.

Another possible indicator of the relative ages are deuterated species. It is believed that the deu-
terium fractionation can be used as an indicator of the evolutionary state of a molecular core, for
example, Crapsi et al. (2005) propose that among other factors, the N (N2D+) /N (N2H+) ratio can
be used to identify potential starless cores. In general, a higher deuterium fractionation would
signal an earlier evolutionary stage (e.g., Caselli et al. 2002c,a; Crapsi et al. 2005; Fontani 2008;
Fontani et al. 2009). At earlier and colder evolutionary stages, deuterium will accrete onto grain
surfaces producing deuterated species. Then, as the temperature in the medium increases those
deuterated species start to evaporate into the gas as temperatures raise, increasing the observed
deuterium fractionation. Later, as this gas-phase deuterium is being destroyed, the fractiona-
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tion starts to decline, signaling a more advanced evolutionary stage (e.g., Caselli et al. 2002b;
Ceccarelli et al. 2001; Charnley 1997).

We detect the deuterated species DCN in IRAS 06056+2131 and IRAS 06058+2138, which indi-
cates that indeed are in an early evolutionary stage, but we would need observations of HCN and
other deuterated species as for example HDCO and N2D+ and the correspondant hydrogenated
isotopologues, to attempt to determine a relative age between the regions.

All the regions involved have similar masses, luminosities and distances. There is, however, the
difference that IRAS 19410+2336 is in the inner galaxy, with an angular separation of ∼ 60◦ from
the galactic center (l = 59◦46′52′′; b = 0◦3′44′′), while IRAS 06056+2131 and
IRAS 06058+2138 are in the outer galaxy, about ∼ 130◦ to the east of IRAS 19410+2336. Ac-
cording to Kalberla & Dedes (2008) there is an exponential volume density gradient in the Galac-
tic disk towards the outer Galaxy, with a radial scale-length of 3.15 kpc. The distance between
IRAS 06056+2131/IRAS 06058+2138 and IRAS 19410+2336 is of about ∼ 4 kpc, meaning a
volume density decrease by a factor ∼ 3.6. We in fact detect an average volume density differ-
ence. Using the reported single-dish column densities in Klein et al. (2005) and Beuther et al.
(2002b) togheter with Eq. (2.1) we obtain that the average volume density of IRAS 19410+2336
is between 2 − 5 times higher than for IRAS 06056+2131 and IRAS 06058+2138. This differ-
ence in turn implies that the Jeans scale in IRAS 19410+2336 would be a factor ∼ 2 smaller
than for the other two regions, and will likely favor the formation of more massive cores in
IRAS 06056+2131 and IRAS 06058+2138. Although this will result in an overall shift of the
mass function towards higher masses, a priori does not indicate if the slope will become shal-
lower or steeper, if it does necessarily change at all. Simulations of the fragmentation of similar
initial molecular clouds but with different average volume density should be made, to see if there
is a clear relationship between the slope of the resulting CMF and the density.

Other theories that might explain this difference in the slope of the CMF are proposed by
Elmegreen (2006). For instance, different star formation processes. Strong interactions between
the cores could make the stellar mass function different from the CMF, while weak interactions
might keep them about the same. Also, simulations show that hierarchical fragmentation alone
produces a mass function with a slope β ∼ −2. Now if the IMF comes mostly from fragmentation,
regardless of the origin of that fragmentation, then if there are physical processes favoring the
formation of massive cores then the slope will be flattened at high masses. Such processes might
include the ablation of low-mass protostars, heightened accretion, coalescence and multiple-star
interactions.

In the end, it is not clear why we are obtaining a CMF distribution flatter than for
IRAS 19410+2336. It can be happening for several reasons going from different cloud prop-
erties to different star-formation scenarios, or just be reflecting a difference in age betwen the
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regions. In all cases, further observations and numerical simulations are needed to help deter-
mine a reason.

3.6 Conclusions

We have mapped 4 MSF regions at 1.4 mm with the SMA at spatial scales of ∼ 2400 AU, identi-
fying 44 cores in total. Because of their similar properties and apparent common parental cloud,
we merged the results for regions IRAS 06056+2131 and IRAS 06058+2138 and produced a
jointed CMF with the 36 identified cores from both regions.

From both the differential and the cumulative CMF we obtain a surprisingly shallow slope β ∼
−1.5 ± 0.2, similar to the typical ∼ −1.5 value for the ClMF at scales at least ten times larger,
and flatter than the Salpeter value of ∼ −2.3 for the IMF. This result is contrasting our result for
the region IRAS 19410+2336 discussed in the previous chapter, for which we find a CMF slope
similar to Salpeter. Several theories can explain this difference. One possibility, for example,
is that we are looking at regions at different evolutionary stage. In any case, with the data we
currently have we cannot conclusively determine a reason for why the slope is flatter in this case,
and we stress that a different number of observations and numerical simulations can and should
be done to obtain an explanation.

We also observed several formaldehyde transitions in an attempt to determine the temperature
of the cores in a similar way than for IRAS 19410+2336, however the interferometric data is
strongly affected by missing short-spacings and are not reliable to attempt a temperature deter-
mination. Complimentary short-spacing observations will be done, nevertheless from the results
for IRAS 19410+2336 we do not expect a significant change in the resulting CMF.

The protostellar content of the regions is discussed. We show recent NIR observations of this
regions obtained by A. Bik, E. Puga, T. Vasyunina et al. with SINFONI at the VLT, pointing out
the importance of a multiwavelength approach in the study of massive star formation.





Chapter 4

W3 IRS5: A Trapezium in the making

The formation of high-mass stars appears to be intimately linked with the formation of multiple
stellar systems. Optically visible OB-type stars show a much higher degree of multiplicity than
their lower-mass counterparts (Preibisch et al. 1999). Now observations are showing that such
high-mass multiple systems have separations ranging between 10000 AU and 1 AU, and appear
to be bound groups within larger clusters (Mermilliod & Garcı́a 2001). In contrast to hierar-
chical systems where the successive separation between its members increases by large factors,
many of these systems are dynamically unstable, nonhierarchical clusters of three or more stars,
called trapezia after the Trapezium cluster in Orion. The role such systems play in massive star
formation is not yet understood, although several suggestions have been made.

First, the mass density of these multiple systems may be high enough to gravitationally trap
hypercompact or even small ultracompact H regions. Keto (2002a,b, 2003) has shown that con-
tinued accretion through the HCH region may be possible, even after the supporting stars have
reached the main sequence. The radius where these H regions become hydrodynamically sup-
ported -thus stopping the accretion flow- scales inversely with the attracting mass, thus massive
trapezia systems allow more mass to be accreted to the central accreting objects (Keto 2002a,b,
2003).

Second, binary systems are expected to form in the center of these dense proto-Trapezia. These
binaries will continue accreting gas, funneled to the center by the combined potential of the
protocluster. Because the angular momentum of the infalling gas has no correlation with that
of the binary’s, the masses of the individual stars increase while the separation of the binary
decreases, giving as a natural outcome a high-mass close binary system that could eventually
undergo mergers, creating even more massive systems (Bonnell & Bate 2005).

The previous examples show how the formation of massive stars in multiple systems with sep-
arations on the order of ∼ 1000 AU may be affected by their companions, either by modifying
the morphology of accreting envelopes allowing more mass to be accreted, or by forming more
massive stars by merging high-mass close binaries.

91
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Some multiple high-mass protostellar systems are known. For example, W 33A was imaged
by van der Tak & Menten (2005) at 43 GHz with the Very Large Array finding three contin-
uum sources at separations of 3000 − 5000 AU; Hunter et al. (2006) found similar systems in
NGC 6334 I and NGC 6334 I(N) with a few millimetric sources inside a region of ∼ 10000 AU.
More recently, Beuther et al. (2007b) resolved the central 7800 AU of the hot molecular core
G29.96–0.02 into four submillimeter peaks, a potential proto-Trapezium system.

One prime example of a trapezia is the system W3 IRS5 in the W3-Main region of the H/molecular
cloud complex W3, a very active star-forming region part of the larger star-forming complex
W3/W4 located in the Perseus arm of the Galaxy, that also encompasses the W4 star-forming
region and the OB associations IC 1805 and IC 1795. In W3 the star formation takes place in the
embedded regions W3-Main, W3-North, and W3-OH.

Oey et al. (2005) found evidence supporting the scenario in which the star formation in W3-
Main was triggered by the formation of IC 1795, which in turn was triggered by the Perseus
chimney/superbubble. This scenario, however, has been brought into question by the recent
Chandra X-Ray observations of Feigelson & Townsley (2008), because W3-Main does not show
the elongated and patchy structure of a triggered star cluster. W3-Main itself may harbor its own
triggered star-formation scenario because the various morphological classes of H regions that
can be found in it suggest that different stages of massive star formation may be sequentially
triggered by the pressure of the expanding H regions (Tieftrunk et al. 1997, 1998).

The system W3 IRS5 is a known double infrared (IR) source (Howell et al. 1981; Neugebauer
et al. 1982) with a total luminosity of 2× 105 L� (Campbell et al. 1995), located in the W3-Main
region at a distance of 2 kpc (Megeath et al. 2008). Recently, Megeath et al. (2005) presented
HST observations with an angular resolution of 350 AU identifying seven near-IR sources in-
cluding the two previously known. Three of these sources have both mid-IR counterparts and
are 1.2 and 0.7 cm continuum sources (Wilson et al. 2003; van der Tak et al. 2005). The sizes
of the H regions are < 240 AU, indicating that they are probably gravitationally bound and
may be accreting (e.g., Keto 2003). Based on its size, the probable masses of the stars, and
its nonhierarchical distribution of sources, Megeath et al. (2005) proposed that this system is a
proto-Trapezium system, which would emerge as a bound Trapezium similar to that in the Orion
nebula. This region is also the source of at least two outflows (Imai et al. 2000; Wilson et al.
2003), and is in the center of an embedded cluster of 80 − 240 low-mass stars (Megeath et al.
1996) which in turn is surrounded by a core of several hundred low-mass stars (Feigelson &
Townsley 2008).
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4.1 Observations

We have mapped W3 IRS5 with the IRAM Plateau de Bure Interferometer (PdBI)1 in the A
(Jan/Feb 2006) and B (Mar 2006) configurations at 1.4 mm and 3.4 mm imaging the continuum,
achieving an angular resolution with a synthesized beam of 0.39′′ × 0.34′′ at 1.4 mm and 1.00′′ ×
0.89′′ at 3.4 mm. At the given distance of 2 kpc that translates to a spacial resolution of ∼ 700
and ∼ 1900 AU, respectively. The ∼ 0.36′′ resolution obtained was feasible because of the new
very extended baselines, extending to over 700 m.

The receivers were tuned to 87 and 217 GHz both in the lower sideband. With this spectral setup
we observed the SO2, SiO and C18O transitions described in Table 4.1 with a maximum spectral
resolution of 0.5 km s−1. We adopted a systemic velocity VLSR = −39 km s−1 (Ridge & Moore
2001; Tieftrunk et al. 1998). Although observed, C18O was not detected due to the short-spacings
problem inherent to the interferometer filtering out the received flux.

The phase and amplitude calibrators were 0355 + 508 and 0059 + 581 and the flux calibrator
was 3C 345, adopting the values from the SMA flux monitoring of these quasars. The data were
calibrated with the program CLIC and then imaged with the program MAPPING, both part of
the GILDAS package. The spectra were processed with the program CLASS77, also from the
GILDAS package.

After inversion and cleaning, the continuum data have rms noise levels σ = 1.8 mJy beam−1 and
σ = 1.2 mJy beam−1 at 3.4 mm and 1.4 mm respectively. For the line data, with a spectral resolu-
tion of 0.5 km s−1 the noise levels are σ = 7 mJy beam−1 for SiO (2 − 1), σ = 18 mJy beam−1 for
SO2

(
222,20 − 221,21

)
and σ = 8 mJy beam−1 for SO2

(
83,5 − 92,8

)
while SiO (5 − 4) was imaged

with a spectral resolution of 1 km s−1 resulting in a rms σ = 14 mJy beam−1 (see Table 4.1).

1IRAM is supported by INSU/CNRS (France), MPG (Germany) and IGN (Spain).



94 CHAPTER 4

Table 4.1: Observed molecular transitions and rms of the respective maps.

ν Spect. Resol. Eup rmsa

Transition (GHz) (MHz) (K) ( mJy beam−1)

SO2
(
83,5 − 92,8

)
86.64 0.14 55 8.0

SiO (2 − 1) 86.85 0.14 6 7.0

Continuum 87.02 . . . . . . 1.8

SO2
(
222,20 − 221,21

)
216.64 0.36 248 18.0

Continuum 216.87 . . . . . . 1.2

SiO (5 − 4) 217.10 0.36 31 14.0

C18O(2–1)b 219.56 . . . 15 . . .

aFor a spectral resolution of 0.5 km s−1 except for SiO (5 − 4), whose map has a spectral resolution of 1 km s−1.
bNot detected, filtered out by the interferometer.

Table 4.2: Properties of the continuum millimetric sources in W3 IRS5.

MM
R.A. Dec. Iνa Sνa Mass (M�) N (H2)b Av

(J2000) (J2000) (mJy beam−1) (mJy) 50 K 100 K 200 K (1024 cm−2) (103 mag)

1.4 mm with 0.39′′ × 0.34′′ beam

1 . . . 02 25 40.77 62 05 52.49 34.8 70 6.7 3.2 1.6 8.0 8.5

2 . . . 02 25 40.68 62 05 51.53 20.6 24 2.3 1.1 0.5 4.7 5

3 . . . 02 25 40.66 62 05 51.95 10.4 13 1.2 0.6 0.3 2.4 2.5

4 . . . 02 25 40.75 62 05 50.45 5.7 5.7c 0.6 0.3 0.1 1.3 1.4

3.4 mm with 1.00′′ × 0.89′′ beam

1 . . . 02 25 40.77 62 05 52.49 23.1 24 83.4 40.1 20.2 30 32

5d . . . 02 25 40.68 62 05 51.85 11.2 11.2c 39.0 19.1 9.4 14 15

6 . . . 02 25 40.73 62 05 49.86 5.1 5.1c 17.7 8.7 6.3 6.6 7

aThe fluxes have been corrected for the free-free contribution, except for source MM4.
bCalculated assuming T = 100K.
cUnresolved, Iν given instead of Sν.
dSource MM5 is likely the merged pair MM2 and MM3.
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4.2 Results

4.2.1 Large-scale Overview

The W3 complex is a very rich one when it comes to H regions. Several H regions have been
detected at 6, 2 and 1.3 cm by Tieftrunk et al. (1997), encompassing hypercompact, ultracompact,
compact and diffuse H regions. All of them probably originated from the same volume of
neutral gas.

With the ages they estimated, Tieftrunk et al. (1997) suggest a qualitative evolutionary sequence
of the H regions, going from hypercompact to ultracompact, compact and then diffuse. Also
the number, age and spatial distribution of the H regions suggest a scenario of triggered star
formation by the expansion of the H regions that formed first.

In our 3.4 mm map we detected three of those H regions, the compact W3 B, the ultracompact
W3 F and the hypercompact W3 IRS5, also known as W3 M, the subject of our study (see Fig.
4.1). The shell-like structure and overall morphology of W3 B is recovered by our observations,
as well as the cometary shape of W3 F.

4.2.2 Millimetric Continuum

Fig. 4.2 shows the 1.4 and 3.4 mm continuum maps, with the six sources detected labeled MM1–
6 in descending order of intensity at 1.4 mm for MM1–4 and at 3.4 mm for MM5 and MM6.
MM1 is the only source resolved at both wavelengths, while MM4 is detected only at 1.4 mm
and MM6 only at 3.4 mm. At the long wavelength we do not resolve MM2 nor MM3. However,
based on its position, MM5 is likely the joint contribution from MM2 and MM3 and is not
considered an individual source.

The properties of the sources are summarized in Table 4.2. Cols. 2 and 3 give their positions;
the measured peak flux intensity and integrated flux density, both corrected for the free-free
contribution, are given in Cols. 4 and 5 respectively.

In the standard model of optically-thick (spectral index ∼ 2) and optically-thin (spectral index
∼ −0.1) free-free emission, the spectral indexes derived by van der Tak et al. (2005) indicate that
the 43 GHz emission is close to the “turnover point” between optically-thick and optically-thin
free-free emission, and is approximately an upper limit to the free-free contribution at millimetric
wavelengths. In HCH region models with density gradients (e.g., Keto 2003) or clumpiness
(Sewilo et al. 2004) the free-free emission may rise somewhat more, but unlikely by a significant
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amount. Therefore, here we assume that the 43 GHz emission is a good measure of the free-free
contribution at millimetric wavelengths and we use it to correct our measured fluxes for such
contribution, as shown in Table 4.3. This could be done for all our sources except MM4, for
which van der Tak et al. (2005) did not detect a counterpart.

Table 4.3: Contribution of the free-free emission to the measured millimetric fluxes.

MM
Peak Intensity (f-f) Flux Density (f-f)

( mJy beam−1) free−free Iν
a

measured Iν
(mJy) free−free Sν

a

measured Sν

1.4 mm with 0.39′′ × 0.34′′ beam

1 . . . 2 0.05 2 0.03

2 . . . 2 0.09 4 0.14

3 . . . 2 0.16 3 0.19

3.4 mm with 1.00′′ × 0.8′′ beam

1 . . . 2 0.08 2 0.08

5 . . . 4 0.26 4b 0.26b

6 . . . 0.7 0.12 0.7b 0.12b

Because the brightness temperature of the corresponding Planck function for the strongest source
–MM1– is about 11 K, just ∼10% of the typical hot core temperatures of ∼100 K, we can assume
that the emission comes from optically thin dust and thus calculate the masses and column den-
sities with the approach outlined by Hildebrand (1983) and adapted by Beuther et al. (2002b,
2005). We adopted a distance of 2 kpc (Megeath et al. 2008) and used a grain emissivity index
β = 2, corresponding to a dust opacity per unit mass κ3.4mm ∼ 0.05 and κ1.4mm ∼ 0.3 cm2 g−1 for
a median grain size a = 0.1 µm and grain mass density ρ = 3 g cm−3. In Cols. 6–8 and 9 of
Table 4.2 are the calculated masses and H2 column densities respectively. We did not derive a
temperature for this region, therefore the masses were calculated assuming the different temper-
atures T∼ 50 K, T∼ 100 K and T∼ 200 K, while for the N(H2) calculation we assume a hot core
temperature of ∼ 100 K.

The obtained masses are strongly affected by the spatial filtering inherent to interferometers.
Comparing with single-dish data (van der Tak et al. 2000b) we recover only ∼ 9% of the flux at
1.4 mm (see Sec. 4.3.1 for further discussion). The visual extinctions in Col. 10 were calculated
assuming Av = N (H2) /0.94 × 1021 (Frerking et al. 1982).
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4.2.3 Silicon Monoxide emission

Silicon Monoxide (SiO) is believed to trace strong shocks in dense molecular gas, particularly
in molecular outflows (Schilke et al. 1997). Here two SiO transitions were observed, SiO (5 − 4)
with the 1.4 mm receiver and SiO (2 − 1) with the 3.4 mm receiver, seen in Fig. 4.3. The five
molecular outflows we detect are also marked, labeled SIO-a – e, four of them at both wave-
lengths and the larger, westernmost outflow, only at 3.4 mm. In Fig. 4.4 we present the spectra
of the five outflows, taken toward the center of the outflow for SIO-a, -b and -d, and toward the
wings for SIO-c and -e. From the integrated spectra of the 1.4 mm emission within a 4′′ × 4′′

region centered at the phase center (Fig. 4.4f), we determine that the contribution of the ambient
gas emission ranges from -43 to -36 km s−1. This is also in agreement with the linewidth expected
from the ambient gas emission for dense and small cores (Garay & Lizano 1999).

The spatial coincidence of the blue- and redshifted emission of SIO-a with MM1 indicates that
it is aligned very close to the line of sight (l.o.s.). This can be clearly seen in the SiO (5 − 4)
transition at 1.4 mm, where the most compact emission is mapped (Fig. 4.3). At this wavelength
the red- and blueshifted contours are overlapped, however in the SiO (2 − 1) transition at 3.4 mm
only a blueshifted emission peak is seen. There is overlapping redshifted emission, but it does
not peak at the same position but rather ∼ 0.5′′ to the southeast of the blueshifted peak. The
position of the SiO (5 − 4) peaks as well as the blueshifted SiO (2 − 1) peak match the position
of MM1, and this is likely the driving source of this outflow. The spectrum at the center position
(Fig. 4.4a) exhibits a broad emission with a FWHM linewidth of 7 km s−1, showing also a strong
peak at the systemic velocity and a redshifted narrow (FWHM of 1.3 km s−1) feature peaking at
∼ −32 km s−1.

For SIO-b on the other hand, we detect and resolve a blue- and redshifted peak only at 3.4 mm
while at 1.4 mm we only resolve a blueshifted peak. The peaks at both wavelengths are resolved,
and the source MM2 is the most likely driving source. Its central spectrum (Fig. 4.4b) shows
clear blue- and a redshifted peaks. This outflow also seems to be aligned close to the l.o.s.,
according to the position of the blue- and redshifted emission peaks without any emission at the
VLSR.

The outflow SIO-c is detected in both SiO transitions, although at 3.4 mm the redshifted lobe
is faint. The outflow is aligned in the east–west direction, its axis defined as the straight line
joining the blue and red emission peaks at 3.4 mm. The source MM4 lies on the outflow axis
and between the lobes, thus this may be the driving source. The SiO (5 − 4) spectrum from this
outflow (Fig. 4.4c) shows broad blue- and redshifted peaks. The blue peak is broad (∼ 5.5 km s−1)
and asymmetric towards bluer velocities, its maximum at −44 km s−1, while the redshifted peak
is symmetric and narrower, with a FWHM linewidth of 4.8 km s−1 peaking at −36 km s−1.
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Figure 4.3: Silicon Monoxide emission detected towards W3 IRS5. The left panel shows
the 3.4 mm SiO (2 − 1) transition and the right panel shows the 1.4 mm SiO (5 − 4) transition.
Blue contours outline the blueshifted emission and red contours the redshifted emission. The
blueshifted emission ranges from −58 to −43 km s−1 and the redshifted emission ranges from
−36 to −28 km s−1. In the left panel contouring starts at the 4σ level and in the right panel at
the 3σ level, increasing in 1σ steps for both. The beams are represented at the bottom of each
panel. Labeled SIO-a through -e are the five outflows detected, filled triangles are the millimetric
sources shown in this paper and the stars mark the NIR sources from Megeath et al. (2005).

For SIO-d we do not detect any millimetric source that could be driving it. This outflow is
best traced at 3.4 mm in the SiO (2 − 1) transition, where both blue- and redshifted lobes are
clearly seen, while at 1.4 mm just the redshifted emission is traced. The central spectrum for this
outflow (Fig. 4.4d) shows broad (∼ 5.5 km s−1) double-peaked emission centered at the systemic
velocity. On larger scales Ridge & Moore (2001) found a CO outflow spanning 1.73 pc in the
northwest–southeast direction, the same as SIO-d (see Sec. 4.3.2).

SIO-e is even more intriguing because it is the biggest of the five outflows and we cannot identify
a driving source for it in the millimetric or the IR. Like SIO-d it lies in the northwest–southeast di-
rection, matching the large-scale CO emission. Its SiO (2 − 1) spectrum shows broad blueshifted
emission, peaking at −40.4 km s−1 with a FWHM of 5.6 km s−1. The redshifted peak is narrower
with a FWHM of 3.4 km s−1 and with its maximum at −38 km s−1. Its driving source should be
located relatively far from the two main sources MM1 and MM2, at ∼104 AU from them.
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Figure 4.4: SiO spectra of the five detected outflows. In panels (a), (b) and (c) are the SiO (5 − 4)
spectra of outflows SIO-a, -b and -c respectively. In panels (d) and (e) are the SiO (2 − 1) spectra
of the outflows SIO-d and -e respectively and in panel (f) is the spectrum of the SiO (5 − 4)
integrated emission in a 4′′ × 4′′ region centered at the phase center. The vertical dotted line in
each panel marks the systemic velocity of −39 km s−1. In panels (c) and (e) the blue line is the
blueshifted emission and the red line is the redshifted emission. In panel (f) the long-dashed lines
demark the velocity regime for the ambient gas. The spectra were taken toward the center of the
outflow for SIO-a, -b and -d, and toward the wings for SIO-c and -e.
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4.2.4 Sulfur Dioxide emission

Fig. 4.5 panels (a) and (c) show the integrated Sulfur Dioxide (SO2) emission detected towards
W3 IRS5 at 1.4 mm and 3.4 mm respectively, while in panels (b) and (d) are the velocity maps
for each transition. The SO2 emission envelops the whole region where MM1, MM2, MM3 and
MM4 are detected, which can be clearly seen in Fig. 4.5c. We see a clear velocity gradient in the
southeast–northwest direction, indicating that the envelope of W3 IRS5 rotates as a whole and is
likely gravitationally bound. This is more noticeable in the SO2

(
83,5 − 92,8

)
velocity map (Fig.

4.5d), where the velocity gradient goes smoothly from −42 to −37 km s−1.

The peaks of integrated SO2 emission at 1.4 mm (Fig. 4.5a) lie close to the sources MM1,
MM2 and MM4. As SO2 is also an indicator of shocked material (e.g. Helmich et al. 1994) this
strengthens the argument for the detection of the outflows traced by SiO, and supports the state-
ment in Sec. 4.2.3 that those sources drive the outflows SIO-a, SIO-b and SIO-c, respectively.

The SO2
(
222,20 − 221,21

)
velocity map (Fig. 4.5b) shows a strong jump of ∼ 4 km s−1 in a

thin spatial region southeast of the two main millimetric peaks. The velocity shift is from
∼ −35 km s−1 to ∼ −39 km s−1 –the systemic velocity– in a narrow strip of ∼ 1.1′′ × 0.2′′.
The region north of the jump is where most of the gas is blueshifted while the region south of
the jump is completely redshifted. This “velocity jump” (see Sec. 4.3.3) may be the signature
of two molecular flows moving in opposite direction, ramming each other and compressing the
gas in the region of the jump (Klessen et al. 2005; Heitsch et al. 2005, 2006; Peretto et al. 2006,
2007).

4.3 Discussion

4.3.1 Continuum Sources

With L = 2 × 105L�, W3 IRS5 is a high-mass star-forming region, but the (proto)stellar content
in its core is unknown because of high obscuration. Since it is a hypercompact H region,
it already has a large (proto)stellar component. While it is not possible to directly measure
the masses of the (proto)stars with millimeter data, it is possible to derive the masses of the
circumstellar structure. The low masses that we calculate from the 1.4 mm data can be attributed
to a circumstellar structure, while the surrounding envelope likely contributes to the larger masses
derived from the 3.4 mm data. However, we must take into account the “short-spacing problem”
when calculating the masses of the continuum sources. This caveat, inherent to interferometers,
means that a high percentage of the flux is filtered out and lost. This effect is more severe in the
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extended configurations (long baselines), as in our case.

Single-dish submillimetric measurements for W3 IRS5 at 850µm with SCUBA (Moore et al.
2007) indicate a peak intensity Iν ∼ 9.6 Jy beam−1 with a beam of 14′′. Considering a dependence

Figure 4.5: Sulfur Dioxide emission detected towards W3 IRS5. At 1.4 mm is the
SO2

(
222,20 − 221,21

)
transition (upper half) and at 3.4 mm is the SO2

(
83,5 − 92,8

)
transition (lower

half). Panels (a) and (c) show the integrated emission, with contour steps of 0.2 Jy beam−1 km s−1

for (a) and 0.1 Jy beam−1 km s−1 for (c). In panels (b) and (d) is the velocity distribution of the
emission, from −48 to −33 km s−1 for (b) and from −42 to −37 km s−1 for (d), in both panels the
contour step is 0.5 km s−1. The respective beams are shown at the bottom-right corner of each
panel. Filled black and white triangles are the mm sources from Table 4.2. The dashed white
line in panel (b) marks the velocity jump discussed in the text.
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Iν ∝ ν4 for the peak intensity, that value corresponds then to Iν ∼ 1.4 Jy beam−1 at 1.4 mm
and Iν ∼ 36 mJy beam−1 at 3.4 mm. In our 1.4 mm continuum map the flux density recovered
within the SCUBA beam is Sν ∼ 0.12 Jy taking the average contribution of the free-free emission
into account (see Table 4.3), meaning that ∼ 91% of the flux is lost. Therefore the calculated
masses at 1.4 mm are actually a lower limit for the current mass of each source. On the other
hand, at 3.4 mm we recover Sν ∼ 36 mJy, so with our calibration accuracy, we do not miss too
much of the flux within the SCUBA beam. However, within the PdBI main beam of ∼ 55′′ at
3.4 mm we only recover ∼ 73 mJy, while Moore et al. (2007) reports an integrated flux Sν ∼
200 Jy, implying that although we are recovering most of the central emission, we are filtering
out the more extended emission. Nevertheless, at 3.4 mm the obtained values for the masses are
somewhat more representative of the mass of their envelopes.

The SO2 velocity signature across the core is indicative of overall rotation of the gas associated
with MM1 to MM3. Assuming equilibrium between the gravitational and rotational force at the
outer radius of the cloud:

Mrot =
(δv)2 r

G
(4.1)

⇒ Mrot

M�
= 1.13 × 10−3

(
δv

km s−1

)2 ( r
AU

)
(4.2)

where r is the cloud radius (∼ 2′′ ≡ 4000 AU) and δv is half the velocity regime observed in the
first-moment map (∼ 2.5 km s−1, see Fig. 4.5d).

The gravitationally supported mass implied by this observed rotation is Mrot ∼ 30 M�, which
is on the same order as the derived masses from the 3.4 mm continuum emission. Hence, these
sources are likely gravitationally bound and may still be accreting from an envelope not seen in
our data, further increasing their masses. Also, from the distribution of the gas it is likely that
sources MM1, MM2 and MM3 are sharing a common envelope, of which we are tracing the
inner parts at 3.4 mm. This envelope would have much more of the mass than in the immediate
region surrounding each source, but it is being filtered out by the interferometer.

The different percentage of flux filtered out in each wavelength band can be explained the same
way as the big (over a factor ∼ 10) difference between the calculated masses at 1.4 mm and
3.4 mm. Both wavelengths were observed at the same time with the same interferometer con-
figurations, meaning that although the ground baselines are the same, the uv coverage measured
in units of wavelength (kλ) at 3.4 mm is more compact than at 1.4 mm, therefore tracing more
extended components in the region.

Even if we are recovering most of the compact flux at 3.4 mm, we are likely mapping the sur-
rounding envelopes close to the already formed (proto)stellar objects and therefore cannot state
the actual masses of the (proto)stellar objects but only give a lower limit of the mass of the gas
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and dust associated largely with the individual sources. The same can be applied for the column
density, however in this case –despite the caveats mentioned– the values we obtain are more real-
istic for a region like W3 IRS5. Our results of N(H2) ∼ 1025 cm−2 at 3.4 mm, are 2–3 magnitudes
higher than for low-mass star-forming regions, for which the derived column densities at ∼3 mm
are of the order N(H2) ∼ 1022−23 cm−2 (e.g.: Harjunpaeae & Mattila 1996; Motte et al. 1998;
Kontinen et al. 2000). Also our results are about two orders of magnitude higher than the critical
column density of 1 g cm−2 required to form high-mass stars under Milky Way conditions calcu-
lated by Krumholz & McKee (2008), which corresponds to N(H2) = 3 × 1023 cm−2, suggesting
that within the sources we are mapping, (proto)stars of over 10 M� are forming.

Table 4.4: Millimetric, radio, NIR and MIR counterparts.

MM Qa NIRb MIRa

1 5 1 1

2 3 2 2

3 1 + 2 2a . . .

4 . . . . . . . . .

5 1 + 2 + 3 . . . . . .

6 4 3 3

aFrom van der Tak et al. (2005).
bFrom Megeath et al. (2005).

Radio observations for this region are also available. Comparing the positions of the five radio
sources detected with the VLA at 43 GHz (Q-band) by van der Tak et al. (2005) and the positions
in Table 4.2, we can identify the following: MM1 → Q5, MM2 → Q3 and MM6 → Q4 (see
Fig. 4.2). The source MM3 lies between Q1 and Q2 and is not a compact source but rather
stretched out, so it appears to be the joint contribution from Q1 and Q2, which could not be
individually resolved with our spatial resolution (see Table 4.4).

At shorter wavelengths, van der Tak et al. (2005) found three MIR sources in W3 IRS5 with the
Keck I telescope, while Megeath et al. (2005) found seven NIR sources with the Hubble Space
Telescope, three of them which match the aforementioned MIR sources.

Because absolute astrometry was not available for these NIR and MIR sources, to compare them
with our MM sources we refer to their relative positions, shown in Table 4.5. The separation
between MM1 and MM2 is 1.16′′ ± 0.10′′ at a position angle (P.A.) of 214 ± 5 degrees, being
the only match for the pair MIR1 and MIR2 with a mean separation of 1.12′′ ± 0.07′′ and a
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P.A. of 216.8 ± 1.7 degrees, and for the pair NIR 1 and NIR 2 with a separation of 1.23′′ and
a P.A. of 217 degrees. Similarly, the pair MM1–MM6 with a separation of 2.65′′ ± 0.10′′ and
P.A. = 187 ± 2 degrees is the only match for the pair MIR1–MIR3 with a mean separation of
2.70′′±0.05′′ and a P.A. of 187.2±0.7 degrees and for the pair NIR 1–NIR 3 with a separation of
2.7′′ and P.A. = 189 degrees. Therefore we can identify MIR1 and NIR 1 with MM1, MIR2 and
NIR 2 with MM2, and MIR3 and NIR 3 with MM6. Comparing the separation of 0.94′′ ± 0.10′′

and P.A. = 235 between MM1 and MM3, with the separation of 0.98′′ and P.A. = 224 between
NIR 1 and NIR 2a, we can also identify source NIR 2a with MM3. For the rest of the NIR
sources we do not find a millimetric counterpart (see Table 4.4).

The only millimetric source without any NIR, MIR or radio counterpart is MM4, hence it is a
new detection. Its mass could not be corrected by the free-free emission contribution and it is
approximately half as massive as MM3.

Considering the region encompassed by MM1 and MM2, we estimate a lower limit for the
(proto)stellar density. Assuming spherical symmetry, we detect the four sources MM1, MM2,
Q1 and Q2 (joined in MM3) within a 1.16′′ or ∼ 2100 AU diameter region, corresponding
to a (proto)stellar density of ∼ 7 × 106 protostars pc−3. Even counting just the three resolved
sources MM1, MM2 and MM3 we obtain ∼ 5 × 106 protostars pc−3. It is not the first time that
(proto)stellar densities higher than the typical 104 stars pc−3 for young clusters (Lada & Lada
2003) are found. Beuther et al. (2007b) calculated a density of ∼ 1.4 × 105 protostars pc−3 in the
system G29.96–0.02. Although high, this (proto)stellar density is still below the “critical” value
of ∼ 108 protostars pc−3 predicted by the merging scenario (Bonnell et al. 1998). However it is
the first time that densities higher than the required ∼ 106 protostars pc−3 to induce high-mass
close binary mergers (Bonnell & Bate 2005) are obtained. While the observations of W3 IRS5
show no evidence of the presence of such binary systems, we have shown that such densities
can be achieved in high-mass star-forming regions, and with further improvement in the spatial
resolution, (proto)stellar densities as high —or even higher— may be a common phenomenon.

W3 IRS5 is surrounded by a dense embedded cluster of intermediate- to low-mass stars: Megeath
et al. (1996) calculated a stellar surface density of ∼ 0.25× 104 pc−2 for a cluster radius of 21′′, a
quarter of the ∼ 104 pc−2 density calculated by Megeath et al. (2005) from the NIR sources they
found with a maximum projected separation of ∼ 5, 600 AU. Again within a ∼ 2100 AU diame-
ter region, we calculate a (proto)stellar surface density of ∼ 4 × 104 protostars pc−2 considering
just the three millimetric sources previously mentioned, revealing a density gradient towards the
center of the cluster. Assuming that this embedded cluster around W3 IRS5 forms an indepen-
dent subcluster within the W3-Main region, the fact that there are already low-mass stars in the
outskirts of W3 IRS5 while high-mass stars are still forming in its center supports the hypothesis
that the low-mass stars form before their high-mass counterparts (e.g., Kumar et al. 2006).
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Table 4.5: Relative astrometry of the known sources in W3 IRS5.

Sourcesa sep PA

(arcsec) (deg)

MM1–MM2 1.16 214

MIR1–MIR2 1.12 216.8

NIR1–NIR2 1.23 217

MM1–MM6 2.65 187

MIR1–MIR3 2.70 187.2

NIR1–NIR3 2.7 189

MM1–MM3 0.94 235

NIR1–NIR2a 0.98 224

aMIR sources from van der Tak et al. (2005) and NIR sources form Megeath et al. (2005).

The projected separation between sources ranges from ∼750 AU for MM2–MM3 to ∼4700 AU
for MM1–MM6. Compared to the median radius of 40,000 AU for the farthest outlying member
of the 14 trapezia identified by Abt & Corbally (2000), W3 IRS5 has significantly smaller pro-
jected separations than those observed in optically visible trapezia. Therefore we have several
compact sources sharing a common envelope from which gas may still be accreting in a region
with a high (proto)stellar density beyond the point where close binary mergers can be induced,
and with column densities higher than the theorized threshold to form high-mass stars. Thus,
conditions are favorable for the formation of high-mass stars.

4.3.2 Outflows

For the five SiO outflows mapped in this region, we identify the driving sources of just three of
them. Outflows SIO-a, SIO-b and SIO-c are driven by sources MM1, MM2 and MM4 respec-
tively, while for outflows SIO-d and SIO-e we do not detect candidates for their driving sources.
For SiO-e however, Tieftrunk et al. (1998) have detected a NH3 (1,1) emission peak (labeled 1
in their Figs. 4 and 5) near the center of this outflow, which may be hosting the driving source of
SiO-e.

The determination of the outflow parameters is subject to a big number of errors, including that
it is often difficult to separate the outflowing gas from the ambient gas and that the inclination
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angles of the flows are also often unknown. In this case we also have the caveat that high
amounts of flux are filtered out by the interferometer. To get an estimation of the effect of this
we compare our results with the measurements of Gibb et al. (2007). They report an integrated
intensity of 2.4 K km s−1 for SiO (5 − 4), while we recover only 0.4 K km s−1 within our primary
beam. Although apparently the integrated intensity given by Gibb et al. (2007) covers a slightly
larger region, the main emission stems from an area covered by approximately twice our 22′′

primary beam at 217 GHz, implying a great fraction of missing flux also in SiO (5 − 4). On the
other hand, for SiO (2 − 1) they measure 2.5 K km s−1 but with most of the emission within a
region covered by our 55′′ primary beam at 87 GHz, in which we measure 1.7 K km s−1. Again,
we are losing a high amount of flux, although less than in SiO (5 − 4).

We derived the physical parameters for the small-scale outflows detected here. To obtain the H2

column densities we first have to calculate the SiO column densities for each outflow, for which
we follow the LTE approach described by Irvine et al. (1987). Since we do not have estimates of
the excitation temperature, we assume a usual value for the outflows of 30 K for our calculations
(Beuther et al. 2002c), resulting in the formula:

NSiO (2−1)

cm−2 = 1.3 × 1012
∫

Tdv (4.3)

where
∫

Tdv is the SiO (2 − 1) integrated intensity in K km s−1. We used the SiO (2 − 1) data
because it has recovered the most flux. The obtained results are shown in Table 4.6. Adopting a
SiO abundance ratio to obtain the H2 column density is not straightforward. The SiO abundance
has a big uncertainty, with reported values ranging from SiO/H2 ∼ 10−7 (Mikami et al. 1992;
Zhang et al. 1995) for shocked, energetic regions to SiO/H2 ∼ 10−12 (Ziurys & Friberg 1987;
Ziurys et al. 1989) in quiescent, cold dark clouds. To take into account such uncertainty, our
calculations were done assuming SiO/H2 = 10−7 and SiO/H2 = 10−9, a range suitable for a
high-luminosity region such as W3 IRS5. Although the values we obtain are too low for a region
like W3 IRS5 with a total luminosity of ∼ 105L� and are more typical in regions with lower
luminosity (see e.g. Ridge & Moore 2001; Gibb et al. 2007; Palau et al. 2007; Beltrán et al.
2008), we have to keep in mind that aside from the caveats mentioned above, we are tracing
smaller scales opposed to large-scale outflow.

In general, our parameters are several orders of magnitude lower than for the CO outflow de-
tected by Ridge & Moore (2001) even assuming extremely low SiO abundances. From the CO
measurements, the outflow has a mechanical energy ECO ∼ 1049 erg, while for a SiO abundance
of 10−9, adding the contribution of all the outflows we obtain that ESiO/ECO ∼ 4 × 10−4. From
the values in Table 4.6 it is evident that the rest of the parameters follow the same trend. Only at
unrealistically low SiO abundances are our results comparable with the CO outflow.
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Table 4.6: Properties of the small-scale outflow features

Outflow
Mout E Ṁout Fm Lm

(M�) (erg) (M� yr−1) (M� yr−1 km s−1) (L�)

SiO/H2 = 10−7

SIO-a + SIO-b1 0.04 4(43) 4(-5) 2(-4) 0.25

SIO-c 0.03 5(43) 5(-5) 7(-4) 0.80

SIO-d 0.03 1(43) 3(-5) 2(-4) 0.09

SIO-e 0.08 3(43) 1(-5) 6(-5) 0.03

SiO/H2 = 10−9

SIO-a + SIO-ba 4 4(45) 4(-3) 2(-2) 25

SIO-c 3 5(45) 5(-3) 7(-2) 80

SIO-d 3 1(45) 3(-3) 2(-2) 9

SIO-e 8 3(45) 1(-3) 6(-3) 3

aTreated jointly because they cannot be differentiated in the redshifted SiO (2 − 1) emission. Also, because they
are aligned close to the l.o.s., the parameters for which the outflow size is needed were calculated assuming an
average size based on the other three outflows.

N – The numbers in brackets represent powers of 10.

The SiO outflow that Gibb et al. (2007) detect is aligned in the east–west direction, and the CO
outflow also has an east–west component peaking at ∼35′′ east of the main source extending to
the west, as well as a NW–SE component. In Fig. 4.3 we can see that the SiO (2 − 1) emission
follows a similar distribution, with east–west (outflow SIO-c) and NW–SE (outflows SIO-d and -
e) components. As mentioned before we do not detect driving sources for SIO-d and -e. Because
of their orientation these two outflows could be delineating the high-density regions of the large-
scale CO outflow and although we cannot exclude this option, we believe that they are two
separate features. Furthermore, Tieftrunk et al. (1998) detects an ammonia signature close to
the projected center of SIO-e which may be hosting its driving source. With our data we cannot
confidently point to any of our detected dust sources as the driving source of the large-scale
CO outflow and it is possible that this CO outflow is the result of the mix of all the small-scale
outflows and therefore might have driving sources opposed to a single driving source.

As shown in Sec. 4.2.3 the outflows SIO-a and SIO-b are aligned very close to the l.o.s.. This
situation explains the fact that despite the high column densities toward MM1 and MM2 (see
Table 4.2), which correspond to visual extinctions of several thousand magnitudes, NIR and MIR
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counterparts are detected. The cavities carved out by the outflows have reduced the extinction
along the l.o.s., allowing us to see hot dust in the interior of the protostellar envelopes in the NIR
and MIR, either directly or through scattered light.

In the case of SiO-b, the outflow also would explain the occurrence and location of NIR 2b, below
NIR 2/MM2. That near-infrared source can be interpreted as scattered light from the outflow
cavities. Similarly in the case of source NIR 2a, it is close to the proper motion radio source IRS
5a detected by Wilson et al. (2003) with the VLA. They propose that IRS 5a/NIR 2a was formed
by or in an outflow originating south of its position, which agrees with the localization of our
outflow SiO-b.

From the H2O masers they detect, Imai et al. (2000) suggest two outflows in the north–south
direction in this region. However from our data we cannot identify counterparts for the position
of the H2O masers in this region, nor outflows in a north–south direction.

4.3.3 Velocity jump

Fig. 4.6 shows a postion-velocity diagram across the velocity jump seen in SO2
(
222,20 − 221,21

)
.

Two distinct velocity components are seen, one peaking at ∼ −35 km s−1 and the other peaking
at ∼ −39 km s−1, spatially located at both sides of the velocity jump, denoted by the black dashed
line. The velocity jump has also been confirmed at higher frequencies, in SO2 (8–7) and HCN (4–
3) observations taken with the SMA towards W3 IRS5 (T. Bourke, priv. comm.), and could be
explained by the theory of gravoturbulent star formation (Heitsch et al. 2005, 2006; Klessen
et al. 2005; Mac Low & Klessen 2004and references therein), which states that protostellar cores
might form by turbulent ram pressure compression in the regions behind the fronts of converging
turbulent flows.

From Figs. 4.2 and 4.5b we can see that the main sources of W3 IRS5 are located next to the
region where the velocity jump occurs, distributed roughly parallel to the jump. This is what
would be expected if their collapse were triggered by the compression of converging flows. Fur-
thermore, numerical models (Klessen et al. 2005) predict that one of the observational signatures
of such compression by ram pressure is localized maxima of the l.o.s. velocity dispersion in the
low column density gas in the outskirts of the core. According to the continuum maps (Fig. 4.2),
the region where this velocity jump occurs is in the outskirts of the cores, where the dust emis-
sion and the gas column density are low. This suggests that we may be looking at two molecular
flows converging and triggering the star formation in W3 IRS5.

At larger spatial scales, a similar signature was found by Peretto et al. (2006, 2007) in their study
of NGC 2264–C at millimetric wavelengths, where they found in N2H+ and H13CO+ emission a
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velocity jump of ∼ 2 km s−1 over a very narrow spatial region. They modeled this jump as the
signature of the large-scale, axial collapse of NGC 2264–C along its long axis and towards its
center, with an inclination angle of ∼ 45◦. It would also trace a possible dynamical interaction
between protostellar sources at its center, where they detected a millimeter continuum peak. The
case of W3 IRS5 could be similar but observed with higher spatial resolution. Making an analogy
between Peretto et al. (2007) and W3 IRS5, sources MM1, MM2 and MM3 would correspond to
their sources CMM3 and CMM13, and we would just be mapping the region of the jump from
redshifted emission to the systemic velocity, which corresponds in their case to the transition
from CMM4 to CMM13–CMM3.

Figure 4.6: SO2
(
222,20 − 221,21

)
position velocity diagram along the line shown in Fig. 4.5(b)

with a white arrow. The velocity jump described in the text can be seen here, where an emission
feature is peaking at ∼ −35 km s−1 while another feature is peaking at ∼ −39 km s−1, spatially at
either side of the jump, denoted by the black dashed line. Contours start at 20% of the maximum
flux and continue in 10% steps.
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4.4 Summary and Conclusions

In the continuum maps of W3 IRS5 obtained with the PdBI at 1.4 mm and 3.4 mm we detect 5
individual sources. Their calculated absolute masses are strongly affected by the spatial filter-
ing inherent to the interferometric technique, however from the relative separations of the three
strongest sources we propose the scenario of a Trapezium-like system, with at least 3 objects en-
closed within a ∼2000 AU radius, with a high (proto)stellar density of ∼ 5 × 106 protostars pc−3,
and sharing a common envelope from which they may still be accreting gas.

Four of the five millimetric sources are identified as counterparts of sources previously detected
in NIR, MIR and radio wavelengths by Megeath et al. (2005) and van der Tak et al. (2005). The
remaining fifth source (labeled MM4) is a new detection.

Thanks to the spatial resolution of ∼0.36′′ we can for the first time trace the small-scale flow,
detecting five molecular outflows, identifying the driving source of three of them. Although we
find on short spatial scales the same alignment and axes as the outflows on large spatial scales
previously detected in SiO and CO, within our accuracy and the big uncertainties introduced, we
do not find strong evidence to support that we are tracing the inner and denser regions of those
outflows, but we cannot rule out that possibility. However these small-scale outflows appear to
be different features.

Two of the SiO outflows are close to the l.o.s. direction and each one is being driven by each
of the stronger millimetric sources detected. This configuration would explain why these two
objects are detected from NIR to radio wavelengths because cavities being carved out by outflows
nearly along the l.o.s. have lower extinction, allowing the detection in the NIR and MIR of the hot
dust near the collapsing protostar, while the long wavelength emission traces the dusty envelope
that still surrounds it.

The SO2 emission and velocity structure indicate that W3 IRS5 still has a gravitationally bound
envelope. Also in SO2 we detect a velocity jump of several km s−1 in a very narrow region adja-
cent to the continuum sources. This could be the signature of two converging molecular flows,
compressing the gas and triggering the star formation, as predicted by the theory of gravoturbu-
lent star formation.



Chapter 5

Fragmentation: Summary and Conclusions

The work presented in the last chapters leave no doubt that in the formation of massive stars the
fragmentation plays an important role, and describe it is a challenging task.

In an effort to shed light into this matter, we observed with mm interferometers six MSF regions.
Those regions were chosen primarily by being among the closest known at an average distance
of 2kpc, and for being relatively bright with luminosities on the order of ∼ 104 L�. We targeted
some of the closest MSF regions to take full advantage of the angular resolution that mm inter-
ferometers can provide. Having in mind that current mm interferometers can achieve an angular
resolution of 1′′ (at ∼ 1 mm), we observed with a projected spatial scale of ∼ 2000 AU. At the
typical densities of ∼ 106−7 cm−3 and temperatures of ∼ 20−40 K of molecular cores, that spatial
scale is below their Jeans length.

Throughout the previous chapters we analyzed the stellar content and the mass distribution of
these regions, in this chapter I will summarize the results and conclusions we have reached.

113
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5.1 The mass distribution

Our primary approach was to derive the CMF of the regions. We found this task particularly
hindered by the fact the observed MSF regions had a relatively low number of cores. We found
less than a few dozens of cores in all cases, which constituted a problem at the moment of
defining the binning of the CMF. To overcome that problem we applied two methods. Firstly we
adopted a logarithmic binning (i.e., the bins have equal width in a logarithmic axis), to increase
the axis’ “resolution” at lower masses and secondly, we produced CMFs with many different
bin sizes and took their average slope as the final result, in this way to taking into account the
arbitrariness of choosing a specific bin width.

The first method was deemed necessary after we noticed that the majority of the cores had masses
towards the lower side of our mass spectrum. In particular, this is noticeable in the case of
IRAS 19410+2336. In that region, 18 of the 26 detected cores (∼ 70%) have masses below the
25% of the mass of the most massive core. This comes as no surprise if the region has a CMF
slope comparable to the Salpeter slope for the IMF, as we later found. A quick algebra shows
us that for a distribution of the form m−β, if β ∼ 2.4 then about ∼ 70% of the elements of the
distribution have abscissas below the 25% of any given abscissa.

We also derived the cumulative CMF for the MSF regions. This form of the CMF is more
indicated to use when we are dealing with low number of elements, since it does not require a
binning and each core we detect is then a point in the curve to be fit. This increases the statistical
significance of the fit when comparing it with the fit of the differential CMF. The latter, because
of the binning, has a lower number of points to make a fit.

As just mentioned above, for the MSF region IRAS 19410+2336 we obtained a CMF slope
comparable to Salpeter. Both the differential and the cumulative CMF statistically agree in a
value β = −2.3± 0.2. This confirms previous results of Beuther & Schilke (2004) on this region,
who also obtained a Salpeter slope. The observations in both cases were similar. They were
taken with the same instrument, achieving similar resolution but in our case, a sensitivity 3 times
better. This allowed us to confirm some dubious 3σ detections in the first work, and refute others.
Nevertheless, at the moment of derive the CMF the number of cores was similar in both works.

There was, however, one important difference between the study of Beuther & Schilke (2004)
and the one presented in this thesis. The masses of the cores in the former were calculated adopt-
ing an average value for the temperature. In contrast, we calculated the temperature of the cores
using formaldehyde molecular lines. This improved the uncertainty of the masses derived from
the continuum emission, assumed to originate from thermal emission from the dust.
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Nevertheless, even with more precise values for the masses the result for the CMF did not change
significantly. This suggests then that knowing the temperature structure, although important to
derive the physical properties of the sources, does not affect the slope of the CMF too strongly.
There is, however, the fact that the average temperature of the sources is comparable to the
IRAS temperature used by Beuther & Schilke (2004). This is to be expected, because with its
angular resolution IRAS could not resolve this region and therefore a temperature derived from
its observations would be an average value over the whole region. This agrees with other result
we obtained, that the large majority of the cores were “cold”, with relatively low temperatures of
about ∼ 35 K. Thus they dominate the average temperature of the region because they are more
numerous, and the effect of the few “hot” cores with temperatures ∼ 100 K is insignificant on
average.

Taking into account that according to our assumptions the mm continuum comes from optically
thin thermal emission from the dust and then for a given flux density the mass is inversely propor-
tional to the temperature, then higher temperatures for the more massive clumps would decrease
these derived masses. Then, if the temperature of the lower-mass cores remains (practically) un-
changed, these effects would result in a somewhat steeper slope. This was in fact what happened
with the temperatures: The less massive clumps had temperatures comparable to the average,
while the higher-mass cores had temperatures higher than the average. Nevertheless the slope
did not become steeper, but remained practically unchanged. That the aforementioned effect on
the slope did not occur, may have been because most of the cores did not sensitively change
their temperature. That is likely the explanation of why knowing the temperature structure of the
region did not affect the result for the slope of the CMF.

All considered, the slope of the CMF for IRAS 19410+2336 is comparable to the high-mass end
of the Salpeter stellar IMF. I have discussed in Chapter 2 about the implications this might carry.
In summary, this similarity would imply that the IMF in a MSF region is set at the moment of
fragmentation during its early evolutionary stages, and that the most likely scenario for the for-
mation of massive stars is a scaled-up version of fragmentation and disk-accretion. Nevertheless
this result is not completely conclusive. It requires for instance a nearly one-to-one relationship
between cores and final stars. Such relationship is supported by theoretical models and some
observations (see Sec. 2.4.3), but on the other hand we have shown in Chapter 4 on W3 IRS5
how a core can indeed fragment below the spatial scales we used to derive the CMFs presented
in this work. In that case the main mm core, of projected size ∼ 4000 AU, is seen to fragment
into three protostars. In Chapters 2 and 3 our spatial scale is ∼ 2500 AU, and we identify as
single cores many sources that could probably be unresolved systems like W3 IRS5. Another
example is source i58-2 (see Sec. 3.5.1), that we identify as a single core but in the MIR is seen
to further resolve into three embedded sources. And here is where come into play the numerical
simulations of Swift & Williams (2008), that suggest that the high-mass slope of the IMF may
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change due to further fragmentation of the cores. To be able to take this into account, we will
need observations in the mm with consistently better angular resolution, such as the ones the
Atacama Large Millimiter Array (ALMA) will be able to provide in the next years.

In contrast, are the results of Chapter 3. In a similar approach as for IRAS 19410+2336 we derive
the CMF of a joint sample of cores from the MSF regions IRAS 06056+2131 and
IRAS 06058+2138 obtaining a slope β = −1.5 ± 0.1, much shallower than before and com-
parable to the clump mass function derived at spatial scales an order of magnitude larger (e.g.,
Kramer et al. 1998). As mentioned above, the method we used in this case is the same as for
IRAS 19410+2336, with the sole difference that we were not able to determine at the moment
a temperature structure. However, based on the results of Chapter 2 this most likely does not
represent a problem, and determining the temperature of the cores would likely not change the
CMF’s slope significantly.

The observations in this case were taken with a different observatory (SMA instead of PdBI),
but since the angular resolution and sensitivity obtained were similar, we can safely rule out
any instrumental bias. We conclude in Chapter 3 that the reasons causing the difference in the
slope are very likely of physical nature. Among the plausible explanations we propose, is the
very interesting possibility that this flatter slope might be an indicator of the relative youth of the
regions. The details are given in Sec. 3.5.2 but in short, we propose that a younger MSF region
would present a shallower CMF slope than an older region. Furthermore, the slope would be
evolving with the cloud, and could serve as an indicator of the cloud age of the cloud.

This comes from theoretical results and simulations showing that the slope of the CMF for grav-
itationally dominated clouds is flatter than that of clouds dominated by turbulence. Since at early
evolutionary stages the cloud is mainly gravitationally supported and as it evolves the feedback
from the forming stars introduces turbulence in the medium, it could be possible that the CMF
slope evolves with the cloud, becoming steeper as the cloud ages.

There are some signatures that could give us hints about the relative age of the MSF regions,
the more reliable is perhaps the deuterium fractionation in the cloud. To determine that frac-
tionation, one needs to know the relative abundance between the hydrogenated and deuterated
isotopologues of a given species. For instance, we have detected DCN in both IRAS 06056+2131
and IRAS 06058+2138. Having HCN data would allow us to determine their relative abundance
ratio and then the deuterium fractionation in the region. The determination of the relative age of
IRAS 19410+2336 and IRAS 06056+2131/IRAS 06058+2138 would test if our suggestion about
the probable link between the CMF slope and the evolutionary stage of the region is viable. We
will continue our work in this regions, observing pairs of several hydrogenated and deuterated
isopotologues like HCN/DCN, H2CO/HDCO or D2CO, and N2H+/N2D+.
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Another possibility that might explain the difference in slope is a difference in average density
among the clouds, caused in turn by a density gradient found in the Galactic disk towards the
outer Galaxy (Kalberla & Dedes 2008). This variation is detected in our data: IRAS 19410+2336
(in the inner Galaxy) is in average more dense than IRAS 06056+2131 and IRAS 06058+2138
(both in the outer Galaxy). Such variation in density would mean a different characteristic Jeans
scale in each region, favoring the formation of more massive cores in IRAS 06056+2131 and
IRAS 06058+2138 than in IRAS 19410+2336 and thus determining the shallower CMF of the
former regions.

As mentioned earlier, there is also the fact that some of the cores we observe can be resolved
into more sources. The results of Chapter 4 on W3 IRS5 are a prime example of this. In that
case we obtained an excellent angular resolution of ∼ 0.36′′ with the PdBI, and thus were able to
resolve this region down to a spatial scale of 750 AU, a resolution about 3 times better than for the
other MSF regions studied in this thesis. In a similar situation as with the observed MSF regions
IRAS 06061+2151 and IRAS 06063+2040, we could not derive a CMF for W3 IRS5 due to the
low number of cores detected at 1.4 mm, four in each case1. We could, however, investigate the
protostellar content in those regions, which I summarize in the following section.

5.2 On the protostellar content

Of all the regions presented in this work, W3 IRS5 is a particular case. As mentioned before, we
could resolve this region down to spatial scales a few times better than the other regions. What
we found in W3 IRS5 is what we classified as a prototrapezium system, i.e. a non-hierarchical
multiple (proto)star system similar to the Trapezium in Orion.

We resolved the mm emission of W3 IRS5 into five sources, most likely single protostars. The
main three sources detected at 1.4 mm have separations no larger than ∼ 1000 AU, which trans-
late in a (proto)stellar density of ∼ 5 × 106 protostars pc−3. This density is high when compared
with the typical densities of ∼ 104 stars pc−3 that are found in young clusters, and it was the
first time that such high density was found, showing that it is possible to find density val-
ues located between the ∼ 106 protostars pc−3 required to induce close-binary mergers and the
∼ 108 protostars pc−3 threshold after which mergers can occur. Furthermore, the sources are
gravitationally bound according to the detected SO2 emission, and sharing a common gas enve-
lope.

The SO2 emission also presents a sharp velocity jump of ∼ 4 km s−1 occurring in a thin spatial
region of about 2000 × 400 AU, that was confirmed by observations of other two molecular

1In W3 IRS5 we detect 5 cores in total, but one of them (MM-6; see Fig. 4.2) is only seen at 3.4 mm.
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transitions (see Secs. 4.2.4 and 4.3.3). Similar signatures are found in other regions at larger
spatial scales (Peretto et al. 2006, 2007), and are suggested to indicate the merging of molecular
flows. This is something predicted by the theory of gravoturbulent star formation, which states
that protostellar cores might form due to the ram pressure of converging molecular flows.

This fact on itself is very interesting and suggest a possible scenario where the star formation
on W3 IRS5 might have been triggered by compression, but also remarks the significance that
the medium has on massive star formation. Particularly in the case of W3 IRS5, the region
is located in the very active star formation region W3-Main, and is surrounded by several H

regions including diffuse ones (see, e.g., Fig. 4.1). Strong feedback from these H regions can
be expected mainly in the form of stellar winds including ionizing high-energy particles, and is
not a wild idea to consider that W3 IRS5 may be a triggered star-formation site.

A constant in our research is that some of the mm cores we detect are associated with sources at
different wavelengths. These associations are useful to estimate the relative evolutionary stage of
the different cores within a region. We see for example in IRAS 06056+2131-S that the source
i56s-2 has a radio counterpart but not a NIR one, while i56s-6 has a clear NIR counterpart but
no radio emission is detected towards it. This suggests that i56s-6 is older than i56s-2, since the
former has a protostar that has already begun to clear a cavity in its envelope while the latter is
harboring an ignited protostar that has not yet started to clear a cavity and is only revealed by
the radio emission from the gravitationally trapped hyper- or ultra-compact H region that it has
started to ionize.

This pattern is found in all the MSF regions observed2 and highlights the importance of tackle
massive star formation with a multiwavelength approach. In this thesis I have shown some of
the early results of the FEMS project, that among its targets for the VLT-SINFONI spectrograph
are some of the MSF regions we have observed (see Chapter 3), and remarked how useful it is
to have NIR and mm information for the analysis of the data. Once the analysis of the NIR data
is completed, we would probably be able to obtain more information from both mm and NIR
datasets that might be overlooked or deemed unimportant when analyzed alone. An example
could be, for instance, that some weak and diffuse H2 emission is detected and at the moment
is deemed as a possible artifact of the image, but then turns out that a mm core is detected at
the same position and then that overlooked NIR feature is now hinting that the mm core might
already being forming a star that is starting an outflow, shocking the medium and producing the
H2 emission.

When looking at the continuum emission, we also see that there is not a clear pattern in how the
cores are distributed in the regions. For instance, IRAS 06058+2138 presents a more spherical

2Note that IRAS 06063+2040 does not present any known counterpart, however we have stated in Sec. 3.5.1 that
this region is likely not a MSF site.
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distribution, while IRAS 06056+2131 is filamentary and IRAS 19410+2336 is somewhat elon-
gated but not filamentary. This is most likely a direct result of the morphology of the parental
cloud in each case so it should be expected to be found. However, it is worth noticing that the
regions do not present in all cases a typical core-halo distribution with the higher-mass cores
towards the center of the protocluster and surrounded by the lower-mass cores. Two contrasting
examples of this are IRAS 19410+2336 and IRAS 06058+2138 (see Figs. 2.1 and 3.3). Both
present a non-filamentary structure, but in the former the two more massive cores (12-s and
13-s) are located next to each other in the very edge of the mm emission and the lower-mass
cores are located more to the north, while in the latter the two cores with higher mass (i58-5
and i58-7) are located towards the center of the protocluster and the less massive sources are
distributed around them. Also when the emission is filamentary there is no defined tendency.
Both IRAS 06056+2131-N and IRAS 06056+2131-S are filamentary, but in the former the most
massive source (i56n-4) is at the edge of the emission while in the latter it (i56s-7) is located at
the middle.

5.2.1 Outflows and molecular signatures

The typical mode of clustered formation of massive stars, together with the fact that high-mass
protostars start core-fusion while still embedded in their parental cloud, introduce many feedback
“sources”. Compact H regions are an example of a feedback source, but one other source that
is omnipresent in star-forming regions are molecular outflows, and they can also “start” before
an on-site H region forms and begins to interact with the inter-core medium.

In all of the regions of our study we targeted at least one shock tracer species, in particular the
SiO molecule3. Using transitions of this molecule we could identify small-scale outflows in some
of the regions. An exception was IRAS 19410+2336, for which the small-scale outflow structure
had been already described by Beuther et al. (2003).

Of particular interest is W3 IRS5, where we resolve the already known large-scale CO and SiO
outflow into five smaller-scale outflows. Two of them were found to be close to the line-of-sight
direction, and we could also identify the driving sources of 3 of the 5 outflows (see Secs. 4.2.3
and 4.3.2).

The two outflows nearly along the line-of-sight direction would explain why their proposed driv-
ing sources (MM-1 and MM-2, see Figs. 4.2 and 4.3) are detected from NIR to radio wave-
lengths. The cavities being carved out by those outflows have lower extinction, allowing the
detection in the NIR and MIR of the hot dust near the collapsing protostar, while the long wave-

3In the case of IRAS 19410+2336 we already had the SiO data from Beuther et al. (2003), thus no shock tracer
was included in the observations carried out for this thesis.
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length emission traces the dusty envelope that still surrounds it. This once more highlights the
importance of having into account the feedback when studying MSF regions, as well as counting
with multiwavelength data.

Of no less importance is the study of the chemistry in MSF regions. Most of the information
we can obtain about them is coming from the molecular lines observed, as for example shock
tracers as the already mentioned SiO or sulfur dioxide, both of which we used in this thesis to
study the outflows detected and, in the case of W3 IRS5, also to derive the kinetic properties of
the gas. In Chapter 2 we have shown a clear example of the usefulness of a molecular tracer like
formaldehyde, which since some time is being used as a tool to determine gas temperatures and
densities. Methyl cyanide is another example of gas-thermometer, as well as ammonia, that like
formaldehyde can be used both as a thermomether and a density tracer.

One particular conclusion we can draw from our work with temperature tracers is that when
working with high-resolution interferometric observations, special care must be taken at the mo-
ment of assuming that a transition is optically thin. In Sec. 2.3.1 we see how the formaldehyde
transitions we used as thermometers are in the limit of the optically thin/thick regime turnover
point. This happened because we were tracing high-density gas (on the order of ∼ 106−7 cm−3),
and at such densities the assumption of optically thin emission cannot be taken as a given and
should be checked whenever is possible. In the past this was not an issue, because when such
temperature-tracing techniques were established most of the available mm data was from single-
dish antennas. Those antennas trace low-density gas (∼ 103−4 cm−3), where the optically thin
assumption holds. With the coming of the next generation mm interferometers like ALMA, we
will start to observe gas at even higher densities than now. At that point the usual tempera-
ture tracers will no longer be useful since their observed molecular lines will be optically thick.
Therefore, new tracers with higher critical densities will be needed.

Another important chemical tool are isotopologues. Although they have been used since long
time (for example 13CO and C18O, just to name a few), lately more attention is being given
to deuterated species. Deuterated hydrogen cyanide (DCN), deuterated and doubly-deuterated
formaldehyde (HDCO and D2CO, respectively), and deuterated diazenylium (N2D+) are some
of the deuterated isotopologues currently used to determine the deuterium fractionation in MSF
regions, a property that is thought to be linked with the age of the cloud. We have detected DCN
in two of the regions observed (see Chapter 3), and we note that further observations of HCN
and other deuterated-hydrogenated pairs are needed to determine the relative age of some of the
observed regions.
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5.3 Continuing work

It is clear that the issue of the slope of the CMF on MSF regions is not yet resolved. So far we
have only a few determinations of it at spatial scales of ∼ 0.01 pc, and they are giving different
results. We need to expand the sample observing not only more MSF regions, but also regions at
different evolutionary stages and with different luminosities, to diversify the sample and construct
a complete picture of the fragmentation of MSF regions.

We also need to observe MSF regions at high spatial resolution. Right now this is a tricky
endeavor since with the currently available mm interferometers we are more or less restricted to
the closest regions if we want to achieve spatial scales on the order of ∼ 0.01 pc. Nevertheless,
projects on that direction are being formulated, as for example a small survey of the W3-Main
and the AFGL333 star-forming complexes that at this moment is being proposed for observations
and would start in 2010.

Of invaluable help will be the upcoming ALMA. Its enhanced spatial resolution on the order of
0.01′′ and below will allow us to map dense cores in dust continuum and see whether further
fragmentation is occurring or not. Its high sensitivity (due to its large-bandwidth receivers)
and dynamical range (thanks to its increased uv-coverage) will allow us to detect the fainter,
lower-mass objects in MSF regions, and therefore we would be able to derive a more complete
CMF, less affected by incompleteness. Thanks also to simultaneous observations with the ALMA
Compact Array, large field imaging (with mosaicing) will be possible, facilitating the observation
of large samples.

The MSF regions we have already observed also need more work. In particular are the already
mentioned interferometric observations of deuterated-hydrogenated pairs, as well as single-dish
observations of formaldehyde to complement the interferometric data and be able to complete
the temperature determination.

We also need to obtain similar observations of the CMF in star-forming sites with peculiar en-
vironments, to compare with the results of more “standard” regions. I will expand my work
particularly in that direction, observing with mm interferometry sites of triggered star formation
as the borders of the H regions RCW 82 and RCW 120. This will be done within the frame-
work of the “Herschel imaging survey for OB Young Stellar objects” (HOBYS) guaranteed-time
key-project of the Herschel space telescope. The interferometric mm data will complement the
Herschel far-infrared data, once more providing a multiwavelength approach to the study of mas-
sive star-formation.

Throughout the pages of this thesis I have shown that the formation of massive stars is still
a process with many unknowns, questions to solve (and to be asked), and presenting us with
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ambiguous and challenging scenarios where several different explanations are possible. We are
now finishing to scratch the surface of the problem and is in the next years, with the upcoming
observatories as Herschel and ALMA, that many of the open questions that are still baffling us
will hopefully start to answered. We are indeed living in a golden age for the study of massive
star-formation.
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