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ABSTRACT

Very-high-energy gamma rays (> 100 GeV) reveal fundamental insights into the
particle composition, acceleration mechanisms, and particle escape from cosmic
sources. Unlike charged cosmic rays deflected by magnetic fields, gamma rays
travel in straight lines, tracing their origin directly. Ground-based telescope arrays
study these gamma rays by collecting Cherenkov light from secondary particles
produced when they interact with the atmosphere. Current instruments such as
the High Energy Stereoscopic System (H.E.S.S.) have made significant advances
in this field. The Cherenkov Telescope Array Observatory (CTAO) will achieve
unprecedented sensitivity through two large arrays of telescopes equipped with

high-performance Cherenkov cameras and advanced data analysis techniques.

The first part of this thesis presents and validates new methods for the CTAO data
processing chain that improve the observatory’s sensitivity and precision, with
particular emphasis on reliability under suboptimal observation conditions. The
study encompasses photoelectron extraction, image cleaning, and an alternative
image parameterisation method. An online data volume reduction algorithm
considerably reduces stored data while maintaining the observatory’s performance.
Simultaneously, a rapid online muon-tagging method identifies muon candidates
for calibration. Together, these methods enhance the CTAO performance and

reconstruction robustness.

Supernova remnants are theorised to be the primary sources of Galactic cosmic
rays. RX J1713.7-3946 is among the brightest and most studied remnants at high
energies. In the second part of this thesis, a new joint analysis of H.E.S.S. in con-
junction with data from the Fermi Large Area Telescope (LAT) reveals significant
gamma-ray emission outside the remnant. This provides strong evidence for pro-
tons escaping the acceleration site. Spectral di Lerbnces within the remnant further

indicate the acceleration of multiple particle types.






ZUSAMMENFASSUNG

Sehr hoch energetische Gammastrahlung (> 100 GeV) geben grundlegenden Ein-
blick in Zusammensetzung, Beschleunigungsverfahren und Teilchenemission von
kosmischen Quellen. Anders als geladene Teilchen, die von magnetischen Feldern
abgelenkt werden, bewegen sich Gammastrahlen geradlinig, was es erlaubt ihre
Quelle festzustellen. Erdgebundene Teleskopanordnungen untersuchen Gammas-
trahlung anhand von Tscherenkow Licht der Sekundarteilchen, die erzeugt werden
wenn Gammastrahlen mit der Atmosphare interagieren. Aktuelle Instrumente,
wie das High Energy Stereoscopic System (H.E.S.S.) haben grofie Fortschritte
gemacht. Das Cherenkov Telescope Array Observatory (CTAO) wird durch zwei
grofle Teleskopfelder, mit hochperformanten Kameras und fortgeschrittenen Date-

nanalysetechniken, unerreichte Sensitivitat liefern.

Der erste Teil dieser Dissertationsschrift zeigt und erprobt neue Methoden zur
Verbesserung der Sensitivitat und Prazision des Observatoriums, im Rahmen der
CTAO Datenverarbeitungskette, mit einem besonderen Fokus auf Zuverlassigkeit
bei nicht-optimalen Beobachtungsbedingungen. Diese Studie umfasst Photoelec-
tronen-Extration, Bildreinigung und eine alternative Methode der Bild-Parame-
trisierung. Ein Echtzeit-Datenreduzierungsalgorithmus reduziert die zu speich-
ernde Datenmenge deutlich und erhalt dabei die Performance des Observatoriums.
Gleichzeitig identifiziert eine Echtzeit-Myon-Erkennunsmethode Kandidaten fur
Kalibrierungen. Zusammen verbessern diese Methoden die Leistungsfahigkeit und
Robustheit von CTAO.

Es wird angenommen, dass Supernovatuberreste die primare Quelle von galak-
tischer kosmischer Strahlung sind. RX J1713.7-3946 ist unter den hellsten und
besterforschten Supernovauberresten im Hochenergie-Bereich. Im zweiten Teil
dieser Dissertationsschrift zeigt eine neue, gemeinsame Analyse von H.E.S.S. und
Daten des Fermi Large Area Telescope (LAT) signifikante Gammastrahlen-Emission
von auflerhalb des Supernovatberrests, was starke Hinweise auf Protonen-Austritt
am Beschleunigungsort gibt. Spektrale Unterschiede innerhalb des Supernovatber-

rests deuten auf die Beschleunigung mehrerer Teilchentypen hin.
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"Every great and deep di [culky bears in itself its own solution.
It forces us to change our thinking in order to find it"
— Niels Bohr
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ORIGIN OF COSMIC RAYS AND EMISSION OF
GAMMA RAYS

For several years before 1912, it was widely believed that ionising radiation orig-
inated on Earth and was emitted by rocks [ 1]. Victor Hess became intrigued by
this radiation when multiple scientists reported observing unexpected discharge
rates of electroscopes despite their high insulation. It was clear at the time that, if
the ionising radiation were of terrestrial origin, it would decrease with altitude. In
1910, Theodore Wulf [ 2] measured the radiation at ground level and at the top of
the Ei el Tower. He detected more radiation at the altitude of the tower (around
300 m in altitude) than what was predicted if the radiation came solely from the
Earth.
In 1911, Victor Hess [ 3] conducted his rst balloon ight, reaching an altitude of
1100 m and recording measurements of radiation with a sealed, pressure-tight
electrometer. After several of these ights, he concluded that the radiation level
decreased as he ascended, then rose rapidly once he exceeded a certain altitude.
The radiation there was higher than that at the ground level. To con rm that
the radiation was not coming from the Sun, he did a balloon ight during a total
eclipse. The radiation measured during this ight was not lower than that in
previous ights. The conclusion was clear: the origin of that radiation must be
extraterrestrial, and the Sun is not its primary source. He named this radiation
Cosmic RaygCRs).
A series of subsequent experiments has indeed corroborated the extraterrestrial
origin of cosmic rays. Other experiments were conducted several years after the
discovery of cosmic rays. Some of these studies 4] [5] revealed the absorption of
radiation in the atmosphere. The particles were con rmed to be charged particles
after Jacob Clay [6] discovered that the cosmic ray ux was lower at the equator
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due to de ections with the magnetic eld. Furthermore, in 1938, W. Kolhdrster [ 7]
discovered that the measured radiation consisted of secondary particles produced
by the interaction of cosmic rays high up in the atmosphere (more in[ 8]). These
particles constitute the so-called Extensive Air ShowergEAS).

Itis now known that cosmic rays are charged particles (electrons, positrons, protons,
and heavier nuclei) accelerated in astrophysical accelerators, such as supernova
remnants, to very high energies. These particles can have energies of more than
EeV (108 eV). The origin of cosmic rays in space cannot be directly determined
from their detection. Due to their charge, they are continuously de ected by mag-
netic elds as they travel through space. However, the acceleration of these charged
particles in astrophysical sources is often accompanied by gamma-ray emission
that carries the properties of the injected cosmic-ray spectrum. Gamma rays are
not de ected and point back to their origin. Therefore, gamma-ray detection
provides information on the astrophysical accelerators of cosmic rays and their
properties. This is the case for neutrinos, which can also be produced by cosmic
rays. The eld of gamma-ray astronomy has gained prominence, particularly with
the development of modern detectors ([ 9], [10]) that enable detection of gamma
rays across a wide range of energies.

1.1 Cosmic rays

Multiple modern instruments have measured the CR ux, covering a wide range of
CR energies and particle types. The di erential cosmicray ux J= %—E is multiplied
by the square of the energy to get the energy density as seen in Fig. 1.1 as a function
of the kinetic energy of the particle. Itincludes the distribution of charged particles,
as well as gamma rays and neutrinos for comparison. The cosmic-ray spectrum is
dominated by protons, followed by helium, then by heavier nuclei, and nally by
electrons and positrons.

Measurements of the cosmic-ray spectrum, extending to very high energies, reveal
that the energy of these cosmic rays cannot be explained by thermal emission and
therefore does not depend on the source temperature. The hottest objects in the
universe emit thermal radiation with a maximum energy of around 10keV [ 11].
Consequently, particles with higher energies must be accelerated by non-thermal

processes.
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Figure 1.1: The cosmic ray spectrum measured by di erent experiments that cover a
wide range of energies and patrticle types. The spectra of electrons, protons, heavy nuclei,
neutrinos, and gamma rays are presented and show similar spectral features. In particular,

the knee and ankle are highlighted in the plot. Taken from [12].

The spectral shape exhibits several properties that will be summarised in this
section. A full description of the cosmic ray ux is provided by [ 12]. Below
energies of the order of several GeV (the exact energy threshold depends on the
nature of the charged particle), the spectrum follows a simple power law ‘é—g | E
with  being near 0 as measured by the Voyager. The Voyager measures at the
boundary beyond which the solar winds do not interact with cosmic rays (the
Heliopause). However, inside the Heliopause, the drop in ux below 1GeVis
drastic because the magnetic eld of solar winds prevents most cosmic rays from
reaching the inner solar system. The spectrum reaches its maximum at an energy
of several GeV and then decays with a power law ‘é—'\E‘ / E %7 until a break in the
spectral index is observed at 3 10! eV. This energy is typically referred to as
the "knee".
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At the knee, the spectrum steepens, and the spectral index changes from the previ-
ous 2:7 to 3:1. Moreover, the contribution from heavier nuclei becomes increasingly
signi cant. The characteristic power law up to the knee is commonly associated
with cosmic rays being accelerated in supernova remnants (SNRs) via di usive
shock acceleration (more in Section 1.2.2). Acceleration of cosmic rays within
SNRs predicts a spectral index between 2:0 2:2 from the acceleration mechanism,
to which a value of 0:3 0:5[13] is added by the di use particle propagation.
Moreover, an energy cuto is also predicted for cosmic rays accelerated by SNRs,
around the knee [14] (see Section 1.4). Therefore, there is strong evidence for a
Galactic origin of CRs before the knee, consistent with CR acceleration in SNRs.
Observational evidence has not yet conclusively supported this theory.

The power law with index 3:1 extends up to an energy 108 eV (the "ankle"),
where another change in spectral index is observed. The transition from Galactic to
extragalactic origin of the CRs is believed to occur at energies between the knee and
the ankle. Above the ankle, cosmic rays are assumed to originate from extragalactic
sources, as at such high energies, they are no longer con ned within the Galaxy's
magnetic eld and can escape. And nally, at an energy of 102 eV, the ux
of particles drops rapidly. This may be due to interactions of particles with the
Cosmic Microwave Background (CMB) (Greisen—Zatsepin—Kuzmin e ect [15] [16])
or to an intrinsic cuto  in the spectra of cosmic rays.

The cosmic ray spectrum spans from an extensive range of energies, from10° eV
to very high energies 10%° eV. The spectrum can be explained only if mechanisms
exist that accelerate particles to such high energies. Additionally, the smoothness
of the spectrum across a wide range of energies could indicate standard features in
particle acceleration processes.

1.2 Particle acceleration mechanisms

The acceleration of a particle in an electromagnetic eld is generally given by the
Lorentz force,

di !
dt p = q(E Hv B): (1.2.1)

The change |n momentum dt p is determined by the electrlc eld E and the
magnetic eld - B [17]. The velocity of the particle is ° v and its charge g. In
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astrophysical environments, a static electric eld cannot be sustained due to the
high electrical conductivity of the ambient ionised gas. Instead, a non-static electric
eld is produced from a uctuating magnetic eld and plasma velocity "y , giving
an electric eld equivalent to "y ! B. The Lorentz force changes the particles'
trajectories, while uctuating elds cause them to interact with the plasma.

In a uniform magnetic eld, the particle moves in a spiral along the magnetic
eld line, being accelerated perpendicular to both its velocity and the direction of
the magnetic eld, yet with no gain in energy. From Equation 1.2.1, a patrticle in
the absence of an electric eld moves perpendicular to the magnetic eld with a
Larmor frequency equivalent to,

|
_Jv.i_dBj,
LR, T m (1.2.2)
with Rt being the Larmor [18] radius or gyroradius:
ip21.
L 9B (1.2.3)

assuming perpendicular motion of the particle.

Multiple mechanisms have been proposed to explain the acceleration of cosmic
rays to such high energies. Two processes are discussed in this thesis: second-order
Fermi acceleration and rst-order Fermi acceleration (di  usive shock acceleration).
These mechanisms rely on interactions between cosmic-ray particles and gas clouds
or moving shocks to increase their energy. The following discussion follows [ 17],
and [19].

1.2.1 Second order Fermi acceleration

One of the rst attempts to explain the spectrum of cosmic rays was done by Enrico
Fermiin 1949 [ 20]. This rst idea of cosmic-ray acceleration was named after him
as second-order Fermi acceleration for reasons that will become clear shortly.

Its basic idea is that particles gain energy when interacting with magnetised clouds.
Once a charged particle enters a magnetised, moving cloud, turbulent magnetic
elds within the cloud de ect it, forcing it to perform a random walk and altering

its trajectory until it eventually leaves the cloud. The particle then travels until
its next interaction with another gas cloud. This is repeated multiple times. The
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Figure 1.2: A sketch of the two particle acceleration processes described in the text: Di  use
shock acceleration (DSA / Fermi I) and second order Fermi acceleration (Fermi Il). The
velocities of the upstream and downstream media are shown as orange dashed lines, as
well as the velocity of the magnetised clouds u.. The particle trajectories are shown in red
dashed. The magnetic eld lines are in black. Taken from [21] with explicit permission.

particle gains energy in head-on collisions or loses part of it in tail-o  interactions
with the clouds. Head-on collisions are slightly more likely because the probability
of a collision is proportional to the relative velocity of the particle and the cloud
in that direction. The relative speed of head-on collisions is higher than in tail-o
collisions.
The general principle of this method is illustrated in Fig. 1.2 (Fermi Il). The particle
in red undergoes a series of interactions with clouds that, for simplicity, are moving
with the same speed uc.
The average energy gain of a particle per collision is derived by considering multi-
ple reference frames [17], and it is equivalent to,

* o+

_E_8
"3

E

The particle's energy gain is proportional to the square of the cloud over parti-
cle (approximated to c) speeds, which limits the e ectiveness of energy gain. This
is why this acceleration mechanism is referred to as second-order. Furthermore,

U 2

f (1.2.4)

the timescale for the particle acceleration is given by,
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tacc = E = EE teycle = EE E; (1.2.5)
where tcyce is the mean time taken by a particle to complete one cycle of the
acceleration process R2]. For this acceleration mechanism, this is the time between
collisions. The time between collisions is provided by , the mean free path
between interactions, and the particle's speed, which is approximately c. Moreover,
the particle stays in the acceleration region for a time tqsc Until it escapes. The
escape time is equivalent to:

_ tcycle_
tesc= B (1.2.6)
esc

where P.g. is the escape probability. The energy spectrum of particles (N (E)) is
given by the di usion-loss equation. The steady-state solution can be determined

only by the acceleration and the escape timescales as,

|

d E N = N, (1.2.7)

dE tacc tesc.

The equation can be solved with the solution N(E)/ E 9, with q being,

q=1+ tace. (1.2.8)

esc
The particle spectrum can therefore be expressed as a power-law, consistent with
the measured cosmic-ray spectrum. Despite obtaining a power-law spectrum, a
spectral index between 2 and 3 does not arise naturally. Only under very special
circumstances can such spectral indices be derived. Furthermore, the magnetised
clouds have relatively low speeds, which are insu cient to accelerate incoming
particles e ciently. The collisions of particles with clouds are unlikely and of
second order. Therefore, this acceleration mechanism cannot account for most of
the cosmic-ray spectrum, particularly at the highest energies.

1.2.2 First-order Fermi acceleration

For di usive shock acceleration (DSA) [22] or rst-order Fermi acceleration, par-
ticles get accelerated by shock waves. A shock is a discontinuity in the proper-
ties (pressure, density, etc) of a medium that is propagating in space faster than the
speed of sound. For the following derivations, it is assumed that the shock travels
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at a non-relativistic speed. The shock is not an in nitely thin boundary; it has nite
thickness. However, for this purpose, one can safely assume the shock to be e ec-
tively a discontinuity. The particles under discussion (protons and electrons) have

a gyroradius (see Equation 1.2.3) for oblique and perpendicular shocks, and a mean
free path in the case of parallel shocks, both of which exceed the shock's thickness.
Consequently, they can move freely between the upstream and downstream media.
Fig. 1.2 (DSA/Fermi |) illustrates the general concept of shock acceleration. A
shock divides two regions—the upstream and downstream media—shown here
in the shock’s reference frame. The downstream region consists of medium that
has already been swept up by the shock, while the upstream region lies ahead of
the shock front. Both media are moving relative to the shock. A particle in the
upstream region is scattered by uctuations in the magnetic eld in the form of
Alfvén waves [23]. The particle undergoes scattering until it eventually crosses the
shock. Once downstream, it is scattered again and eventually recrosses the shock.
This cycle repeats until the particle escapes the acceleration region.

The energy gain can be calculated by considering the di erent reference frames.
The upstream is moving towards the shock in the shock's reference frame with
velocity uq, and after crossing the shock, the downstream gas moves at a velocity
of u, such that the continuity equation is held:

% u1=% uy; (1.2.9)
with 9% and % being the respective densities. The ratio of densities is equivalent
tor = 3—; = zf—g = Li for a strong shock. is the adiabatic index of the gas, which

equals = 3 for afully ionised gas. This yields r =4 [24], meaning that u, = %ul.
In the upstream rest frame, the shock moves towards the upstream at speed u; and
the downstream medium with speed %ul. In the downstream reference frame, the
shock moves away at%ul and the upstream wave approaches at speed%ul.
Therefore, in any case, when a particle crosses the shock, it gains energy as the
particles of the medium that are crossing are always moving towards the particle
with a speed of %ul. Once across the shock, the particle is scattered by magnetic
eld uctuations in the medium until it eventually moves with the medium'’s speed

plus its initial speed. Eventually, the particle crosses the shock again. On the
opposite side, it repeats the process: scattering on the magnetic eld, reaching an
isotropic velocity distribution with the medium, and gaining energy. After several
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such cycles, the particle leaves the shock region. The mean energy gain per cycle
for a particle moving at relativistic speed is:

(1.2.10)
The probability of a particle escaping at each crossing step is equivalent to:

4u
Pagc= TZ: (1.2.11)
The time to complete one cycle—from when the particle enters the downstream
region, returns upstream, and then returns downstream again—is expressed as:
|
4 D; D,
t =— —+—=; 1.2.12
cycle c up u, ( )

where D, and D, are the di usion coe cients in the upstream and downstream
medium, respectively. Using Equation 1.2.6, the escape probability and cycle time

are combined to achieve the escape time of:
[

1 D; Dy
tesc= — ——+—=2 (1.2.13)
u Uy U
The acceleration timescale is then equivalent to [25]:
!
E 3 D; D>
tacc= —= ¢ = —+—; 1.2.14
acc E cycle u; U, U u, ( )

The escape and acceleration timescales can be combined following Equation 1.2.8
to obtain a power law spectrum with a spectral index qof 1+ 3 = 2 |t has
been shown that, for a fully ionised gas, r =4, the spectral index is 2, close to the
observed value. The predicted spectral index is further discussed in Section 1.4.
The theory of the rst-order Fermi acceleration mechanism has the advantage of
naturally explaining the cosmic ray spectral index, unlike the previous method.
There are other mechanisms for particle acceleration which are not discussed

here—for example, shear acceleration [26].



Origin of cosmic rays and emission of gamma rays

1.3 Production processes of high-energy gamma-rays

Little can be said about the origin of charged cosmic rays, as their trajectories
are de ected by magnetic elds. However, cosmic rays, travelling at relativistic
speeds, interact with the ambient medium, producing very energetic gamma rays
that travel in straight lines, allowing their origin to be inferred. Additionally,
neutrinos emitted during these interactions can provide further information about
the production site.

Gamma rays are produced through interactions of protons or electrons with the
surrounding medium—matter, magnetic elds, or photon elds [ 27]. Depend-
ing on the type of interaction, multiple gamma-ray production mechanisms are
possible. Electrons can undergo multiple processes of energy loss. The two main
leptonic mechanisms for producing high- and very-high-energy gamma rays are
inverse Compton scattering (interaction with photon elds) and, at lower energies,
synchrotron emission (interaction with magnetic elds). The hadronic emission

is dominated by pion decay (interaction with matter). Detailed descriptions of
each mechanism are found in the following paragraphs and are described in detail
in [28] and [27].

1.3.1 Synchrotron emission

Charged particles moving at relativistic speeds in a magnetic eld experience
acceleration perpendicular to their direction of motion. This produces a spiral
motion along the magnetic eld lines, leading to energy losses through photon
emission. The average power of emitted synchrotron radiation by a particle of mass
m and energy E is given by [29],

c(jj_ItE:g TcUg 2 2/ iz;

where 1 is the Thomson cross section which is equivalentto 1 = %ré with re
being the classical radius of the electron. Ug is the magnetic eld energy density
which is equivalent to % with B being the magnetic eld of the mediumand the
magnetic permeability of vacuum. is the Lorentz factor and = % is the particle’s
speed. The energy loss due to synchrotron radiation is inversely proportional to

HPyyni = (1.3.1)
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the mass of the charged particle. Lighter particles lose more energy through this
process, making the mechanism less e ective for protons.

Furthermore, the cooling time of electrons due to synchrotron emission is equiva-
lent to [29],

E 1
HDSyni / BTyr, (132)

tsyn =

mim

when ' 1. More energetic electrons and stronger magnetic elds result in faster
cooling.

As described in Section 1.2.1, the electron population after acceleration can be
described as a power-law distribution %—NE / E einthis example, although the in-
jection electron spectrum also exhibits an energy cuto at high energy. The energy
spectrum of the resulting synchrotron radiation from these electrons also follows a

power-law with index = 6‘2+1. Fig. 1.3 shows an example of an energy spectrum

for an electron population following a power law with index e = 2. However,
energy losses through synchrotron and inverse-Compton radiation produce a break
in the electron spectrum, changing the power-law index from .to +1=3. The
energy of the break depends on the magnetic eld and age of the source, as can
be seen in Fig. 1.3 when comparing the synchrotron spectra at 100 uG and 3 uG.
The associated synchrotron spectrum also shows an energy break, with the spectral
index changing from 1.5 to 2.0.

1.3.2 Inverse Compton emission

The name of this e ect refers to its similarity to the Compton e ect, but with the
roles of the incident and scattered particles reversed. Inverse Compton ( IC) [30]
emission occurs when a su ciently energetic electron scatters on a photon from a
radiation eld, transferring part of its energy to the photon. There are two regimes
depending on the energy of the target photons:

* Thomson scattering when the energy of the photon h is much lower than
the energy of the electron at rest h mec?. The scatter in this case is almost
elastic, with small energy transfer.

« Klein-Nishina regime [31] when h & mgc?; the scattering is inelastic.

The corresponding energy loss due to IC in the Thomson regime is [17],

11
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Figure 1.3: Energy spectrum of electrons injected with a power law index of 2 in grey
and including energy losses in the grey dashed line. The corresponding synchrotron and
inverse Compton spectra are shown, with their spectral indices highlighted. The orange
line shows the case of a magnetic eld of 100 uG. The gamma-ray spectrum is also shown at
magnetic eld 3 uG. The emission components of IC scattering are shown for three photon
elds: far-infrared (FIR), near-infrared (NIR), and cosmic microwave background (CMB).
Taken from [28] with explicit permission.

.4
mCI = § TCUR 2 2: (133)

Ur is the energy density of the radiation eld. The Thomson cross section, T,
was de ned in the previous section and is constant. With Equation 1.3.3, one can
derive the cooling time of electrons due to IC energy loss as,

e = E 3myc? :

hRci 4 tcUR

Therefore, higher electron energies and radiation densities lead to shorter cooling
times. This concerns the Thomson regime. The Klein-Nishina regime has adi erent
cross-section, computed from quantum electrodynamics. The cross-section is
smaller than Thomson's, and it weakly depends on the electron energy as follows:

(1.3.4)

3T 1
KN §Y |n(2X)+§ , (135)
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; — h
with x = e

Assuming, as for synchrotron radiation, that the energy spectrum of the injected
electrons follows a power law with spectral index , the IC spectral shape also
follows a power law. The index of the IC in the Thomson regime is the same as for
synchrotron radiation, %1 and in the Klein-Nishima regime, the spectral index at
higher energiesis + 1. Therefore, even in the absence of a cooling break from
the injected electron spectrum, the IC spectrum would experience a change in
spectral index. The IC spectrum is also shown in Fig. 1.3 for the two regimes and
three components after the interaction of electrons with di  erent photon elds:
far-infrared (FIR), near-infrared (NIR), and cosmic microwave background ( CMB).
It is also important to highlight the apparent similarities between the IC emission

in the Thomson regime and the synchrotron emission. The ratio of the energy
losses is given by,

I:)syn _ %

Pc  Ugr
It is simply the ratio of the magnetic eld to the radiation energy densities of
the medium. Therefore, synchrotron and IC radiation are closely related pro-
cesses. When electrons are present in the medium with a magnetic eld, they

(1.3.6)

typically emit gamma rays through both of these processes. Electrons undergoing
synchrotron radiation populate the region with more photons. Those are then
Compton scattered by the same electrons at high energies, leading to the so-called
Synchrotron Self-Compton e ect [29].

1.3.3 Emissionin © decays

Relativistic protons produce high-energy gamma rays through inelastic interactions
with matter. Proton scatterings in matter lead to the production of neutral ( 0)
and charged pions (). Charged pions decay into muons (), electrons and

positrons (e ), and neutrinos (( )) [27]:

o+
PP (1.3.7)
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Neutral pions dominate the emission of gamma rays as they quickly decay into two
gammas:

pp! 01 (1.3.8)

About half of the energy of the primary proton is carried away by the leading
nucleon (proton). The remaining half is given to the pion. The probability of
producing each species of pion is equal. Therefore, the energy from the primary
proton that is used for the production of gamma rays is 16 [32]. The energy of
each gammaray is 0:1 of the energy of the proton. The minimum energy of
protons for the production of pions is given by [ 27] as 280MeV. Furthermore,
the cooling time of protons can be fully expressed in terms of the target number
density n as,

n 1
1cm 3
The cooling time due to pp interactions is almost independent of energy and only
depends on the density of target nucleons. As density increases, more interactions
occur, and protons cool more rapidly. For a typical Galactic density of 1cm 3, the
cooling time is of the order of 10 7 yr [28].

The spectrum of protons after acceleration can be described with a power law with
an exponential cuto  at an energy E¢y:

1 7
tpp' 3 10

yr: (1.3.9)

dN 2 E -

d—E;’ = exp% g"p E (1.3.10)
The spectrum of the gamma rays follows the same shape but with indices %and ©,
and the energy cuto atEg. ' 0:1Eg,. Theindex %and are related as described
by[33]. For =2and =1, ®is around 0.5. Therefore, the cuto s less sharp in
the gamma-ray spectrum. The gamma-ray spectra from hadronic interactions with
matter and IC are very similar. However, the gamma spectrum from pp interactions
exhibits a distinctive feature known as the pion bump [ 34]. The pion bump is a low
energy cuto observed in the gamma-ray spectrum because the gamma rays from
the decay of the neutral pion should at least carry with them half of the pion rest
mass energyEqpin: =m c?=2' 67:5MeV. This is independent of the pion's energy
spectrum. The detection of the bump could indicate proton production. Fig. 1.4
shows an example of a gamma-ray spectrum from the decay of pions, considering
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Figure 1.4: Energy spectrum of protons injected with a power law index of 2 in grey with a
cuto atenergy 100 TeV. The corresponding spectra of the neutral and charged pions are
shown, with their spectral indices highlighted. The orange line at high energies shows the
gamma-ray spectrum resulting from  © decay. The e ect of multiple injected power law
indices is re ected in the thin orange lines. The dashed grey line shows the gamma-ray
spectrum from secondary electrons produced by charged pion decays. The thin orange line
on the left side of the plot shows the synchrotron emission spectrum of secondary electrons
produced in hadronic interactions, assuming a magnetic eld of 30 uG and a source age of
1000 yrs. Taken from [28] with explicit permission.

an injected ux of protons with a power law of index = 2 and energy cuto
Ecp =100 TeV.

1.4 The origin of Galactic cosmic rays

The eld of cosmic rays has seen signi cant advances over the years, yet much
remains to be learned about these charged particles. One fundamental question
remains open: what is the origin of cosmic rays? Current evidence suggests that
the spectrum below 100 PeV has a Galactic origin.

Galactic cosmic rays are produced through particle acceleration, followed by dif-
fusion through the Galaxy's magnetic eld. Multiple detectors have measured
the energy density of Galactic CRs to be 1eVcm 2 [27]. As these accelerated
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charged particles di use through the interstellar medium, the mean amount of
matter traversed (grammage) is described as [27]:

X= esdMpNC; (1.4.1)

where g:is the time it takes for a particle to escape the Galaxy, mj, is the proton
mass, andn is the mean gas density inside the Galaxy. The grammage can be
determined from the secondary particles produced by the interactions of primary
CRs with the interstellar medium. Carbon is accelerated at sources and, as it
travels through the medium, can produce boron, which, unlike carbon, is not
signi cantly present at the acceleration sites. The carbon-to-boron ratio determines
the grammage. From this, the escape time of CRs outside the Galaxy is estimated
to be 107yr[27]. The escape time is approximately three orders of magnitude
higher than it would be if the particles moved straight out. This provides strong
evidence for di use motion driven by magnetic- eld turbulence in the Galaxy
before escape. The di usion coe cientis energy-dependent with an index

D(E)/ E : (1.4.2)
Therefore, the escape time is equivalent to [13],

;L
esc D(E)
The index can be determined by tting the measured Boron-to-Carbon ratio as a
function of energy. Current measurements estimate tobe 0:3 0:5[35][36] [37].
Supernova remnants are commonly believed to be the main source population
of CRs in the Galaxy. Numerous theoretical predictions support this conclusion,
as does observational evidence. The spectral index of CRs below the knee is
observed to be 2:7. In SNRs, particles are accelerated through di usive shock
acceleration, which leads to a power law spectrum of accelerated particles / E
with  being 2:0[38] [39]. The spectrum becomes softer due to particle di usion
through the interstellar medium, as described earlier. This yields a spectral index
of + 2:3 2:5thatis independent of the shock properties. The DSA prediction
is fairly close to what is needed to explain the CR spectrum, though a slight
discrepancy remains unexplained. Nonlinear DSA [40] predicts 2:3, succesfully
explaining the cosmic-ray ux.

| E : (1.4.3)
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For SNRs to be considered the primary source of Galactic CRs, they muste ciently

accelerate charged particles. Sustaining the observed cosmic ray population re-
quires 10% of the total mechanical energy from supernova shocks to be converted

into non-thermal particle acceleration. This reasonable e ciency requirement

provides a second line of evidence supporting supernova remnants as cosmic-ray
sources.

One key challenge with SNRs as the main cosmic-ray sources is understanding how
shocks can accelerate particles to energies reaching the knee41]. For a particle

with charge Z, its maximum energy is given by [41]:

u t B
3000 kms 1 300 yr pG* "’
where t is the time spent in the free-expansion phase, B is the magnetic eld
upstream of the shock, and u is the shock front speed. Whilst the maximum energy
is achieved during the free-expansion phase, this phase has insu cient duration
to explain the observed CR spectrum. For SNRs to accelerate particles to the
knee, the magnetic eld must exceed predicted values from interstellar magnetic
eld compression ( 5uG) [42]. Observations have revealed higher-than-expected
magnetic elds in the downstream medium [ 43] [44], suggesting an ampli cation
mechanism operates in the upstream medium.
Accelerated CRs excite Alfvén waves in SNR shocks, which result in a strong
ampli cation of magnetic elds. The ampli ed eld in turn enables those particles
to scatter and gain even more energy—a self-generated acceleration environment.
According to the Bell instability theory [ 45], the magnetic eld can be ampli ed by
several orders of magnitude, enhancing the overall process. Assuming e cient Bell
instability, a maximum proton energy of approximately 1 PeV can be predicted [14].
Heavier elements reach proportionally higher energies—for instance, iron (Z=26)
can reach 100PeV. This transition to heavier species explains the steepening
at the knee and is consistent with observations showing compositional changes
between 1 and 100 PeV.
Theoretical predictions must be validated by observational data. If SNRs account
for the Galactic CR ux, high-energy gamma rays should be emitted from  ©
decay if there is su cient target material around. Therefore, detecting hadronic
gamma-ray emission from SNRs is crucial to con rming that they are indeed the
primary sources of Galactic CRs. Very-high-energy gamma rays from some SNRs

Emax =6 10%°Z (1.4.4)

17



Origin of cosmic rays and emission of gamma rays

have been detected, but in all cases, both hadronic and leptonic acceleration can
explain the observed energy spectra [46] [47] [48]. Moreover, IC 443 and W44 [ 49]
have been detected up to GeV energies and clearly exhibit hadronic emission, as
evidenced by the detection of the pion bump. This demonstrates that protons are
indeed accelerated in SNRs.

1.5 Supernova remnants

Supernova explosions can result from two processes (core-collapse p0] and type
la [51] supernovae). When a high-mass star & 8 M ) reaches the end of its life,
iron fusion in the core ceases to generate energy once the core mass falls below
1:4M (the Chandrasekhar limit). The star cannot generate su cient pressure to
counteract gravity, and the core collapses into a neutron star, accompanied by a
shock wave propagating outward into the infalling outer core. An explosion of the
outer layers is driven by the large number of high-energy neutrinos emitted by the
core [52].

Alternatively, a supernova explosion can also occur in a binary system in which one
star is a white dwarf. The white dwarf accretes mass from a binary companion, and
when the mass of the white dwarf exceeds the Chandrasekhar limit, it explodes in
a type la supernova.

The supernova expels several solar masses of ejecta into the interstellar medium at
speeds of several thousand km/s [53], releasing approximately 10°!erg of en-
ergy [54]. Over its  10°yr lifetime [ 55], the supernova remnant undergoes
multiple evolutionary phases as the ejecta expands into and interacts with the
interstellar medium until it nally dissolves into it. The evolutionary phases are:
free-expansion, Sedov-Taylor, radiative, and nally dissipation into the medium.
The ejecta rst undergoes a phase of free expansion of the shock, with the shock
front propagating at speeds exceeding the speed of sound. This occurs when the
ejecta mass is larger than the mass of the swept-by material. During this phase,
the shock radius R expands linearly with time R/ t [56]. The gas cools down
adiabatically as the shock expands. This phase lasts from several10? to several
108 years until the swept-up mass becomes larger than the ejecta mass. When this
occurs, the Sedov-Taylor phase starts.

In the Sedov-Taylor phase, the shock starts to decelerate, and the expansion of the
radius of the shock expands adiabatically [ 57] at a lower rate R/ t2®. A reverse
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shock, which moves in the opposite direction to the shock expansion, becomes
relevant and heats the gas within the remnant. This phase lasts for several tens of
thousands of years.

As the shock decelerates, the timescale for radiative cooling becomes comparable
or smaller than the remnant age. In the radiative phase, the shock wave is low of a
few hundred km/s, and the gas inside the remnant cools down by radiative losses.
After  10°yrs, the shell dissipates into the interstellar medium.

1.5.1 The case of the supernova remnant RX J1713.7-3946

One of the brightest sources of gamma-ray emission detected so far is the supernova
remnant RX J1713.7-3946. This SNR has been studied in detail for many years,
with observations spanning multiple wavelengths. Despite the e orts, the nature
of the high-energy emission remains unclear. There is some evidence for hadronic
emission, but there are no precise observations that have proven the decay of °
inside the remnant. The discoveries related to RX J1713.7-3946 are highlighted
and summarised in this section.

RX J1713.7-3946 (also known as G347.3-0.5) was rst detected in 1996 by the
ROSAT X-ray all-sky survey [ 58] in the constellation Scorpius. It was found to
have an elliptical shape of diameter ~ 70°. The high X-ray ux detected by ROSAT
con rmed that this SNR s one of the brightest in the Galaxy. Since 1997, and
subsequently observed in the X-ray band, the emission has been con rmed to
be dominantly non-thermal [ 59], with little thermal emission [ 60]. Since the
early study of this source, it has been known that the dominant non-thermal
X-ray emission arises from synchrotron radiation. Therefore, electrons must be
accelerated to high energies within the remnant.

The object IWGA J1713.4-3949 [61], roughly at the centre of the remnant, has
been detected in X-rays. The detected X-ray emission from this source has not been
accompanied by optical or radio detections, and no evidence for X-ray pulsation
has been observed. This, together with the properties of the X-ray emission, agrees
with the description of a compact central object [ 62], typically found in SNRs.
1WGA J1713.4-3949 is most likely a young neutron star that was formed by the
supernova explosion. The presence of this object strongly suggests the remnant is
the result of a core-collapse supernova explosion.
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Figure 1.5: X-ray intensity map of RX J1713.7-3946 at the energy band 1-6 keV as detected
by the XMM-Newton satellite. Fabio Acero provided the FITS le, from which the author
produced the map.

The distance to the remnant has been estimated on multiple occasions, with a
general consensus of approximately 1 kpc. This value was rst estimated following
the initial detection [ 59] and remains reasonable [63]. The age of the remnant re-
mains a subject of debate. Historical documents indicate that Chinese astronomers
observed a supernova at the site of the current remnant in AD 393. This ear-
lier discovery is consistent with more recent studies of the remnant's age, which
estimate it to be between 1000 2000yr [64] [65]. This implies that the rem-
nant was in its free-expansion phase not long ago, possibly in the transition from
free expansion to the Sedov phase. This is further justi ed by the detection of
strong non-thermal emission, faint thermal emission, and the fast shock moving
speed (3500—4500 km/s) [64] [65].

Multi-wavelength morphology

The SNRRX J1713.7-3946 is a shell-type supernova remnant. The XMM-Newton
satellite has recently updated the X-ray map in the 1-6 keV energy range, re-
vealing the complexity and inhomogeneity of the X-ray emission across the rem-
nant (Fig. 1.5 in right ascension (RA) and declination (Dec) coordinates). Signi cant

brightness variations are observed across the remnant. The western region (right
side in Fig. 1.5) is the brightest and exhibits complex lamentary structures [ 66],
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including two narrow parallel rims running from north to south. In contrast, the
centre of the remnant is much fainter and smoother.

(&) CO map with H.E.S.S. contours (b) H.E.S.S. map with X-ray contours

Figure 1.6: Morphology of RX J1713.7-3946 as revealed by X-ray, gamma-ray, and CO
emission. The left plot shows the Nanten2 CO(2-1) map superimposed by H.E.S.S.contour
lines [67] from the contour map of the right. The intensity is derived by integrating the
CO(2-1) spectra from 18to 0kms 1 (taken from [ 68]). The right plot shows the H.E.S.S.
excess-counts map at energies> 250 GeV, overlaid with XMM-Newton X-ray contours. The
map is divided into ve regions (taken from [67]).

The X-ray emission from RX J1713.7-3946 is dominated by non-thermal syn-
chrotron radiation and can generally be described by a power-law spectrum across
the remnant. Spatial variations in the observed spectral indices are reported, par-
ticularly between the western and central regions. These variations may partly be
inuenced by di erences in interstellar absorption, as the hydrogen column density
is known to be higher toward the western part of the remnant due to foreground
molecular material [ 66]. However, intrinsic variations in the electron population
and magnetic eld strength are also likely to contribute to the observed spectral
di erences.

Furthermore, the remnant has been detected by -ray experiments, including
H.E.S.S, with high signi cance. A detailed study of the rst observations of RX
J1713.7-3946 with H.E.S.S.is provided by [ 11]. The gamma-ray map of H.E.S.S.
is shown in Fig. 1.6b and the X-ray contours are superimposed on the map. The
gamma- and X-ray emissions exhibit very similar morphologies but are not iden-
tical [ 69]. There are still apparent di erences: a slight displacement of intensity
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peaks within the remnant, and, in particular, gamma-ray emission outside the
X-ray contours, which can be interpreted as particles escaping the shock front [ 67].
Moreover, Fig. 1.6a shows theH.E.S.S.contours of Fig. 1.6b superimposed on the
CO emission. There is a correlation between the gamma and CO emission in the
western side of the remnant [ 70] [68] [ 71], with the densest molecular clouds being
around the locations of the brightest gamma ray emission. From these results, it
can be argued that the presence of dense molecular clouds in the western region
can lead to interactions between the remnant and molecular clouds, potentially
resulting in pp interactions. The presence of electrons accelerated in the remnant
has been con rmed on multiple occasions; however, the energy spectrum can be
tted to either a leptonic or a hadronic model. The latest H.E.S.S. results on RX
J1713.7-3946 do not provide any clear conclusions as they cannot rule out purely
leptonic or hadronic scenarios, or quantify the mixture fraction between them.

A reanalysis of the supernova remnant RX J1713.7-3946 using H.E.S.S.data will
be performed in Chapter 6 and a joint analysis using Fermi- LAT and H.E.S.S.will
be shown in Chapter 7.
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DETECTION OF VERY-HIGH-ENERGY
GAMMA-RAYS

Multiple approaches exist for the detection of gamma rays. Very-high-energy
gamma rays can be detected using two principal types of instruments: ground-
based and space-based gamma-ray detectors. Two main categories of ground-based
detectors are employed for gamma-ray detection: arrays of ground-based telescopes
and arrays of water tanks.

Despite apparent di erences in the designs of ground- and space-based detectors,
the underlying principle of gamma-ray detection remains similar. Gamma rays can-
not be directly detected due to their short wavelength relative to atomic dimensions.
However, the interaction of gamma rays either with the atmosphere (ground-based
telescope arrays) or with conversion materials (space-based detectors) produces
secondary particles that propagate at relativistic speeds. These secondary particles
lose energy as they traverse the detection medium. Ground-based telescope arrays
equipped with fast-recording cameras detect the Cherenkov light emitted by rela-
tivistic charged particles as they propagate through the atmosphere. Alternatively,
water tank arrays positioned at high elevations detect Cherenkov light emitted by
charged particles within the water medium. In space-based detectors, a calorimeter
composed of dense material measures the energy deposited by these secondary
particles.

One of the principal limiting factors of space-based gamma-ray detectors is the
collection area. The physical constraints on detector size in space impose an upper
limit on the maximum detectable gamma-ray energy. Ground-based detectors are
not subject to such size constraints, enabling the deployment of large-scale arrays of
telescopes or water tanks for detecting low-rate, high-energy events. Furthermore,
the atmosphere functions as an extensive calorimeter that permits the complete
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Figure 2.1: Sensitivities of multiple gamma-ray detectors to point-like sources. The
sensitivity of Fermi- LAT is shown after 10 yrs of exposure. H.E.S.S.and the future CTAO
are compared under the assumption of the same observation time of 100h. A water
tank array, HAWC, is also shown after 5yrs of exposure. Taken from [28] with explicit
permission.

development of particle showers, in contrast to the limited calorimeter volumes
available in space-based detectors.

A summary plot of the sensitivities of current and future detectors is presented

in Fig. 2.1. As the Cherenkov Telescope Array Observatory (CTAO) has not yet
been built, the instrument's sensitivity is still subject to change. The LAT (Large
Area Telescope) (see Section 2.7.1) aboard the Fermi satellite operates above the
atmosphere in Earth orbit. It exhibits higher sensitivity at lower energies compared
to other detector systems. The High Energy Stereoscopic System H.E.S.S) (see
Section 2.2) and the CTAO (Section 2.3) represent current and future telescope
arrays situated at high-altitude ground-based sites. The CTAO demonstrates supe-
rior sensitivity compared to existing detectors of its type, covering a wider energy
range. HAWC, a water tank array, is also represented in Fig. 2.1 at high energies.
This section presents a detailed discussion of ground-based gamma-ray astronomy,
as this thesis focuses on the analysis of data acquired with Imaging Atmospheric
Cherenkov Telescopes (ACT s). The development of extensive air showers in the
atmosphere is explained, together with the subsequent Cherenkov emission from
secondary particles. The Imaging Atmospheric Cherenkov Technique is intro-
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duced, along with the standard analysis chain for the CTAO, including reference
to H.E.S.S.. Finally, a brief description of the Fermi-LAT instrument is provided.

2.1 Ground-based gamma-ray astronomy

2.1.1 Extensive air showers

Cosmic and gamma rays constantly reach the Earth's atmosphere. Because the
atmosphere is opaque to these particles, they eventually interact with nuclei. When

a particle enters the atmosphere at energies above a few GeV, the interaction
generates a cascade of secondary particles travelling at relativistic speeds [/2]. This
particle cascade is referred to as an Extensive Air Shower EAS) [73]. The type
of secondary particles and the shape and extent of the air shower depend on the
primary particle that undergoes the rst interaction. This allows gamma rays to be
distinguished from cosmic rays. A detailed description of EASIs provided for two
distinct types of primary particles: gamma rays, which produce electromagnetic
showers, and hadrons, which produce hadronic showers.

Electromagnetic showers

The Heitler model [ 74] can well describe electromagnetic (EM) showers. This
simple model reproduces the key features of EM cascades. EM showers have
two main particle production processes: electron-positron pair production and
bremsstrahlung [ 75]. When a photon interacts with a nucleus, an electron-positron
pair is produced. Each of these particles is decelerated by the atmosphere, resulting
in bremsstrahlung gamma rays. Pair production and bremsstrahlung continue
until the particle energy losses are dominated by ionisation rather than by radiative
losses.

The Heitler model is represented in Fig. 2.2. This model assumes each particle
decays into two secondary particles at xed interaction lengthsof d= gn(2). ¢
is the radiation length for air. Each particle produces two secondaries in every
interaction, and each secondary particle carries half the energy of the primary
particle E = E;=2. Therefore, after k interactions, N = 2K particles are produced,
each with an energy E = E,=2K. The critical energy is E; = 86 MeV [76]. At this
energy, the ionisation loss equals the Bremsstrahlung loss, and the cascade begins
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Figure 2.2: Schematic of an electromagnetic shower development in the atmosphere. The
primary particle ( ) strikes a nucleus in the air and undergoes pair production. At each
step k, the number of particles is doubled, and the energy is split by two until it reaches the
critical energy when the shower stops developing. Taken from [ 78] with explicit permission
of the author.

to die. The critical energy is reached at a penetration depth Xax = &In % [77],
where the shower reaches its maximum development.

Hadronic showers

Hadrons interact with nuclei in the atmosphere via the strong force. The rst
interaction produces predominantly neutral (  ©) and charged () pions as well as,
to a lesser extent, fragments of the target nucleus (N), protons (p), and neutrons (n).
Fig. 2.3 shows a simpli ed schematic of the particle production in the cascade.
Neutral pions immediately decay into two gammas, and an electromagnetic sub-
shower develops within the hadronic shower. The charged pions, however, interact
with other nuclei of the atmosphere until a critical energy is reached [ 77]. Charged

pions decay into muons  and muon neutrinos O

There are apparent di erences between the shower developments of each primary
particle. Hadronic showers produce a large number of muons from the decay
of charged pions. Muons rarely accompany electromagnetic showers. Therefore,
muon detection could be a good indicator of a proton-initiated shower. Moreover,
the interaction depth of pions is greater than that of particles in EM cascades, so
hadronic showers tend to penetrate deeper into the atmosphere. Lastly, EM showers
are almost symmetric and very regular, whereas hadronic showers show wider
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Figure 2.3: Schematic of the development of a hadronic shower in the atmosphere after
a primary hadron interacts inelastically with a nucleus. The result is the production of
several subshowers, some electromagnetic and others undergoing additional hadronic
interactions. In hadronic showers, muons are released. Taken from [78] with explicit
permission of the author.

spreads and very irregular shapes. Simulated EM and hadronic particle cascades
are shown in Fig. 2.4 in the upper layer from a 300 GeV gamma and a 1 TeV proton,
respectively. Gammas show a much cleaner, more regular shape, whereas proton
interactions produce a messy particle cascade with multiple sub-showers. These
di erences in shower content and appearance are used in gamma-ray astronomy to
distinguish gamma rays from protons.

2.1.2 Cherenkov emission

A charged particle that travels through a dielectric medium with refractive index

n at a speedv > c=nemits light known as Cherenkov light [ 80]. When a charged
particle moves through a dielectric medium, it induces a dipole moment in the
atoms, which then relaxes, emitting electromagnetic radiation. When the particle
that traverses the medium does not travel faster than the speed of light in that
medium, the radiation interferes destructively, and the resulting eld is null at

a certain distance. However, at relativistic speeds, the electromagnetic radiation
eld lines are coherent and emit light in a cone around the patrticle track as shown
in Fig. 2.5. The angle of emission of Cherenkov light is,
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Figure 2.4: Simulation of two air showers. The left plots depict a gamma ray at 300 GeV,
and the right plots show a proton at 1 TeV. The upper panel shows the longitudinal
development of each shower as viewed from the side. The lower panel shows the projected
Cherenkov light emitted by each secondary particle on the ground. Taken from [ 79] with
explicit consent from the author.
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Figure 2.5: A charged particle moving through a dielectric medium when it travels lower (a)
and faster (b) than the speed of light. In the rst case, the electromagnetic waves interfere
destructively, and no Cherenkov light is emitted. In the second case, the waves interact
constructively, emitting light at an angle  ; along the blue cone. Taken from [81] with
explicit permission from the author.

COS .= %; (2.1.1)

with =v=c ,typically lies between 1 and 2 , leading to a light pool on the
ground of diameter 250m. The angle of emission depends on the refractive
index of the medium; therefore, it increases with atmospheric depth. The light
pool on the ground of Cherenkov light emitted by all the relativistic secondary
particles with large enough energies is shown in Fig. 2.4 on the bottom panels. The
simulated electromagnetic shower is more symmetric and regular, and the particles
emit Cherenkov light in a constrained region. Hadronic showers are irregular and
have more subcomponents. Therefore, the emission of Cherenkov light projected
onto the ground indicates the spread of Cherenkov light from multiple particles in
the shower. The minimum energy for a charged particle in a medium to cause the
emission of Cherenkov light is:

Emin = min mOCZ: (2.1.2)
min 1S the Lorentz factor and mg is the mass of the charged particle. The minimum
speed of the particle is when = v=c=1=n Therefore, the minimum energy of
emission is,
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Mo C2
Enmin = P—r— (2.1.3)
1 n?2
For n =1:00029 in air, the energy threshold for an electronis 21 MeV, for a muon

is 4:4GeV, and a proton emits when an energy 39 GeV is exceeded. Below these

energies, they do not emit Cherenkov light. The number of photons emitted per
path length | and wavelength is given by the Frank-Tamm equation [82]:
dd%:zz 221 (n())?; (2.1.4)
is the ne structure, Z is the particle charge. From this equation, it follows
that Cherenkov light peaks in the ultraviolet. In the atmosphere, light at short
wavelengths is scattered, and ultraviolet light below 300 nm is absorbed by ozone.
This shifts the peak emission wavelength detectable at ground level to 300-350 nm

in the blue region of the visible spectrum [83] [84].

2.1.3 Imaging atmospheric Cherenkov telescopes

Cherenkov light produced by EAS can be detected at ground level using IACT s.
The emission of Cherenkov light by the particle shower reaches its peak between
8-10km of altitude. Therefore, the IACT s are placed on the ground at high
altitudes of the order of 2,000 m to maximise the light yield captured. When
multiple telescopes form an array, they are spaced so that each telescope lies within
the same light pool for a single shower. This way, a single shower is more likely to
be detected by multiple telescopes, leading to a more accurate reconstruction (see
Section 2.4.4).
Telescopes use large mirrors> 4m in diameter to collect the faint Cherenkov
light. Cherenkov light is not only faint, but very fast. Therefore, the large mirrors
collect and re ect the light onto a camera that must be fast enough to capture the
shower and the di erences in arrival times of light from each part of the air shower.
The camera also needs to be sensitive to the blue waveband, as the Cherenkov
spectrum peaks at  300-350 nm. Photomultiplier tubes ( PMTSs) have historically
been used in Cherenkov cameras; although other photon detectors are starting to
gain relevance (for example, silicon photomultiplier in SST-Cam [ 85]). IACT s have
limited operation times. They can record data only at night, because Cherenkov
light is too faint to be detected when there is bright light. The photon detectors
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can also be damaged by large light intensity and are protected during the daytime.
Observations during a full moon are sometimes possible but require additional
considerations and more sophisticated analysis techniques. Furthermore, the
atmosphere plays a crucial role in the quality of a detection. The presence of clouds
can considerably block Cherenkov light.

Figure 2.6: Sketch of the working principle of [ACTs. An air shower with maximum
development at an altitude of 8 10km emits Cherenkov light that is collected by the
telescope mirror and re ected into a camera. The properties of the shower image are
related to the original shower. The orientation of the image is used to extract the actual
shower direction. Taken from Konrad Berhl6hr [86].

Showers appear as ellipses on the camera, representing the projection of the three-
dimensional shower ellipsoid. The IACT principle is shown in Fig. 2.6. Light from
di erent parts of the shower is focused into di erent pixels of the camera at the
same angle as the angle of incidence. The resulting ellipse preserves the shower
properties. The major axis indicates the shower direction, with the original shower
located along it, either to the left or right of the centre. Shower asymmetry provides
directional information, enabling reconstruction of the primary particle's direction

and impact point from the imaged shower. These geometrical considerations show
that faint, low-energy showers may be missed by the telescope at large impact
distances. At large impact distances, the image becomes more elongated, and
eventually part of the shower light may fall outside the telescope's FoV.
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When multiple telescopes are placed within the light pool, the air shower is de-
tected by multiple telescopes and imaged from di  erent perspectives. These images
can be combined to achieve a more accurate reconstruction or to reduce the rate of
false positive triggers caused by the Night Sky Background ( NSB), especially when
the background is not homogeneous across the camera or when bright stars are
detected.

Additionally, for any IACT, telescopes will require additional components for
proper operation. Calibration devices are a key part. Inhomogeneities in camera
pixels are detected by uniformly illuminating the camera at a known intensity.
This is called at- elding. The at- eld unit is placed at the centre of the mirror,

at a distance from the camera centre equal to the telescope focal length [87]. It
consists of LEDs with programmable signal amplitude that provide illumination
near the Cherenkov wavelength.

The technology of Cherenkov cameras

This thesis examines image reconstruction in Cherenkov cameras in detail. Speci -
cally, in the case of the FlashCam. As this camera usesPMTSs, these light detectors
are the main focus of this chapter. More on FlashCam in Chapter 4.

The light re ected by the telescope mirror reaches the camera and is detected by
photon detectors. The working principle of a PMT is described here.

A sketch of the multiple components of a PMT is shown in Fig. 2.7. Many types
of PMTs exist for di erent use cases. They can have dierent shapes and sizes, be
constructed from various materials, and be sensitive to di  erent wavelengths. This
makes PMTs adequate photon detectors for a wide range of applications. However,
eachPMTs contains a photocathode, a focusing chamber or electrode, a series of
dynodes, and an anode.

A photon enters the PMT through the faceplate and impinges upon the photocath-
ode. It transfers its energy to one electron in the material, which is subsequently
ejected from the photocathode as a photoelectron (PE) via the photoelectric ef-
fect [88]. The PEis accelerated by an electric eld generated by a voltage gradient
between the photocathode and the rst dynode, and it is focused in the focusing
chamber. At the rst dynode multiple electrons are ejected from one PEtowards the
second dynode. Electrons are multiplied at each dynode until they reach the anode,
where they are collected. At the anode, an analogue voltage signal, also called a
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Figure 2.7: Sketch of the components of a PMT and the di erent paths an electron could
undergo inside it. The main components are the photocathode, focusing chamber, dynodes,
and anode. All these components are inside a vacuum chamber. It also re ects on the
possible production of ions and their e ects. Explanations for all cases are provided in the
text below. Taken from [89] with explicit permission.

waveform, is produced. The signal is then digitalised using an Analogue-to-Digital
Converter (ADC) to get a trace.

Speci ¢ parameters are particularly important for the characterisation and descrip-
tion of PMTs.

* Quantume ciency The probability that a photoelectron is produced by an
incident photon is expressed as the quantum e ciency, which depends on
the photon wavelength. The quantum e ciency is the ratio of photoelectrons
emitted by the photocathode to the number of incident photons [90].

» Collection e ciency The electrons get multiplied at every dynode stage
until they reach the anode. However, some electrons may deviate from that
trajectory and thus not contribute to ampli cation. The collection e ciency
measures the fraction of PEs contributing to a signal at the anode. The
total detectione ciency [90] of a PMT is then equivalent to the product of
quantum e ciency and collection e ciency.

» Transittime
The transit time of a PMT is the time it takes for a photoelectron to travel
from the cathode to the anode. The transit time is not identical across PMTs,
as it varies due to small geometric variations in the photoelectron interactions
within them. The transit time spread ( TTS) of a given pixel is quanti ed
as the Full Width Half Maximum ( FWHM) of the transit time distribution
characteristic of the PMT.

* Gain
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There are two types of gains. The rst gain is relevant for traces. This gain is
de ned as the number of ADC counts recorded after signal digitisation per
photoelectron that reaches the photocathode. The gain is computed from the
peak height distribution of single PE pulses within one pixel.
The other gain is dimensionless and has a value upwards of  10%. This
gain G of a PMT is determined entirely by the individual gains at each
dynode. Itis de ned as the number of recorded electrons at the anode for
each photoelectron.

» Excess noise factor
At each dynode stage, the number of incoming electrons is multiplied by a
factor known as the dynode gain. The number of electrons released (n;) at
every dynode is equivalent to the number of incoming electrons ( n; 1) times
the gain factor of that dynode g;. Even for an ideal PMT, the number of elec-
trons after each stage of ampli cation can be known with a precision limited
by Poisson statistics. The standard deviation of the number of electrons after
dynode ampli cation is equivalent to:

i = IOn_i; (2.1.5)

according to Poisson statistics. Therefore, the relative error at every stage is

oy = — (2.1.6)

The total Poisson error in the nal number of electrons that reach the anode
is the quadratic sum of all the individual relative errors. Furthermore, the
total number of electrons at the anode is given by:

n=ng G; (2.1.7)

where ng is the initial number of photoelectrons and G is the total gain of the
PMT, which is equivalent to the multiplication of all the individual gains of
each dynode.

However, the total uncertainty exceeds the Poisson deviations alone. This
is because a PMT is not a perfect device; among other things, electrons
sometimes deviate from their trajectories and are not detected. The total
noise of a PMT is referred to as the Excess Noise Factor ENF). The ENF can
be calculated from the peak height distribution. The peak height of the single
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PE trace of each pixel is computed over many events, and the mean ( ) and
standard deviation () of the resulting peak height distribution are found.
This way the ENF can be computed,

2
ENF=1+ —: (2.1.8)

More on the ENF and PMT-related variables in [91].

Afterpulses

Afterpulses are pulses with charges between 1 and several tens of photo-
electrons that follow the signal. Di  erent mechanisms cause them; however,
the dominant afterpulse production arises from the ionisation of residual
gas between the photocathode and the rst dynode following interactions of
photoelectrons [91]. The positively charged ions are attracted to the photo-
cathode and interact with it, releasing several PEs that are delayed relative to
the signal. The additional PEs also traverse the ampli cation process. The
delay of these afterpulses is given by the transit time of the ions to reach the
photocathode, which depends on the ion's mass-to-charge ratio. The after-
pulse might appear several hundred nanoseconds (ns) after the signal. An
afterpulsing probability curve with increasing afterpulse intensity is shown

in Fig. 2.8.

Fig. 2.7 shows the di erent paths of an electron or an ion inside the PMT.
Electrons and photoelectrons are shown in red and ions in blue. Each number
represents a di erent path an electron or ion could take. 1 is a photoelectron
that is produced after the absorption of one photon in the photocathode.
Photoelectron 1 reaches the rst dynode from which multiple secondary
electrons (case2) are released towards the next ampli cation stage. 3 is
an ion at the anode that travels back to the photocathode. Similarly, ions 4
drift from the focusing chamber to the photocathode. When an ion interacts
with the photocathode, an electron or multiple electrons may be released (see
electron 5). Finally, electrons may be spontaneously emitted from a dynode ( 6)
or from the glass of the vacuum chamber (7). Between3 and 7, afterpulses
occur later than the signal.

Other mechanisms for afterpulses are possible, such as photoelectrons scat-
tering back at the rst dynode [ 83]. However, the delay would be only a few
nanoseconds, and the production mechanism is secondary.
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Figure 2.8: Probability of nding an afterpulse of a given intensity in photoelectrons in one
pixel. The blue line shows the afterpulsing probability measured in the laboratory for a
FlashCam camera. The black-dashed line shows the probability curve used in sim_telarray
simulations of the camera. Provided by Simon Steinmassl.

2.2 The High Energy Stereoscopic System

H.E.S.S.s an array of ve telescopes, designed to explore the gamma-ray universe.
Fig. 2.9 shows the current layout of the telescope array. H.E.S.S.is located in
Namibia at an altitude 1800 m above the sea level. It began operation in 2002 with
its rst telescope and started to take observations with four telescopes in 2004.
The current H.E.S.S.array continues to observe the sky and plans to continue until
2028, but further discussions will be held as the date approaches.

Stereoscopic observations are possible withH.E.S.S, as it has multiple telescopes.
H.E.S.S.has gone through multiple phases [92] [93]. Initially, H.E.S.S.consisted of
only four telescopes (referred to as CT1-4) each with a mirror diameter of 12m
forming a square of edge length 120 m [94]. The telescopes follow a Davies-Cotton
design [95] with a focal distance of 15 m. Each consists of 960 pixels with a size on
the sky of 0.16 , which leads to a telescope eld-of-view ( FoV) of 5 . In 2016, the
CT1-4 cameras were upgraded with new electronics.

In 2012, a fth, larger telescope (CT5) was introduced in the middle of the square,
with a mirror area of 600 m 2, equivalent to a mirror diameter of 28 m, and a camera
with 2048 pixels. This additional telescope extends H.E.S.S's energy range and
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Figure 2.9: Photograph of the layout of the H.E.S.S.telescope array. The four small CT1-4
telescopes are shown forming a square of diameter 120 m with CT5 in the middle of it. A
building is visible in the foreground. This building houses the array operation site, the
data acquisition system, and the trigger. Credits: Christian Fohr.

enabled detection at lower energies. The camera is mounted at a focal length
of 36 m. The CT5 camera was replaced in 2019 with a FlashCam [87], which is
also employed in the MSTs of the CTAO. A detailed description of this camera
is provided in Chapter 4. The ve telescopes lead to a detectable energy from

30GeVto 100TeV. Fig. 2.9 shows a photograph of the H.E.S.S.array after the
incorporation of FlashCam in CT5. A summary of the H.E.S.Sphases and the most
relevant updates is presented in Table 2.1.

Phase Starting Main changes
from
H.E.S.S. 1 2003 Initial array with four telescopes
H.E.S.S. 1l 2012 Addition of a fth telescope
H.E.S.S.IU 2016 CT1-4 cameras are upgraded
FlashCam era 2019 CT5 is upgraded, installation of FlashCam

Table 2.1: Phases of the H.E.S.S. telescope array, year of the upgrade, and main changes
between phases.

With the introduction of CT5in 2012, the H.E.S.S.array introduced three trigger
modes. The stereoscopic (or stereo) mode, used only in CT1-4, is con gured to
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trigger when two or more of the small telescopes re within a short coincidence
time window. CT5 triggers on monoscopic (mono) events; therefore, events are
recorded whenever the camera is triggered. There is also a hybrid mode that
includes all telescopes in the trigger scheme. In the latter mode, the array triggers
when only one small telescope triggers, provided that CT5 also triggers.

Data runs are recorded for a duration of 28 min to ensure homogeneity of the
atmospheric conditions and stability of the instrument within each run. Calibration
runs are conducted regularly to ensure accurate calibration of the observations.
Furthermore, muons are continuously detected and used as a powerful calibration
tool. More details on H.E.S.S. validation in Chapter 5.

2.3 The Cherenkov Telescope Array Observatory

The experience and successes 0f.E.S.S, the Major Atmospheric Gamma Imag-
ing Cherenkov (MAGIC) telescopes, and the Very Energetic Radiation Imaging
Telescope Array System {VERITAS) were instrumental in establishing the eld
of ground-based, high-angular-resolution gamma-ray astronomy. These advance-
ments paved the way for collaborative e orts to build a next-generation gamma-ray
observatory. A large international consortium is now realising this ambitious
project.

The CTAO [96] [97] is an array of multiple-sized telescopes developed by an in-
ternational collaboration of scientists. It is an open observatory that will provide
public access to high-level science data, unlike other on-ground gamma-ray arrays.
Given the planned size of the observatory, it will achieve unprecedented resolution
and sensitivity [ 98]. It will also provide a wider energy range, spanning from
20 GeV to 300 TeV. This will allow for the detection of approximately 1,000 addi-
tional emitting sources in the sky [ 96], and the Galactic plane survey is expected
to detect about six times the number of sources of the H.E.S.S.survey [99]. Given
that the observatory will comprise two sites in the two hemispheres, the CTAO will
provide full-sky coverage.

The currently approved telescope layout is referred to as the alpha con guration.
The Northern array is being built in the Roque de los Muchachos Observatory
in Spain. It will consist of 4 Large-Sized Telescopes (LST) and 9 Medium-Sized
Telescopes MST) that will cover an area of  0.25km? and is located at an altitude
of 2200 metres. As of the writing of this thesis, there is already one large telescope
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Figure 2.10: Planned telescope layout in the alpha con guration of the CTAO in the

Northern array in La Palma. It consists of four LSTs and 9 MSTs. The array is located close
to the two MAGIC telescopes. The telescopes are located near the observatory's operational
facilities. Taken from [100].

fully operational [ 101] in the North and three more LSTs under construction. The
Northern array planned telescope layout is shown in Fig. 2.10.

The Northern array will be limited to the low- to mid-energy range due to size con-
straints, whereas the Southern array, with a larger extension, will focus on higher
energies. The Southern Hemisphere Array is being built at the Paranal Observatory
in Chile. It will consists on 14 MSTs and 37 Small-Sized Telescopes (SST) extended
over an areaof 3km2. The collaboration also plans to enhance the Southern array
with four LSTs and three additional SSTs. Fig. 2.11 shows the alpha con guration
of telescopes in the Southern array.

The LST [102] has a parabolic mirror with a diameter of 23 m and an e ective
mirror area of 370 m 2. It comprises a PMT-based camera with 1855 pixels, each
with a FoV of 0.1 deg, yielding a telescope FoV of 4.3deg. The LST is designed to
detect low-energy events because its larger collecting area increases the likelihood
that they are captured.

The SSTemploys a dual-mirror Schwarzschild-Couder telescope design with a
primary mirror of 4.3 m and a secondary mirror of 1.8 m in diameter [ 103]. The
SSTs have a total telescope FoV of 8.8 deg.
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Figure 2.11: The CTAO planned telescope layout in the alpha con guration in the Southern
array at the Paranal Observatory in Chile. It will consist of 14 MSTs and 37SSTs. The
enhancement of the array with four LSTs and more SSTs at the centre of the array is
considered. The telescopes are located near the weather station and other calibration
devices. Taken from [100].

On the other side, the MSTs have a modi ed Davis-Cotton mirror design with a
diameter of 11.5 and an e ective area of 88 m? [103]. Two di erent cameras will
be installed in such telescopes, FlashCam [L04] in the South and NectarCAM [ 105]
in the North. Both cameras are composed of PMTs and have 1758 and 1855 pixels,
respectively. The pixel FoV is 0.17 deg for both cameras, resulting in telescope FoV
values of 7.5degand 7.7 deg, respectively. The technical speci cations of each
telescope are described on theCTAO website [103]. The three telescope types are
shown in Fig. 2.12.
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Figure 2.12: The three approved telescope designs of the CTAO [106]. From right to
left, the large-, medium-, and small-sized telescopes are shown. Credit: Gabriel Pérez
Diaz (IAC).

2.3.1 Data calibration

The description of the data chain and calibration will be provided as needed for
the FlashCam Cherenkov camera.

The output of each pixel of each camera of the CTAO is an electric pulse in units of
ADC counts or least signi cant bit ( LSB) as a function of time. The ADC counts
are converted into number of photoelectrons Npg collected at the photocathode
after applying the following calibration [107],

ADC Pedestal
e ;

The pedestal level (baseline) of each pixel is already calculated by FlashCam in the
front-end electronics and transmitted to the camera server. The trace amplitudes
are divided by the gain ( LSB/ PE) and converted to the number of PEs. The time
0 sets between pixels are adjusted in hardware in nanosecond (ns) steps, so that
all pixels peak at the same time.

Additionally, at- eld runs will be measured regularly before observation begins to
account for pixel-to-pixel gain variations. The PMTs are gain matched by adjusting
their operational voltage to a precision of 0:5%. Lastly, broken pixels will be
agged. Raw (or RO) traces received by the camera server are converted into the

NPE: (231)
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so-called R1 traces following this precalibration procedure. Similar calibration is
undergone for H.E.S.S. [108].

An o ine, more detailed calibration will complement the previous online calibra-
tion routine once the data are stored. Pedestal and at- eld runs are recorded and
stored by the observatory for subsequent calibration improvements. The pixel base-
line is corrected if necessary, and the traces are multiplied by a at- eld coe  cient
that accounts for intensity di  erences among pixels under the same illumination.
The peaks of the trigger traces are realigned, now using time corrections to achieve
a maximum inhomogeneity in trigger time of 500 ps for a at eld run with an
average intensity of 50 PEs.

Furthermore, the telescope's optical throughput must be calibrated to accurately
reconstruct the primary particle's energy. There are multiple components in a
telescope that could lead to a degradation in light detection, such as the mirror re-
ectivity, the light cones, the quantume  ciencies of the photon detectors, etc [109].
The entire optical throughput of the telescope can be calibrated using the detection
of full muon rings on the camera (see Section 4.2.1 and Section 5.1.3), as their light
yield can be accurately predicted and compared with the detected light content.
ctapipe[110] is the prototype analysis software for the CTAO. Itincludes analysis
techniques from R1 (pre-Data Volume Reduction) through DL2.

2.3.2 The CTAO data chain

A schematic representation of the CTAO data chain is shown in Fig. 2.13. The data
path begins with the telescopes on-site. The observatory schedules data recording
for these telescopes. At the camera level, the lowest data level is the RO raw traces.
These are uncalibrated traces. The traces undergo a basic precalibration process
as explained in the previous section. The result is precalibrated R1 traces. The
R1 data level also includes trigger time stamps and event type ags that classify
each event as a Cherenkov shower, at eld event, muon, or other calibration event.
The following steps in the data chain require various software systems within
the CTAO. Each is responsible for di erent stages of the data evolution. Some
important software systems are [103] [111]:

* the Array Control and Data Acquisition (ACADA)

« the Data Processing and Preservation System (DPPS)

* the Science User Support System (SUSS)
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Figure 2.13: The CTAO data chain from observation proposal requests, through observa-
tion, data reduction, and storage, to nal data processing supported by simulations. Taken
from [106].

ACADA [112] comprises multiple subsystems. ACADA is responsible for control-
ling each telescope in the array and executing observations in accordance with
previously determined time allocations and observation schedules. ACADA also
determines when calibration runs should be performed for each telescope. The
Array Data Handler ( ADH ) [113] within ACADA includes the Software Array Trig-
ger (SWAT) instance, which identi es temporal coincidences among the triggers
of each telescope. An event is considered to have triggered on the array when a
coincidence trigger is detected. When the telescope array triggers, the R1 traces
are sent from the camera servers to ACADA.

Events that pass the multiplicity trigger condition then undergo Data Volume
Reduction (DVR). This is a key step in the CTAO data chain. The trigger rates
of the observatory are too high to be e ciently stored by the observatory in the
long term. This holds especially true because the CTAO, unlike other current IACT
detectors, will store traces rather than only the charge and time of each pixel, as
explained in the next section. Considering the number of telescopes, pixels, and
time samples that must be stored, the resulting data volume is excessive. DVR
will perform a rapid reconstruction of the image recorded by each telescope and,
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from it, reduce the data volume by sending only pixels that appear to contain
a Cherenkov signal and only a selection of signal samples within each trace to
the DPPS DVR will reduce data volume by a factor of 50. After DVR, lossless
compression is applied, reducing the datavolume to 10 Petabytes (PB)/year [ 111],
compared with the hundreds of PB/year before DVR (Fig. 2.13). The result is a
subset of R1 traces, each cropped, which are referred to as DLO.

The ADH will also send DLO data and calibration runs to the Science Alert Genera-
tion (SAG) [114] system, which will issue alerts to the astrophysical community
if a transient phenomenon occurs. The SAG system is required to perform a fast,
real-time analysis of the data [ 115] and to send science alerts within 20 seconds of
receiving the data. During those 20 s, SAG reconstructs DLO to DL3 with at least
half the sensitivity of the 0o ine analysis.

The raw DLO output from ACADA is processed o ine to reach nal science-
ready products by DPPS DPPSis responsible for recalibrating the DLO traces
using calibration runs and muons. Then, the data undergoes multiple analytical
techniques until scienti ¢ products are produced; details are provided in the next
section. The analysis techniques employed by DPPSrequire a su cient number
of simulations [ 116]. Therefore, DPPSalso includes the Simulation Production
Pipeline system. DPPSwill be able to reprocess the data when updated techniques
become available, and for cross-checking. The science products are nally sent to
SUSS This system, together with the Science Operations Support System (SOSS,
manages observation proposals, delivers data to users, and provides software tools
for mid- and long-term observation scheduling.

2.4 IACTs o ine reconstruction pipeline

In this section, a description of the data levels and standard analysis techniques
employed in gamma-ray astronomy is provided. The discussed reconstruction
pipeline is generally employed by IACT s, with speci c details for CTAO and
H.E.S.S. highlighted throughout the chapter.

After on-site data acquisition, the data is stored and analysed. There are multiple
steps towards the nal scienti ¢ output (Fig. 2.14). In the CTAO, the reduced
traces of each pixel that passes the on-site Data Volume Reduction (DVR) will
be stored. The DLO data level is the raw output of the Array Data Handler and
the lowest level permanently stored by the observatory. DLO traces have some
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Figure 2.14: Schematic of the data levels and their products. This sketch, made for the
H.E.S.S.data levels, remains valid for the CTAO. The raw data after precalibration and
data reduction (DLO) form an image, which is cleaned and parameterised as DL1. The
shower parameters are reconstructed (DL2), and the instrument response functions and
event lists are computed (DL3) to produce the nal science products. Taken from [118].

precalibration applied, but are recalibrated o -site and with higher precision.
Then, the charge and time of photoelectrons are extracted, forming images on the
camera. The image in charge units is reduced to a set of parameters, yielding DL1.
Unlike CTAO, H.E.S.S.stores only the number of PEs and the time of arrival per
pixel over the long term, rather than full traces. Furthermore, no DVR is required
as the number of telescopes and the data rates are much lower. The parameter
set is used as input to the shower reconstruction algorithms, which compute the
energy, direction, and particle type, collectively referred to as DL2. The accuracy
of these parameter reconstructions is evaluated using simulations, yielding DL3
output-quality plots. Finally, the science products are extracted (DL4). A detailed
explanation of the multiple data levels can be found in [117].

2.4.1 Monte Carlo simulations

Shower analysis techniques aimed at reconstructing the energy and direction of the
initiating particle require simulations that accurately model both the shower de-
velopment and the Cherenkov light emission, as well as the instrument's response
to this light. These simulations are also essential for precise detector calibration.
The simulation process involves two main steps: rst, modelling the development
of air showers and the emission of Cherenkov light from secondary particles; sec-
ond, implementing a detailed representation of the instrument and its response to
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Cherenkov light. The rst step of the simulation is performed by CORSIKA (COs-
mic Ray SIimulations for KAscade) [119] and the second by sim_telarray [120].
The CORSIKA package can initiate showers with multiple primary particles:
gamma rays, protons, electrons, muons, or heavy nuclei. Primary particles can
be simulated with di erent initial energies and emission angles. CORSIKA sim-
ulates the development of EAS with di erent hadronic interaction models; the
QGSJET-II [121] model is commonly used. Additionally, CORSIKA also simulates
the emission of Cherenkov light from the secondary particles. With the 1ACT
package of CORSIKA, the telescopes can be simulated in arrays at positions de-
ned in three dimensions by (X;;V;;z). CORSIKA requires large CPU times to run.
Therefore, each shower can be reused multiple times with the telescope array at
di erent displacements with respect to its simulated position.

The CORSIKA output is piped into sim_telarray, which simulates atmospheric
extinction and instrument response. sim_telarray [ 122] is highly exible for sim-
ulating a wide range of instruments and telescope layouts. Many con guration
parameters govern the detector's properties, including optical e  ciency, trigger set-
tings, mirror re ectivity, and so on. The transmission of Cherenkov light through
the atmosphere is modelled with detailed atmospheric transmission tables. The
simulations can be run with di  erent NSB levels, either homogeneous or inhomo-
geneous, by inputting les that capture the actual appearance of the night sky. The
output of sim_telarray is pulse shapes for each pixel of the camera. Pulses are
generated by accounting for the telescope's reference pulse shape, provided by the
telescope teams, theNSB level, optical ray tracing, PMTs' collection e ciencies,
digitalisation, and so on. Furthermore, the output simulation le also contains
the simulated "true” parameters. The simulations include the actual number of
photoelectrons reaching each pixel, which can be compared with the reconstructed
charge extracted from the pulse shape. Simulations are used to generate look-up
tables for reconstructing the properties of primary particles.

These simulations are used for both H.E.S.S.and the CTAO and are highly accurate.
They provide a valuable tool for validating the analysis chain, from trace calibration

to nal shower reconstruction. sim_telarray also helps in understanding the
instrument and its components. Di  erent telescope array con gurations can be
tested, and the best option identi ed through simulations.
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(a) Reconstructed charge (b) Reconstructed time

Figure 2.15: A camera plane showing the reconstructed number of PEs (left) and the
average arrival time per pixel (right). The arrival time is shown after subtracting the
charge-weighted average time across all pixels.

2.4.2 Image extraction and cleaning

DLO traces are recalibrated and then reconstructed into the total number of PEs
released by the photocathode and the average arrival time of these photoelectrons.
Charge reconstruction is typically performed by integrating the traces from each
pixel within a window. Since the arrival time at which each photon hits a given
PMT cannot be directly extracted, the average arrival time of all photoelectrons
within a pixel is calculated instead, typically using the centre of gravity of the
pulse within the window. This step yields the integrated charge and average arrival
time for each pixel. Fig. 2.15 shows a simulated 1 TeV proton shower as observed
by the FlashCam camera after charge and time reconstruction. Fig 2.15a shows the
reconstructed charge of each pixel in the camera plane, whilst the corresponding
image in units of reconstructed time is shown in Fig. 2.15b. The colour bar of
Fig. 2.15b represents the di erence between the reconstructed time and the charge-
weighted average time across the camera, demonstrating that photoelectrons arrive
within a narrow temporal window, forming a time cluster with a characteristic time
gradient. No DVR step is applied before signal extraction for making Fig. 2.15.
However, because the online DVR step is quite loose to avoid discarding signal
pixels, the image still contains pixels with only noise, and after image extraction,
their intensities follow a distribution with mean zero and variance proportional
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(a) Before cleaning (b) After cleaning

Figure 2.16: A shower image before and after image cleaning with Tailcuts. The left plot
shows the reconstructed charge for each pixel, whilst the right plot shows only pixels that
pass the cleaning criteria. Tailcuts is applied with the cuts (9 PEs, 5PEs, 2) on the picture,
boundary threshold and number of neighbouring pixels, respectively.

to the NSBrate. Furthermore, noise pixels arrive randomly and exhibit no pixel-
to-pixel time correlations, unlike the signal. Pixels with only noise can lead to
inaccurate estimates of shower parameters. Therefore, the image is cleaned to
signi cantly reduce the number of noise-only pixels. The most common image
cleaning approach applies multiple intensity thresholds to individual pixels. For
example, the Tailcuts [ 123] algorithm is amongst the most well-known methods.
In Tailcuts, two thresholds are de ned: the picture threshold and the boundary
threshold. All pixels above the picture threshold pass the cleaning. Additionally,
pixels with intensity higher than the boundary threshold pass if they have more
than N neighbouring pixels that pass the picture threshold. The result is an image
that closely resembles an elongated ellipse with a shortened tail (see Fig. 2.16b),
re ecting the “tail cutting” that gives the method its name.

After cleaning, the reconstructed times within the ellipse in Fig. 2.15b are shown
in Fig. 2.17 along the longitudinal (major) axis of the shower. This axis corresponds
to the direction of the shower's motion. The data points exhibit a clear linear rela-
tionship, demonstrating a temporal gradient along the major axis of the elliptical
image. This gradient arises from travel-time di  erences: light from di erent parts
of the shower travels di erent distances to reach the telescope dish.
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Figure 2.17: The reconstructed time of each pixel as a function of its longitudinal distance
with respect to the centre of gravity of the shower. The values are obtained from Fig. 2.15b
for pixels passing the cleaning seen in Fig. 2.16b. The red line shows the linear t through
the points.

2.4.3 Image parameterisation

The cleaned images can be reduced to a set of parameters that characterise their
shape. gamma and proton-initiated showers have a di erent development in the
atmosphere, as discussed in Section 2.1.1. The various shower developments are
imaged on the camera plane, exhibiting distinct characteristics. Therefore, this set
of parameters that resumes every image should be able to capture the di erences
in the shapes of these two types. In particular, gamma-ray showers are imaged
as more elliptical and regular on the camera. The Hillas parameters [ 124] use
moment analysis to compute the image parameters. A detailed explanation of
Hillas parameters, on which this section is based, is given in [125].
The Hillas parameters are calculated from the DL1 cleaned image, assuming the
shower image is elliptical. Some of these parameters are sketched in Fig. 2.18. An
additional parameter is the image size, de ned as the sum of the intensities of each
pixel after cleaning. The location of the image in the camera is given by the image's
centre of gravity ( COG) (C in the diagram). The COG is at a distance (dist) from
the camera centre [126]. The shower orientation is given by the missparameter,
which is the perpendicular distance between the major axis and the camera centre.
also indicates the image orientation. It is de ned as the angle between the major
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Figure 2.18: Schematic view of the Hillas parameters of an imaged shower with respect to
the camera coordinates (x, y). The image is simpli ed to an ellipse, with the centre slightly
asymmetric. Some important Hillas parameters are highlighted in the sketch. The imaged
shower extension and direction resemble the shape of the original shower.

axis and the line that goes through the camera centre and the image centroid.
Furthermore, the shower extension is given by the image's length and width, which
are the root-mean-square (RMS) values of the charge content along the major and
minor axes, respectively. One can also compute the azwidth, which provides a
measure of the image extension and is equivalent to the RMS of the charge spread
perpendicular to the line connecting the centroid to the camera centre.

Another important parameter for subsequent analysis is the leakage The leakage
is the fraction of the signal after cleaning that is located in the outer two rows of
pixels. Furthermore, higher-order moments are required to better characterise the
image's shape. Theskewnesgrovides a measure of image asymmetry, which can be
used in gamma-hadron separation. Moreover, kurtosis provides an estimate of the
distribution's tail heaviness. Some of the parameters described here can be used to
distinguish between protons and gammas, as their distributions di  er. Hadronic
air showers exhibit signi cantly larger skewnesand kurtosisthan electromagnetic
showers, re ecting their greater asymmetry and heavier tails. Moreover, these
parameters can be used as inputs to energy reconstruction algorithms, as described
in the next section.
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2.4.4 Shower reconstruction

The CTAO will store events only when triggered by at least two telescopes, known
as stereoscopic (or stereo) events. Monoscopic (mono) events, which trigger on
only one telescope, will not be included in the reconstruction, unlike the H.E.S.S.
telescope array, which operates in multiple modes, triggering on mono events
with CT5 and on stereo with CT1-4. Monoscopic reconstruction is used in H.E.S.S.
to trigger on lower-energy events, but it is less accurate for reconstruction. The
stereoscopic condition provides a much more accurate derivation of the shower
characteristics. In this section, only the reconstruction of stereo events is presented,
as monoscopic reconstruction is not considered in the thesis.

Figure 2.19: Schematic of the reconstruction of a primary particle direction. The shower
event is recorded by two telescopes and imaged by their cameras. The two images are
combined into a single frame. The direction of the primary particle is the intersection of
the two major axes. This reconstructed direction deviates from the true direction by

The reconstruction of stereo events is described in more detail in [ 127]. Hillas
parameterisation yields several basic shower parameters, including the image's
major axis, which points towards the shower's major axis. For stereo reconstruction,
a single event is recorded and imaged by multiple telescopes. All unique image
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pairs from the event are constructed, and the intersection of the major axes of each
of these pairs is computed. The nal intersection of the event is the average of
the pairwise intersections, weighted by di erent weighting schemes. Commonly,
each image is weighted with the Hillas intensity times the ratio of the Hillas length
over Hillas width. The nal weight of the telescope pair is the product of the
two individual weights. The core position of the shower is then computed as the
weighted average of these intersections.

The shower direction is similarly computed as the intersection of the camera planes
for each pair (see Fig. 2.19), using the same weights pP5]. Similarly, the height at
which Cherenkov emission peaks can also be determined in a similar way. Note
that energy and direction reconstruction are performed only on images that exceed
a certain size and intensity thresholds. Typically, a cut is made in the total number
of photoelectrons detected by the camera and in the total number of surviving
pixels after cleaning. This way, the reconstruction accuracy is not a ected by
low-signal images that lack substantial information.

The energy is reconstructed using a random forest regressor. The regressor is
trained on simulations that provide input parameters encoding image properties;

in the cases of CTAO and H.E.S.S, the Hillas parameters, among others, are used.
Then, using simulations, the regressor is trained on a subset of events and is
then used to predict the energy of the remaining test events from their image
parameters. For stereo events, the energy predictions from each telescope that
trigger on the event are combined to yield a per-event energy estimate. This is done
by simply averaging, occasionally with a weighting factor similar to that described
previously. It is important to note that the number of photoelectrons detected by
each camera depends not only on the primary particle's energy but also on the
shower's geometry relative to the telescope. For example, the telescope's pointing
direction is a crucial factor to consider in reconstruction. At large zenith angles,
the air shower traverses more atmosphere, spreading over a larger region, also
resulting in fainter illumination for each telescope. Therefore, the regressor is
trained on simulations of di  erent zenith angles. Furthermore, the shower core's
impact distance relative to the telescope also plays a role. The regressor is also
typically trained on the reconstructed impact distances.
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Template-based reconstruction

Previous reconstruction methods are limited to using only image parameters that
describe certain aspects of the image, rather than fully capturing it. More sophisti-
cated methods instead use the entire image and perform a tting routine onitto a
set of template images from simulations. With this approach, all the available in-
formation from the cleaned image is used for reconstruction. One of these methods
is the Image Pixel-wise t for Atmospheric Cherenkov Telescopes ( ImMPACT) [128].
Gamma-induced showers are simulated together with the IACT array, as described
in Section 2.4.1. Template gamma-ray images are built from these simulations. The
detected images are tted to the template images using a maximum-likelihood
method. The method uses the outputs of previous Hillas-based reconstruction
methods as seeds. As a result, the recorded image is associated with one of the
template images, and the energy and directions are reconstructed. This leads to a
signi cant improvement in the shower reconstruction.

Gamma-hadron separation

The nal step toward the DL2 data level is classifying showers as initiated by
gamma particles or hadrons. This is a crucial step, as the vast majority of events
detected by telescopes are protons. Particle classi cation is performed by com-
paring image properties of the two particle types that initiate showers. The rst
generation of IACT s employed a gamma classi cation based on simple cuts in
image parameters [129], mainly from the DL1 data levels. Currently, more com-
plex and sophisticated methods use machine learning algorithms, such as neural
networks [130] and boosted decision trees [131].

Machine learning algorithms are trained on speci c image features extracted from
shower simulations of known ground-truth classi cation. Training data are either
gamma-ray simulations or so-called o -events. These o -events typically are
background events recorded by telescopes when pointed away from any gamma-
ray source, so that only protons are detected. Proton simulations are generally
avoided due to substantial uncertainty in hadronic models. As explained earlier,
the model is trained only on su  ciently large images; therefore, image-size cuts are
performed. The training is performed independently for each zenith and azimuth
angle as before.
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For each event and telescope, the images are associated with a single particle-
classi cation score, or gammaness This is a measure of how closely the image
resembles a gamma shower, as determined by prior training. Then, each telescope
that triggers on a given event has a gammaness score for the same shower. The
scores from each telescope are combined into a singlegammanesgrobability by
averaging across telescopes, with weights assigned based on image size, reconstruc-
tion quality, or related factors. A cut on the gammanesss applied, and events with
values below the cut are rejected.

2.4.5 Instrument Response Functions

The Instrument Response Functions (IRFs), and the reconstructed event lists consti-
tute the DL3 data level. The IRFs store the probabilistic response of the instrument
and analysis chain to events with their given properties. The IRFs store the infor-
mation on how accurately the shower properties are reconstructed for simulated
events. This includes the precision of energy and direction reconstruction relative
to the simulated true values, as well as the residual background rate after gamma-
hadron separation. It also includes the array's collection area. The IRF is, therefore,
given by the following equation,

) 1. | l.
R( p reco; EVECO] p true;E(rue) =Ae ( p true ; Etrue) PSFl(p reco] p true ; Etrue)
1.
Edisp (Erecal P true  Etrue) (2.4.1)

where P reco and' P wue @re the reconstructed and true positions of a gamma ray
in the sky, respectively. E,oc, and E;ye are the reconstructed and true energies of
the particle, respectively. Furthermore, Ae is the e ective area,PSFis the point
spread function, and Ey;sy, is the energy dispersion.

E ective area

The e ective area, or collection area, is the total ground area over which the array

is sensitive to gamma rays. The e ective area depends on the shower energy, the
telescope zenith angle, the azimuth angle, and the o set angle between the shower
and the telescope pointing direction, since telescopes do not always detect on-
axis showers completely. The e ective area can be calculated from gamma-ray
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simulations as the ratio of the number of gamma events that trigger on the array
and pass quality cuts to the total number of simulated events, multiplied by the
array's area over which all gamma-ray showers are simulated. The e ective area is
typically expressed in units of m 2 and is shown as a function of the simulated true
energy. pyirf has been studied as a tool to provide IRFs to the CTAO [132].

Energy dispersion

The energy dispersion is the probability that a gamma ray with true energy  Eie
is reconstructed with an energy E,eco- The precision with which energy is recon-
structed is sometimes quanti ed by the energy resolution. The energy resolution
can be described as the Root Mean Square (RMS) of the reconstructed energy
distribution for a given true energy bin.

Point Spread Function

The PSFis a measure of the accuracy of the direction reconstruction of a gamma-ray
shower. The PSFis typically expressed as the angular distance from the direction

of the source that contains a given fraction of the events. The 68% containment is
usually used. As before, the angular resolution depends on the o set and zenith
angles, as well as the true energy of the primary particle.

Background rate

This is the rate of background events that survived the particle classi cation.
These are protons that appear gamma-like and, therefore, survived the gamma-
hadron separation step. At lower energies (below 1 TeV), there is also an electron
contribution. Unlike the previous quantities, the background rate is computed
from proton simulations, or, more precisely, from o -run real events.

2.5 High level analysis

The high-level analysis is performed by gammapy[133], which takes the DL3
as input and produces science products. gammapycan be applied to data from
di erent gamma-ray detectors, from Cherenkov telescope arrays (such asH.E.S.S.
and CTAO), water tanks (HAWC) or space detectors (FermiLAT). This can be
done with a standard DL3 data format, GADF [ 118]. The DL3 data consist of
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the previously described IRFs and lists of events with a high probability of being
gamma rays, including reconstructed direction and energy, and the event time,
de ned as the observation time for each event. Event classes are also supported.
Each event class has its own IRF, sensitivity, and quality cuts.

gammapyhas recently become the primary scienti ¢ tool for analysing gamma-ray
sources across multiple detectors, such asH.E.S.S.([134], [135]), and it will be the
standard science analysis tool for the CTAO ([136], [137]).

2.5.1 Data reduction

Events from DL3 are binned into a 3D sky map: longitude, latitude, and energy. Ce-
lestial coordinates are projected onto a spherical sky map, which is then converted
into a pixelated image with adjustable pixel size. The IRFs are also projected into a
sky map with a binning adapted to their resolution. The data are stored in a core
DL4 container (datasets), which is subsequently used to extract the signi cance,
spectral shape, and ux points. Furthermore, datasets also contain a background
model that estimates the number of background counts in the map.

A good background estimation is crucial for deriving signi cance maps and per-
forming spectral tting. All commonly used methods require de ning an exclusion
region that masks the signal in the map to avoid biasing the background estimate.
A detailed description of these methods is found in [ 138]. The DL4 container in-
cludes the following: the number of detected gamma rays per pixel, the background
model, the IRFs, and a safe mask that excludes regions with high systematics.

2.5.2 Observation signi cance

The signi cance of a gamma-ray signal is evaluated with hypothesis testing. Two
hypotheses are possible. First, the null hypothesis (Hg) that no source is present
and only background is seen in that region. Second, there is an excess signal,
and it cannot be explained solely by background, H;. The likelihood of each of
these hypotheses isL. For the Poisson statistic with a known background, the
log-likelihood is expressed as [139]:
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where Npreg @and Nops are the expected and observed counts, respectively. The test
statistic (TS) [140] is equivalent to,

TS= 2(InL(Ho) INL(Hy): (2.5.2)

The TS measures the extent to which the source hypothesis is favoured over the null
hypothesis. When there is only one degree of freedom, then the signi cance ( )
isdenedas T Sor for negative excess counts, = TS. Generally, the minimum
signi cance to claim that a gamma-ray source is detected is of 5

There are two ways to determine the signi cance of a gamma-ray emission in a
constrained region. These are achieved by either comparing the excess count to the
expected background or by tting a model.

Signi cance based on excess

In this case, the signi cance of a region in a sky map is given by the number of
excess counts. The number of counts is compared to the predicted number of
background counts in the absence of a signal. This method is also referred to as
backward folding.

The background is computed, as mentioned earlier, on regions of the sky map
where no signal is suspected to in uence the background model. Therefore, no
background model can be extracted directly in the region of interest where an
excess is observed. The background in this region is calculated by extrapolating
the number of background counts outside the exclusion region into the excluded
region. The likelihood test and signi cance estimation using excess counts are
derived in [141].

Signi cance based on a model

With this approach, also known as forward folding, excess counts are estimated
using a model and then compared with the measured counts. The model is formed
by combining a background model with a source model, and can include param-
eters to apply spatial and spectral corrections to the background template. The
model includes representations of the source's spatial morphology and spectral
shape. The models are tted to the real data using maximum likelihood. In this
case, signi cance depends on the chosen model.

57



Detection of very-high-energy gamma-rays

The predicted signal counts Nyeq for a source at a given position! P reco IN SKy and
with energy E,eco are,

| |
Npred( p reco; Ereco) = Nfred,bkg( pzeco; Ereco) +

[ l. |
tObS d p true d Etrue R( p reco; Ereco] p true 1 Etrue) ( p true ’ Etrue):
(2.5.3)

'( P irue: Erue) IS the source ux model and R'( P recor EreCO!j P true s Etrue) is the instru-
ment response function as described in Equation 2.4.1. Npred'bkg'( P reco Ereco) is the
predicted background counts at position : P reco from the background model.

Signi cance maps

The signi cance map is obtained by computing signi cance, as explained above,
not for a region but for each pixel in the sky map. This provides a means of
identifying signi cant areas on a map. Itis also a valuable way to assess whether
the background model exhibits systematic errors. The residuals of the signi cance
map should follow a Gaussian distribution with mean 0 and unit variance, if
enough events are detected.

2.5.3 Source modelling

When a signi cant excess is detected, the morphology and spectrum of the sig-
ni cant region are tted with a sky model. The spatial and spectral models are
tted to the data by maximising the likelihood. Spectral models describe the ux

of gamma rays as a function of energy (E) = ‘é—g. Multiple spectral models are
included in gammapy to describe the gamma-ray spectral shapes arising from
di erent acceleration processes (see Section 1.3).

Important spectral models for this thesis include the exponential cuto  power law,

the log-parabola, and a simple power law. The simple power law is expressed as:

= — (2.5.4)

https://docs.gammapy.org/1.0/user-guide/model-gallery/index.html
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where Ej is the reference energy, typically set to 1TeV for H.E.S.S, ¢ is the
amplitude in units of 1TeV s cn?), and is the index. The exponential cuto
power-law model introduces an energy cuto  Eg; = 1:

|
E E
= — exp — (2.5.5)
° B Ecut
The log parabola model is given by,
E ! IogE—EO

= — : 2.5.6
0 & ( )

Spatial models are not always necessary. Some sources are modelled using an
energy-dependent spectral model independent of spatial coordinates, assuming
that most of the emission along the line of sight comes from a single source. This is,
to a very high accuracy, the case of the Crab Nebula [142]. The background model
in this case is also assumed to be spatially independent. However, in most cases, a
spatial model is needed to account for spectral variations along extended sources
or to describe complex regions along the Galactic plane where multiple sources
can overlap.

2.5.4 Flux points

Flux points are computed in gammapyby re tting only the amplitude of the
best- t spectral model to the excess counts in each energy bin. The amplitude is
re tted by introducing a normalisation factor at each bin. The ux is therefore
computed separately for each reconstructed energy bin. It detects uctuations
around the reference spectral model. A di erence in spectral shape compared
to the reference model implies that another spectral model should be used and
the ux points recomputed (as they depend on the reference model). When the
detection signi cance in an energy bin is below a given threshold, an upper limit
is usually given instead of a ux point. The upper limit indicates the largest ux
consistent with the source remaining undetected at a chosen con dence level. In
gammapy an upper limit is drawn when the detection signi cance in that bin is
lower than 2
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2.6 The H.E.S.S. event reconstruction

The o ine H.E.S.S.analysis is similar to that of the CTAO. One of the main
di erencesisthatH.E.S.S.does not store full or partial traces foro  ine integration.
In H.E.S.S, only the integrated charge and average arrival time are stored. No
data volume reduction is performed online because the number of telescopes is
much smaller than in the planned CTAO arrays, and the extracted charge and time
occupy much less space than traces, each of which contains tens of time samples.
On the other hand, the lack of a complete trace means that no additional charge
or time extraction is performed o ine, which could limit the reconstruction's
performance.

The data is then cleaned using either Tailcuts or a time-based clustering me-
thod (Section 5.2). The Hillas parameters calculated from the cleaned images are
used to reconstruct the shower properties. The Hillas-based shower reconstruction
methods are used as seeds fotmPACT , which provides the nal reconstructed pa-
rameters in stereoscopic observations.gammapyis used for the high-level analysis.

2.7 Gamma-ray space detectors

2.7.1 Fermi Large Area Telescope

The Fermi Gamma-ray Space Telescope, formerly known as the Gamma-ray Large
Area Space Telescope (GLAST)143], is a space-based detector designed to study
gamma rays across a wide range of energies, from 8 keV to more than 300 MeV.
Fermi was launched on June 11, 2008, and has since provided sky maps in the
gamma-ray regime, yielding signi cant results [ 144]. Fermi is equipped with two
instruments: the Large Area Telescope (LAT) and the Gamma-ray Burst Moni-
tor (GBM). Fermi-LAT is sensitive to the highest energies from 20 MeV to more
than 300 GeV, while Fermi- GBM detects energies from 8keV to 30MeV. Fermi
primarily operates, unlike [ACTs, in an all-sky survey (scanning mode [145]. It
continuously sweeps the sky by alternating the pointing directly from 50 north
in one orbit to 50 south in the next orbit. Given the large eld-of-view of the
detector, which covers around 20% of the sky, the sky is fully covered with uniform
exposure after only 3 hours (2 complete orbits) of data taking.
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Figure 2.20: Schematic layout of Fermi- LAT , showing the distinct parts of the detector. The
interior of one of the 4 4 towers is shown, with the tracker layers and the calorimeter. In the
tracker, an incoming gamma-ray undergoes pair production into an electron and a positron.
The particle pair deposits energy into the calorimeter. An anti-coincidence detector (shown
in yellow) surrounds the tracker. Taken from [145] with explicit permission.

Fermi-LAT [ 145] employs detection principles similar to those used in ground-
based gamma-ray detection. An electromagnetic shower is induced by the pair
production of an electron and a positron following the interaction of a gamma ray
within the detector. The detector comprises a calorimeter and an anti-coincidence
detector (ACD) surrounding a particle tracker. Charged particle tracks are re-
constructed in the tracker, while the shower develops and deposits energy in the
calorimeter. Fermi- LAT has dimensions of 1:8m 1:8m 0:72m and is composed
of 4 4 towers [146], each containing a calorimeter and a tracker (see Fig. 2.20).

» Tracker . The tracker comprises layers of silicon strip detectors interleaved
with conversion planes of high-Z tungsten material. A gamma particle under-
goes pair production in the conversion planes, and an electron and a positron
are emitted. The silicon layers record the track of the secondary charged par-
ticles. As the direction of the €*e pair travels nearly in the same direction as
the primary gamma particle, the direction of the incoming gamma ray can be
computed. The trackers are used for direction reconstruction. Furthermore,
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they provide essential information for triggering an event. If two tracks are
identi ed as originating from a common point, it is likely a gamma event.

» Calorimeter . The calorimeter sits below the tracker, and it is composed of a
thick enough material (Csl). The calorimeter measures the energy deposition
of the €"'e from the resulting electromagnetic showers, providing informa-
tion on the primary gamma's energy. Moreover, another trigger step occurs
here. The shower pro les are used to further discriminate between gammas
and charged patrticles, as described in Section 2.1.1.

» Anti-coincidence detector . The ACD [147] surrounds the tracker layers.
The ACD is an important component of LAT for rejecting charged particles,
which are more likely to trigger than gamma rays. The ACD is expected
to tag charged particles with a 0.9997 e ciency. The detector consists of
scintillator tiles and scintillator bres that release a signal when charged
particles interact with them. PMTs detect this signal.

 Trigger . The previously described trigger steps are partially applied on-site
to limit the amount of data transmitted to Earth. LAT sends 400Hz from
the original 10 kHz [148].

More information on the technical design of Fermi-LAT in [145].

2.7.2 Eventreconstruction in Fermi-LAT

Several updates have been developed since the beginning of operation. The most
recent data release used the latest version of the event reconstruction software, Pass
8 [149]. This latest version also introduces additional critical changes to the chain,
resulting in a signi cant improvement in the reconstruction quality. A detailed
description of the event reconstruction chain of Pass 8 for Fermi- LAT is given in
[150], [151], [152], and [149]. A brief overview of the reconstruction and event
types is provided in this section.

The nal event reconstruction provides information on the incoming particle's
direction, energy, and classi cation, from which IRFs are built. The reconstruction
is performed by combining signals from the detector's three subsystems: the
tracker, the calorimeter, and the ACD. In Pass 8, unlike previous releases, the
track direction is reconstructed mainly in the tracker and does not rely on the
calorimeter. The direction of the incoming particle is reconstructed by combining
the reconstructed track directions of the electron and positron. In many cases, the
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secondary particles do not form clean single tracks, but instead branch and initiate
small electromagnetic showers within the tracker. The branches are linked together
into a tree structure, and the particle track is obtained with a tting procedure.
The energy is reconstructed at the calorimeter from the energy deposition of the
shower secondary particles. Furthermore, event classi cation is performed using
information from the three subsystems, as described earlier.

As part of the event reconstruction, quality cuts are applied to the data. This step
yields multiple event types and classes. Event classes di er from each other by
the selection cut on the probability that the incoming particle is a photon (earlier
referred to as gammaness In each event class, events are grouped according to
the quality of the direction reconstruction (Event types) [ 153]. Each event class is
designed for a scienti ¢ purpose.

Event classes

The di erent event classes depend on the photon-probability cuts. The TRAN-
SIENT event class has the loosest cut and admits a higher rate of background
events. This is the selected class typically for short-duration events. An interme-

diate selection cut is applied in the event class SOURCE, which is favourable for

the analysis of extended sources. The tightest cut is applied to the event class
ULTRACLEANVETO, which has a reduced e ective area and background rate
relative to the previous classes.

Event types

Each event class contains other subgroups (event types). They can either be divided
into a FRONT and END event type, depending on the tracker layer where the
gamma was converted into a €'e pair. The conversion in earlier layers yields
improved angular resolution. The events can be further divided into quartiles of
angular direction reconstruction quality. The quartiles are denoted PSFO, PSF1,
PSF2, and PSF3, in order of increasing quality.

Event lists after selection cuts, along with the corresponding IRFs from the pre-
vious reconstruction and selection, are stored in Flexible Image Transport Sys-
tem (FITS) [154] les that can be read into gammapy The data are then reduced to
DL4 datasets and analysed as explained earlier. These datasets can be combined
with datasets from other instruments to do a joint t.
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IMPROVEMENTS TO THE CTAO DATA ANALYSIS
CHAIN

This chapter and the next provide detailed validation of new methods for the stan-
dard CTAO data analysis chain. Fig. 3.1 summarises the developments presented in
this thesis, with references to the corresponding sections where they are discussed.
From RO to R1, raw traces are precalibrated, and events are agged as Cherenkov
or calibration runs. Muon tagging (next chapter, Section 4.2.3) identi es muon
candidates usable for muon calibration. The precalibrated traces undergo online
Data Volume Reduction (DVR) (Section 3.2). This reduces the amount of data
before storage, as the observatory cannot store the vast volume of the raw data.
The most critical step in DVR is the removal of noise pixels from the image. This
step is thoroughly studied in this chapter, using a time-based clustering algorithm
followed by a charge-based second step that leverages all image information. The
method was implemented, optimised, and tested by the author. The description in
this thesis builds upon the author's previous paper [ 155]. After DVR, the traces
that survive the cleaning are stored for o ine analysis.

DLO traces are recalibrated and reconstructed o ine into a single charge-time
tuple for each pixel. Typically, charge is extracted by summing over a subset
of time samples and time by determining the trace's centre of gravity or rising
edge. This section examines modi cations to the traditional scheme by applying
trace preprocessing. This method is intended for use with one of the FlashCam
cameras (see Chapter 4), but it can be applied to the traces of any Cherenkov camera.
The signal extraction method was integrated into ctapipe[110] by Felix Werner and
the author of this thesis [ 156] [157]. In this section, charge extraction is performed
only in the linear regime, where the trace maximum height increases linearly
with injected charge. This regime is optimised and tested by the author using
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 Trace precalibration
» Event type identi cation
— Muon tagging (Section 4.2.3)

!
)

* Time-clustered Data Volume Reduction
(Section 3.2)

online l
———————————————————————— DLO
0 ine l

Linear charge reconstruction
(Section 3.1)

Saturation recovery (Section 4.4)
Time-clustered image cleaning
(Section 3.2.7)

Two-dimensional t image parameters
(Section 3.3)

DL1

|

DL2

Figure 3.1: Work ow of the CTAO data processing steps. The contribution of this thesis to
the conversion from each data level to the next is highlighted, and the relevant sections
are indicated. This thesis's contributions to the CTAO are: muon tagging, data volume
reduction, charge reconstruction (linear and saturation regimes), image cleaning, and
parameterisation.
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simulations. The saturation regime, tests on at eld data runs, and simulation-
data consistency are explored in Section 4.4.

DVR performs the same function as an image cleaning algorithm, but operates
online with loose cuts. This ensures that signal pixels are preserved and o ine
reconstruction methods like ImMPACT (Section 2.4.4) remain applicable. Therefore,
noise-only pixels are still detected and further rejected inthe o ine analysis. Fur-
ther tests on IRF performance are shown in Section 3.2.7 to show the implications
of this method in the precision of shower reconstruction when applied to image
cleaning inside the 0 ine data chain.

The cleaned images are then parameterised. This involves computing a set of image
parameters that are fed into event reconstruction algorithms to reconstruct the
energy, direction, and patrticle type. The standard method for this step is Hillas
parameterisation. The author implemented a preliminary two-dimensional ellipse-
tting procedure (Section 3.3) to improve parameter extraction, particularly for
cropped images with a large fraction of the shower outside the camera’s physical
limits. The performance is fully tested by the author.

3.1 Signal extraction

When a photon strikes a PMT, a photoelectron is released from the photocathode
with a certain quantum e ciency and ampli ed into multiple electrons with a
collection e ciency (see Section 2.1.3). The FlashCanPMTs are very quick with
typically  2:6 ns signal rise time and < 3:5ns FWHM . The FlashCam electronics
shape the signal using a low-pass lIter to make it compatible with 4 ns sampling.
In the linear regime, the height and integrated charge of the electric pulse are pro-
portional to the number of photoelectrons released by the cathode and, therefore,
to the number of photons that initially got into the pixel.

Cherenkov light is detected on only a subset of camera pixels. Consequently,
many pixels do not detect any signal but only noise from the NSBand the PMT
electronics. In noise-only pixels, the reconstructed arrival times are essentially
random, and the charge follows a Poissonian distribution centred at the integration
window times the NSBrate. After baseline subtraction, the distribution is centred
around zero. The variance of this distribution increases linearly with  NSB. Charge
and time are the fundamental parameters for discriminating the imaged shower
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from noise, which in turn is essential for reconstructing the properties of the air
shower.

Given the importance of signal reconstruction, extensive studies have been con-
ducted, and numerous techniques have been developed [158] [159]. A common
approach is to de ne an integration window and integrate the trace within it. The
integration window must be positioned to capture a signi cant fraction of the
pulse while minimising the contribution of noise-dominated samples. Integrating
the trace provides an estimate of the number of PEs that is less a ected by factors
such as time jitter and phase (the relative alignment between the analogue pulse
and the ADC sampling clock) than other techniques, such as peak height.

A good approach to de ning the window position is to consider the traces of
neighbouring pixels. For a neighbour-based integration window, the sum of the
traces of all nearest neighbours of a given pixel is computed. The closest neighbours
are those that directly touch the pixel in question. The position of the maximum of
the neighbour-summed trace is de ned as the peak of the trace ( neighbour_peak
under evaluation. Then, the pixel is integrated from the start of the window de ned

as (heighbour_peak window_shift), with window_shift being an integer number of
time samples, to the end of the window (start + window_width), with window_width
being the number of samples to be integrated. Therefore, the integral gives the
charge, and the centre of gravity within the window provides the arrival time. This

is one of the standard extraction algorithms used in ctapipe[110], called Neighbour
Peak Window Sum (NPWS).

The method has two crucial free parameters that a ect the reconstruction: the
window_width and window_shift. The window_shift can be de ned such that the
window is not symmetric about the neighbouring peak. This can be relevant
for traces with long pulse tails. The window_width is chosen to be neither too
short to miss a large fraction of the trace nor too long to integrate excessive noise.
This method is unbiased and relatively robust to noise-induced miscalculations
of the window position. Nevertheless, it may result in random peak positions in
low-signal regions of the camera.

3.1.1 Ciriteria for reconstruction validation

The bias and resolution between the reconstructed charge Q,eco and the true charge
Qiuue are the two basic performance tests for a given charge-extraction method.
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The true charge is obtained from simulations and corresponds to the true number
of photoelectrons before any noise is added. When the true charge is low, the
individual photoelectrons sometimes arrive with a signi cant spread, so that not
all PEs fall within the integration window.
The charge bias is the average conversion factor between the reconstructed and
true charges, de ned in this thesis as the ratio of the two:

+

*
B= Qreco (3.1.1)
Qtrue

A bias-free reconstruction would lead to a bias of 1:0. The deviation of Q¢ With
respect to Qi e IS:

D =Qreco Qtrue: (3.1.2)

The RMS error is given by,

q

RMSE= D2 (3.1.3)

The resolution or quality of the charge extraction is de ned as the relative RMS
error:

_ RMSE
- erruei
The resolution and bias are used to optimise the extractor's free parameters and to
compare di erent extraction schemes.

R (3.1.4)

3.1.2 The FlashCam extractor

Implementing certain modi cations to the standard NPWS method is necessary to
adapt it to the characteristics of FlashCam traces, and these modi cations may also
be applicable to the remaining Cherenkov cameras. This new extractor is referred
to asthe FlashCam extractof157].

The charge extraction in this section is tested using sim_telarray and CORSIKA
simulations of on-axis gammae-initiating showers. The events are simulated at a
zenith angle of 20 and o set of 0 . Only one MST is simulated from the Southern
array with a FlashCam installed in it, and 17,000 events are triggered. Trace
saturation has not yet been simulated; therefore, its e ect is not shown in any
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Figure 3.2: The four representations of a simulated FlashCam trace after going through
di erent steps of processing. The original calibrated trace (dashed dark blue line) is in
steps of a FlashCam sample of 4 ns width. The corresponding upsampled, di erentiated,
and deconvolved traces are superimposed on the original.

of the plots. The impact of saturation and the reconstruction approach in the
saturation regime will be explored in Section 4.4, where FlashCam speci cations
will be discussed in more detail.

The FlashCam traces require special preprocessing due to their relatively slow
sampling rate of 250 MHz [ 160], which is signi cantly lower than the 1 GHz rates
used by other cameras. To achieve nanosecond-level sampling resolution, the traces
are upsampled by repeating each sample four times, followed by a linear moving-
average Iter applied twice—once forward and once backwards—to ensure zero-
phase distortion. This is done with a version of scipy.signal.filtfilt [161]
from the SciPy library [ 162] optimised for computational speed. The upsampled
trace is shown in Fig. 3.2 superimposed on the original trace after baseline subtrac-
tion.

The peak of the di erentiated pulse (see Fig. 3.2) provides an amplitude-indepen-
dent pulse time. The di erentiated trace is obtained by di erentiating the original
trace and then upsampling it; it does not require baseline subtraction.

Moreover, the FlashCam preampli er (more on ampli cation scheme in Chapter 4)
behaves as a rst-order low-pass lter, attenuating the signal's high-frequency
components. This introduces an unwanted convolution, manifesting as an ex-

70



Signal extraction

ponentially decaying tail in the pulse trace. Di erentiating the pulse reveals a
prominent Gaussian-like peak followed by a pole, corresponding to a frequency
at which the system response increases sharply—a frequency that ideally should
have been zero.

Pole-zero (pz) deconvolution [ 163] reverses the e ect of the detector by applying
the preampli er response (or lter) in the inverse [ 164]. The camera’s reference
pulse shape is used to determine the pole-zero parameters by characterising the rate
of decay of the pulse edge. The trace is deconvolved and then upsampled, leading
to Fig. 3.2 (deconvolved). Each instance of the original calibrated trace: upsampled,
di erentiated, and deconvolved traces, is used during the signal extraction scheme.
The charge is extracted by summing the amplitudes of the deconvolved trace,
instead of the original calibrated trace, inside a window de ned as for NPWS.
However, unlike in NPWS, the traces of the nearest neighbours are soft-clipped
before being summed. This clipping step reduces the in uence of large-amplitude
afterpulses in the sum, which can otherwise shift the signal peak by several samples.
The probability of nding an afterpulse in one pixel of FlashCam (see Fig. 2.8) is
small. However, given the number of pixels and events a Cherenkov camera must
process, it is not unreasonable to observe a signi cant afterpulse. The intensity of
afterpulses can be comparable to or exceed that of signal pulses, thereby shifting
the window location considerably.

In the original NPWS method, the reconstructed time is de ned as the weighted
average of the samples. In this algorithm, the reconstructed time is determined as
the weighted average of the di erentiated trace samples within a region where the
di erentiated trace exceeds 5% of its peak amplitude.

Deconvolution leads to charge loss, which is corrected by dividing the sum by a
deconvolution gain-loss factor ( Gy, ), which depends on the integration window. It
is computed with the reference pulse shape as follows:

Gpz = P Rg;w o

o Rt
where ng is the starting sample of the integration window, w is the window_width,
and N is the last sample of the trace. The deconvolved reference pulse is denoted,
Rpz and the original reference pulse is Ry;. The integral of a deconvolved trace (Ay;)
is corrected to get the actual reconstructed charge (Qec) as follows:

(3.1.5)
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A
pz
= — A
rec sz (3.1.6)

However, the gain loss correction still cannot correct for a small bias in charge
reconstruction as can be seen in Fig. 3.3b at 0 ns. This is because the curve does not
account for the arrival-time di  erence between photons within each pixel. There
Is typically a spread of a few nanoseconds in the Cherenkov time pro le that is
not captured by the reference pulse shape computed from at- eld runs. The bias

is fully corrected by convolving the reference pulse shape with a Gaussian of a
standard deviation equivalent to the average time spread within a pixel.

The standard deviation of the Gaussian is optimised with the charge bias and
resolution of simulated events at nominal NSB (216 MHz). The resolution and bias
are de ned as described earlier in Section 3.1.1. Fig. 3.3b shows how the bias is
reduced signi cantly for equal to 1.5ns. And the charge resolution is visibly
improved, especially at large amplitudes, as seen in Fig. 3.3a. The dashed black
line shows the best achievable charge resolution, which corresponds to Poisson
uctuations multiplied by the average ENF of 1.1 (see FlashCam parameters in
Chapter 4). These plots are made with a window_width of 8 ns and a window_ shift
of 3ns.

(a) Charge resolution (b) Charge bias

Figure 3.3: Charge resolution (left panel) and bias (right panel) averaged over all pix-
els in the camera and events, using simulations of gamma-ray initiated showers under
nominal NSBof 216 MHz. The charge is reconstructed with the FlashCam extractor. The
window_width and window_ shift are set to 8 ns and 3 ns, respectively. Each line corresponds
to adi erentvalue of the standard deviation of the Cherenkov time pro le.
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(a) Charge resolution (b) Charge bias

Figure 3.4: Charge resolution (left panel) and bias (right panel) averaged over all pix-
els in the camera and events, using simulations of gamma-ray initiated showers under
nominal NSBof 216 MHz. The charge is reconstructed with the FlashCam extractor. The
window_shift and Cherenkov time pro le standard deviation are set to 3ns and 1.5ns,
respectively. Each line corresponds to a di erent value of the window_width.

(a) Charge resolution (b) Charge bias

Figure 3.5: Charge resolution (left panel) and bias (right panel) averaged over all pixels in
the camera and events, using simulations of gamma-ray showers under nominal NSB of
216 MHz. The charge is reconstructed with the FlashCam extractor. The window_width
and Cherenkov time pro le standard deviation are set to 8 ns and 1.5 ns, respectively. Each
line corresponds to a di erent value of the window_shift.

Additionally, when a broken pixel is present in the camera, the reconstructed charge

and time of that pixel are equal to the average of those of its nearest neighbouring
pixels. When no neighbour pixel is available, the pixel is lled with zeros [165].
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window_width window _shift Time spread
FlashCam extractor 7.0ns 3.0ns 1.5ns
NPWS extractor 7.0 samples 3.0 samples -

Table 3.1: Optimised parameters for the FlashCam extractor and NPWS used in the
comparative plots throughout this section.

Figure 3.6: Variance of the reconstructed charge distribution for noise pixels as a function
of NSBin units of nominal NSB (216 MHz) using the FlashCam extractor and NPWS. Since
the distribution widens with increasing background, the variance is computed separately
at each NSB level.

The window_width is also optimised by comparing the charge bias and resolution.
The window_width is tested by setting the window_shift to 3 ns and the standard
deviation to 1.5 ns. Fig. 3.4 shows that the optimised width is between 6 and 8 ns
as it gives the best charge resolution and bias at nominal NSB. The window_shift is
optimised similarly, as seen in Fig 3.5, by freezing the window_width to 8 ns and
the standard deviation to 1.5ns. A symmetric integration window is appropriate

in this case, as the deconvolved trace is no longer asymmetric. The values used for
the remaining plots are listed in Table 3.1 for the FlashCam extractor and NPWS.
The variance of the noise distribution is shown in Fig 3.6 as NSBincreases when
the FlashCam extractor and the NPWS are applied to the same simulated events.
Noise pixels are those with no signal detected, i.e., when O PE of true charge is
injected into the pixel during simulation. At nominal  NSB, the noise variance is
signi cantly higher for NPWS than for the FlashCam extractor. Moreover, the
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di erence in variance increases more markedly with NSBwhen using NPWS. As
no upsampling is performed for NPWS, the samples are 4 ns long, and the talil
of the pulse extends for several samples. The trace needs to be integrated over a
large-enough window of 7 samples (28 ns), including a signi cant fraction of noise,
which becomes problematic especially at signi cant NSB rates.

The charge resolution is compared in Fig. 3.7 using the two extraction methods.
The FlashCam extractor performs substantially better across the entire charge
range and at nominal and high ( ve times the nominal) NSB rates.

Figure 3.7: Charge resolution of simulated gamma-ray initiated showers using the Flash-
Cam extractor and NPWS at two NSBlevels: 216 MHz and 1079 MHz. The dashed black
line shows the best possible performance, equivalent to Poisson resolution times the ENF.

3.1.3 Image extraction with a time gradient

One potential issue with neighbour-based extraction methods is that the integration
window position is sometimes miscalculated. This can occur due to high-intensity
afterpulses or neighbouring pixels with low signal amplitudes comparable to noise
uctuations. The previously evaluated extractor method can be extended by adding
a step to correct the peak positions via a time-gradient adjustment [ 166] [167].
The method procedure is based on the ctapipeTwoPassWindowSuatgorithm and
follows these steps:
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1. The number of PEs and average arrival time are extracted for each pixel with
a neighbour-based method.

2. The image is cleaned with Tailcuts as described in Section 2.4.2.

3. The centre of gravity and major and minor axes of the image are computed,
following the Hillas scheme (compare Section 2.4.3). The longitudinal and
transverse distances of each pixel are computed.

4. The linear relation between time and distance of a pixel from the centre of
gravity of the image along the longitudinal axis is obtained (see Fig. 2.17 in
Section 2.4.2).

5. The trace is reintegrated into a window with the neighbour_pealbeing the
new predicted time.

(a) Charge resolution (b) Charge bias

Figure 3.8: Charge resolution (left panel) and bias (right panel) are averaged over all
pixels and events using simulations of gamma-ray showers. Two extraction methods are
compared: the default FlashCam extractor and an updated version that uses a time-gradient
peak correction. The dashed black lines show the best achievable resolution (left) and
bias (right).

The veri cation of this method is performed using the following details. For step

1, the FlashCam extractor is used to conduct an initial evaluation of the per-pixel
charge and time. The results of this step are cleaned using the Tailcuts cleaning
algorithm with a picture threshold of 9 PE, a boundary threshold of 5 PE, and a
minimum of 2 neighbouring pixels. The cleaned image undergoes the standard
Hillas parameter calculation, from which the longitudinal distance of each pixel

is computed. A linear t between the reconstructed time and the longitudinal
distance is used to determine the peak position for each pixel, which is then used
to rede ne the integration window position. Each deconvolved trace is again
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integrated (with the same values as in Table 3.1) to get the nal reconstructed
charge.

The signal extracted after a time gradient correction may omit temporal features,
such as those from muon rings. This could be improved by applying a temporal
gradient to clusters identi ed by a clustering algorithm (Section 3.2). This time-
gradient correction is also slower, as the image cleaning and parameterisation must
be run twice: once before the nal charge and time extraction, and once after.

The reconstructed charge shows a signi cantly improved charge bias (see Fig. 3.8b)
and slightly better charge resolution (Fig. 3.8a) at low charge. This new step
is designed to correct for misplaced window positions at low charge and shows
promising results, though further investigation is warranted. While it is less
computationally e cient than the previous method and therefore unsuitable for
real-time analysis, it is a promising option foro  ine processing.
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3.2 Studies on Data Volume Reduction

The CTAO will consist of two observation sites, each hosting numerous telescopes,
substantially more than any other current observatory of its kind. The Southern
array, with more than 50 telescopes planned [ 100], will be particularly extensive.
Each of these telescopes will be equipped with a high-performance Cherenkov
camera capable of imaging fast, faint ashes of Cherenkov light using about two
thousand highly sensitive photon detectors.

Unlike the H.E.S.S.array, the CTAO will store traces for each detected pixel, each
at least several tens of nanoseconds long, rather than the average arrival time and
total signal intensity. Storing full or partial traces for each pixel and camera enables
more sophisticated o ine reconstruction methods, particularly image-extraction
algorithms. Nevertheless, this translates into a very high data rate of hundreds of
PB per year at each observatory site [111].

The expected data rate would exceed the observatory's storage capacity, making
DVR a necessary solution. To guarantee e ective data handling, a considerable
reduction in data volume is required—ideally to approximately 10 PBl/year (see
Section 2.3.2). This yields a reduction factor, de ned as the ratio of the data rate
before and after DVR, ranging from 10 (at the beginning of operation) to 50 once
the method is thoroughly tested and functional. An additional factor of 2 can be
achieved through lossless data compression.

DVR is split into two steps:

» Pixel selection . The data volume can be reduced by signi cantly rejecting
noise pixels that do not contain shower information. Camera images con-
sist of two types of pixels: those containing only night-sky background and
noise (noise pixels), and those containing Cherenkov light from air show-
ers (signal pixels).

» Shortening of traces . Waveforms are digitised for a preset number of samples.
However, the signal is present in only a subset of these samples. By shortening
the digitised traces to exclude noise-only samples, considerable storage space
can be saved.

This section is based on the paper [L55] by the author of this thesis. Some of
the plots shown in [ 155] were slightly modi ed. First, the DVR method for pixel
selection is reviewed and described. This method is then optimised and tested
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against Tailcuts (introduced in Section 2.4.2). Finally, new perspectives for this
method are explored.

3.2.1 Time-based clustering

The Density-Based Spatial Clustering of Applications with Noise ( DBSCAN) [168]
is an unsupervised density-based clustering method. Itidenti es clusters as regions
of high density in an N-dimensional space, separated by areas of lower density.
DBSCAN is a well-established algorithm that o ers several advantages. Unlike
other methods, it does not require specifying the number of clusters—a particularly
important feature for detecting subcomponents of hadronic showers. The algorithm
can also handle arbitrary cluster shapes, and not all input points need to be assigned
to a cluster; some may be classi ed as noise. However,DBSCAN cannot e ectively
group data with signi cantly di  erent densities because its free parameters are too
restrictive [169].

Figure 3.9: lllustration of the DBSCAN mechanism. The core points appear in red sur-
rounded by a circle of radius ". The green points are the border points, which are located
at a distance " from any core point. The remaining blue point is noise. Taken from [170].

The two basic free parameters in DBSCAN are the minimum number of points
to consider a dense region (minPts) and the minimum distance to form a neigh-
bourhood ("). Each data point in DBSCAN can be classi ed as a core, border, or
noise point. Core points are those that have at least minPts in a distance ". The
points within a " distance to a core point are de ned as border points. The rest
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constitutes the noise. Each core and border point is assigned to a cluster that is
reachable in density. Each point can only be assigned to one cluster ID. Fig. 3.9
shows this principle. All red points are identi ed as core because there are more
than minPts (in this case minPts=3) within ". The green points are within " of one
red point. The blue point is noise because it is too far away from the dense region.
The bottom layer of Fig. 3.10 shows the reconstructed time distribution across
the camera plane after subtracting the intensity-weighted average time for three
events. The corresponding reconstructed charge distribution is shown in the top
layer. Pixels that detect Cherenkov light form a distinct region in the camera.
Even when pixel intensity is low, the time is similar to that of neighbouring pixels,
thereby forming a distinct region. This pattern on the reconstructed time is ideal
for DBSCAN.

However, two considerations must be addressed. Firstly, some spurious and small
clusters in time are arti cially generated by the choice of the signal extraction
method. That is because, as discussed in Section 3.1.2, the arrival time of each
pixel is extracted with a neighbour-based algorithm. A pre-cut in pixel intensity
(hereafter referred to as the noise cuj is applied before clustering to reduce the
likelihood of keeping spurious time clusters. The intensity cut is de ned with
respect to the noise level.

Secondly, the reconstructed pixel time and the camera coordinates are on signi -
cantly di erent scales. The time values range from 0 to 100 ns, and the camera's
spatial coordinates from approximately -1.2 to 1.2m. DBSCAN cannot correctly
handle such di erences, and no clusters are found. The time dimension and the x
and y dimensions are scaled, therefore, such that" is equal to 1 and can be excluded
as a free parameter. The timescale parameter is de ned astscaleand the spatial
scale isdscale The spatial scale is identical for both the x and y axes. This rst part
of the DVR method follows the image cleaning algorithm in [109].

This method could lead to highly charged pixels being removed if their recon-
structed times di er from those of neighbouring pixels due to miscalculations in
the time extraction. Therefore, a second step is added after performing DBSCAN.
Pixels that do not pass the clustering algorithm but have signi cant intensity (above

a so-calledtailcuts threshold are added if they have at least one other signi cant
pixel neighbour that exceeds the same threshold. Ultimately, this method combines
clustering with a Tailcuts-based algorithm to account for intensity information.
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