Johann Wolfgang Goethe-Universitat Frankfurt am Main
Department of Physics
Program of Study Astrophysics (Ph.D.)

S-Process Nucleosynthesis
in and from

Asymptotic Giant Branch Stars
Doctoral Thesis
for obtaining the academic degree

Doctor of Natural Sciences

submitted by
Alexander J. Dimoft (3007 08 211 640)

date of submission
29. August, 2025

Supervisor: Prof. Dr. Camilla J. Hansen
First Referee: Prof. Dr. Camilla J. Hansen
Second Referee: Sen. Lec. Dr. Richard J. Stanclifffe






Abstract

This thesis investigates the synthesis and transfer of s-process elements in low-mass
binary stars by combining stellar spectroscopy, stellar evolution modeling, and nuclear
physics experiments.

The first project follows a four-year high-resolution spectroscopic observation cam-
paign. I observe intrinsic asymptotic giant branch and extrinsic binary companions
across a broad range of metallicities, for which I derive orbits, stellar parameters, and
chemical abundances. I determine abundances of carbon, a-elements, and s-process
elements, expanding the census of heavy element abundance patterns. Comparisons
with AGB yield models confirm s-process enrichment in binary systems and reveal
correlations between enrichment levels and progenitor AGB masses, establishing ob-
servational benchmarks for nucleosynthesis and mass transfer.

For the second project, I compute a grid of 2691 binary stellar evolution models
with the STARS code, spanning a range of metallicities, donor masses, and accreted
masses. By comparing models with my observations of Ba, CH, and CEMP-s stars
and the literature, I constrain accretion efficiencies and progenitor properties. I find
consistent AGB donor masses across metallicities. Results show CH and CEMP-s
stars form through small accretion events (~0.1 M®), weak Ba stars through moderate
accretion (<0.5 M®), and that strong Ba stars require more substantial mass transfer
(>0.5 M©®). Metal-rich systems are found to accrete more material than metal-poor
ones, linking abundance patterns and metallicity to accretion histories.

In the third project, I perform a nuclear physics experiment to probe neutron-capture
reactions that shape the end of the s-process. Using the activation method and beta
spectroscopy, I measure the cross section of the double-magic nucleus 2°*Pb at 25 keV
and establish an upper limit at 5 keV. These data provide useful inputs for stellar
nucleosynthesis models, clarifying the role of Pb as an s-process termination point.
Together, these studies bridge observations, modeling, and experiments to advance
our understanding of the synthesis, transfer, and surface imprint of s-process elements

in low-mass binary stars.
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1 Introduction

1.1 Motivation

Stellar nucleosynthesis is a cornerstone of modern nuclear astrophysics and is central
for explaining the origin of the elements. Understanding the slow neutron-capture
process (s-process), one of the main mechanisms responsible for producing elements
heavier than iron (A>90), is essential for explaining the observed chemical abun-
dances in stars and the chemical evolution of the Galaxy. This thesis presents
insights into the three disciplines of nuclear astrophysics to build a comprehensive
picture of s-process nucleosynthesis. To this end, I seek to better understand the

asymptotic giant branch (AGB) stars where the s-process takes place.

To investigate the origin of heavy elements, we examine the fundamental nucle-
osynthesis processes responsible for shaping the cosmic abundances. Observations
provide the empirical signatures of the s-process in stellar atmospheres, especially
in binary systems affected by mass transfer. With observations, I aim to constrain
the mass of the AGB star that has produced the observed abundance pattern. The-
oretical models describe the evolution of stars and simulate the complex mixing and
accretion histories of binary companions. Through simulations, I aim to determine
how much mass is transferred from the AGB star to its companion to explain the
observations. Experimental measurements of neutron-capture cross sections supply
the key nuclear data needed to anchor and validate theoretical predictions. With ex-
periments, I aim to measure the neutron interaction cross-section to provide further
constraints on modeling the s-process in AGB stars. Combining these approaches

provides a detailed investigation of heavy element synthesis in stars.
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Figure 1.1: The solar system abundance pattern, using data from Lodders (2003)
and Asplund et al. (2009). The first, second, and third s-process peaks
are highlighted in blue boxes.

1.2 Nucleosynthesis

Nucleosynthesis theory works to explain the natural processes that produce differing
chemical abundances and their isotopes. When plotting the abundances against the
atomic number of an element as in Figure 1.1, it is clear to see that heavier elements
are less abundant than light elements by factors up to 10 million, and there is a
jagged structure with even-odd nuclei.

Nucleosynthesis is the creation of new elements, and stars produce heavy ele-
ments by combining lighter nuclei. Generations of star formation have increased
the overall metal content of the universe and lowered the overall hydrogen mass
fraction. The production of heavier elements (Z > 6; carbon and heavier) requires
extreme temperatures and pressures that can only be found in stellar interiors and

supernovae.

Eddington suggested that stars produce energy by fusing hydrogen into helium
(Eddington, 1920, 1926), but the nuclear mechanism was not understood at the
time. Hans Bethe was the first to identify the mechanisms by which hydrogen is
fused into helium: the proton-proton (PP) chain and the carbon-nitrogen-oxygen
(CNO) cycle (Bethe, 1939). Fred Hoyle explained the production of heavier elements
starting from hydrogen, and how the abundances of the elements increases with time

(Hoyle, 1946, 1954). The seminal paper from Burbidge et al. (1957) defined new



and accepted processes for the transformation of nuclei within stars, which could be
observed and documented by astronomers.

Elemental abundances carry the nucleosynthetic fingerprint of their stellar origins.
Beyond the iron peak, the solar system abundance curve presents a different trend
compared to predictions from isolated stellar evolution. There are double-peaked
structures in the solar system abundance pattern near mass numbers A = 80, 130-
140, and 195-208, or neutron numbers N = 50, 82, or 126 corresponding to stable
neutron shell configurations, indicating neutron-based nuclear processes; see Figure
1.1.

1.2.1 The s-process in AGB Stars

The slow neutron-capture process (s-process) is the primary mechanism responsible
for producing roughly half of the elements heavier than iron. Upon capturing a
neutron, a seed nucleus becomes a heavier isotope of that element. If the newly
formed nucleus is unstable, it can decay through the S~ conversion channel to a
stable isotope of another element before another neutron is captured. In low- and
intermediate-mass stars (1-6 Mg,), this process occurs during the thermally-pulsing
asymptotic giant branch (TAGB) phase, specifically within the He-intershell region
outside of the He-burning layer (Busso et al., 1999; Képpeler et al., 2011).

A nucleus can capture a free neutron and increase its mass number by one, fol-

lowing

X +n = 77X +y = 5V +e +1, (1.1)

where A is the mass number of element X and Z is the atomic number, or number
of protons. The newly produced nucleus g‘“X may be radioactive, and can decay
through the 8~ conversion, producing a new element Y with a higher atomic number
as the neutron is converted to a proton, releasing an electron and an antineutrino.

Through a sequence of neutron captures and [-decays, seed nuclei (mainly iron-
peak elements) are converted to heavier stable isotopes. This can be seen in Figure
1.2 in the black curve increasing with neutron and proton number. In the s-process,
the progression of synthesizing heavy elements closely follows the valley of stability.

In AGB stars, thermal pulses (TPs) and third dredge-up (TDU) events drive pe-

riodic helium-shell flashes with the ingestion and partial mixing of protons into the
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Figure 1.2: The nuclear valley of stability, indicating stability and decay processes.
Vertical and horizontal lines indicate nuclear shell closures, highlighting
more stable nuclei.

He-intershell region, seen in Figure 1.3, adopted from Kippenhahn et al. (2013).
The region between the outer convection zone (OCZ) and the carbon-oxygen core is
shown, with TPs and TDU events. At time ¢;, the thermal pulse begins and insti-
gates an intershell convection zone (ISCZ), which grows in mass and may reach the
H-burning shell, which temporarily halts fusion as it expands. With the termination
of the pulse, the OCZ extends into the intershell region, bringing protons into the

hotter environment.

The H-shell reignites, and high temperatures allow the >C(p,y)*?C reaction to
occur, forming a '*C pocket and initiating s-process nucleosynthesis. Ambient o
particles interact with *C to release neutrons, producing moderate neutron densities
(10°-10 cm™?) at high temperatures (T ~ 3 x 10® K), conducive to neutron capture
events Képpeler et al. (2011). The dominant neutron sources in this environment

are the reactions ¥C(a,n)'O at lower temperatures and ?*Ne(a,n)**Mg at higher
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Figure 1.3: Schematic of mixing episodes and nucleosynthesis during AGB thermal
pulses, from Kippenhahn et al. (2013).

temperatures within thermal pulses (Gallino et al., 1998). The *C(a,n)'®O reaction
is the primary source of neutrons under typical AGB conditions. Heavy seed nuclei
(e.g., Fe) capture the neutrons and, through the s-process, slowly build up heavier

elements.

The s-process in AGB stars primarily synthesizes heavy elements up to Pb and
Bi, with the overall abundance patterns being highly sensitive to the stellar mass
and metallicity. These signatures are commonly characterized using elements at the
first s-process peak (INV a 50, including Sr, Y, and Zr) and the second peak (N ~ 82,
including Ba, La, and Ce) by comparing average abundances or individual elements
from each group (Busso et al., 2001; Cseh et al., 2018; Lugaro et al., 2020). The newly
synthesized s-process elements are mixed to the stellar surface via convection and
TDU events. This material is later expelled through mass loss in stellar winds and
TPs, contributing to overall galactic chemical enrichment (Herwig, 2005; Straniero
et al., 2006; Karakas and Lattanzio, 2014). At very low metallicities ([Fe/H] < -
2.5), there are insufficient seed nuclei for the s-process to operate, thus s-process
enhancement from AGB stars is not expected at such metallicities (Hansen et al.,
2014; Lombardo et al., 2025).
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Figure 1.4: Periodic table highlighting the origin of the elements. Elements in green
that are produced in ’dying low-mass stars’ are of particular interest to
this study. Based on the work from Kobayashi et al. (2020).

A striking observational signature of the s-process is the overabundance of heavy
elements in AGB star atmospheres. For example, Ba enhancements of 20-50 times
the solar value have been observed, even up to 100 times in extreme cases. The most
compelling evidence for ongoing s-process nucleosynthesis came with the detection
of technetium (Tc) in the spectra of red giants (Merrill, 1952). The radioactive
element Tc has no stable isotopes and a maximum half-life of around 4.2 x 10°

years, indicating that it must have been recently synthesized within the AGB star.

From a broader perspective, the study of s-process elements in AGB stars is critical
for understanding stellar life cycles and galactic chemical evolution (Nomoto et al.,
2013; Arcones and Thielemann, 2023). Different initial masses and metallicities of
AGB stars lead to varied s-process signatures, allowing these stars to serve as cosmic
laboratories for nucleosynthesis and chemical evolution modeling. Ultimately, low-
mass AGB stars contribute to the chemical enrichment of galaxies by returning their
processed material to the interstellar medium through repeated mass-loss episodes,

representing a major source of heavy elements throughout cosmic history.



1.2.2 Big Bang Nucleosynthesis

The primordial nucleons formed out of the quark-gluon plasma minutes after the
big bang as the universe rapidly expanded and cooled. With only protons and
neutrons, the nuclear reactions that formed the first light nuclei are collectively
called Big Bang Nucleosynthesis (BBN). As the universe cooled below about 10°
K, energetic collisions between particles ceased, and only the fastest and simplest
reactions occurred. This filled the early universe with hydrogen and helium, and
trace amounts of deuterium and lithium. After approximately 20 minutes, the con-
tinued expansion reduced temperatures and densities, halting the initial burst of
element formation. While BBN sets the primordial chemical foundation, the study
of stellar nucleosynthesis is essential for understanding the full chemical evolution

of the universe.

1.2.3 Nucleosynthesis in Stars

A defining feature of stars is that they perform nuclear fusion in and around their
cores. As stars evolve, they progressively synthesize heavier elements. Nuclear fusion
reactions in stars create many of the elements, up to and including iron and nickel
in massive stars. In most cases, these nucleosynthesis products remain trapped in
the stellar interior until they are released via stellar winds or explosive events. Low
mass stars (M < 8My) will eject their enriched atmospheres, and high mass stars
will eject mass through catastrophic and explosive supernovae.

Fusion of hydrogen nuclei to form a “He nucleus is the dominant energy production
process in the cores of main sequence stars. There are two main channels through
which H-fusion (or H-burning) occurs: the proton-proton (PP) chain and the carbon-
nitrogen-oxygen (CNO) cycle. The initial stellar mass, and therefore the interior

conditions temperature and pressure, mediates which process is more efficient.

PP-Chain Low mass stars like the Sun fuse hydrogen through the PP-chain. In
this channel, two protons (*H) fuse to form deuterium with the emission of a positron
and a neutrino, as one of the protons is converted to a neutron via the 7 decay. The
deuterium nucleus and a third proton quickly fuse to create *He. These two steps
must happen twice, such that two *He nuclei are synthesized. There are different

branches within the PP-chain through which *He can be generated once the 3He



has been produced. The PP-I branch is most common in the Sun following 3He +
SHe — “He + 2'H, and delivering 26.73 MeV of energy. For stars with masses up
to about 1.3 My, energy is transported from the core towards the stellar surface via

radiative diffusion rather than convection Reiners and Basri (2009).

CNO Cycle In higher mass stars (M > 1.3 Mg), the process through which H is
fused to form He is the CNO cycle (also called the Bethe-Weizédcker cycle). The
CNO cycle uses nuclei of carbon, nitrogen, and oxygen as intermediates to produce
the “He nucleus. The intermediate nuclei are each consumed at one step during the
fusion cycle, but are regenerated at a later step. While the total number of nuclei in
the cycle are conserved, the relative proportions of the nuclei are changed through
the CNO cycle. In this regime, convective energy transport dominates in the core
due to high energy generation rates. This mixes the hydrogen within the fusion
zone, and can supply fresh H from the surrounding envelope.

Once the core hydrogen fuel is exhausted, the star will ignite hydrogen burning in
a shell around the He core. This H-burning proceeds through the CNO cycle. The
thermal energy release from shell burning drives the expansion of the outer hydrogen
envelope and the star ascends the red giant branch (RGB). Hydrogen fusion on the
main sequence and on the RGB creates an internal core of He that remains inert

until the temperatures reach about 10® K, where He fusion is possible.

Helium Burning Helium burning produces '2C via the triple-a process, a bottle-
neck in the entire nucleosynthesis process, where three helium nuclei are combined
to create ?C with a brief intermediary 8Be. This marks a particular and important
phase in the evolution of a star. In the electron-degenerate cores of red-giant stars,
the entire core is the same temperature and pressure. When the core density reaches
the critical point, He fusion ignites throughout the core, known as the helium flash.
Although the luminosity of this event is extremely high (~ 10" L), no effects are
immediately observed because the energy is used to lift the degeneracy conditions
of the star. With hydrostatic equilibrium restored, the star begins to fuse He in the
core while continuing to burn H in a layer above the core, entering a steady-state He
burning phase on the red clump. Initially, the star may move toward bluer colors
along the horizontal branch, then loop back toward the Hayashi track and ascend

the AGB. When the core helium fuel is exhausted, He fusion continues in a shell



around a core of carbon and oxygen.

Alpha Process and advanced Burning Stages At higher temperatures and pres-
sures, heavier nuclei will capture “He and create new elements like oxygen, neon,
and magnesium; the ‘alpha’ elements. This process produces elements with even-
numbered nuclei, contributing to the sawtooth pattern seen in Figure 1.1.

In the cores of more massive stars (> 4 M), carbon fusion produces Ne, Na, and
Mg. Stars with masses > 8 My, fuse carbon, neon, oxygen, and silicon in successive
burning stages, each requiring higher and higher core temperatures and resulting in
the production of elements up to iron and nickel. The chain of fusion reactions could
theoretically continue to heavier and heavier elements. However, after the synthesis
of Fe and Ni, the reactions become endothermic, and photodisintegration prevents
further progress. Silicon burning is the final stage of fusion in the cores of massive

stars, after which an iron-group core forms and collapses, triggering a supernova.

Explosive Nucleosynthesis Explosive nucleosynthesis is driven through the grav-
itational collapse and subsequent heating of the upper layers of massive star atmo-
spheres, as they are shocked in the supernova explosion. The outward compressive
shockwave raises the gas temperatures causing furious burning for a brief time (~ 1
second), and creates elements in the mass range A=28-56 (Si - Ni).

Such explosive events feature extreme temperatures and densities, causing the
formation and destruction of nuclei. Spallation reactions from other particles can
strip nucleons from nuclei reducing the mass number. Emitted neutrinos will interact
with nuclei causing them to eject neutrons or protons via the v-process. Electrons
will also be captured, shifting nuclei towards unstable isotopes and triggering decay.

Ultimately, stellar nucleosynthesis creates stable elements with high binding en-
ergies per nucleon. Elements heavier than iron cannot be formed efficiently through
fusion processes alone, due to the increasing Coulomb barrier and the fusion reac-
tions becoming endothermic. Instead, they are primarily synthesized through the
slow (s-), intermediate (i-), and rapid (r-) neutron capture processes. This is visu-
alized in Figure 1.2, displaying the nuclear valley of stability. With proton number
on the y axis and neutron number on the x axis, this plot displays isotopes of the
elements and their decay channels. The black curve denotes the stable isotopes. The

blue region indicates neutron-rich isotopes; with high neutron numbers, they have



lower binding energies and may be unstable or radioactive. Capturing a neutron
increases the atomic mass, and the 8~ decay process converts this neutron into a
proton with the release of an electron and a neutrino. The increase in proton num-
ber then leads to the synthesis of the next heavier element. This chain of captures

and decays will produce stable isotopes that can be measured and observed.

Other Neutron Capture Processes

i-Process The intermediate neutron capture process (i-process) is characterized
by neutron densities n,, ~ 103 to 10 cm™2, between those typical of the s- and
r- processes (Choplin et al., 2021). Isotopes produced are within the neutron-rich
light blue region in Figure 1.2, and remain only a few isotopes away from stability.
First proposed to explain peculiar abundance patterns in certain stars, the i-process
operates with neutron capture rates faster than the s-process but slower than the
r-pProcess.

Astrophysical sites for the i-process include proton ingestion events (PIEs) in low-
metallicity or low-mass AGB stars (Choplin et al., 2021), rapidly accreting white
dwarfs (RAWDs) (Denissenkov et al., 2017), very late thermal pulses of post-AGB
stars, or helium shell flashes in rapidly rotating massive stars. PIEs occur when con-
vective helium-burning shells engulf hydrogen-rich material, leading to rapid neu-
tron production via the ¥C(a,n)'®O reaction. The i-process provides a plausible
explanation for the abundance patterns observed in carbon-enhanced metal-poor
(CEMP)-r/s stars, which show mixed signatures of both s- and r-process enrich-

ment.

r-Process The rapid neutron-capture process (r-process) is responsible for the cre-
ation of about half of the atomic nuclei heavier than iron. Occurring at extremely
high neutron densities (on the order of 10** neutrons per cm?®) where the neutron
capture rate is significantly faster than the [-decay rate, neutron-rich nuclei are
formed up to the limit of stability (also called the neutron drip line) Burbidge et al.
(1957). In Figure 1.2, this is the edge of the light blue region to the right of the valley
of stability. The r-process is responsible for the formation of the most neutron-rich
stable isotopes, and typically the heaviest isotopes of every element. Abundance

peaks for the r-process occur near mass numbers A=82 (Se, Br, Kr), 130 (Te, I,

10



Xe), and 196 (Os, Ir, Pt).

Astrophysical sites for the r-process include core-collapse supernovae, magneto-
rotational supernovae, collapsars, neutron star mergers (e.g., GW170817) and, more
recently proposed, magnetar flares. The relative contributions of each remain an
active area of research. The resulting heavy elements are ejected during explosive

events, and are incorporated into new generations of stars.

1.3 Astrophysical Observations: Spectroscopy

Stars are excellent astrophysical laboratories for studying nucleosynthesis. The pho-
tospheric abundances of stars reflect the signatures of internal nucleosynthetic and
mixing processes, as well as external processes such as accretion. Binary systems
in which one star has evolved through the AGB phase and transferred s-process en-
riched material onto a companion are particularly valuable, as they provide different
methods to determine fundamental parameters and investigate the s-process. The
enriched star (a main sequence or a giant star) is referred to as an “extrinsic” star,
as it did not produce these heavy elements itself (as an “intrinsic” star would, e.g.
an evolved AGB star), but instead obtained them from its evolved companion.

Nucleosynthesis theory predicts how elements form, and observational studies
reveal these processes in action. By collecting and analyzing light from stars, we
can learn about their chemical composition. High-resolution, high signal-to-noise
(SNR) spectroscopy allows the derivation of detailed abundance patterns of elements
produced by, e.g., the s-process. Comparing these abundances to nucleosynthesis
model predictions constrains the physical conditions in the AGB stars that produced
these elements, as well as the efficiencies of mixing and mass transfer processes.
Additionally, precise radial velocity monitoring of such stars confirms their binarity,
allows derivation of orbital parameters, and provides further insight into the mass
transfer history.

By dispersing starlight into its component wavelengths, spectroscopy reveals in-
formation about the physical processes that emit or absorb light in different parts of
the electromagnetic spectrum. The spectral resolution R = A\/A\ defines how finely
the light is split. Instruments with resolutions R < 2000 are commonly referred to as

low-resolution, R > 20000 as high resolution, and between as medium or moderate
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Figure 1.5: Left: A flat field 2D echelle spectrum from the FEROS instrument.
Right: A raw echellogram of the barium star HD 102762.

resolution. Higher resolution means a finer sampling in wavelength, but this comes

at a cost where more light is required to produce the same signal-to-noise ratio.

Optical spectra effectively scan the photosphere of the star, from 4000 A to
7000 A. One specific type of high-resolution spectroscopy is echelle spectroscopy,
where the light across a broad range in wavelength is cross-dispersed in channels
across the two-dimensional plane of the detector. Example echelle spectra from
the FEROS instrument can be seen in Figure 1.5, where the flux is recorded along
the bright spectral orders. Redder wavelengths are towards the top, and bluer
wavelengths are towards the bottom. In the left frame is a flat field image, where
two channels are seen in every spectral order. Here, the lower channel is used for
wavelength calibration and the upper channel is for flat field calibration. In the
right panel of Figure 1.5, a raw stellar spectrum of the barium star HD 102762 is
shown. Absorption features in the stellar flux are seen as dark gaps along the bright

channels.

Stellar spectra are incredibly data-rich, and a multitude of information can be
extracted from a stellar spectrum. They reveal radial velocities (RVs) and stellar
parameters such as effective temperature (Teg), surface gravity (log(g)), metallicity
([Fe/H]), and microturbulence (£). By studying individual spectral features, chem-

ical abundances of elements in the stellar photosphere can be computed. To this
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end, we must compute the transport of radiation through the stellar atmosphere.

1.3.1 Radiation in Stellar Atmospheres

The specific intensity I, quantifies how much radiant energy is emitted in a specific

direction per unit frequency per unit solid angle:

7 dF
Y cosOdAdt dy dS

with dFE being the transported energy, dA the patch of surface area, dt the time

(1.2)

interval, dv the frequency interval, d€) the solid angle, and # the angle between the
direction of radiation and the surface normal direction. Flux is a measure of the
energy flow across an area over time in a spectral range dv, and is related to the

intensity through the expression

F = }{L,cos@dﬂ, (1.3)

which can be used to compute the theoretical spectrum of a star. When passing
through a medium, the intensity of light diminishes an amount defined by the density
of the material, p, the thickness of the material, dx, and the (continuous) absorption
coefficient, x,,, following

dl, = —k,pl, dz. (1.4)

The processes contributing to the absorption lead to scattering and thermaliza-
tion. The optical depth of a material is defined as the integral of the absorption

coefficient and the density over some path [ with

!
Tl,:/ Kypdx. (1.5)
0

Using the optical depth, the expression for the absorption can be rewritten as

dl, = —1,dr,, (1.6)

with the solution being an exponential function with the negative optical depth:

I, = IDexp(—T,).
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The total continuum absorption is the combined result of many different electronic
transition processes, namely bound-free and free-free transitions between atoms,
molecules, and electrons in the stellar atmosphere. This happens through the at-
mosphere up to the deepest layers in the photosphere at the 7 = 1 surface of last
scattering. Similar to absorption, the emission from a medium of thickness dl and

a density of p is defined as

dl, = j,pdl. (1.7)

The processes contributing to emission are creation and scattering of photons.
Here, scattering is defined to be the absorption and immediate re-emission of a
photon of equal energy. The ratio of emission to absorption is the specific intensity

emitted at some point in a hot gas. This ratio is defined as the source function,

Sy = ju/Ky. (1.8)

Emission from a gas in thermodynamic equilibrium is described by black-body
radiation, using Planck’s radiation law as the source function. The Planck function
describes the intensity distribution across wavelengths

2h3 1
B/(T) = —F =

)
c? exr —1

(1.9)

where h = 6.626 x 10727 ergs is Planck’s constant, v is the frequency, ¢ = 2.99792 x
101% cms™! is the speed of light, & = 1.380649 x 10716 erg K~! is Boltzmann’s

constant, and 71" is the temperature in Kelvin.

The Transfer Equation
The change in specific intensity over a path length, dl, is the sum of the losses and
gains expressed in the absorption and emission coefficients «, and j,,
dl, = —k,pl,dl + j,pdl. (1.10)
Dividing by the increment optical depth dr,, we find

dl,
dr,

= _IV + jy/kl/7
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and using the source function, we arrive at the equation of radiative transfer,

dI,
dr,

=—I,+85,. (1.11)

In the case of local thermodynamic equilibrium (LTE), using the Planck func-
tion as the source function and knowing the temperature distribution through the

atmosphere provide a solution to the transfer equation.

Radiative Equilibrium

The nuclear energy generated in the core of a star flows outwards to the outer
boundary. The conservation of energy must apply through the stellar photosphere.
For the plane-parallel geometry, the total energy flux F'(1) is held constant. When

this energy is being carried by radiation, the total energy flux is

F@:Ama@mwﬂ@ (1.12)

If convection plays a significant role in transporting energy, the convective flux,
®(1), should be included such that

¢@+/wnmw_ﬂ. (1.13)

The flux constant, Fy, is often expressed in terms of effective temperature Fy =
0Tz, where 0 = 5.670 x 107 ergem2s ' K= is the Stefan-Boltzmann constant
and T.g is the effective temperature in Kelvin.

Excitation equilibrium refers to the balance of level populations in atoms or
ions, within the same ionization state. The fraction of atoms or ions that have
been excited to the nth level is proportional to the statistical weight ¢, = 2J +
1, with J being the inner quantum number, and the Boltzmann factor N, =

const g, exp(—x,/kT). The ratio of populations in two levels m and n is then

NTL n
N = exb(= o = ) /AT) (1.14)
We can also define the number of atoms in a level n as a fraction of all atoms of the

same species N with
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N g exD(— () /AT
N g1 + gaexp(—x2)/kT) + gsexp(—x3/kT) + ...

= u?;) exp(—xn/kT). (1.16)

(1.15)

The function u(T") = ) giexp(—x;/kT) is called the partition function, and is typi-
cally precomputed and tabulated. Similarly, ionization equilibrium is the balance of
different ionization states of a given element (e.g., Fe I and Fe II), and is governed
by the Saha equation under the assumptions of LTE. For a collision-dominated gas,

the ionization is computed using
N (2mme)*? (KT)%/2 2u, (T)

o j = (T exp(—1/kT). (1.17)

In this expression, N; /Ny is the ratio of ions to neutral atoms, ui(T")/ug(T) is the
ratio of the partition functions, I is the ionization energy, m, is the mass of the

electron, and A is Planck’s constant. This equation is also written as

N, 1.2020 x 10°49-5/210%
— = o 1.18)
NO Pe ’ (

with @ = 5040/T, with the temperature in units of K.

Formation and Behavior of Spectral Lines

Depending on the localized temperature and pressure, bound-bound and bound-free
transitions give rise to spectral lines. The strength of the line depends on the number
of absorbers along the line-of-sight through the visible atmosphere. Thus, the atomic
level populations and the path length are important. Across a line profile, the line
absorption coefficient, [,,, will change, being larger towards the center of the line.
For lines formed in LTE, the line source function is the same as the Planck function.
In the non-equilibrium case, S; and I, are interdependent because collisions and
radiation affect the excitation.

Absorption lines may form at different depths within the atmosphere, where weak
absorption lines form deeper within the photosphere. Since strong absorption lines

are formed over a wide range of depths in the atmosphere, it is difficult to specify a
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single depth of formation of the line.

Broadening Mechanisms The strength or width of a spectral line depends on
the thermal and microturbulent velocities and the number of absorbers. The most
important variables are temperature, pressure, and abundance. The interaction of
light with atoms results in absorption or attenuation, whose damping profile is de-
scribed as Lorentzian. Through quantum mechanics and the Heisenberg uncertainty
principle, the oscillator strength, f, different for each atomic level, is indicative of
the transition probability.

Temperature is the variable that most strongly controls the line strength. The
ratio of the line opacity to the continuum opacity is considered when predicting how
a line profile will change with temperature. This ratio depends on temperature and
electron pressure P., which itself depends on temperature. Thermal broadening (or
Doppler broadening) is caused by the random thermal motion of particles in the gas.
This produces a Gaussian profile and is highly temperature dependent, where higher
temperatures will result in broader lines. Thermal broadening strongly affects the
Gaussian cores of spectral lines. An example of thermal broadening is shown in
Figure 1.6. Panel (a) shows how changes in temperature affect the strength of the
absorption features in the spectrum, with residuals in Panel (b).

Small-scale (smaller than the photon mean free path) motions in the atmosphere
give rise to microturbulent broadening. This is not directly observable, but is in-
ferred from line strengths adding to the Gaussian effect of Doppler broadening, and
influences the equivalent width of strong lines. Doppler broadening is the dominant
source of line broadening for cooler stars. In hotter stars, pressure broadening may
overwhelm the contributions of Doppler broadening.

Pressure broadening (or collisional broadening) implies a collisional interaction
between ions, electrons, atoms, or molecules. The pressure is controlled by the

surface gravity through P, =~ const ¢?/3, and P. = const g'/3.

Depending on the
distribution of the separations of the collisions, the net effect may result in asym-
metries and broadening of spectral lines. Pressure effects in shaping spectral lines
are visible in three ways. The first follows ionization equilibrium, in the ratio of the
number of absorbers to the continuous opacity. The second is the pressure sensitiv-
ity of damping for strong lines, and the third is the Stark broadening in hydrogen.

Stark broadening arises from the interaction of the atom with charged particles, and
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Broadening mechanism effects on a stellar spectrum of a star. Panels (a),
(c), and (e) display a portion of the spectrum from HD 156432 around
the Mg b lines, with synthetic spectra of varying stellar parameters.
Panel (a) shows how the absorption features change with temperature,
with residuals in Panel (b). Panel (c) displays the effect of changing
surface gravity on the spectrum, with residuals in Panel (d). Panel (e)
shows how changing the chemical abundance (in this case, of Fe) affects

the spectral features, with residuals in Panel (f).



results in broadened Lorentzian wings. Stark broadening is especially significant in
hydrogen lines, or in hot ionized atmospheres with T, > 7500 K. Van der Waals
broadening arises from interactions with neutral atoms, and is more dominant in
cooler stellar atmospheres. An example of pressure broadening is seen in the middle
panels of Figure 1.6. Panel (c) shows how changes in log(g) affect the spectrum,
with residuals in Panel (d). The Mg b lines around 5180 A are sensitive to pressure
broadening.

With sufficiently high-resolution observations, instrumental broadening becomes
the main contributor, which is typically corrected for by applying a Gaussian broad-

ening kernel.

Curve of Growth Strong absorption features are the result of high opacities, where
photons of these wavelengths are readily absorbed. The line core forms higher up in
the atmosphere at lower temperatures and densities, where the damped wings form
deeper in the atmosphere. Weak absorption lines have low opacity, so photons at
the line center escape before being absorbed.

With an increase in the abundance of the absorbers, the line strength is expected
to increase. An example of this behavior is seen in the bottom panels of Figure 1.6.
Panel (e) shows how changes in metallicity, or the chemical abundance of [Fe/H],
affect the strength of absorption features, with residuals in Panel (f).

The change in line profile depends on the optical depth within the line. In “weak”
lines, the Gaussian core dominates. The atmosphere is relatively transparent to
radiation with low optical depth, and the equivalent width of the line increases
logarithmically with the number of absorbing atoms (log(EW) o log(A)). As the
central depth of the line approaches its minimum value, the line becomes “satu-
rated”. With the increasing number of absorbers, the optical depth increases and
the atmosphere becomes less transparent. The curve flattens, the equivalent width
increases more slowly, proportional to the square root of the log of the number of
absorbers, log(EW) oc v/log N. As the optical depth in the wings becomes signifi-
cant compared to the continuum, the line becomes “strong”, and the line strength is
proportional to A'/2. The transition between these three regimes specifying the rela-
tion between equivalent width and abundance is known as the curve of growth. The
curve of growth relates to the strength of a spectral line to the number of absorbing

atoms in the atmosphere contributing to the production of the line. This reveals
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Figure 1.7: Theoretical curve of growth for computing the abundance of an element
using the equivalent width of a spectral feature. Log-linear, logarith-
mic, and square-root regimes are highlighted with increasing width and
abundance.

information about the physical conditions and composition of the atmosphere and
distinguishes between weak, saturated, and strong lines. A theoretical example of

the curve of growth is seen in Figure 1.7.

In addition to the abundance of an absorber, there are other chemical properties
that influence the strength of a spectral feature. Hyperfine splitting (HFS) arises
from properties of the atomic nucleus and interactions between the magnetic field.
This occurs when the nucleus has an odd number of protons or neutrons and leads
to the splitting of energy levels. This causes the broadening and weakening of
absorption lines, where the absorption is spread across several closely spaced lines.
Isotopic splitting comes from different isotopes having different masses and charge
distributions leading again to slightly different energy levels. Line profiles become
a blend of multiple isotopic components, broadening the line, and possibly causing
asymmetry. Both hyperfine and isotopic splitting must be taken into account in

chemical analysis of spectral features.
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1.3.2 Stellar Atmospheric Parameters

The stellar temperature can be estimated with spectral techniques or broadband
photometry (e.g. from Gaia (Gaia Collaboration et al., 2021), or The Two Micron
All Sky Survey (2MASS) (Skrutskie et al., 2006)) and fitting a spectral energy
distribution (SED). Wien’s displacement law describes the shift of the peak of a
black body spectrum with temperature A\, = %, with Apax as the peak wavelength,
T the temperature in Kelvin, and b = 2.897 x 107 AK. The surface gravity can be
computed using the parallax of the star and the position on the HR diagram, through
spectroscopic methods, or asteroseismic techniques. The metallicity of a star can
be roughly inferred by its color, but is more accurately measured with spectroscopy
through the widths of Fe lines.

Light from the stellar photosphere is absorbed and re-emitted by atoms and ions,
with each element imprinting its own characteristic features. These features pro-
vide direct information about the chemical and physical properties of the stellar
atmosphere. From a stellar spectrum one can determine the temperature, surface
gravity, and metallicity of a star, as well as the microturbulence, rotation velocity
vsin(i), atomic and molecular abundances and, in some cases, isotopic abundances.
A full optical spectrum of a star provides numerous diagnostic features sensitive to
Ter, log(g), and [Fe/H], which can be fitted simultaneously, enabling high-precision
parameter determination. Deriving the stellar parameters can be done through a
number of techniques, such as comparing flux ratios in different parts of the spec-

trum, or excitation-ionization balance.

Flux Ratios Flux ratios are powerful tools for determining atmospheric parame-
ters. By comparing fluxes measured at different wavelengths it is possible to extract
information about physical conditions and the chemical composition of a stellar
atmosphere Hanke et al. (2018). The flux emitted by a star at a particular wave-
length depends on its temperature, surface gravity, and composition Teg, log(g),
and [Fe/H].

Appropriate flux ratios in different parts of the spectrum are related to the pa-
rameters to which they are sensitive. For example, ratios of fluxes in the blue and
red parts of the spectrum are used to estimate the temperature of a star. Using

flux ratios provides precise measurements of atmospheric parameters, may be used
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on both high and low resolution spectra, and can be applied to large datasets at
low computational cost. Well-reduced and well-normalized spectra are extremely
important in computing the correct flux ratios. Tools like ATHOS (A Tool for Ho-
mogenizing Stellar parameters) (Hanke et al., 2018) use flux ratios to estimate stellar
parameters, and are fast and efficient methods to obtain initial guesses for further

refinement.

lonization - Excitation Equilibrium By analyzing absorption features of both neu-
tral and ionized iron (Fe I and Fe II), atmospheric parameters can be determined.
In stars, the distribution of electrons among different energy levels within an atom
is governed by the local temperature through the Boltzmann equation. Excitation
equilibrium implies that the abundances derived from lines of different excitation
levels of the same element should be consistent. Tools like Xiru are used to compute
stellar parameters using ionization-excitation balance (Alencastro Puls, 2023).

The ionization state of an element in the atmosphere of a star is determined by the
balance between ionization and electronic recombination through the Saha equation.
Ionization balance implies that the abundances derived from neutral and ionized
lines of the same element should match. The surface gravity of the star affects the
electron pressure in the atmosphere, which influences ionization equilibrium. This
is a standard method for determining the surface gravity of a star.

The metallicity is determined by analyzing the overall strength of the iron ab-
sorption features. By ensuring there is no trend between the abundance of Fe I and
the effective equivalent width (w / A), the microturbulent velocity can be deter-
mined. Iron has many well studied spectral features, but this technique may also be
performed using other elements with many absorption features exhibiting different
ionization states, such as titanium.

This process relies on the assumption of local thermodynamic equilibrium (LTE),
where the energy distribution with a small volume of the atmosphere is determined
by the local temperature and where collisions between the particles in the atmo-
sphere dominate the transfer of energy. The classical 1D-LTE approximation pro-
vides a fast and effective way to estimate the elemental abundances from a stellar
spectrum. Grids of 1D-LTE atmospheric models exist (for example, the MARCS
models or the ATLAS models) and are commonly used for comparison to observed

spectra. Post-processing corrections for non-LTE (NLTE) effects and 3D convective
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inhomogeneities can be computed to further refine derived abundances.

1.3.3 Atmospheric Abundances

From the wide wavelength coverage of echelle spectroscopy, many individual features
are available for computing high precision abundances. The derived abundances of
key s-process elements allow comparison with nucleosynthesis model predictions.
Accurate stellar parameters are crucial for this comparison, where uncertainties in
the effective temperature or surface gravity directly impact abundance determina-
tions by 0.1-0.3 dex. To derive elemental abundances, one calculates the strength of
a spectral line and derives the abundance through the curve of growth. When more
than one element is present in a special feature, the lines must be de-blended where
the equivalent width contributions from each of the blended features can be com-
puted. Spectral synthesis is required in the cases of hyperfine or isotopic splitting

within a spectral line.

Equivalent Width There are different ways to measure the strength or equivalent
width (W) of a spectral line, which are used to infer elemental abundances. To use
this technique, the lines must be clean un-blended features, or de-blending of the

lines must be performed. The equivalent width of a spectral line is defined as

W:/FC%CFVdu, (1.19)

where F, is the continuum flux level, and F), is the flux at the given wavelength within
the line. This integral returns the width of a rectangular feature of continuum height
equal to one and an area equal to that of the absorption line. Numerically, one can
isolate the absorption line and, assuming symmetry, fit a Gaussian, Lorentzian, or
Voigt profile to the line and compute the equivalent width of the fitted feature. We
define the total flux removed by the line

w = ot / Ldv. (1.20)

Ky

Using [,p = Na, with the mass density, p, the number of absorbers, N, the atomic

absorption coefficient a = (me?/mc)\?/c, and including f,
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2N N
w = constﬁ—f—. (1.21)
me ¢ Ky,

The number of absorbers can be written using the excitation equation,

4Ny, 9n
N = ANENHu(T) exp(—x/kT)

with N;/Np is the ionization fraction of element E, A is the abundance of element

E relative to hydrogen, and Ny is the number of hydrogen particles. The statistical

weight divided by the partition function is u‘(’;), and x is the excitation potential.
We then find

log (%) =log C' +log A 4 log gn fA — Ocx X — log £y, (1.22)

The temperature is contained in 6., = 5040/T, and the constant C' contains the
ionization fraction, the statistical weight, and the partition function, and is constant
for any given star and for any given ion. For fixed 0.,, k., g,fA, and x, changes in

line width correspond to changes in abundance.

There exist automated tools like IRAF and ARES (Automatic Routine for line
Equivalent widths in stellar Spectra) (Sousa et al., 2015) where equivalent widths of
spectral features can be quickly computed for across a spectrum, provided an input
list of wavelengths and atomic data. Provided a line list containing wavelengths and
atomic data like the excitation potential and oscillator strengths, and the measured
equivalent width of line features, the MOOG program computes the chemical abun-
dance by solving the radiative transfer equations for an input model atmosphere
and computing the curve of growth. From each spectral line, an abundance A is

obtained. The abundance is then computed with

Alog A =log(gnf/gl f1) +log(A/ A1) —log(ky /K1) — Bex(X — X1) (1.23)

where the subscript denotes values used in generating the standard curve. By vi-
sualizing the observed log(W/\) versus Alog A, each line is reduced to the same

standard curve of growth.
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Spectral Synthesis In cases where spectral features consist of multiple contribut-
ing elements, suffer from molecular blending, or where hyperfine splitting or isotopic
shifts are significant, simple equivalent width measurements are insufficient to com-
pute individual elemental abundances. Synthetic spectra must then be computed to
match the observations.

In spectral synthesis, a 1D-LTE model atmosphere with the observationally de-
rived atmospheric parameters is adopted, using a pre-defined elemental abundance
scaled to that of the Sun. To generate a spectrum from the stellar atmosphere model,
one dimensional radiative transfer is computed under the assumption of LTE. There
are many tools to choose from to generate synthetic spectra and derive atmospheric
abundances (e.g. MOOG, Turbospectrum). The chemical abundance of the ele-
ment of interest is then varied, and synthetic spectra are generated for the relevant
wavelength region.

To derive the elemental abundance in the observed spectrum, one varies the abun-
dance in synthetic spectra to match the observed spectrum. A goodness of fit pa-
rameter is computed for each synthetic spectrum to find the best localized fit. In
this case, it is extremely important to have a well-characterized continuum.

When deriving abundances, one may use either the absolute abundance A or log ¢,
or the abundance ratio of two elements, usually hydrogen or iron. The relation
between the abundance ratios and the absolute abundance is [Fe/H] = log A(Fe) —
log Ag(Fe).

Uncertainties Sources of uncertainty in derived abundances stem from both sta-
tistical and systematic contributions. Statistical errors arise from the signal to noise
ratio of the spectrum which manifest in a noisy continuum, line fitting precision, and
line-to-line scatter when multiple lines of a single element are measured. Typical
statistical errors for high SNR and high resolution spectra range from 0.05-0.20 dex.

Systematic errors arise from uncertainty in atmospheric parameters. Temperature
uncertainties affect the excitation balance, and uncertainty in the surface gravity af-
fects the ionization balance, particularly important for ionized species (e.g., Ba II).
Microturbulent velocity uncertainties affect strong line saturation and the compu-
tation of the widths of the lines. Uncertainties in the metallicity propagate directly
into computed abundance ratios [X/Fe]. Sensitivity studies are commonly used by

varying each parameter independently and recalculating the abundance to estimate
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the impact. The final abundance uncertainty is the square root of the quadrature
sum of the statistical and systematic components.

It is also important to consider non-local thermodynamic equilibrium (NLTE) ef-
fects. In essence, NLTE is a deviation from the LTE source function being the Planck
function. Deviations from local thermodynamic equilibrium change the profile and
shape of lines in synthetic spectra, and in some cases lead to significant differences in
derived abundances. As stellar atmospheres get hotter, radiative transport becomes
more efficient, and collisional transport no longer dominates the energy exchange

between particles.

1.3.4 Radial Velocities

Precise radial velocity measurements are essential for confirming the binarity of a
star system, and are extremely useful for constraining orbital parameters. Moni-
toring changes in radial velocity over time provides a direct method for detecting
orbital motion and revealing the presence of binary companions, even if they are not
directly visible in the spectrum. Echelle spectrographs are well-suited to the task
of measuring radial velocities through their wide wavelength coverage, split over
multiple spectral orders. This allows for the observation of many spectral features
for a statistical value of the radial velocity.

A common method to determine the stellar radial velocities from a spectrum is the
cross-correlation technique. A synthetic or observed template spectrum, matched
in spectral type and resolution to approximate the rest-frame spectrum of the star,
is compared to the target spectrum. The cross-correlation function is the integral
product of the two signals. When the two signals overlap, the cross correlation
function increases. By shifting the template spectrum for a range of velocities, we
compare the signals in velocity space. The peak of the cross-correlation function will
be offset from zero by the shift of the observed spectrum, which directly translates
to its radial velocity through the Doppler formula. Converting to log-wavelength,

the correction becomes linear with RV, simplifying the calculation:

Alog A = log (1 + %) , (1.24)

with Alog A being a shift of the spectrum from the rest frame, v the radial velocity
of the observed component, and ¢ the speed of light.
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With high-resolution spectrographs and sufficient SNR, RV precision of 10-100
m/s can be achieved, sufficient to resolve orbital motions in binary systems with pe-
riods of hundreds to thousands of days. If only one component is visible in the spec-
trum due to brightness differences, the system is identified as an SB1, or single-lined
binary. If both components appear in the spectrum, it is an SB2, or double-lined
binary. In the SB1 case, single-template cross-correlation can be used to constrain
the RVs and the orbital parameters. Spectra of SB2 stars must be disentangled
before performing a cross-correlation on each of the components, out of the scope
of this work.

Interpreting observational signatures requires detailed modeling of stellar evolu-

tion.

1.4 Astrophysical Simulations: Stellar Evolution
Models

Stars evolve as a response to their interior composition progressively changing over
their lifetimes. Theoretical modeling is crucial to interpret observations of stars
and to understand stellar evolution and nucleosynthesis. Modern stellar evolution
models track the structure and composition of stars from their formation into the
final stages of their evolution. In binary systems, additional complexities can arise
due to mass transfer. Modeling mass accretion onto a companion is essential for

reproducing observed abundance patterns in extrinsic stars.

1.4.1 Stellar Structure Equations

A set of four coupled first-order equations describes how the internal conditions of
stars evolve in hydrostatic equilibrium. These are each defined with respect to radius
or mass. Under the assumptions of spherical symmetry, no rotation, no magnetic
fields, and time-independence (quasi-static equilibrium), these equations define how
mass M, pressure P, temperature 7', and luminosity L vary from the center of a star
to its surface. Time dependent modeling includes tracking the changing composition
of the star.

The mass continuity equation describes how total mass increases with radius,
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dM,
dr

= dmrp|, (1.25)

with mass M, enclosed within a radius r, and a density p, which may also vary with
radius. This ensures the increase in enclosed mass comes from the volume of the

shell at a given radius 7.

Hydrostatic Equilibrium

Hydrostatic equilibrium describes the balance between the inward acceleration due

to gravity and the outward acceleration due to the gas pressure,

P GMp
dr r2

: (1.26)

for a pressure P at a radius r. In hydrostatic equilibrium, the mass elements within
a star experience a net force of zero. This is required to prevent a star from col-
lapsing under its own gravity or from dispersing into space. Converting to the
Lagrangian form of the expression, we adopt mass coordinates using Equation 1.25.

The expression for the pressure becomes

dP_ Gm
dm — 4mwr?’

for an element with mass m at a radius r. For an ideal gas with an equation of

(1.27)

state of the form p = pP/RT, with mean molecular weight p and gas constant

R = 8.314 x 10" ergsmol ' K, we can estimate the central values of P, and T, as

N 2G M? _8uGm p < SGuM

N — . 1.2
3R R p. ~ 3RR (1.28)

This formalism allows us to define the hydrostatic free-fall timescale. If the pres-

sure disappears, the star will collapse on the free-fall timescale of

1/2
Tip A (E> : (1.29)

9

Correspondingly, if the gravity is turned off, the star will explode on a timescale

following the sound speed through the interior
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Teap = R (%)1/2 : (1.30)

If the star is near hydrostatic equilibrium, then 7/ ~ 7., and we define the
dynamical timescale on which a star will react to a perturbation of hydrostatic

equilibrium

T,
ﬂwnzzﬁ(Gp)lﬂ. (1.31)

The virial theorem connects two important energy reservoirs within stars and
enables predictions of stellar evolutionary phases. The gravitational energy is defined

as

r

M
@:—/zgmw% (1.32)
0

for a mass m at position r inside the star. Integrating this expression, Fj, is total

gravitational potential of the star. Assuming an ideal gas,

P _RT
P p

where cp and ¢, are the specific heats at constant pressure and volume per unit

= (CP - Cv)T = (7 - 1)CUT7 (133)

mass. For a monatomic gas, v = 5/3, and we can write

P 2T
T (1.34)
p 3

We see that the total internal energy of a star is then proportional to the grav-

itational energy following E, = —2E;. This is the virial theorem for a perfect
monatomic gas. For a generalized equation of state, we may write
ceT =32 (1.35)
p
where for an ideal gas ( = 3(y — 1), and since for a monatomic gas v =15/3, { = 2.
We may define the total energy of our star as W = E, + E;, but the values of the
total, gravitational, and internal energies are coupled. A gas of finite temperature

must radiate, and the total energy W decreases with the luminosity L through

radiation,
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dE;

L=(¢-1D="

(1.36)

In an ideal gas, the luminosity is L = F; = —2Eg. This means that half of the
energy released by the contraction of the star is radiated away, and half is used to
heat the star; the star heats up as it loses energy. As a star expands or contracts,
the gravitational energy increases or decreases, respectively. Under the conditions
of hydrostatic equilibrium, this process is slow compared to 74,. The timescale for
a contracting or cooling a star under the influence of gravity is the Kelvin-Helmholz
timescale,

Byl E; GM 2

TKH — —F  ~ 7 ~

L L 2RL -

(1.37)

Thermodynamic Relations

Thermodynamics relates the heat, dq, and internal energy, du, of a star, with a

dependence on the pressure P and volume v = 1/p through

dq = du + Pdv. (1.38)

Assuming general equations of state p = p(P,T) and u = u(p, T, the derivatives

a and 9, and specific heats c¢p and ¢, are

o=-" (S—;)T (1.39)

s-L (—;)P (1.40)

v \ 0
ou ov
ou
= = 1.42
= (5p), 2
with
ou ou

30



We define the specific entropy ds = dq/T', which translates here to

~dqg 1 [[0u 1 [ 0u

Since ds is in differential form, we use the identity 9%s/0T0v = 0%*s/0vOT and

differentiate for the expression

(%) (2 - w49

We derive an expression for (Ou/9T)p, decoupling the temperature and pressure

artificially such that they behave as independent variables

(3 ().,
- (7). + (&), [7(57).- 7] (1.46)

The difference in the specific heats of our ideal gas, cp and c,, is written as

Ceop (2 (%) (o
rmw="\or), \or), \oT),
ov oP
“(ar), (an). 7 o

and, using the o and § derivative definitions, we find (0P/0T'), = Pd/T«. There-

fore,

c—c—T@ P—5
Pemmo\or ), Ta

P

- 1.48
Ta (1.48)

We write the expression in Equation 1.38 in the form
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ou ou
= =| = — P
dq = du + Pdv (aT)vdT+ {(8@)T+ ]dv
ou oP
= = T+T| — . 1.49
(Gr), e (5r) )
Using our derivations of (Ou/0v); and (0P/0T'), with the specific heats ¢, and

cp we write

Pé dP dT
dq = ¢, dT' — — (a—P — 5—)

2
= <cv+ Po >dT—§dP
pTo p
= cpdT — Sap (1.50)
p

We define the adiabatic temperature gradient for a constant entropy

dInT
= ) 1.51
Vad (dlnP)s (1.51)

Entropy has to remain constant for adiabatic changes, i.e. ds = dg/T = 0, and we
see that

5
0 =dg = cpdT — —dP, (1.52)
p
or
PdT Ps
=22 = _ 1.
Vad (TdP)S Tpcp (1.53)

Energy Conservation

The equation of energy conservation describes how luminosity changes with radius

due to the generation of energy:

p Amrepe |, (1.54)
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with luminosity L, at radius r, and energy generation rate ¢ per unit mass. This

can also be written in mass coordinates, as

dL
g =€, — €, + €. (1.55)
The luminosity is the energy output per unit time, with contributions from nuclear
reactions in the core €, and gravitational energy €,, and losses from neutrinos €,. The
bulk of the energy is generated from nuclear reactions within the star, linking nuclear
physics to the stellar structure. If a star is radiating with a constant luminosity L,
we can define the nuclear timescale on which this nuclear energy is released
E

Toue = T" (1.56)

The most important reaction in estimating the lifetime of a star is the PP-chain

hydrogen burning. Comparing the three timescales we have derived, we see that

True 2> TKH 2> Tdyn-

1.4.2 Energy Transport in Stellar Interiors
Radiative Transport

Within the star, energy is transported from the nuclear core to the surface. The
temperature changes with the radius, depending on the mechanism of energy trans-
port. The mean free path l,, = 1/kp of a photon in a star is inversely proportional
to the absorption coefficient and the density. In the dense and opaque interiors of
stars, [y, is short. Photons generated in the core diffuse outwards through the stellar
atmosphere, gradually losing energy as they are absorbed, emitted, and scattered
before escaping the photosphere. The diffusive flux 7 between places within the star

of different density n is

j=—DVn, (1.57)

where D = (1/3)vl,, is the diffusion coefficient. The radiative energy flux F' can
be obtained using the energy density of radiation U = aT*, where a = 40/c is the
radiation energy constant, and o is the Stefan-Boltzmann constant. With spherical

symmetry, there is only the radial component, and we find
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dac T3 T
p o dacT’ 0T (1.58)

This can be seen in the heat transfer equation of the form

dacT?
F = —kyugVT, with kyeg = 7. (1.59)
3 Kp

Using the luminosity and flux relation [ = 4772 F locally, we find

dar —  3kpl
dr  16macT3r2 |

(1.60)

for a temperature 7" and opacity x, where a is the radiation energy constant, and
c is the speed of light. In mass coordinates, the changing temperature throughout

the star is written

ir  GmT
dm  4ariP

with the energy transfer gradient V. If energy is carried by radiation or convection,

(1.61)

the term is substituted for the corresponding transfer gradient. Operating under the

assumptions of hydrostatic equilibrium, we define the radiative transfer gradient as

dInT 3kPI
= = 1.62
Vrad (d In P)m 4 16mGacmT* (162)

Convective Transport

When radiative transport is inefficient, convective energy transport takes over. The
Schwarzschild criterion determines if the form of energy transport is radiative or
convective Schwarzschild (1956). We compare the radiative temperature gradient

with the adiabatic temperature gradient

dInT v—1
= ~ 1 1.
vu=(fp) = (1.63)

for a rising fluid element that expands or contracts adiabatically, where for an ideal

monatomic gas the adiabatic index v = 5/3, so Vg &~ 2/5, or 0.40. This comparison,
known as the Schwarzschild criterion, determines if a region within a star is unstable

to convection. If V,,4 < V44 in a region of homogeneous chemical composition, the
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region will transport energy through convection. If V,.q < V,4+Vu, with Vu being
the molecular weight gradient, the fluid parcel is cooler and denser after displacement
and sinks back to its original position for stable radiative energy transport.
Mixing-length theory (MLT) simplifies this using transport particles in place of
parcels of gas, whose mean free path is the mixing length Prandtl (1925). The local

convective energy flux is given by

Feon = poep DT, (1.64)

where DT is the temperature excess of the convecting element, and v is the velocity
of the particle. Due to differences in temperature gradients and buoyancy forces,
DT and v increase with the rising of the element until, after a mixing-length dis-
tance [,,, the element mixes with its surroundings, transporting its heat energy and
composition to its new position. The prescription of MLT provides a robust and

fast way to numerically compute convective transport and mixing processes.

1.4.3 Chemical Composition

The time dependence of stellar evolution arises from the changing chemical compo-
sition of the star. The composition of a star directly influences the absorption or
generation of energy by nuclear reactions, which in turn further alters the composi-
tion. The total mass can be written as the sum of the mass fractions consisting of

a nucleus of type i:

Y Xi=1 (1.65)

Relevant nuclei follow time dependent functions X; = X;(m,t) on the mass interval
[0, M]. With this, we describe the chemical composition of a star at time ¢. The
particle number per unit volume n; of nuclei with mass m; is related to the mass

abundance by
X, = Tl (1.66)

p

The elements that play the most significant roles are H and He, denoted as X =
Xy and Y = Xp., and the remaining ‘metals’ are denoted with 7 =1 —- X — Y.
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Nuclear reactions within the star will change the relative mass fractions of X, Y,
and Z.

In radiative regions, the composition X; only changes with the synthesis or de-
struction of nuclei through fusion reactions. The frequency of a reaction is described
by the reaction rate r,,, for a reaction transforming element a to element b. Gener-
ally, the abundance of an element can be affected by many reactions through creation

rj; or destruction 7. Following Equation 1.66, we sum the relative contributions

%—)f - % [Z rii — Zrk] =1, (1.67)
j 3

for any of the elements involved in the reaction scheme. The transformation of a

nucleus may be connected with a release of energy e,;,. The rates of energy generation

¢ are proportional to the reaction rates

E=) ea= %Zrabeab. (1.68)
a,b

a,b

We define the energy generated relative to the mass of the parent nucleus g, =
eap/Mmq. If all reactions provide a positive contribution to &, we write Equation 1.67

as

1B

(1.69)

’S

0X
S TRD D) S
j A

Convective Mixing in Stellar Atmospheres

There exist many mechanisms that mix and homogenize material within stellar
interiors and envelopes, altering surface abundances and affecting evolution. Here
we focus on mixing due to turbulent convective motion. Convection occurs when
a region is thermally unstable to convection following the Schwarzschild criterion
and, as heat is transferred by the bulk movement of parcels of fluid, the chemical
composition of the fluid is transported along the temperature gradient. This process
is rapid compared to the slow change in composition, and we can assume that the

composition within a convective region remains homogeneous,
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om
Stellar convection is described in one-dimensional (1D) stellar models using MLT
(Prandtl, 1925; Canuto and Mazzitelli, 1991). The mixing-length parameter, or

scale factor, « is proportional to the pressure scale height, and effectively expresses

0. (1.70)

the convective flux, viscosity, and temperature gradient of the convective elements
in the stellar medium. The mixing-length parameter is determined by comparing
stellar models to some calibrator, often the Sun or hydrodynamical models.

Updated models of convection incorporate the effects of convective penetration,
where convective elements overshoot into radiative zones Deng et al. (1996). The
convecting parcels can penetrate the boundary where the convective motion theo-
retically stops. Overshoot can be treated as an extension of the convective region
using l,, = o, Hp, with a,, on the order of 0.1 - 0.2 in modern models, where Hp
is the pressure scale height.

Convective mixing becomes the dominant source of mixing with the advance of
the convective envelope as the star ascends the giant branch. Convection plays a
key role in dredge-up processes during stellar evolution, particularly in red giant and
AGB stars, where surface abundances (of, e.g, s-process elements) are altered. The
third dredge-up is more efficient at lower metallicities, making overall s-process en-
richment weaker in the metal-rich Ba stars Cristallo et al. (2011). Three-dimensional
numerical simulations that solve the hydrodynamic equations for convection offer a
more physically accurate representation of turbulent convection, at the cost of the
computation time Magic et al. (2015).

These equations, along with the equation of state that relates pressure, tempera-
ture, and density, nuclear reaction rates for €, and an opacity law for x, describe the
internal structure of a star. Solving this system of equations allows for the modeling
of stellar interiors and evolutionary pathways. Modern stellar evolution codes (e.g.,
STARS (Eggleton, 1971, 1972; Pols et al., 1995), and MESA (Paxton et al., 2011))

use these fundamental equations as their core framework.

1.4.4 Evolution of Low-mass Stars

In this section, we follow the evolution of a 1 My star with approximately solar

composition (X = 0.70, Y = 0.28, Z = 0.02) modeled using the STARS code. A
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stellar evolutionary track is shown in Figure 1.8 where the colorbar shows the age
throughout the star’s evolution. The interior structure is shown in a Kippenhahn
diagram in Figure 1.9, with time on the x axis and the mass coordinate from the
center to the surface on the y axis. Colors ranging from yellow to purple show the
computed difference between the radiative and adiabatic transfer gradients, marking
regions of radiative and convective energy transport, respectively.

Stars form from the gravitational collapse of molecular clouds. If the mass of a
molecular cloud exceeds the Jeans mass My = T%/2/p'/? for its temperature and
density, the cloud will dynamically collapse and form a proto-star. The central
temperature increases until the point where nuclear fusion takes place, marking
the birth of the star and the beginning of the main-sequence (MS) evolution. The
proto-star phase is indicated in the center of Figure 1.8.

On the MS, this star hydrostatically fuses available H fuel in its core, creating He
through the PP chain. At higher masses above ~ 1.3 Mg, the CNO cycle dominates
the He production in the core. The temperature and luminosity of the star do not
change significantly over the MS lifetime, as seen in the bottom left of Figure 1.8,
and between model numbers 400 - 550 in Figure 1.9. This is the longest and most
stable evolutionary phase of a star. The age of this star before the MS is a few x 108
years, and upon leaving the MS the age has increased to more than 10'° years.

With the exhaustion of H fuel in the core, the star evolves off the MS and crosses
the sub-giant branch, identified in Figure 1.8. Without nuclear fusion providing
radiation pressure to support the star, the star contracts on a thermal timescale,
and gravitational energy is radiated away. The internal temperature and density
correspondingly increase until H-fusion is ignited in a shell around the inert He core.
The outer layers of the star expand as the star becomes a red giant. The luminosity
increases following the Stefan-Boltzmann law, despite a drop in temperature.

On the RGB, the H-burning shell continues to produce energy causing the envelope
to expand, and the luminosity increases dramatically with the increasing radius. The
ascent of the RGB is seen in the central part of Figure 1.8. Convection extends deep
into the envelope with the onset of FDU around model number 550 in Figure 1.9,
and the surface chemical composition is altered with the cycling of C, N, and Li.
The H shell-fusion produces He ash that settles on the inert core. The core density
reaches a point where the core is supported by electron degeneracy pressure, beyond

which the He core contracts further with the addition of mass.
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Figure 1.8: Evolution of a 1 My star with solar metallicity, from a proto-star to
an AGB star in the HR diagram. Progressing evolutionary phases are
identified. The colorbar represents the age of the star. The position of
the Sun is shown in the yellow data point on the MS.s

When the degenerate core reaches ~ 0.40 My and the temperature reaches
T ~ 10® K, He ignites in a thermonuclear runaway reaction called the He flash.
The majority of energy released goes into lifting the degeneracy condition of the
core, as the temperature across the core changes simultaneously. On the surface,
however, there is little noticeable change. The star settles into core He-burning via
the triple-ae process, while H-burning continues in a shell around the core on the
horizontal branch and the red clump. This 1 My star does not experience a sig-
nificant departure from the first ascent of the giant branch, although more massive
stars will traverse the horizontal branch.

By fusing He, a star will develops an inert carbon-oxygen core. Further He-
burning occurs in a shell around the core, while maintaining a H-burning layer. The

AGB phase is shown in the upper right corner of Figure 1.8. Toward the end of the
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Figure 1.9: Kippenhahn diagram displaying the evolving internal structure of a 1
Mg star from a proto-star to the AGB phase. The mass coordinate is
plotted on the y axis. Model number is shown on the lower x axis and
stellar age in log(yrs) on the upper x axis. Yellow and orange regions
indicate radiative energy transport, and purple indicates convective re-
gions.

AGB phase, the envelope again becomes deeply convective with further dredge-up
events. Unstable He-shell flashes lead to thermal pulses (TPs) and third dredge-up
events (TDUs) as the star expands and contracts. With the TPs, strong mass loss
episodes shed the outer envelope of the star, forming a planetary nebula. The star
maintains a high luminosity with an increase in temperature, mmoving left across
the HR diagram. By this point, the star has lost most of its envelope and the

exposed, compact core of the star is left behind as a white dwarf.

1.4.5 Binary Stars

Binary stars are an ideal laboratory to study stellar physics and gravitational orbital
dynamics. More information can be obtained from a binary system compared to that
of a singular star due to measurable interactions with another gravitational body.

These interactions reveal information about stellar masses, internal structures, and
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mass exchange.

Binarity (or higher-order multiplicity) in star systems is observed through a num-
ber of techniques dictated by the properties of the observed system. They are
detected through radial velocity variation in spectroscopic binaries, through light
curve photometry in eclipsing binaries, or through tracking their motion on the sky
for astrometric binaries. The distance between the observer and the star and the
orbital period of the binary play the largest role in determining how the system may
be observed. The inclination, relative brightness of the two components, and the
mass ratio also play important roles in the observability of binarity using any given
technique. Different observational techniques probe different kinds of information
about the system and its components. It is therefore advantageous to combine mul-
tiple types of observations when possible to more completely characterize a binary
system. Astrometric missions like Gaia can detect orbital motion via proper motion
anomalies, while photometric monitoring identifies eclipses or variability that reveal
orbital inclinations or orbital radii.

An example binary system, HD 48767, is shown in Figure 1.10. In this image both
stars are resolved, but atmospheric seeing and instrumental resolution blur the point
sources over many pixels, making them appear non-spherical. At a distance of only
42.69 parsec (Gaia Collaboration et al., 2021), this star is quite close to the Sun,
and both stellar components are easily observed. Its close proximity contributes
to its relative brightness of 6.23 magnitudes in the V-band (Fabricius et al., 2002).
Within the image, the two-arcsecond square represents the width of an optical fibre
connected to a spectrograph. For binaries that have shorter orbits or are farther
away, other techniques are required to characterize the system, as they cannot be
spatially resolved. With a favorable orbital orientation, this system is simultaneously
an astrometric, eclipsing, and spectroscopic binary.

Single-lined spectroscopic binaries, where one star in the system dominates the
flux, allow measurements of the radial velocity of one of the binary components.
With a modest number of short-exposure spectra, the binary orbit can be determined
and characterized in terms of the period and eccentricity, as well as the radial velocity
amplitude of the primary component. If both components are bright enough to be
simultaneously observed, double-lined binaries display information about both stars
in the system. Reduction of this data requires spectral disentangling to identify and

isolate each of the stellar components.
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Figure 1.10: Image of the binary star HD 48767, captured with the object finder
scope at Moletai Observatory in Lithuania. Each component of the
binary is visible and easily resolved. A two-arcsecond square is included
for reference.

Orbital Dynamics

The stars in a binary will exert their gravitational influence on each other, and
Kepler’s Laws, Newton’s Laws, and Einstein’s general relativity predict and can
be used to model their dynamics. There are six Keplerian orbital parameters that
uniquely describe a binary system: the orbital period P, the eccentricity e, the
argument of periastron w, the time of periastron 7j, the longitude of the ascending
node 2, and the orbital inclination i. These parameters are visualized in Figure
1.11.

Kepler's Laws of Planetary Motion By studying apparent motion of the planets
in the solar system, Kepler was able to deduce three laws of planetary motion.
Kepler’s first law states that planets orbit their host stars in ellipses, with the host
star at one focus of the ellipse. Kepler’s second law expresses that, as the orbital
radius and angular velocity of the planet in the elliptical orbit vary, a line joining
the planet and the star sweep over equal areas in equal amounts of time. This is

equivalent to the conservation of momentum for any body experiencing a radially
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Figure 1.11: Schematic of an orbit, with orbital parameters identified.

symmetric force, such as gravity. Kepler’s third law describes the relation between

the orbital period P and the orbital separation a, and is mathematically written as

2,3
4dmay

) iV —
G(M; + My)’

(1.71)
where ag is the semi-major axis of the eccentric binary orbit, G is Newton’s grav-
itational constant, and M; and M, are the masses of the primary and secondary.
The primary is the more massive or more luminous of the two objects. For fixed
component masses, we can expect an increase in the orbital period with an increase
in the semi-major axis. If the masses of the components are known, then the ratio

of the orbital period to the semi-major axis can be determined, and vice versa.

While Kepler studied planets within the solar system, these laws of orbital motion
also apply to binary stars and other gravitational interactions. The total mass and
the mass function f(m) can be estimated with the orbital period and inclination,
and the radial velocity semi-amplitude of the primary K;. The mass function is
defined as
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where K is the RV semi-amplitude of the primary star, and ¢ is the orbital inclina-
tion. This provides a lower limit on the companion mass, since it depends on sin®(4).
In SB1 systems, the mass function provides the only constraint on the mass of the

unseen companion.

Newton’s Laws of Motion and Gravitation Newton’s first law, also known as
the law of inertia, describes that a body at rest will remain at rest, and bodies and
motion will remain in motion unless acted upon by an external force. In Newton’s
second law, the net force on a body is equal to the mass of the object times its
acceleration, mathematically written as F = md. In terms of gravity, Newton’s
second law can be written as F = mpi? = —my,ar—?#, where m, is the mass of the
planet, and « is the same for all planets in the solar system. Newton’s third law
states that for every action there is an equal and opposite reaction. By Newton’s
third law, the sun experiences a force equal in magnitude to that it enacts on the

planet, so &« = Gmg where G is the gravitational constant.

1.4.6 Mass Transfer

Material can be transferred from one binary companion to the other through a
number of channels depending on the orbital configuration and the evolutionary
states of the stars. Mass transfer can be fully conservative, where all of the material
lost from the donor star is accreted. In reality, mass transfer is likely highly non-
conservative, where a significant portion of the material escapes the system entirely.
This affects the orbital evolution through the loss of angular momentum, and can
inhibit efficient accretion onto the companion.

The observed chemical peculiarities in Ba, CH, and CEMP-s stars require a mech-
anism for transferring enriched material from an evolved AGB star to a less-evolved
companion. In the framework of post-mass-transfer binaries, the more massive pri-
mary TPAGB star loses mass and pollutes the atmosphere of the less evolved com-
panion (Roriz et al., 2024). Modeling efforts in binary mass loss and accretion have

been successful in generalizing the effects of interacting binaries (Karakas et al.,
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2000), but the amount of material transferred and the mass transfer mechanism is

generally poorly constrained for these post-accretion systems.

Gravitational Capture In the Bondi-Hoyle-Lyttleton (BHL) accretion regime Bondi
and Hoyle (1944); Hurley et al. (2002); Edgar (2004), mass is gravitationally cap-
tured from a stellar wind, and early models predict inefficient accretion. Han et al.
(1995) investigated the formation of Ba and CH stars via binary interactions, con-
sidering wind accretion, stable RLOF, and common-envelope evolution followed by

envelope ejection.

Roche-lobe Overflow (RLOF) The Roche-lobe of a star is a surface in the gravi-
tational potential energy field at which material is no longer gravitationally bound.
In a binary star system, the gravitational potential energy distribution of the two
bodies has local minima and maxima, called the Lagrange points. Due to tidal inter-
actions between the binary components, material can be pulled from the primary to
the secondary. Stable RLOF occurs in close binaries when the primary star fills its
Roche lobe and transfers mass to the secondary star through the L1 inner Lagrange
point. This allows for efficient mass transfer from one star to its companion. In
AGB binaries, the envelope of the AGB star is loosely bound, and can easily be
pulled away by a close-orbiting binary companion.

Models suggest RLOF can efficiently transfer s-process elements while avoiding
excessive dilution; Boffin and Jorissen (1988) showed that RLOF is a likely mass
transfer mechanism for some Ba stars. However, RLOF is expected in short-period
systems, whereas many observed Ba, CH, and CEMP-s stars have long orbital pe-

riods.

AGB Winds In the AGB phase, low- to intermediate-mass stars (~ 1 — 8My)
experience substantial mass loss through slow, dense stellar winds. This mass loss is
driven by a combination of stellar pulsations and radiation pressure acting on dust
grains that have formed in the cool and extended atmospheres of AGB stars. These
winds can reach mass-loss rates up to 107* My yr~! Hofner and Olofsson (2018). An
empirical formula from van Loon et al. (2005) describes the mass loss of oxygen-rich

AGB stars (C/O < 1) as a function of luminosity and temperature
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and an expression for carbon-rich (C/O > 1) AGB stars made by fitting the luminos-
ity, temperature, and mass to theoretical carbon-dust models comes from Wachter

et al. (2002),

log Mugp = —4.52 + 2.47 log (104LL—®> — 6.811og (%%SfK) —1.95log (M%@) .
(1.74)

The mass loss from AGB stars plays a crucial role in redistributing the heavy
elements synthesized via the s-process back into the interstellar medium. In wide
binary systems, some of the lost wind material can be gravitationally captured by the
companion through BHL accretion, but early versions of this accretion mechanism
predict inefficient accretion. Accretion from an AGB significantly alters the surface
composition of the companion, leaving an observable chemical fingerprint as a record

of past binary interaction. Mass transferred through AGB winds is generally non-

conservative, with a significant portion escaping the system.

Wind Roche-lobe Overflow (WRLOF) The concept of WRLOF was proposed by
Mohamed and Podsiadlowski (2007), suggesting that WRLOF could be an efficient
mass transfer mechanism in binaries. The slow, dense wind of an AGB star can itself
fill the stars Roche-lobe and be channeled onto the secondary. This allows enhanced
mass transfer rates higher than that of the Bondi-Lylleton-Hoyle accretion regime,
approaching the efficiency of the stable RLOF regime, and modern hydrodynam-
ical simulations (e.g., Theuns et al. (1996)) show that wind Roche-lobe overflow
(WRLOF) can significantly increase accretion efficiency. Abate et al. (2013, 2015b);
Krynski et al. (2025) demonstrated that WRLOF may explain the enrichment ob-
served in Ba, CH, and CEMP-s stars in moderate- to wide binary systems. This

can also result in the formation of a circumbinary disc.

Accretion Disc Formation Some models suggest that accreted material forms a
circumstellar disc around the companion Chen et al. (2017). The secondary may

not be able to accrete material at its inner boundary as fast as it accretes material
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at the outer boundary of its disc. Material will then pile up in the accretion disc.
The accretion disc of a low-mass main-sequence star is generally not luminous, but
theoretically allows enhanced retention of accreted material from a companion and
a sink for angular momentum transfer.

Using nucleosynthetic material produced by AGB stars to model mass transfer
requires accurate AGB yields. Yield models rely on experimental results, including
neutron capture cross-sections and reaction rates, which can introduce significant
uncertainties. Therefore, experimental measurements are vital to constrain these
inputs and are indispensable for validating predictions, thus motivating dedicated

experimental efforts.

1.5 Nuclear Physics Experiments

While observations and theory provide powerful tools to study stellar nucleosynthe-
sis, laboratory nuclear physics experiments supply the fundamental data needed to
model the s-process. Nuclear theory has been developed to describe atomic nuclei
and the forces governing their structure, and it plays a fundamental role in modeling
nucleosynthesis. To understand neutron-capture processes and to measure neutron-
capture cross-sections, we examine the radioactive decay of a nucleus generated

through activation experiments in the laboratory.

1.5.1 Neutron Reactions

Plasma in stellar interiors is considered to be in thermodynamical equilibrium, where
particles are thermalized and their velocities follow a Maxwell-Boltzmann distribu-
tion, depending on the mass of the particle and the ambient temperature Reifarth

et al. (2014). The Maxwell-Boltzmann velocity distribution is written as

3/2 2
b(v,) dv, = 4mv? <2:Z;T) exp (— ;7;{;1)%> dv, (1.75)

where ¢ denotes the probability of finding a particle with a velocity between v, and
vy + dv, and kg = 1.380649 x 1071¢ erg K~ is the Boltzmann constant.
For interacting nuclei z and y, the reaction rate per particle pair can be written

as
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(o) = /OOO 6(v) o (v) vdv = 4r (QW:BT>3/2 /OOO o (v) v exp (— 5;;) dv (1.76)

where v is the relative velocity between the particles and p = m,ym,/(m, + m,)
is the reduced mass. Maxwellian average cross-sections (MACS) are defined as the

reaction rate scaled by the most probable velocity (in the Maxwellian case, the
average thermal velocity vy = +/kgT /) of the distribution,

(o) = <Z;’> _ %@ /OOO o(E) E exp (-l@%) dE. (1.77)

The ‘Kadonis Astrophysical Database of Nucleosynthesis in Stars’ (KADoNiS)
(Bao, 2009) provides experimental and theoretical data for nuclear cross-sections
for different nuclear processes. Because free neutrons are unstable and have short
decay times of about 880 seconds (around 15 minutes), it is not yet possible to
perform neutron capture experiments in inverse kinematics. Therefore, experiments
are limited to direct measurements of (n, ) cross sections on reasonably long-lived

samples.

1.5.2 Interaction of Radiation with Matter

Photons Photons can interact with matter through the photoelectric effect, Comp-
ton scattering, and electron-positron pair-production. These processes transfer en-
ergy from the photon to an electron in an absorbing atom. In the photoelectric
effect, a photon is absorbed by a bound electron, ionizing the host atom and re-
leasing a photoelectron. The electron has an energy equal to the difference between
the energy of the incident photon E, and the binding energy of the electron Ej,
E.=FE, - LE,.

In the Compton effect, photons are scattered by electrons within an absorbing
material. A portion of the photon energy is transferred, and the photon is deflected
at some angle . The scattered photon energy depends on the incident energy and

angle,

E = 1 . 1.78
14+ 25 (1 - cosh) (1.78)

mec?
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For a scattering angle of & = 0, the energy loss is minimized and the scattered
photon has the same energy as the incident photon. For high scattering angles
6 = 180, the energy loss is maximized. For sufficiently energetic photons (E, > 1022
keV), interactions with the Coulomb field can produce electron-positron pairs. The
positron will be annihilated by an electron, resulting in two photons with an energy
equal to that of the rest mass of the electron (511 keV).

Electrons The interaction rate of charged particles (e.g., electrons) is higher than
that of neutral particles (e.g., photons). As they are deflected by the Coulomb field
of a material, they release bremsstrahlung radiation. Because of their low mass,
electrons are inelastically scattered when they collide with atomic shells, changing
their velocity and momentum. Electrons can lose a large fraction of their energy
when they interact with heavy atoms. The energy loss due to scattering depends
on the particle charge and the density of the absorber. The Bethe-Bloch formula,

written as

E 27N 2 2 VA 2 2 2,22 2
<d_> _ TINAT M C P Z_ |:1n ( meC ’UQPV Wmax) . 252 o 5(6) o _C
dx coll A 52 Ipot Z
(1.79)

describes the energy loss of a charged particle moving linearly through matter, or
the stopping power. Here dE/dx is the energy loss per unit path length, r. is the
classical electron radius, m, is the rest mass of the electron, c is the speed of light,
p is the material density, Z and A are the nuclear charge and the mass number of
the absorber material (Bethe, 1954; Knoll, 2010). Avogadro’s constant is written
with N4 = 6.022 x 10?® particles per mole. The variables z, v, and 3 are the charge,
velocity, and relativistically scaled velocity of the incident particle, and ~ here is
the Lorentz factor. The quantity Wiy is the maximum energy transfer for a single
collision. Equation 1.79 contains an important parameter in the average ionization

potential I,o¢. This value is difficult to compute, but can be parameterized using

Lotz = (12+72) eV, Z <13 (1.80)

for low atomic numbers, and for high atomic numbers,
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Loot,z = (9.76 + 58.8 Z711%) eV, Z >13. (1.81)

The total stopping power of an electron in an absorbing material is the sum
of the collisional and radiative stopping powers. At low velocities (8 < 1), the
energy loss due to inelastic collisions follows the form (dE/dx) oc 372 through
the velocity dependence of the Coulomb interaction. With increasing velocities
(By > 4), relativistic effects lead to increasing energy loss (dE/dz) o< In(y?v?).
Radiative effects become significant at even higher velocities 5+ ~ 50.

When high-energy electrons are decelerated in an absorber, electromagnetic en-
ergy is emitted as bremsstrahlung radiation. The radiative energy loss increases with
the incident electron energy. Since the cross-section for bremsstrahlung depends on
the mass oprems o< €*/m?2c?, this contribution is insignificant for heavy particles at
low energies. For low-mass charged particles (e.g., electrons), the probability of
bremsstrahlung emission is higher. The main energy loss due to bremsstrahlung is
directly proportional to the energy of the incident particle, and to the square of the

nuclear charge of the absorber material,

<@> o T, <@> o 72 (1.82)
dx rad dx rad

For low energy electrons, or in absorbers with low atomic weight, radiative energy
loss due to bremsstrahlung can typically be neglected. The ratio of the specific
energies dE/dz from bremsstrahlung and inelastic collisions can be approximated

as:

(dE/dx>brems ~ Ethrouth
(dE/dz) o 800

(1.83)

where FEiprougn 15 the kinetic energy of the electron in MeV and Z is the atomic
number of the absorber (Krieger, 1989). Since experimental determination of stop-
ping powers for many materials and energy ranges is impractical, computational
databases such as ESTAR (https://www.physics.nist.gov/PhysRefData/Star/
Text/ESTAR.html) provide tabulated and interpreted values of computed collisional
and radiative stopping powers Berger (1992). Using data from the ESTAR database,
we estimate electron energy loss through different materials as a function of electron

energy.
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1.5.3 Beta Electron Spectroscopy

Electrons penetrating matter lose energy primarily through inelastic collisions with
atomic electrons, and at sufficiently high energies, through interactions with atomic
nuclei. Electrons, being charged particles with finite rest mass, undergo multiple
scattering events, resulting in a total path length that is significantly longer than
their net penetration depth. The rate of energy loss depends on the charge of
the particle, its velocity, and the density and atomic composition of the absorbing
medium. The mean energy loss per unit path length is described by the Bethe—Bloch
formula in Equation 1.79.

The Continuous Slowing Down Approximation (CSDA) range through a material
is the idealized path length taken as the particle slows down to rest, assuming
continuous and gradual energy loss through the material projected in a straight line
Pal et al. (1987). In practice, scattering events shorten the penetration depth. This

can be expressed as

Respa(Eo) = /EO (—d—E) h dE, (1.84)

0
where FEj is the initial energy of the particle and dF/dx is the stopping power.
High-Z materials (e.g., Pb) will stop particles more readily.

Semiconductor Detectors

Materials can be characterized in terms of their electrical properties. The permitted
and forbidden energy states of an electron within a material can be described using
an energy band model, distinguishing between insulators, semiconductors, and con-
ductors. These materials vary in their energy band gap between the valence band
and the ‘conduction’ band. In semiconductors, the band gap ranges from 0.1 eV to
3 eV (Schreckenbach, 1979).

The detection principle of incoming radiation is based on the production of electron-
hole pairs. Particles or photons with high enough energy will penetrate the semicon-
ductor and excite an electron from the valence band to the conduction band, leaving
a hole in the valence band. The electron-hole pairs within the semiconductor then
drift to the anode or cathode and register an event. The size of the voltage difference

is proportional to the energy of the incident particle.
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Semiconductors with large atomic numbers (e.g., germanium or gallium crystals)
are used to achieve a high probability of detection (Knoll, 2010). To maximize
the signal-to-noise ratio by reducing thermal electron excitation within the crystal,
semiconductors are often cooled using liquid nitrogen.

The GEometry ANd Tracking (GEANT) simulation software theoretically de-
scribes the transmission of elementary particles through matter using Monte Carlo
methods (Brun et al., 1978). Handling geometric effects and particle tracking,
GEANT is used to model detector response functions and particle transport in

laboratory setups.

1.5.4 Cross-sections and Reaction Rates

The interaction cross-section o(v) depends on the relative velocity v between the
projectile and the target. It follows that the reaction rate r = NxyvNyo(v) is the
number of reactions between two particle number densities Nx, Ny per unit volume
per unit time. To determine the reaction rate for a pair of particles (ov), the cross-

section o (v) is convolved with the velocity distribution ¢(v),

(ov) = / o(v)vp(v)do, (1.85)
0
resulting in the total reaction rate

. NxNy<O'U>
(1 + (SXy) ’

with the correction term (1 + dxy) applied to prevent double counting. Using

(1.86)

the Maxwell-Boltzmann velocity distribution from Equation 1.75, the cross-section

under stellar conditions is written as the MACS.

1.5.5 Activation Experiments

Activation experiments are widely used to measure neutron interaction cross-sections
and are used to investigate reactions relevant in the nucleosynthetic s-process. In
these experiments, a stable target is bombarded with neutrons of a known energy
distribution. The induced radioactivity is then measured, allowing for a determina-

tion of the capture cross-section. The decay products from the radioactive isotopes
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can be v photons or S~ electrons; both may be detected using broad-energy ger-
manium detectors (BEGe) or high-purity germanium detectors (HPGe). To obtain
stellar cross-sections from an activation experiment, the neutron spectrum should
ideally correspond to the thermal spectrum at the respective s-process site. At low
energy accelerators, the reaction "Li(p,n)"Be fulfills this requirement as the neutron
source. Setting the proton energy to £, = 1912 keV, 30 keV above the reaction
threshold of 1882 keV, yields a neutron spectrum with an energy dependence close

to that of a Maxwellian,

®(E) = E exp (-@%) : (1.87)

almost perfectly mimicking the conditions during He shell flashes in AGB stars.
This quasi-stellar neutron source is ideal for the determination of MACS data.
The cross-section is a measure of the probability that a reaction will occur under

given circumstances. Cross-sections are determined by the reaction rate R, the areal

density of a sample p4, and the incident particle flux @,

R
=5

o

. (1.88)

To determine the reaction rate, it is imperative to understand the time dependent

activity A of the produced radioisotope

L — _MN=-A 1.
o A , (1.89)

where the decay constant A times the number of present nuclei N defines the number
of decays per second A. The decay constant A is related to the half-life ¢, » through
A = In(2)/t1/2. The general nuclear decay law can be recovered by integrating

Equation 1.89 with respect to time,

N(t) = Noexp(—At), and A(t) = Agexp(At). (1.90)

Connecting the detected counts to a reaction rate requires considering the time
dependent evolution of the activity of the sample during all stages of the experiment.
There are three main stages to an activation experiment: irradiation, transport, and

measurement. During the irradiation phase, the decay of the radioisotope competes
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Figure 1.12: Evolution of the number of nuclei in an activation experiment. Impor-
tant experimental times, t4er, tstart; tstop are shown, and the number of
active nuclei at these times, Nproq; Nact; Nstart; Nstop, are marked.

with its production, and a term o®N;""" is added to Equation 1.89. In reality
NZ“™' changes with time, but practically the conversion rate is small compared to
the number of nuclei within the sample, and Ng“™" is assumed to be constant. At

time ¢ = 0, the number of produced active nuclei is zero, leading to

1
Nprod<tb) =0 Ngample X (1 _ e—Atb)

=od Ngamplefb,consta (191)

where ¢, is the beam time in the irradiation phase and N, is the number of product
nuclei at the end of the irradiation. A varying particle flux has to be taken into

account by segmenting the irradiation time into intervals, and solving iteratively.

n

sample 1- e_kti —At;(n—1)
Nprod(tb) = O'NO Z P, T e
=0
— g NPl f,. (1.92)

After the irradiation, the sample is transported to the detectors. In this phase,

radioactive isotopes decay without being measured. This leads to another correction

o4



factor f,,, where t,, is the waiting time between the irradiation and measuring phases.

Ndecay(tw> = Nprod ei)\tw = Nprod fw- (193)

The final stage of the activation experiment is the measurement phase. By in-

tegrating the solution of the decay equation across the measurement time t,, we
find

Nmeas(tw) - Nprod e_Atm(l - e_Atm) - Nprod fw fm (194)

In Figure 1.12, the time evolution of produced nuclei in an activation experiment
is shown. Using v or 8~ spectroscopy to determine the number of decaying nuclei
comes with limitations, leading to the correction factors. Applying the correction
factors, we connect the number of counted events C' to the number of produced

nuclei Np,oq through

C:Nprod/'{'elfDbefwfm' (195)

Further correction factors for self-absorption x, detection efficiency ¢, intensity I, and
dead time correction fpr are specific to the experimental setup. The self-absorption
factor x takes into account emitted radiation that does not reach the active detector
material, or loses energy and does not contribute to the observed spectrum. The
detection efficiency € takes into account that not all emitted particles reach the active
parts of the detector. This is dependent on the distance between the sample and
the detector, the angular cover coverage of the detector, and the detector geometry.
The intensity [ is the probability that the particle of interest is emitted during the
nuclear decay. If the time between the emission of two or more particles is shorter
than the time resolution of the detector, their deposited energy is summed by the
detector. The dead time correction factor fpr takes into account that, for a short
time after an event is registered, the detection system cannot detect another event.

Taking these expressions together, we find an equation for the cross-section

C
B /Jlaq)KEIfbfwfmeT

The activation method is limited to cases where a neutron capture results in

g

(1.96)

an unstable isotope with a half life longer than about a second. The quasi-stellar
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neutron spectrum is not precisely thermal, and the respective corrections require
knowledge of the energy dependence of the cross-section. Historically, the quasi-
stellar spectrum could only be produced for a few temperatures using a few reactions:
at kpT = 25 keV with "Li—"Be, at kgT = 5 keV with!8O(p,n), and at kT = 52
keV with *H reactions, each becoming more energy-demanding and producing lower
neutron yields. This means that the MACS values have to be extrapolated to cover
the full range of s-process temperatures (Reifarth et al., 2014).

Because the target sample can be placed directly at the neutron production tar-
get, the neutron flux is orders of magnitude higher than that which can be achieved
in other experimental setups. This results in a gain in sensitivity, allowing for the
measurements of very small cross-sections. In activation experiments, the back-
ground contamination is also strongly reduced using semiconductor detectors, and
the short measurement times allow the study of systematic uncertainties by repeated
activations. This technique allows for good accuracy, as demonstrated by the 1.4%
uncertainty on MACS of "Au (Ratynski and Kappeler, 1988).

The Ring Method

The ring method takes advantage of the wide opening angle (120°) of the neutron
cone produced by the "Li(p,n)"Be reaction, where higher energy neutrons are con-
centrated towards the center of the cone (kg1 = 25 keV), and lower energy neutrons
towards the edges. By constructing a target with a ring shape to capture an an-
nulus of the neutron beam, neutron energies down to kg1’ = 5 keV can be probed
(Heftrich et al., 2022). Astrophysically, the 1*C(a,n)®O reaction produces neutrons
at energies around kT =5 — 8 keV in the He intershell region in AGB stars, and

is the main neutron source for the strong component of the s-process.

1.6 Structure of the Thesis

Chapter 1 presents an overview of current research into the s-process from the three
astronuclear disciplines. Observational techniques and their applications to charac-
terize binary stars, their atmospheres, and their surface chemistry are summarized.
The evolution of low-mass stars, binaries, mass transfer, and the nucleosynthetic

s-process are discussed from the modeling perspective, and methods commonly used
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to model stars are presented. Experimental nuclear physics is discussed as an av-
enue to explore the s-process. The importance of each of these pillars is noted
within the wider field of nuclear astrophysics. In the following chapters, we describe
projects that continue the development and implementation of data and tools to

better understand the s-process from the comprehensive astronuclear perspective.

In Chapter 2, we introduce an observational campaign to measure and monitor the
orbits of binary stars enriched in heavy material produced by the s-process in AGB
stars. We derive stellar atmospheric parameters, heavy element abundances, and
orbital parameters from high-resolution, high signal-to-noise spectra for a sample of

intrinsic and extrinsic stars.

Chapter 3 discusses stellar evolution modeling and binary accretion. We present
a grid of stellar evolution models including accretion across a range of metallicities,
AGB donor masses, initial masses, and accretion masses. We simulate the effects of
accretion onto a stellar surface, including the mixing of accreted material, and we

track observable surface chemical abundances through the stellar lifetime.

In Chapter 4, we present experimental efforts to measure the neutron interaction
cross section of the double magic number element 2°*Pb. We use the ring-activation
method to mimic the conditions of stellar interiors and investigate the cross section

of the species marking the end point of the s-process.

Chapter 5 summarizes the work and provides an outlook for follow-up and direc-

tions in which the following projects may be pursued.
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2 Observations of the s-process in
Stars

2.1 Motivation

The details of how s-process elements are synthesized in AGB stars and are subse-
quently imprinted on their binary companions remain uncertain. Observations of
chemically peculiar stars - such as Ba, CH, and CEMP-s stars - provide direct con-
straints on surface abundance patterns resulting from mass transfer. High-resolution
spectroscopy allows us to derive precise atmospheric parameters and elemental abun-
dances, which serve as empirical benchmarks for stellar evolution and nucleosynthe-
sis models. By systematically analyzing a large sample of post-accretion stars, we
test theoretical predictions for s-process yields, identify signatures of different nu-
cleosynthesis pathways, and constrain the mass of the AGB star that produced the
observed abundance pattern. This observational foundation is essential for connect-
ing nuclear physics reaction rates to the chemical evolution of stars. This chapter is
based closely on the work detailed in Dimoff et al. (2024), S-Process Nucleosynthesis

in Chemically Peculiar Binaries.

What’s New: We generate a large spectral database of 404 stars. We measure
their radial velocities and have computed orbital parameters for 50 stars. We have
derived homogeneous stellar parameters for a large sub-sample of 312. For the
highest quality sub-sample of 30 stars, we have computed surface abundance patterns
of 12 elements. We add new abundance patterns to the literature, and make new
detections of Mo and Pb in stellar atmospheres. We classify stars based on their

abundance patterns and overall metallicity.
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2.2 Abstract

We study the s-process by observing the luminous components of binary systems pol-
luted by a previous AGB companion. Our radial velocity (RV) monitoring program
establishes an ongoing collection of binary stars exhibiting enrichment in s-process
material for the study of elemental abundances, production of s-process material,
and binary mass transfer. From high resolution optical spectra, we measure ra-
dial velocities (RVs) for 404 stars and derive stellar parameters for 312 stars using
ATHOS. For a sub-sample of 25 chemically interesting stars we refine our atmo-
spheric parameters using ionization and excitation balance with the Xiru program.
We use the MOOG code to compute one-dimensional local thermodynamic equilib-
rium (1D-LTE) abundances of C, Mg, s-process elements (Sr, Y, Zr, Mo, Ba, La, Ce,
Nd, Pb), and Eu to investigate neutron capture events and stellar chemical compo-
sition. We estimate dynamical stellar masses via orbital optimization using Markov
chain Monte Carlo (MCMC) techniques in the ELC program, and we compare our
results with low-mass AGB models in the FUIl-Network Repository of Updated Iso-
topic Tables & Yields (FRUITY) database. We compute surface parameters for a
sample of 5 AGB stars, and derive surface abundance patterns. We estimate the
mass and evolutionary phase of the AGB stars by comparing surface parameters
and abundances to the FRUITY database. In our abundance sub-sample, we find
enhancements in s-process material in spectroscopic binaries, a signature of AGB
mass transfer. We add the element Mo to the abundance patterns, and for 12 stars
we add Pb detections or upper limits, as these are not known in the literature.
Computed abundances are in general agreement with the literature. Comparing
our abundances to dilution-modified FRUITY yields, we find correlations between
s-process enrichment and AGB mass, supported by dynamical modeling from RVs.
From our high-resolution observations, we expand heavy element abundance pat-
terns and highlight binarity in our chemically interesting systems. We find trends in
s-process element enhancement from AGB stars and agreements in theoretical and
dynamically modeled masses. We investigate evolutionary stages for a small sub-set

of our companion stars.
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2.3 Stars with s-process Enhancements

2.3.1 AGB Stars

AGB stars are evolved low-mass stars that synthesize heavy elements via the s-
process in their interiors. Convective mixing and TDU events bring this material
to the surface where it can be observed in the AGB star. In binary systems, this
enriched material is shared with and accreted by a companion. The signature of the
AGB star is preserved in the atmosphere of the binary companion where it can be
observed on the surface of a less-evolved star.

The binaries enriched by an AGB star have different names depending on their
metallicity and carbon enrichment. They are called barium (Ba) stars, CH stars, or
Carbon-Enhanced Metal-Poor (-s) (CEMP-s) stars. In these systems, the star we
observe is not the star that itself made the elements, but rather has received material
through mass transfer from an AGB companion. The vast majority of these stars
are binaries - possibly all of them - and some of them reside in systems with very

long periods, up to hundreds or thousands of days.

2.3.2 Ba Stars

At high metallicities, AGB nucleosynthesis and mass transfer in binary systems are
followed by studying the Ba stars. Primarily found in the Galactic disk, the Ba stars
characteristics include moderate to high metal content ([Fe/H] > -1.0), s-process
element enrichment, and mild carbon enrichment. These stars were first identified
as a distinct class of chemically peculiar stars in the 1950s due to their unusually
strong singly-ionized Ba II spectral lines at 4554 A, along with other features of s-
process elements like Sr, Y, and La, and Pb (Bidelman and Keenan, 1951). Initially
described as first ascent giants, Ba stars are primarily G and K type giants, and were
initially thought to be intrinsically enriched in heavy elements. However, subgiants
and dwarfs fitting these chemical properties have been discovered and, being in such
evolutionary states, are not able to produce s-process material and self-enrich their
envelopes. Detailed chemical abundance analyses have confirmed the s-rich nature
of the Ba stars (Warner, 1965; Allen and Barbuy, 2006; Pereira et al., 2011; de
Castro et al., 2016; Cseh et al., 2018; Karinkuzhi et al., 2018; Roriz et al., 2021b,a).

Unlike their metal-poor counterparts, Ba stars were not originally suspected to be
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binaries until after their binary nature was recognized spectroscopically (McClure
et al., 1980; McClure, 1984). It was later confirmed that Ba stars share common
orbital properties, supporting a binary mass transfer scenario (Jorissen and Mayor,
1988; McClure and Woodsworth, 1990; Udry et al., 1998). More recent studies have
contributed to the compilation of orbital properties and component parameters for
increasingly large samples of Ba stars (Escorza et al., 2019; Jorissen et al., 2019).
The mass distribution of Ba stars was studied by Escorza et al. (2017) and is
described by two Gaussians with a main peak at 2.5 Mg with a standard deviation
of 0.18 Mg, and a broader tail at higher masses (up to 4.5 M), which peaks at 3
Mg with a standard deviation of 1 M. A complementary study in Jorissen et al.
(2019) found a similar distribution of masses with compatible metallicities for Ba
stars. Post-accretion binaries play a crucial role in stellar population synthesis and

binary population synthesis modeling.

2.3.3 CH Stars

At lower metallicities ([Fe/H] < -1) we trace the s-process in the early Galaxy
through the CH and CEMP-s stars. The CH stars were first recognized as a distinct
class of chemically peculiar stars in the late 1940s and early 1950s by Keenan (1942)
from strong molecular CH absorption bands in their spectra near 4308 A, distin-
guishing them from ordinary carbon stars. The CH stars were further classified
based on their enhanced carbon and s-process elements (e.g., Ba, Sr, La, and Pb)
Bidelman and Keenan (1951). These stars also show strong molecular C-N-O bands,
and are important to understand the detailed composition of the early s-process and
binary accretion at early cosmic times (Hansen et al., 2019).

Photometric surveys Bond (1974) expanded the known population of CH stars,
confirming that they are primarily found in the Galactic halo. Their key character-
istics include low metallicities ([Fe/H] = -1.0 to -2.5), strong CH molecular bands
(e.g., the G-band (near 430 nm)), high levels of carbon enhancement ([C/Fe] >
+0.5), and enrichment in s-process elements showing elevated levels of e.g., Ba, Sr,
La, and Pb. Most CH stars are red giants, but some are subgiants or main-sequence
stars.

CH stars were suspected to be binary systems early on, and radial velocity moni-
toring in the 1980’s and 1990’s confirmed their binary nature. The CH stars exhibit
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long-term radial velocity variations and present a very high binary fraction within
the population (> 80%) McClure (1984). It has been established that CH stars have
orbital properties consistent with mass transfer from an evolved AGB star McClure
and Woodsworth (1990), providing direct evidence of binary evolution.

Recent studies have expanded on heavy element abundance patterns in both num-
ber of elements and number of stars (Goswami et al., 2006; Karinkuzhi and Goswami,
2014, 2015; Goswami et al., 2016; Purandardas et al., 2019). The CH stars help link
chemically peculiar stars across different metallicity regimes by bridging the gap
between CEMP-s and Ba stars. CH stars are important because they trace early
galactic chemical enrichment, as their abundances help to better understand the

s-process contribution of early stars.

2.3.4 CEMP-s Stars

Carbon-Enhanced Metal-Poor (CEMP) stars were first identified in the 1980’s and
1990’s during large-scale surveys of metal-poor stars. Norris et al. (1997) identified
stars with unusually high carbon and neutron-capture element abundances in the
halo of the Milky Way. Ryan et al. (1996) found metal-poor stars with strong Ba
and Eu features, linking them to possible binary interactions. Beers and Christlieb
(2005) formally defined the differing CEMP classes and their abundance patterns.

CEMP-s stars belong to the broader CEMP class, defined by their low iron content
and high carbon enhancement. They are characterized by having low metallicities
of [Fe/H] < -1.0 (although it may be much lower, < -2.0), high carbon-to-iron ratios
of [C/Fe] > 40.7, and exhibiting overabundances in s-process elements such as Ba,
Sr, and other s-process elements (e.g., [Ba/Fe|] > +1.0). Evolutionarily, these stars
are typically giants, but more recently subgiant and even dwarf CEMP-s stars have
been discovered. Large-scale surveys, such as the HK Survey (Beers et al., 1992) and
the Hamburg/ESO Survey (Frebel et al., 2006) significantly expanded the sample of
known CEMP-s stars.

One of the most significant discoveries regarding CEMP-s stars is that nearly all
of them are in binary systems, with a binary fraction near 100%, providing strong
evidence of mass transfer as the source of their chemical enrichment, rather than
intrinsic nucleosynthesis (Lucatello et al., 2005; Starkenburg et al., 2014; Hansen
et al., 2016b). The binary nature of CEMP-s stars is widely supported by data ac-
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Spec. Type [Fe/H] [dex] Mass [Mg] Gal. Pos.

Ba [Fe/H] > —1.00 ~ 2.50 disc
CH —0.15 > [Fe/H] > —=2.50  ~ 1.00 halo
CEMP-s  —1.00 > [Fe/H] > —2.50  ~ 0.80 halo

Table 2.1: General properties of post-accretion systems.

quired from extensive programs of radial velocity monitoring, where orbital periods
range from hundreds to tens of thousands of days (Jorissen et al., 1998; Hansen
et al., 2016b). With refined orbital parameters of the observed population, Izzard
et al. (2010), Starkenburg et al. (2014), Hansen et al. (2016a), Hansen et al. (2016b),
and Abate et al. (2018) show consistency with binary mass transfer models. The
primary star in the binary system was originally an AGB star, which produced car-
bon and s-process elements through nucleosynthesis, and transferred enriched stellar
material to the present-day CEMP-s star. The AGB star continued its evolution

into a white dwarf, leaving behind an enriched CEMP-s star.

Studying the orbital properties of both CH and CEMP stars, Jorissen et al. (2016)
found no discernible differences in the period-eccentricity distribution of the two
groups. They remark that the two classes of stars should not be treated separately

from the orbital perspective, but as one population.

Ba stars, CH stars, and CEMP-s stars are recognized as post-accretion bina-
ries showing enrichment in carbon and elements synthesized mainly through the s-
process (Keenan, 1942; Bidelman and Keenan, 1951; Burbidge et al., 1957; Képpeler
et al., 2011; Lugaro et al., 2023). As testbeds of binary interactions and evolution,
these classes of stars constrain models of mass transfer. Being similar post-mass-
transfer systems but at different metallicities, these three populations of stars pro-
vide valuable observational constraints on s-process nucleosynthesis models in AGB
stars at different metallicities (Hansen et al., 2016a,b; Cseh et al., 2018; Hansen
et al., 2019; Cseh et al., 2022). When viewed from a Galactic chemical evolution
perspective, the Ba, CH, and CEMP-s stars trace how subsequent generations of

stars enrich the Milky Way with heavy elements.
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2.4 Observational Campaign

We observe warm to cool (spectral types A, F, G, K, M) dwarfs, subgiants, and
giants, focusing on AGB, CEMP, Ba, C, CH, CEMP-s, using a set of high-resolution
(R = 30000 - 67000) echelle spectrographs available through the Trans-National
Access program (TNA) within the Chemical Elements as Tracers of the Evolution of
the Cosmos INFRAstructures (ChETEC-INFRA) framework. For most of our stars,
the spectral lines are generally narrow and deep, and sufficient pseudo-continuum
windows are available within each spectral order. This approach would not work
well for very hot or rapidly-rotating stars, where spectral lines are broadened across

several echelle orders.

2.4.1 Telescopes and Observatories
Vilnius University Moletai Astronomical Observatory (MAO)

The Moletai Astronomical Observatory (MAO) at Vilnius University in Lithua-
nia hosts a 1.65m Ritchey-Chretien telescope, with the fibre-fed Vilnius University
Echelle Spectrograph (VUES) at the Cassegrain focus (Jurgenson et al., 2014, 2016).
With a resolution of R = 37000 in the “low” resolution mode, and a wavelength
range of 4000 — 8800 A, VUES is an excellent instrument to measure RVs with high
precision. Estimated velocity uncertainty with the VUES instrument for an average
signal-to-noise (SNR) ~ 15 is on the order of 1.0 km/s. With the smallest aperture
in our network, this instrument is mostly used for RV monitoring, and the only
highest SNR spectra are of abundance measurement quality. A refurbished mirror
coating applied in the summer of 2022 resulted in higher quality data through the

remainder of the campaign. Spectra are collected by local astronomers.

Astronomical Institute of the Czech Academy of Sciences (ASU) Ondfejov
Astronomical Observatory

The Ondfejov Observatory is part of the Astronomical Institute of the Czech Academy
of Sciences (ASU), which operates the 2m Perek telescope on which the Ondfejov
Echelle Spectrograph (OES) is mounted (Koubsky et al., 2004). The OES instru-
ment is a high-dispersion white-pupil design, stationed at the Coude focus of the
Perek telescope, with a resolution of R ~ 51600 at 5000 A and a broad spectral
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range covering 3753-9195 A. This instrument is well-suited to perform radial ve-
locity measurements, and spectra of high SNR are used for chemical abundance

estimations.

Bulgarian National Astronomical Observatory Rozhen

The Echelle Spectrograph Rozhen (ESpeRo) (Bonev et al., 2017) is a cross-dispersed
fibre-fed instrument obtaining spectra from 3900 A to 9000 A at high resolution from
R ~ 30000 — 45000. This presents another ideal instrument for RV measurements
and abundance derivations due to the similarities between the ASU and TANAO

telescopes.

Roque de los Muchachos Observatory, Instituto Astrofisico de Canarias (1AC)

Located on the island of La Palma in las Canarias in Spain, in accordance with the
IAC, the 2.65m Nordic Optical Telescope (NOT) is the home of the high-resolution
FIbre-fed Echelle Spectrograph (FIES). The FIES instrument is a cross-dispersed
high-resolution echelle spectrograph mounted in an independent building for thermal
and mechanical stability, and is fully described in Telting et al. (2014). We use the
highest resolution setting of R ~ 67000 on the high-resolution 1.3 arcsecond fibre
number 4. The optical range is from 3700 — 8300 A, without gaps. Our average
RV uncertainty from FIES is on the order of 0.01 km/s. Data is automatically
reduced using the nightly calibration frames (biases, flats, ThAr lamps) through the
FIEStool reduction software. A drawback is the low UV sensitivity, due to Rayleigh
scattering within the fibre. We find FIES to be a consistent instrument and useful

in our abundance investigation.

La Silla Observatory, European Southern Observatory (ESO)

The Fiber-fed Extended Range Optical Spectrograph (FEROS) (Kaufer and Pasquini,
1998; Kaufer et al., 1999) is a temperature and humidity controlled echellograph
mounted at the MPG/ESO 2.2m telescope at the La Silla Observatory in Chile.
With a resolution of R ~ 48000, the radial velocity accuracy is ~ 20 m/s over a two
month baseline with consistent observations. Our measured average RV uncertainty
from this instrument is of this order, (ogy) ~ 0.03 km/s. High-SNR FEROS spectra

are suitable to compute stellar abundances.
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These spectrographs provide high-resolution spectra allowing for accurate and
precise stellar parameters and abundances, together with the long baseline radial

velocity monitoring crucial in determining orbital parameters.

2.4.2 Target Selection

We select our targets from multiple catalogs including Stephenson (1984), Alksnis
et al. (2001), Escorza et al. (2020), Yoon et al. (2016), Cotar et al. (2019), Karinkuzhi
et al. (2021b), and Cseh et al. (2018). These catalogs contain stars of spectral classi-
fications that are of interest: AGB, Ba, CEMP-s, C, and CH type stars. From large
surveys, we select targets based on binarity indicators, heavy element enrichment,
and atmospheric parameters. These stars will construct our radial velocity database,
to be observed multiple times over four years. A subset of these stars are selected
for high-SNR observations to investigate their surface chemical composition.

The Apache Point Observatory Galactic Evolution Experiment (APOGEE) survey
samples major populations of the Milky Way with moderate resolution (R ~ 22500)
and high SNR (> 100) infrared (A = 1.5 — 1.7um) spectra (Majewski et al., 2017).
The catalog includes stellar parameter estimations, radial velocities, metallicities,
and sparse heavy element abundances. We query the Gaia data release 3 (DR3)
database for targets with more than 10 observations, radial velocity uncertainties
>5 km/s, and astrometric reduced-unit weight-error > 1.4 to increase the chances
of selecting binaries (Gaia Collaboration et al., 2023). Gaia DR3 includes radial-
velocity spectrograph data (R ~ 11000) in the near-IR around the Ca triplet, which
also provides indicators of enrichment in s-process material (e.g., Ce and Nd). We
use this information as another selection criterion to find stars that are possibly
enriched in heavy metals. We further select targets based on output from secondary
data products such as the The Final Luminosity Mass Age Estimator (FLAME,
Creevey and Lebreton, 2022), including estimates of the masses, ages, and orbital
parameters of stars in Gaia DR3. The Galactic Archeology with Hermes (GALAH)
survey provides a wealth of spectroscopic data for bright stars in the southern hemi-
sphere in relatively high resolution (R ~ 28000) (Buder et al., 2019). Chemical
compositions and orbital properties of this sample are available for reference and
comparison. GALAH allows selection of targets identified as Ba-enhanced, CEMP-

s, or other C-enhanced stars, and we select candidates in both confirmed and sus-
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pected binary systems. We selected stars from the Large Sky Area Multi-Object
Fiber Spectroscopic Telescope (LAMOST) catalog (Cui et al., 2012) that show heavy
element features in their spectra and display binary star characteristics.

We compose a sample of ~ 500 targets (limited to stars brighter than ~14th mag-
nitude) visible by our suite of telescopes. For observed stars in our sample, we show
right ascensions (RA) and declinations (DEC) on the sky in Galactic coordinates in
the left panel of Figure 2.1 and Gaia DR3 parallax distances in the right panel of
Figure 2.1. Gaia DR3 magnitudes and colors are displayed in a Hertzsprung-Russell
(HR) diagram in Figure 2.2. Our sample is a combination of warm to cool stars
(spectral types (A),F,G,K); either dwarfs or giants; that have binary star character-
istics; and that exhibit s-process enrichment. We make distinctions between giant
stars known to produce (AGB) or exhibit the presence of s-process material (Ba,
CEMP, C, CH). Our targets are either in known binaries, or suspected to be in
binary systems based on RV measurements and relative uncertainties.

As we source our targets from catalogs and surveys, some have already been
observed with high spectral resolution. Large spectroscopic and photometric sur-
veys often include estimates of atmospheric parameters, and we use the existing
literature data as a consistency check and benchmark for our own observations and
analysis. A list of observed stars, their spectra, computed radial velocities and abun-
dances (where applicable) is available at the Milne Centre Barium Star Repository
at https://github.com/Milne-Centre/Barium-Star-Repository.

This work uses spectroscopic data to extract information about the studied sys-
tems. Other techniques, including photometry and astrometry, provide baseline

data from which orbital, atmospheric, and physical parameters are estimated.

2.4.3 Observing Strategy

Our observing program is split into two components. We obtain high SNR (> 50
at 4500 A) spectra from stars either with peculiar abundance patterns or in known
binaries with the intent to derive abundances of neutron capture elements accurate
to within +0.2 dex. We also collect snapshot spectra of SNR ~ 10— 20 of stars with
peculiar abundances that may reside in binary systems, or know binary systems that
may show peculiar abundances, suitable for precise RV measurements and long-term

monitoring. Precise RV data over a long baseline is crucial to determining binary
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Figure 2.1: Left: HR Diagram for stars in our sample, using Gaia photometric data
and parallax. Stars are generally split between main-sequence dwarfs
and giants from 4000 - 7000 K. Right: Histogram of stellar distances
for our sample, using Gaia DR3 parallaxes. Adapted from Dimoff et al.
(2024).

parameters in systems with long orbital periods.

To date, most approaches are made in small samples (< 20 stars) with a long
baseline or larger samples over a short period of time. We improve on previous
approaches by monitoring the radial velocities in a large sample (hundreds of stars)
over the long baseline of four years. It is important to monitor radial velocities over
a long baseline in time (Hansen et al., 2016b) to confirm if all Ba, CH, and CEMP-s
stars are indeed binaries, to characterize their orbits, and to investigate the binary
fraction of AGB stars in the field.

2.4.4 Campaign Results

Table 2.2 lists the number of nights at each of the observatories in the program. For
the TNA telescopes, there were four proposals calls each year on a quarterly basis,
but proposals were not submitted for each call. For the MPG telescope, observation
proposals were submitted on a six-month basis. In total, we obtained 187 nights
across the five observatories over a period of four years.

Of the total number of requested stars in our full target list to be observed for

radial velocity monitoring (~ 500), the number of observed targets is 404, with an
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Figure 2.2: Position of sample stars on the sky, in galactic coordinates. Different
colors symbolize different instruments.

average of about six observations per star. We have focused our RV monitoring
efforts on stars showing heavy element enhancements, which are expected to be in
binaries that yet have only a few observed RVs in the literature. Additions to the
RV literature are shown in Figure 2.3. Further RV follow up is planned for stars
where abundances have only recently been measured. We note that not all of the
stars with measured RVs or abundances are analyzed in this work. The full RV and

abundance samples will be analyzed and presented in the future.

2.5 Data Reduction

Because we collected data from multiple sources, data are reduced in different ways
corresponding to the instrument. The raw VUES spectroscopic data are reduced
using a spectroscopic reduction pipeline written in Interactive Data Language (IDL).

The bias is first subtracted, spectral orders are traced using halogen lamp (flat field)
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Table 2.2: Awarded observation nights between 2021 and 2025. This list includes
nights lost due to bad weather conditions, Target of Opportunity pro-
grams, or other reasons.

Instrument Resolution (R) Telescope Size [m] Obs. Nights

VUES 37000 1.65 57
OES 40000 2.00 46
ESpeRo 30000 2.00 39
FIES 67000 2.65 10
FEROS 48000 2.20 36
Total 188

I Literature
10% f w0 This Work

0 100 200 300

Stars in Sample

Figure 2.3: Contributions from RV monitoring program to the literature. Each bin
is one observed star, and the y-axis value is the total number of RV data
points for the given star. Blue data is the available literature data, and
orange is the contribution from our monitoring program. Adapted from
Dimoff et al. (2024).
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images, a flat-field correction is applied, and the wavelengths are calibrated using
Thorium-Argon (ThAr) lamp spectra. Finally the science spectra are extracted
along traced orders, and the wavelength dispersion solution is applied. Data from
the VUES instrument is provided to the end user in a pre-reduced .fits file format.
For a final step in the data reduction, we normalize the spectra by performing a
blaze correction using the flat field frame, and fitting the resulting continuum with
a low-order polynomial.

Data from OES are reduced using the Ondfejov Echelle Spectrograph REDuction
(OESRED) semi-automatic reduction pipeline written in IRAF, tailored to reduce
the 2D OES spectra (Cabezas et al., 2023). The biases, halogen lamp flat fields, and
thorium-argon frames are combined for their respective master images. The master
bias is subtracted from the master flat field and the science frames. The apertures
for the spectral orders in the master flat, lamp, and science frames are determined by
fitting high-order polynomials. Wavelength calibration with the master lamp is done
for each night of observation. Flat correction effectively removes the blaze function
from all orders as well as fringing effects in the reddest orders. Final normalization
of the individual orders is done with high-order splines (~ 10) in batches.

Raw CCD data from the ESpeRo spectrograph at the Rozhen observatory is
reduced by the observing staff following standard spectral reduction procedures in
IRAF. The bias subtraction, flat field correction, and wavelength calibration steps
are all performed before the data is sent to the user. The master bias is removed
from the master flat field and sciences frames. Individual echelle orders are extracted
from the master flat, the best obtained stellar spectrum, or a standard (RV or
photometric) bright star that has been observed. The orders are extracted for the
stellar spectra, master flat, and ThAr images. Science orders are divided by the
flat field, and wavelengths are calibrated using the ThAr lamps. Additionally, a
heliocentric correction is applied to the spectra. We normalize the spectra in-house
with a polynomial fitting routine in IRAF.

Data from FIES is received in both raw form and a preliminarily reduced form,
using the FIEStool pipeline; however, we are cautioned against using this ‘reduced’
data for scientific studies, and are encouraged to perform our own reduction. FEROS
data is received in raw form. Full spectral reduction for the data collected from FIES
and FEROS is performed using the Collection of Elemental Routines for Echelle
Spectra (CERES) pipeline (Brahm et al., 2017). We use tools and routines for CCD
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image reduction, tracing of the echelle orders, optimal extraction of the wavelength
solution, and RV estimation. The CERES pipeline provides normalized optical
spectra from the FEROS and FIES data.

For all of our echelle spectra, we merge the continuum-normalized spectral orders
for a complete 1D spectrum by interpolating the overlapping spectral regions at the

native resolution.

2.5.1 Spectral Normalization

Spectral normalization is of extreme importance for accurate RV cross-correlation,
stellar parameter estimation, and accurate abundance determinations. Echellogram
spectra have a curved ‘blaze’ shape, where they receive more flux in the middle of
the chip compared to the edges. After extraction and reduction, this feature remains
in the science spectra. To flatten and normalize the spectra, we fit a polynomial to
corresponding to the apertures in the flat field frame, and then the science apertures
are divided by this function to remove the blaze. This also removes any fringing
effects in higher order apertures, but may not fully flatten the spectrum. For each
night of observation, we perform a flat-correction to the calibrated data. We use
cubic splines of high order (~ 8—10) to flatten the spectrum and obtain a continuum

value of =~ 1.

Additional spectral features may be present after normalization. In general, the
spectra are noisy on edges of the orders, and there are large regions of spectral
overlap between orders on some instruments. We exercise caution when merging
the spectral orders to generate a full 1D spectrum by taking the weighted mean
of the flux at resolution-consistent wavelength intervals. Other features could be
related to the quality of the flat-field calibration or may be related to a change in
polarization along the fibre Skoda et al. (2008). We avoid regions where spurious

spectral features may affect our measurements.
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2.6 Data Analysis

2.6.1 Radial Velocities

From the normalized stellar spectra, we measure the Doppler shift to move the
spectra into the rest-frame. In doing so, we compute the radial velocity (RV) of
the observed star and adjust for the motion of the Earth around the Sun with
the barycentric correction. To compute the RV of our targets, we used the cross-

correlation method by comparing the observations to rest-frame template spectra.

We generated synthetic spectra of the same spectral types covered in our observa-
tional campaign using MOOG and use them as templates for the cross-correlation
comparison Sneden et al. (2012). Additionally, for each spectrograph, we used ob-
served spectra of varying spectral types as templates for comparison. We manually
shift them to the rest frame using absorption features at known wavelengths: H-a
(6563 A), H-f (4381 A), Mg b triplet (5183 A), and the Na D doublet (5980 A). We
opt to use the observed stellar spectral templates that we have manually shifted to
the rest frame, as they preserve the instrumental profile and result in more consistent

and precise RV.
For the spectroscopic data from VUES, OES, and ESpeRo, we used the Python

package PyAstronomy and the RVCorr function to compute cross-correlation func-
tions (CCFs) on the reduced data. From the CCF results, we compute radial ve-
locities as the shift of the peak of the CCF. We verify our results using the IRAF
(Image Reduction and Analysis Facility) functions for the Doppler correction of a
spectrum DOPCOR, and cross-correlation of a spectrum FXCOR, within the NOAO
(National Optical Astronomy Observatory) package.

We computed the CCFs on the entire sample of observed stars for each spectral
order before merging. To determine the goodness-of-fit of the cross-correlation, we
computed both the statistical ‘v’ (TDr) value Tonry and Davis (1979) and a x?

between the observed and template spectra. In the TDr comparison,

N 1
‘T SB1+r

(2.1)

where N is the number of bins in the cross-correlation, B is the wavenumber at the

center of the peak, and r is
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B h
V20,

where h is the height of the cross-correlation peak and o, is the root mean square

r (2.2)

average of the cross-correlation, or the average height of the CCF background. We
compared RV results using the TDr approach and the y? metric and we find that
the best TDr value is not always consistent with the best y? value, and the CCF
background may be poorly constrained in noisy spectra. In the majority of instances,
we found the CCF with the highest peak compared to the background consistent
with the x? metric. Since this is case, we determined the x? method is sufficient in
finding the best template spectrum. We computed the RV for each spectral order
before merging to provide a statistical value of the RV. We remove outlying RV
values beyond 30 of the median. Such deviations may arise from noisy spectral

orders in the bluer regions or from low SNR.

2.6.2 Stellar Atmospheric Parameters

Stellar atmospheric parameters are important for characterizing the internal struc-
ture and evolutionary state of a star. Knowing the effective temperature T.g, surface
gravity log(g), and metallicity [Fe/H] is vital for computing synthetic stellar atmo-

spheres for the derivation of elemental abundances.

ATHOS To homogenize our samples from different instruments, we used ATHOS
(A Tool for HOmogenizing Stellar spectra) from Hanke et al. (2018), because it is a
fast and automated code needed for our sample size. The ATHOS program estimates
the stellar effective temperature T.g, surface gravity log(g), and metallicity [Fe/H]
from spectra by computing analytical relations between flux ratios (FRs) within
designated wavelength regions of interest. The temperature estimates come from
FRs around the Balmer lines Ha and Hf, and the metallicity and surface gravity
FRs come from regions of interest within the optical spectrum between ~ 4800A and
~ 6500A that include the Mg b triplet and many Fe features between 5000 and 5500
A

The ATHOS program works on stellar spectra with resolution within the range
R ~ 2000 — 67000. ATHOS is a machine-learning algorithm trained on chemically
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normal stars, operating effectively within temperatures 4000 — 6500 K, surface grav-
ities from 1 —5, and metallicities between -4.5 and +0.3 dex, covering spectral types
F, G, and K. There exist stars in our dataset outside of these boundaries, and we
find the code performs poorly when used on data outside of the training set. ATHOS
does not require a fully stitched 1D spectrum; only that the regions of interest be in
the spectrum. The code can also be parallelized, enabling fast and efficient analysis

of very large datasets.

ATHOS quickly determines atmospheric parameters for a large sample of stars,
provided their parameters are within that of the training set. Since the program
depends on flux ratios from a set of wavelength ranges, it suffers degeneracies when

stars are chemically peculiar or have appreciable rotational velocities.

Uncertainties in the parameters determined by ATHOS stem from statistical un-
certainties within the training set. The parameters are estimated in order: first
temperature, then surface gravity, and finally metallicity. If the estimate of the
temperature is highly uncertain, this will propagate to the estimation of the surface
gravity, which further compounds into the estimate of the metallicity (Hanke et al.,
2018).

We tested ATHOS on odd- and even- numbered spectral orders, on combined
orders that contain the only the regions of interest, and on merged 1D spectra for
our data sets. For the majority of the instruments used, we find no significant
difference between using odd and even orders, compared to isolating the regions of
interest. For the OES sample, the regions of interest are split unequally between the
odd and even orders, and choosing this method results in inaccurate estimation of the
atmospheric parameters with large uncertainties. The T,z estimation often comes
close to literature, but can have large errors on the order of > 500 K. To mitigate
these effects, we merge the spectral orders after shifting them to the rest frame.
Using merged 1D spectra provides the best results with the lowest uncertainties.
ATHOS performed well on our data, provided that the atmospheric parameters of

the stars are within the operational limits of the program.

ATHOS does not provide an estimate of the microturbulence parameter £. In this
case, we computed the microturbulence using the empirical relation from Mashon-

kina et al. (2017),
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Terr (K)

=0.14 — 0.08 [Fe/H] + 4.90
3 [Fe/H) + 4.90-12

—0.47 log(g). (2.3)

While this formula is designed to work with metal-poor giants, we found it sufficient

to estimate the microturbulence of our sample.

Our full observational sample slightly exceeds the parameter limits of the ATHOS
program, so we apply ATHOS to a trimmed sample of our 360 observed stars. Not
all of our spectra are of high enough quality to estimate accurate parameters using
ATHOS; we estimate accurate parameters in a high-quality sub-sample of about 312

stars.

ARES The ARES (Automatic Routine for Equivalent widths of Spectra) program
(Sousa et al., 2015) is a tool for quickly measuring equivalent widths of spectral
features. We used separate line lists for metal-rich stars (Alves-Brito et al., 2010;
Koch et al., 2016) and metal-poor stars (Hansen et al., 2012a; Koch et al., 2016) with
ARES to quickly compute equivalent widths of Fe I and II features in our observed
stars. In preparing the line lists, we visually inspected the features to ensure they
are not blended or asymmetric. To verify our results using ARES, we selected a
number of lines and computed the equivalent widths ‘by hand’ using IRAF. We find
good agreement, and deem it safe to use the ARES results when performing the

excitation and ionization balance to determine atmospheric parameters.

Xiru The Xiru code (Alencastro Puls, 2023) is a program to find spectroscopic
parameters of a star, including the microturbulent velocity £, from excitation/ion-
ization balance, given a set of equivalent widths of Fe I and Fe II spectral lines. To
find the best fit stellar atmospheric parameters, Xiru interpolates the grid of model
atmospheres in four-dimensional T.g, log(g), [Fe/H], and £ space using Broyden’s
method to quickly optimize the spectral solution. Choosing a high quality, high
SNR subset of our stars analyzed by ATHOS, we refined the stellar parameters by
using the Xiru program using equivalent widths measured with ARES, using the

ATHOS values as input for iteration.
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AGB Stars

A known characteristic of AGB stars is their cool extended atmospheres. In cool
stellar atmospheres, the neutral and ionized states of atomic species are not in
equilibrium and may not display the same abundance for a given model atmosphere
Campbell et al. (2017). In this light, we opted to use different methods to estimate

the surface parameters for our sample of AGB stars.

We collected photometric data in Johnson-Cousins UBVRI bands and 2MASS
JHK s bands, with corrections, are collected from SIMBAD for our set of AGB stars
(Chen et al., 2019). To account for extinction, we used an individual determination
of the line of sight reddening for each of our stars from the dust map hosted by
CalTech (https://irsa.ipac.caltech.edu/applications/DUST/) (Schlafly and
Finkbeiner, 2011). For each of the available photometric bands, we applied extinc-
tion corrections to reduce the systematic errors in our parameter estimates; we rely

on the relative reddening with respect to a known reference point.

We computed the metallicity by measuring the equivalent widths of Fe I spec-
tral features. We formed a line list of features >7000 A using lists provided in
Neyskens et al. (2015); Shetye et al. (2018, 2019, 2020, 2021), and supplement it
with 5500<7000 A by choosing Fe lines that are not included in molecular features

or strongly blended with other features.

The stellar temperature was computed using the infrared flux method (IRFM),
using photometric data and empirical scaling relations Alonso et al. (1999). This

method has a metallicity dependence, and we use our derived metallicities.

We computed the surface gravities log(g) using the parallax, luminosities, and

mass estimates (Nissen et al., 1997), through the expression

log(g9/9e) = log(M/Mg) + 4log(T'/Ts) + 0.4V 0 + 0.4BC + 2log(w) + 0.12. (2.4)

Using this method the surface gravity depends on the stellar temperature and mass
of the star. We estimate AGB masses using our temperature and luminosity esti-

mations and fitting evolutionary tracks from Bressan et al. (2012) and Chen et al.

(2014).
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2.6.3 Abundances

To focus our abundance measurements on the highest-quality spectra, we made
cuts on spectral SNR (> 40 around A ~ 4500 A) and parameter uncertainties
(ATer < 300 K, Alog(g) < 0.5, A[Fe/H| < 0.3 dex). In addition to high SNR, we
choose stars that stars satisfy at least one of our criteria of interest: they are known
chemically interesting stars (Ba, C/CH, CEMP-s stars), or are flagged as chemically
peculiar candidates; they are in known binaries, or they are known to be chemically
interesting and are in suspected binaries. We used Xiru to compute parameters on
our high-quality sub-sample. The average uncertainties in Tog, log(g), and [Fe/H]
are 89 K, 0.35, and 0.16 respectively. We used our stellar parameters from Xiru
to generate synthetic spectra from the ATLAS9/Kurucz stellar atmosphere models
(Heiter et al., 2002; Castelli and Kurucz, 2003), and we compared them to our
observations.

We computed 1D-LTE abundances from spectral features using the MOOG soft-
ware (Sneden et al., 2012; Sneden, 2023), with the PyMOOGi! implementation
(Adamow, 2017). We used the drivers abfind and synth to determine the atomic
abundances through equivalent width fitting and synthetic spectra comparison. For
clean lines, we determined the strength of the absorption feature by measuring the
equivalent width and using it as input for abfind. We used the synth driver to com-
pute abundances via synthetic spectra comparison for blends and hyperfine split
lines. A x? routine within the synth driver indicates the best fit synthetic spectrum
to the localized observations.

In both cases of computing abundances, a continuum correction is first applied
across larger wavelengths (~40-50 A) for a verification of the continuum around the
line(s) in question. When determining abundances, we generated a (2-5 A) region
centered around the line of interest.

Elemental abundances from the s-process have been previously studied in parts
of our sub-sample, although not always at such high resolution, nor for all of the
elements we probe in this study. The elements Sr, Ba, and Eu are relatively well
measured in the literature and provide a good basis for comparison in most cases.

The log e abundance scale is customary in astronomy, and is computed using the

expression

https://github.com/madamow/pymoogi/
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logex =log(Nx/Ng) + 12, (2.5)

where logey = 12. The MOOG abundance outputs are in the form ofloge abun-
dances, which we convert to the logarithmic ‘square-bracket’ [X/Fe] notation, scaling
chemical abundances in our stars to the sun. To convert this value to [X/Fe|, we

subtract the solar abundance logex ¢ and then the stellar metallicity [Fe/H].,

[X/Fe|] =logex . —logex e — [Fe/H],. (2.6)

We computed the total abundance of an element by averaging the abundances
measured from multiple spectral lines when available. A line list for our atomic
species is in Table A.1, with wavelengths, excitation potentials, and oscillator strengths
log(gf), compiled with data from linemake. NIST? data quality flags are included
where available. Lines with hyper-fine or isotopic splitting are marked accordingly,
with (hfs).

AGB Stars

For the AGB stars, we interpolated a grid of 1D-LTE MARCS model atmospheres
specifically designed for evolved S-type stars Van Eck et al. (2017). These mod-
els cover lower temperatures down to 2700 K, variable C/O ratios, and the overall
enhancement of s-process elements. They consider the important molecular con-
tributions to the absorption spectrum. AGB stellar spectra suffer from significant
molecular absorption, mainly from C, TiO and ZrO.

In AGB spectra, the lines of interest are typically heavily blended, especially in
the blue region. We selected lines > 5500 A, since bluer regions of AGB spectra
are dominated by ZrO and TiO absorption. We compile our line list for AGB stars
from Meléndez and Barbuy (2009); Neyskens et al. (2015); Shetye et al. (2019, 2020,
2021).

2.6.4 Orbital and Physical Elements

We used the ELC program to model the binary orbits with collected and available
RVs. The ELC program is a photodynamical modeling software for binary stars

’https://physics.nist.gov/
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(Orosz and Hauschildt, 2000). The code is general, and the orbits of a variety of
binary systems can be directly modeled, including RV variable systems. The pro-
gram computes the Cartesian positions and velocities of the stars from the Keplerian
orbital parameters in a 6-to-6 conversion, and integrates the Newtonian equations
of motion. Further details are found in Orosz et al. (2019) and Dimoff and Orosz
(2023).

We collected available RV data and orbital parameters for our targets from lit-
erature sources, including Gaia DR3, The RAdial Velocity Experiment (RAVE)
Steinmetz et al. (2006) the 9th Catalogue of Spectroscopic Binary Orbits (SB9)
Pourbaix et al. (2004), and references therein. With our RV time-series data and
informed priors from the literature, we used ELC to optimize and refine the orbital
and physical parameters of the binaries with a differential evolution Markov chain
Monte Carlo (DEMCMC) routine to best fit the input data (Ter Braak, 2006).

In an eccentric orbit, the RV semi-amplitude of the primary component K; is mea-
sured from spectroscopic observations (Marcy and Butler, 1992; Mayor and Queloz,

1995), and is expressed as

i _ (27G\"_ Mysini 1 27
TUP (M + M)2/3 (1 — e2)1/2’ '

where P is the orbital period of the binary, M; and M, are the masses of the primary
and secondary components, ¢ is the orbital inclination with respect to the observer,
and e is the orbital eccentricity. The same expression exists for the secondary

component, with the subscripts switched.

From a single-lined spectroscopic binary with one visible component, the indi-
vidual masses of the components cannot be measured directly Instead, component

masses are approximated through the mass function via Kepler’s third law:

M;

3. 7301 2\3/2
mSlﬂ 1= 1.0385 x 10 Kl(]' e ) P. (28)

f(m) =

where 7 is the inclination in the observer’s frame, M; and M, are the primary and
secondary masses, e is the eccentricity, and P is the orbital period. Both component
masses and the inclination are degenerate, and depend on one another to keep the
mass function constant for the system. The observable parameters K, e, and P

allow the computation of the mass function. For an eccentric orbit, the mass function
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is derived from

f(m) =1.0385 x 107K} (1 — €%)3/?P, (2.9)

where P is the orbital period in days, K is the radial-velocity semi-amplitude of
the observable (primary) component, and e is the eccentricity. These parameters
were determined from our DEMCMC modeling. These two expressions are then

combined for

ﬁ sin®i = 1.0385 x 1077 K3(1 — €2)*/2P. (2.10)

To estimate the masses of the binary components through the mass function, we
need the inclination 7 of the system. Since our systems generally do not eclipse, we
impose upper limits on the inclination, where ¢ < 85° and we estimate a lower limit
of i > 15° because we detect significant RV variations.

The inclination is further constrained by assuming rotational synchronization of
the stars with their orbit; i.e. they rotate in the plane of the orbit, and at the same
rate that the stars orbit each other. Since our sample is mostly older stars typically
with long periods, we assume enough time has passed such that tidal interactions
have synchronized the stellar rotation, and the rotational rate of the star vsins is
equal to that of the orbit P. In reality, this may not be the case, as mass transfer
will likely disrupt the orbital system.

With Gaia DR3 parallaxes we estimated the luminosity from the radius using the
temperature through L = 47 R*T/4. The parallax angle 7 and semi-major axis a are
used to compute a relation between the period and masses, following Escorza et al.

(2017):

a M-
— = P2/3—2. 2.11
11 (M + My)2/3 (2.11)

This allows estimation of the luminous mass, which we use as input for the ELC
program. Where available, we use mass estimates from the FLAME pipeline and
mass information from literature references within Table 2.7 as informed priors for
our orbital optimization. It is noted that the estimated mass of evolved stars from
the FLAME pipeline generally are less accurate and have larger uncertainties.

From Escorza et al. (2017) and Jorissen et al. (2019), the average mass of a Ba
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giant is ~ 2.5 Mg, and varies between about 1.5 - 3.0 My; we initialize our visible
components using this mass range in our higher metallicity systems in our dynamical
modeling. For low metallicity stars, we initialize with a mass of approximately
0.80M, because the average mass of a CEMP star is about 0.80Mg. If the unseen
component in the binary is indeed an AGB remnant, it should be a white dwarf.
From AGB stars with initial masses between 0.85 and 7.5 M, white dwarf remnant
masses are typically 0.5 M, < m < 1.1 M, (El-Badry et al., 2018), and we use this
lower limit in our optimization. We set an upper limit for the mass of white dwarfs
with the Chandrasekhar mass M, < 1.44 M, (Chandrasekhar, 1931).

2.7 Results

2.7.1 Atmospheric Parameters

High-resolution spectra allow for good estimation of atmospheric parameters, an
important step in determining abundances in stellar atmospheres. Making cuts on
our full sample of 404 stars, we arrive at a refined sample of about 312 stars.

A Kiel diagram in the left panel Figure 2.4 shows surface gravities and effective
temperatures of our sample. Stellar parameters of our large sample analyzed with
ATHOS and of our abundance sub-sample from Xiru are shown in solid and open
circles respectively. In the right panel, metallicity is plotted against temperature.
Blue data points are known Ba stars, red data points are C-enhanced stars, and
green data points are “other” stars, yet unclassified by their abundances or chemical
peculiarity. Parameters for the AGB stars are shown with solid orange circles. Error
bars in the figure are the average uncertainties across our samples.

Typically, Ba stars have metallicities between —1.0 < [Fe/H] < +0.15, where
about 75% of our sample lies. Some CH stars in our sample also have metallicities
in this range. About 25% of our sample stars have lower metallicity ([Fe/H] < —1),
including CH and CEMP-s stars. After trimming our sample to be compatible with
ATHOS, the effective temperatures range from 4100-6500 K, surface gravities from
0.65-4.97 dex, and metallicities from —2.6-+0.20 dex. A summary of the parameters
for our abundance-quality sub-sample is in Table 2.3, where the first line for each
star has our Xiru parameters and the second line has those from the literature, with

references in the last column.

83



Table 2.3: Estimated atmospheric parameters for our abundance sample using Xiru.
Literature values are provided for comparison, with references. From Di-

moff et al. (2024)

(1) Soubiran et al. (2022) (2) Jorissen et al. (2019) (3) Purandardas et al.
(2019) (4) Ting et al. (2019) (5) Karinkuzhi et al. (2018) (6) Zhang et al.
(2023) (7) Pereira et al. (2012) (8) Karinkuzhi et al. (2021a) (9) Lim-
berg et al. (2021) (10) Jonsson et al. (2020) (11) Buder et al. (2018) (12)
Karinkuzhi et al. (2021b) (13) Gaia Collaboration et al. (2023) (14) Guill-

out et al. (2009) (15) Steinmetz et al. (2020a)

Star Tog [K]  or log(g) [dex] o1gy [Fe/H] [dex] o n; & [km/s]  o¢ Ref.
HD 105671 4700 200 4.50 0.25 0.10 0.25 1.19 0.28

4617 4.55 0.07 (1)
HD 196673 4825 66 0.94 0.37 0.00 0.14 1.81 0.13

4914 2.50 0.12 (2)
HD 50264 5972 45 4.24 0.12 -0.17 0.07 0.86 0.08

5900 4.60 -0.13 (3)
HRCMa 5063 75 1.98 0.36 -0.23 0.12 1.82 0.14

4822 2.40 0.23 (4)
PV UMa 5058 74 2.28 0.34 -0.32 0.13 2.00 0.13

5050 2.50 -0.13 (2)
HD 104979 5007 53 2.08 0.20 -0.35 0.10 1.65 0.09

4933 2.68 -0.33 (1)
HD 31487 4964 80 1.94 0.40 -0.38 0.24 2.08 0.13

4960 3.11 -0.04 (5)
HD 101581 5366 51 3.82 0.64 -0.55 0.29 3.18 0.12

4738 4.46 -0.52 (1)
BD+41 2150 4828 84 1.73 0.51 -0.48 0.18 1.77 0.16

4707 2.16 -0.67 (6)
CD-621346 5318 78 1.40 0.28 -1.35 0.10 1.81 0.10

5300 1.70 -1.57 (7
HD 135148 4573 130 1.26 0.60 -1.41 0.24 1.95 0.21

4237 0.66 -1.89 (1)
HD 209621 4850 443 1.64 0.33 -1.60 0.40 2.06 0.45

4740 1.75 -2.00 (8)
TYC 1987-753-1 6047 200 4.00 0.25 -1.80 0.25 0.98 0.20

6126 3.45 -2.09 9)
HE 0414-0343 5204 118 2.00 0.62 -1.89 0.15 0.80 0.14

4863 1.25 2.24 (1)
BD+04 2466 5021 220 1.68 0.15 -1.93 0.30 1.66 0.20

4991 1.43 197 1)
HD 103545 4960 121 1.51 0.79 -2.02 0.17 2.14 0.19

4807 1.70 -1.99 (1)
HD 116514 6247 127 4.25 0.58 -0.04 0.17 2.93 0.18

5687 411 0.02 (10)
TYC 8258-1189-1 5158 63 2.64 0.23 -0.08 0.08 1.20 0.12

5171 2.77 -0.14 (11)
TYC 2250-1047-1 5853 97 3.55 0.56 -0.31 0.19 2.13 0.17

5335 3.71 -0.55 (12)
HD 51273 6412 103 3.46 0.43 -0.31 0.12 1.75 0.17

6249 3.87 -0.79 (13)
HD 33363 4947 61 2.07 0.42 -0.35 0.18 2.25 0.12

4660 2.92 -0.06 (14)
TYC 2866-338-1 4837 78 2.78 0.35 -0.51 0.13 1.86 0.12

4475 1.91 -0.60 (6)
BD-193868 4402 95 1.55 0.45 -0.67 0.13 1.32 0.18

4451 1.39 -0.54 (15)
HD 276679 5934 115 3.18 0.50 -0.90 0.18 1.05 0.18

6467 4.12 -1.31 (13)
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Figure 2.4: Left: Kiel diagram of our estimated stellar parameters from ATHOS and
Xiru. Open circles are parameters estimated by Xiru. Blue data points
are Ba stars, red are carbon enhanced stars, green are “other” stars,
and orange are AGB stars. Floating error bars are averages for Xiru
(black), ATHOS (green), and our AGB parameter averages (orange).
Cool giants are in the upper right, and warm dwarfs are in the lower
left. Right: Metallicity vs temperature for our this sub-sample, with
ATHOS operational limits as the dashed grey box. Colors are the same
as the top panel. Adapted from Dimoff et al. (2024).

We find Xiru estimates slightly higher temperatures and metallicities compared
to ATHOS and other studies when determining atmospheric parameters. This may
be due to imposing the restriction of ionization balance between Fe I and Fe II,
where higher temperatures increase the relative abundance of Fe II. Over-ionization
of Fe II is a known problem in cool giants, and Fe suffers from NLTE effects at low
metallicities. This has a small but noticable effect when comparing our computed
abundances to those in the literature. Our sample of ATHOS stellar parameters for

312 stars is made available on Zenodo?®.

AGB Stars

For our sample of AGB stars, we present derived atmospheric parameters in Table

2.4. We make note of the large uncertainties in the temperatures; From the grid

3https://zenodo.org/communities/chetec-infra-wp6/records?q=&1=1ist&p=1&s=10&
sort=newest
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Table 2.4: Stellar parameters of AGB stars in our sample.

Name Te [K] o1, log(g) [dex] 0iogq) [Fe/H] [dex] oppe/m
V1139Tau 3503 96 0.215 0.112 20.21 0.17
TVAur 3505 150 0.112 0.111 -0.61 0.24
V365Cas 3597 40 0.191 0.103 0.3 0.20
SUMa 3748 25 0.263 0.099 -0.24 0.30
HRPeg 3543 125 0277  0.119 2018 0.25

of MARCS models for late type stars described in Van Eck et al. (2017), we find
the best matching model to our stellar parameters using a y? maximum-likelihood
method, and adopt this model when computing elemental abundances. In Figure
2.4, our sample of AGB stars are cooler than 4500 K and typically have surface
gravities around log(g) ~ 1.0.

2.7.2 Abundances

We investigated signals of enrichment from AGB nucleosynthesis through s-process
abundance patterns in AGB stars themselves and the binary companions of former
AGB stars. Here we present our relative abundances and patterns for a sub-sample of
25 stars. Additionally, we identify and verify signatures of s-process nucelosynthesis
in the atmospheres of 5 AGB stars. We constructed atomic and molecular line
lists using linemake including the elements we want to derive, as well as potential
molecular contaminants in blended lines.

We computed abundances for the elements C, Mg, Fe, Sr, Y, Zr, Mo, Ba, La, Ce,
Nd, Eu, and Pb. When we cannot compute abundances, we identify upper limits.
Abundance ratios [X/Fe| for our sub-sample are compared to the literature star-by-
star in Table 2.5, where the upper row for each star is our derived abundances, and
the lower row is that of the literature, with references. Quoted uncertainties are the
average statistical uncertainties between lines of the same element.

An example of a synthetic spectrum fit for the CEMP-s star HE 0414-0343 is seen
in Figure 2.5, where black data points are the observed spectrum, and multi-colored
solid lines are generated synthetic spectra. While carbon dominates the spectrum in

this blended line, there is a significant contribution from La. The carbon abundance
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is first determined from the 5156 A Swan band, and this is then used while deriving
the La abundance. The blue line is set with an absolute abundance of logey, = —5
for effectively no La contribution to provide a baseline. The green line is the best
fit for La, with loger, = 0.45. This corresponds to a [La/Fe] ratio of 1.30 at a
metallicity of [Fe/H] ~ —1.90, which we find compatible with the heavy element
abundances found by Hansen et al. (2016a) considering differences in atmospheric

parameters.
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Figure 2.5: Top Panel: Synthetic fits to a C and La blend at 5114.5 A in the CEMP-s
star HE 0414-0343, varying the abundance of La. Bottom Panel: Resid-
uals between the synthetic spectral fits and the observed data points,
and relative goodness-of-fit values for the spectral region. Adapted from

Dimoff et al. (2024).

Abundances as functions of metallicity for our sample are plotted in Figure 2.6,
where red circles are carbon-enhanced (CEMP-s/-no, CH) stars, blue squares are
known Ba stars, and green x’s are “other” stars, yet unclassified by their heavy
metal content or carbon enrichment.

Abundance patterns for our sample are displayed in Figure 2.7. Stars are cate-
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Figure 2.6: Abundances for our sample of stars by element. Blue squares are Ba
stars, red circles are carbon-enhanced (CEMP-s/-no or CH) stars, and
green x’s are “other” or unclassified stars. Inverted arrows are upper
limits on the abundance of [X/Fe]. From Dimoff et al. (2024).

gorized by class: carbon-enhanced stars in the top panel, Ba stars in second panel,
“other” stars in the third panel, and AGB stars in the bottom panel. We improve
upon the patterns of all stars in our sample by adding elements. Stars that are

candidates based on their carbon and heavy element enhancements are HD 116514,

TYC 2250-1047-1, HD 51273, HD 276679, TYC 2866-338-1, and TYC 9244-8667-1,
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but these stars have not yet been fully classified. On average, we extend existing

abundance patterns by about 50%. Stars in the third panel

2 | o o4 BD-+412150 i
-rich stars B et — - | CD-621346
22\ : S ":'*‘t:\l—’{‘:" HD135148 1
< ) & ¢ HD209621

AR 4555 @ -&- TYC19877531

AN /’}’ -@- HE04140343 ]

. %57 -@- BD-+042466 ]

- HD103545 -
1

e T B B e e L e e e e e o e e e LI R m e e
2 HD105671 -]
- Ba stars HD196673 4

&g _a________-_—_-_—_-;_'_‘___ﬁ,‘ HD50264 ~ @ 1

B '32533:: ----- ,,,—_——'—‘—""’ “““ - ~‘f3::’ ¢ HRCMa -9 1
& PVUMa ]

- - HD104979
- - HD31487 ]
-2 r - HDI101581 -

o R ST TR NN TN TN SR TN [N SO Y SN TN [N TN SN ST TN [N U T SHN SN [N TR SR TN SN N N SN SN T [N SR ST ST S N T S

X/ Fe]

HD116514 L=
TYC825811891
TYC225010471 A
HD51273 1
HD33363
TYC28663381
BD-193868

- HD276679 i

- BD-073076

[X/Fe]

[X/Fe]

@ V1139 Tau
-&- V365 Cas
-2 r -& SUMa -

10 20 30 40 50 60 70 80
Atomic Number (Z)

Figure 2.7: Abundance patterns for our sample of stars by stellar classification; car-
bon enhanced stars, Ba stars, “other” stars, and AGB stars. There is
minor spread in metallicity within each population. Adapted from Di-
moff et al. (2024)

Carbon: We derive the carbon abundance in our stars from synthetic spectrum

analysis of the Cy swan band at 5165 A and the CH band at 4308 A. The steep
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change in flux and the sensitivity of the Cy band makes it a robust feature to
precisely determine the C abundance in our high-resolution spectral data, and the
CH band provides a verification to the carbon abundance from the C, band. By
selection bias in our sample of metal-poor stars, we see large enhancements in C
at lower metallicities. For eight stars in our sample (CD-62 1346, HD 135148, HD
209621, TYC 1987-753-1, HE 0141-0343, BD+4-04 2466, HD 276679, and HD 103545)
we observe large enhancements in [C/Fe] > +0.5 dex. Many other features in the
spectra are blended with molecular carbon lines, and understanding the carbon

content ensures our other computed abundances are robust.

Nitrogen: For only the AGB stars, we used spectral synthesis on a large region
in the red part of the spectrum, between 8000 and 8100 A. With less absorption
in this region, and fitting TiO and ZrO band features, we roughly constrain the N
abundances. This is helpful in computing other abundances that are blended with
CN features, and is useful in determining the evolutionary state of the AGB star.
Despite large uncertainties, we find relatively consistent N abundances, typically
higher than the derived C abundance in our AGB stars. The abundance of N can

also be important for computing the O abundance.

Oxygen: Deriving the O abundance using unblended spectral features or spectral
synthesis proved difficult due to large amounts of molecular absorption in our spec-
tra, and the degeneracy with Ti and Zr abundances. We compare our synthesis
estimates by scaling the oxygen abundance to the metallicity and the N abundance
[N/Fe] — 0.4 [Fe/H] ~ [O/Fe]. The C/O ratio in our stars allows the determination

of age, as AGB stars produce more oxygen later in their evolution.

Magnesium: Abundances of Mg are computed by measuring the equivalent widths
of the Mg lines at 5528 and 5711 A. These lines are weaker than the Mg b lines and
remain unsaturated. The 5711 A line is very weak and, in cases where [Mg/Fe]
~ 0.0 may be indistinguishable from the continuum, even at higher metallicities.
For our sub-sample of stars, we find [Mg/Fe| values close to the solar value at high
metallicities ([Fe/H] > -1) with some expected scatter. At lower metallicities, our
results are in agreement with Buder et al. (2019), following a flat a-enhancement

trend with some scatter.
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Figure 2.8: Comparison of [Fe/H] abundances between ionization and excitation bal-
ance from Xiru and spectral synthesis abundances using MOOG. There
is good agreement between Xiru and MOOG, with only two metal-poor
stars slightly outlying from the one-to-one trend. From Dimoff et al.
(2024).

Iron: We determined spectroscopic iron abundances using the equivalent widths
of Fe I and II lines determined by ARES and verified with Xiru and ATHOS. In
determining the atmospheric parameters, Xiru computes a metallicity from the Fe
features. We also compute Fe abundances using spectral synthesis in the region
between 5180 and 5250 A, where many Fe I and II features exist. We compare the
values from Xiru and MOOG synthesis in Figure 2.8. Xiru metallicity estimates
in our abundance sample are in close agreement to the determined spectroscopic
value. Lines of Fe I and Fe II should display the same abundance in the stellar
spectrum; if the temperature or surface gravity is not well constrained, there may
be a disagreement between the abundances in the two ionization states of iron.
This effect is minimized when using ionization balance, for example in Xiru. While
discrepancies in Fe I and II could be due to NLTE effects in some of the lines,
particularly at lower metallicities, this provides another check on the estimates of

Ter and log(g) from Xiru.

s-Process: Abundances of light s-process elements all follow a similar trend in
Figure 2.6. We observe a tight grouping in the [Mo/Fe] abundance in our abundance
sub-sample, with [Mo/Fe| generally between 0 and +1.0 dex. Abundances of the
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heavy s-process elements Ba, La, Ce, and Nd exhibit more scatter in the metal-poor
regime [Fe/H] < —1.0 (Francois et al., 2007; Hansen et al., 2012b, 2014). There is
visible scatter in the s-process element abundances in our sample, indicating different
enrichment pathways in some of our targets. Two of the carbon-enhanced stars (red
data points in the figure) are CEMP-no stars, and do not exhibit significant s-process
enhancement.

The [Pb/Fe| space is more sparsely filled compared to other elements, where not
all of our stars had Pb detections. The Pb line at 4057 A is blended with C and Mg
features, and is easily washed out at lower SNR. For some of our metal-poor stars
and Ba stars, we observed large enhancements with [Pb/Fe] > 1, a key signature of
the strong s-process in AGB stars. We observed one star HD 103545 with a low Pb
abundance, and note that this star is a CEMP-no star.

The abundances of Sr, Y, Zr, La, and Eu have been previously derived for a
large part of our sub-sample, and we find our results in general agreement with the
literature. Some stars show large enhancements in s-process elements and are likely
to have been enriched by an AGB companion, where some have lower enhancements
and are likely to have been enriched by the parent molecular cloud.

Table 2.6 displays the metallicity, carbon enrichment, and relative s-process en-
hancement for our abundance sample, organized by nucleosynthetic classification
(Ba, C-rich, unknown), and ordered by decreasing metallicity. Contributions from
light ([ls], (Sr,Y,Zr,Mo)) and heavy ([hs], (Ba,La, Ce,Nd)) s-process enrichment,
and the ratio of heavy-to-light s-process ([hs/ls]) elements, are shown. Stars with

positive |[hs/ls] are likely to have received this material from an AGB companion.

Europium: Computed abundances of the canonically r-process-produced element
Eu in Figure 2.6 show a general trend with little scatter, suggesting a more singu-
lar enrichment channel for r-process material in our stars that are predominantly
s-process enriched. Since this is the case, we assert that our Mo enhancements
are mainly from the s-process and not the r-process. Lower metallicity stars show
[Eu/Fe| abundances typical of r-I type stars.

Uncertainties in our abundances vary slightly between spectral features and, on
average, the atmospheric parameters contribute an uncertainty of 0.15. With the
average statistical uncertainty in our lines of 0.10, we arrive at a combined average

uncertainty of (o) = 0.25.
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Sensitivity Study

We perform a sensitivity study to determine the relative change in the abundance
for a small change in each of the atmospheric parameters. We vary the stellar
temperature by £200 K, the surface gravity by +0.3 dex, the metallicity by +0.3
dex, and the microturbulence by 4 0.2 dex to determine the effect changing each of
the parameters has on the abundance.

For example, 0loge/0¢: varying the microturbulence £ by £0.2 km/s alters the
abundances of Sr, Ba, and La by < 0.05 dex, and in specific cases (e.g. strong lines or
low surface temperatures) up to a maximum of 0.1 dex. We find this acceptable, as
it is within the combined uncertainties in our abundance computations, and assume
similar variations from the microturbulence in other elements.

If the abundances of different ionization states of iron are not compatible within
the spectra (i.e. > 0.3 dex separation), this may be indicative of NLTE effects in
some of the lines, or a poorly fit atmospheric model. Broadening of spectral lines
due to stellar rotation hinders the derivaiton of accurate abundances of weak lines.
Spectral features will be blended together which removes finer details, even at high
resolution. We find rotation becomes an issue with rotational velocities vsini > 15
km/s. If the rotation velocity is not known, we visually inspect the spectrum for
rotational broadening effects. To this end, we chose stars for our abundance sample

that have low rotation velocities.

2.7.3 Orbital Parameters

A list of input parameters is presented in Table 2.7 in the second line for each
star. Combining our computed heliocentric RVs with available literature data, we
optimized binary orbits to estimate orbital and physical parameters of the star sys-
tems. Measured RVs from our observations are electronically available on Zenodo?.
We add low-error data points to existing stellar RV curves with our high-resolution
snapshot spectra, with a typical improvement on the order of a factor of 5 compared
to previous RV uncertainties.

Systems enriched by a previous AGB companion may have long orbital periods

and are old enough such that the AGB has faded to a white dwarf, providing time

“https://zenodo.org/communities/chetec-infra-wp6/records?q=&l=1ist&p=1&s=10&
sort=newest
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Table 2.6: Ratios of s-process elements for each star in our abundance sub-sample,
organized by increasing metallicity. Total s-process [s/Fe], light s-process
(‘Is’ (Sr,Y,Zr,Mo)) and heavy s-process (‘hs’ (Ba,La, Ce,Nd)) enrich-
ment are compared. Units are expressed in [dex]| compared to the Sun.
From Dimoff et al. (2024).

Star [Fe/H] [C/Fe] [s/Fe] [l [hs]  [hs/ls]
HD105671 0.10 0.01 0.12 0.13 0.09 -0.03
HD196673 0.00 -0.05 -0.10 -0.03 -0.16 -0.13
HD50264 -0.17 0.31 0.89 0.79 0.92 0.14
HRCMa -0.23 0.21 1.02 091 1.10 0.19
PVUMa -0.32 -0.13 0.37 0.25 0.49 0.24
HD104979 -0.35 -0.02 0.60 042 0.65 0.23
HD31487 -0.38 0.09 0.70 0.54 0.87 0.34
HD101581 -0.55 0.40 047 0.38 0.59 0.21
BD+412150 -0.48 0.37 1.00 0.73 1.29 0.56
CD-621346 -1.35 0.91 1.01 057 1.20 0.63
HD135148 -1.41 0.61 0.13 0.15 0.12 -0.03
HD209621 -1.60 1.46 1.55 1.19 1.77 0.58
TYC19877531 -1.80 1.30 1.27 1.03 1.30 0.28
HE04140343 -1.89 0.95 1.18 0.76 1.34 0.58
BD+042466 -1.93 0.90 0.89 048 1.09 0.60
HD103545 -2.02 0.57 0.24 057 0.04 -0.53
HD116514 -0.04 0.00 0.18 0.14 0.04 -0.10

TYC825811891 -0.08 -0.24 0.25 0.16 0.29 0.13
TYC225010471  -0.31 0.28 0.79 056 093 037

HD51273 -0.31 0.11 0.06 0.06 0.05 -0.01
HD33363 -0.35 -038 -0.17 -0.13 -0.22 -0.09
TYC28663381 -0.36  -0.02 070 034 099 0.65
BD-193868 -0.67  -0.06 0.14 0.16 0.12 -0.04
HD276679 -0.90 0.72 0.799 064 093 0.30

for orbital circularization. Most of our binary systems with abundance patterns
indicative of AGB mass transfer have low eccentricity orbits, and the orbital pe-
riods vary from a few hundred days to a few thousand days. Figure 2.9 displays
phase-folded RV curves for selected systems CD-62 1346, HD 50264, HR Peg, and
HD 31732. For the CEMP-s star CD-62 1346, we added eight data points to the
RV curve and refined orbital parameters. Notably, we modeled the orbit of the
long period binary CD-62 1346 for the first time, with our data in good agreement

95



Table 2.7: Orbital parameters and estimated stellar masses, where sufficient data exists, from model orbits derived
using ELC. Uncertainties in the parameters are taken from the widths of the posterior distributions after
MCMC optimization. For each star, the first line is the results of our analysis and the second line is the
data from the literature.

Star # Obs. w e P k1 To asini My Ref.
# Lit. [°] (d) [km/s] [BJD-2400000] [109m] Mg]

HD 105671 1 244.46 + 0.138 £ 0.050 817.60 + 95.75 0.75 60605.361 + 284.127  111.94 533+ 0.75 0.34 £ 0.25

6 - - - - - - - - -- - - - - 7.40 -- (6,7)
CD-62 1346 6 184.50 + 4.16  0.137 £ 0.105 30928.29 + 5515.11 4.16 59933.235 + 16.78 70.76  3.9e-4 2.283 + 1.61 0.98 £+ 0.38

12 - - - - - - - - - - - - - - - - - - - -
HD 50264 5 249.25 + 8.37  0.011 £ 0.006 912.40 + 0.38 9.52  49579.283 £+ 20.442  271.76  0.069  1.25 + 0.89 0.66 + 0.32

11 230 0.091 909.90 9.52 49541 - - - - 0.90 0.60 (6)
HD 196673 1 116.19 + 1.49  0.589 + 0.016 7784.88 + 75.12 3.58  51697.923 £+ 77.760  1823.0  0.019  5.08 &£ 0.32 1.05 £ 0.04

79 116 0.590 7780.00 3.70 51698 314.0  0.020 5.00 1.10 (4,6)
HD 104979 2 164.34 £ 9.59 0.075 £ 0.022  18189.37 + 621.76 1.65 60297.864 + 149.790 1466.92 0.008  2.99 + 0.65 1.10 £+ 0.34

128 - - 0.080 19295.02 - - - - - - - - 2.70 0.75 (6)
HR CMa 6 180.80%  0.055 + 0.020 457.32% 6.79  47357.722 £ 55.167  180.13  0.014  1.87 £ 0.95 0.60 £ 0.15

38 - - 0.013 457.40 - - - - -- 0.035 2.10 0.75 (5,6,10)
PV UMa 3 22.69 + 2.10 0.110 £ 0.004 80.52 + 0.001 8.48 55155.728 + 0.061 3248 0.005 2.20 £0.64 1.01 +0.10

140 -- 0.090 80.00 - - -- - - 0.005 3.90 0.94 (6,8,9)
HD 31487 1 246.02 + 60.45 0.049 £ 0.008 1086.80 + 72.23 7.86 49432.182 + 123.928  255.57  0.060  1.95 £ 0.98 0.73 + 0.33

36 238 0.050 1066.40 7.00 45173 -~ 0.038 3.40 1.59 (4,5)
BD+41 2150 3 358.86 + 1.60 0.057 + 0.001 306.82 + 2.04  10.78 56323.099 + 1.822  187.69 0.040 1.69 +£0.94 0.88 + 0.31

70 315 0.055 323.0 11.80 56114 -- -- 1.27 - - (8,12,13,14,15)
HD 135148 11 261.04 + 18.45 0.114 £ 0.020 1405.19 + 2.78 4.87  47477.107 £ 67.530  496.36  0.016  2.72 + 1.73 0.72 £ 0.35

36 273 0.123 1416 4.79 47534 -- -- 0.80 0.26 (1)
HD 209621 1 15.66 + 10.55 0.005 £ 0.005 407.81 + 0.42 11.98  45877.766 + 15.605  247.32 0.072 2.30 = 1.10 1.15 £ 0.24

27 -- 0.000 407.4  12.05 45858 -- -- 3.60 - - (4,8,11,12,13)
BD+04 2466 2 319.91 £ 2.23 0.166 4+ 0.022 4762.26 + 20.12 5.53 59908.329 + 12.918 1131.9  0.080 2.40 +£1.20 1.18 £ 0.21

42 -- -- 4600 -- -- -- -- -- 1.10 (11,16)

References: (1)Carney et al. (2003) (2)Eker et al. (2008) (3)Fekel and Eitter (1989) (4)McClure and Woodsworth (1990) (5)Van der Swaelmen et al. (2017) (6)Jorissen et al.
(2019) (7)Delgado Mena et al. (2019) (8)Escorza et al. (2017) (9)Katoh et al. (2013) (10)Udry et al. (1998) (11)Bisterzo et al. (2011) (12)Jorissen et al. (2016) (13)Escorza et al.
(2020) (14)Platais et al. (2003) (15)Sperauskas et al. (2016) (16)Abate et al. (2015a) (17)Fekel et al. (1999) (18)Griffin and Beggs (1991)
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Figure 2.9: Phase-folded RV curves for the post-accretion binaries CD-62 1346, HD
50264, HR Peg, and HD 31732. We use available literature RV data
(blue) in conjunction with our own observations (orange). These four
stars have few literature data points, and with our provide enough data

to characterize their orbits and constrain component masses. Adapted
from Dimoff et al. (2024).

with the existing literature data from CORrelation-RAdial-VELocities instrument
(CORAVEL)Baranne et al. (1979) and South African Large Telescope High Reso-
lution Spectrograph (SALT-HRS) Tyas (2012).

The individual masses and the mass ratio are key outputs of our study, along
with the standard binary orbital parameters. A sub-sample of orbital and physical
parameters from ELC are presented in Table 2.7. The # Obs. column is the number
of data points added to each system from our RV observations, and the # Lit.
column is the number of literature data points used in the orbital analysis. Individual
component masses are approximated and are included in the table where available.
We note that our masses are dependent on the assumption of the orbital inclination,
and we observe large scatter across the subset. In HR CMa, the parameters with
an asterisk are fixed values for the best fitting model. Here, M, refers to the visible

component, and M refers to the companion, typically a white dwarf.
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2.8 Discussion

2.8.1 Abundances

Across the sub-sample, our computed abundances generally agree with the literature
within combined uncertainties, and larger differences arise from scaling of the metal-
licity. At higher metallicities, with [Fe/H| > —0.5, some of our derived abundances
do not agree with the literature. This may be due to NLTE effects, particularly
in the AGB stars, differences in model atmosphere parameters, or higher spectral

resolution Placco et al. (2014a).

In Figure 2.10, we compare our stellar abundance distributions to one another and
investigate correlations in abundance space. We eliminate metallicity dependencies
by using the abundance compared to hydrogen, [X/H]. Tight relations with a slope
of one indicate co-production of the elements; scatter in these relations or deviation
from the slope-one line is indicative of multiple nucleosynthetic production pathways.
We observe general correlations in all panels of Figure 2.10. We expect tight relations
within the light- and heavy s-process element groups (e.g., Y and Sr, or Ba and
La), and between both light- and heavy s-elements. A corner plot of the derived
s-process abundances is shown in Figure 2.11. We attempted to apply machine
learning techniques and perform Gaussian mixture modeling on our sample of stars
to distinguish between groups in abundance space. However, we found that with
only 25 data points we lack the statistical depth required for this analysis.

We find scatter in the relations when comparing s-process element Ce with the r-
process element Eu in Figure 2.10, as Ce is produced =~ 80% by the s-process. Similar
scatter exists in the Eu-Nd panel, indicating the multiple formation pathways of Nd
(=~ 50% s versus ~ 50% r), with Eu being produced =~ 94% by the r-process.

The average of our Mo distribution ({[Mo/Fe]) = 0.57) is between that of the
heavy s-elements (([hs]) = 0.66) and the light s-elements ({[Is]) = 0.45). We find
correlations between Mo and Zr, and Mo and La; one each of the light and heavy
s-process elements, although there is scatter with higher Mo / Zr / La abundances,
and with decreasing metallicity. This suggests that, at lower metallicities, Mo is
produced by multiple channels. Pignatari et al. (2013) investigated the impact
of 2C fusion in massive stars and its effect on the production of Mo. Hansen

et al. (2014) investigated the production of Mo in a sample of 52 stars and found
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Figure 2.10: Elemental comparison between light- and heavy s-process elements. We
compare [X/H] values to remove metallicity dependent biases in the
abundances. We observe general correlations in all shown comparisons,
with trends between s-process elements following tight correlations (Di-
moff et al., 2024).

multiple pathways to increased Mo abundances. Both groups found that Mo is
highly convolved with other elements and receives contributions from both the s-
and r-processes. At higher [Fe/H], Mo may be produced by the p-process and, at

lower metallicities, from the early weak s-process in massive stars. We find tighter
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correlations between Mo and light s-elements, and more scatter when comparing
with heavy s-elements.

de Castro et al. (2016) provides a definition of a Ba star as [s/Fe] > +0.25 and
[Fe/H| > —1, based on high-resolution spectra. For simplicity, we adopt this same
definition. We confirm the large s-process enhancements and Ba-star nature of TYC
2250-1074-1, and we add the stars TYC 8258-1189-1 and TYC 2866-338-1 to this
category. We suggest HD 276679 is a CH type star with large enhancements in
carbon ([C/Fe] = 0.72) and s-process elements ([s/Fe] = 0.79).

2.8.2 AGB Stars

Circumstellar dust provides a source of intrinsic reddening, in addition to typical
ISM reddening. Dust disks are more prominent around highly variable S-stars with
higher mass-loss rates. We limit our sample to intrinsic S-stars with low levels of
variability. Oxygen-rich dust contributes to reddening through the relation A, =
—1.0867).

In Te-rich stars, IR excess from dust grains is observed in the literature. The
level of TR dust excess increases with decreasing temperature. Lower temperatures
will result in more dust condensation in the upper atmosphere, indicating a more
evolved star. This is observed in the C/O ratio, where lower temperatures correlate
with lower C/O ratios, and is often used as an indicator for AGB evolution. There
is also a known correlation with decreasing temperatures and s-process enrichment,

but in our small sample we do not observe this trend.

2.8.3 Comparison to Models: the FRUITY models

The FUIl-Network Repository of Updated Isotopic Tables & Yields (FRUITY) mod-
els (Straniero et al., 2006; Cristallo et al., 2011; Dominguez et al., 2011; Cristallo
et al., 2015) provide updated s-process element yields from AGB stars at different
masses and metallicities. These models are useful for predicting s-process abundance
patterns in AGB stars and their polluted binary companions, in turn determining
neutron source efficiency, comparing observed physical parameters, and comparing
stellar abundances to theoretical yields.

We compare our abundance measurements to the FRUITY yields to investigate
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Figure 2.11: Corner plot of s-process elements in our sample. We observe corre-
lations between s-process elements within the light s-process elements
and the heavy s-process elements. Dimoff et al. (2024)

the origins of our observed abundance patterns. The FRUITY database contains
around 120 models that range in initial mass from 1.3 - 6.0 M, metallicities from
Z =2 x 107 to 0.03 ([Fe/H] = -3.33 to 0.33), and initial rotational velocities of
0, 10, and 30 km/s. FRUITY allows for the free creation of the 3C pocket by

parameterization of physical mixing processes through the thermal pulses.

Since the FRUITY models simulate AGB surface abundances, this material is
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diluted upon accretion onto a binary companion through convective and thermoha-
line mixing processes. We approximate the mixing of the stellar abundances and
FRUITY abundances using a prescription identical to den Hartogh et al. (2023).
The material accreted onto the stellar surface is diluted such that

X

{F_} = logyo [(1 — &) x 10F/Felu 1§ 5 10%/Felace] (2.12)
e

where [X/Fel;y; is the initial abundance of element X, [X/Fe|agp is the final surface
abundance of the AGB model, and ¢ is the dilution factor. Higher dilution factors
imply the observed stellar envelope is less mixed, and signatures of AGB material
are more visible. A dilution factor of zero (0) results in a flat abundance profile,
and no indication of heavy element enhancement from an AGB star.

We determine the model to best fit our observed stellar abundances using a least-
squared fitting method by comparing the abundances measured in our sample to
those produced by the model AGB stars within a range of masses, metallicities,
initial rotation rates, 13C pocket formation, and dilution factors. For each star, the
abundance pattern and best fit model are displayed in Figure 2.12, organized by
chemical composition and decreasing metallicity, with the most metal-rich stars in
each group at the top of the plot. Colors in Figure 2.12 correspond to to stellar
classification, following other figures in this work.

For most of the Ba, CH, and CEMP-s stars in our abundance sub-sample, we
find good fits to the FRUITY AGB yield models with s-process signatures, visible
in the two (or three) peaks around Sr and Ba (and Pb where available). The weak
Ba stars HD 105671 and HD 196673 show less pronounced peaks around Sr and Ba.
The CEMP-no stars HD 135148 and HD 103545 show flat abundance patterns with
an AGB mass of Mg = 6.0, indicating that these stars have not been enriched by
the s-process from a reasonable AGB companion. Some of our stars are metal-poor,
where chemical enrichment processes at low metallicities may operate differently
than those that produced the solar abundance pattern. Contributions from the
nucleosynthetic i-process may explain discrepancies in these patterns.

The amount of material transferred from an AGB star depends on the orbital
separation, where wide binaries will have low mass transfer efficiencies, and close

binaries will likely experience higher mass transfer efficiency through Roche-Lobe

overflow (RLOF).
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Figure 2.12: FRUITY models compared to computed abundances for our high-
quality abundance sample, organized by decreasing metallicity. Blue
data points correspond to Ba stars, red to C-enriched stars, and green
to “other” stars. Inverted triangles in the plots are upper limits from
our abundance computations. FRUITY model data is shown in black
(Dimoff et al., 2024).
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While we have focused this study on s-process signatures of low mass AGB stars,
the s-process also occurs in rapidly-rotating massive stars (Frischknecht et al., 2012).
Rotation rates required to induce internal mixing and the weak s-process in these
massive stars are on the order of half of the critical rotation velocity. These massive
stars may have polluted the ISM in regions of the galaxy where some of our stars have
formed, which could explain why some of our stars show only mild enhancements in
[s/Fe] and do not fit well to FRUITY yields.

2.8.4 RV Variability

To characterize binary orbits of stars in our sample, we use the ELC program to
model systems with sufficient RV data. Generally, six to eight data points are
sufficient if they are well spread across the orbit. Collected RV data is of good
quality, with an average precision of ~ 0.5 km/s for the ChETEC-INFRA TNA
instruments, and ~ 0.05 km/s for FIES and FEROS.

Our measured RVs are in good agreement with literature data, and systematic
offsets have been corrected using observations of RV standard stars and making the
heliocentric correction. Velocity variability for known binaries is within the expected
ranges, giving confidence in observed variability in binary candidates. Computed
mass functions f(m) in Table 2.7 are sensible, and in good agreement with corre-
sponding literature values.

The stars TYC 8258-1189-1, TYC 2250-1047-1, TYC 2866-338-1, HD 276679, and
the CEMP-s star TYC 1987-753-1 show promising abundance patterns (Figure 2.7)
for s-process enrichment from an AGB companion but, with only a few time-series
data points, they do not show appreciable RV variability. We have scheduled follow
up observations to characterize the binarity of these targets. We do not detect
appreciable radial velocity variation in the CEMP-no star HD 103545 or in the mild
Ba star HD 101581.

We find that stars with sufficient RV data in our abundance sub-sample generally
have lower eccentricities < 0.15. This is expected for older systems, where they have
had enough time to circularize their orbits. This is further evidence that Ba, CH,
and CEMP-s stars obtain their heavy element signatures from an AGB companion
where the system has had enough time to evolve the AGB to a white dwarf. However,

we note this may be selection bias; mass transfer will disrupt the initial orbital
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configuration, and there have been many high-eccentricity post-accretion systems

observed. For more, see Chapter 3

2.8.5 Stellar Masses and Ages

The masses of the AGBs that produced the s-process elements should be greater
than or roughly equal to the initial mass of the observable star for evolutionary
reasons, with some allowances for accreted mass. The AGB masses estimated from
the abundances patterns are compared to the mass estimates from the binary orbit
modeling in the left panel of Figure 2.13. As the AGB evolves into a white dwarf,
its mass cannot exceed the Chandrasekhar limit of 1.44 M. We find white dwarf
masses (mwp or Mo, dashed red line) less than those of the initial AGB mass from
FRUITY (black line), and less than those of the visible components (mys or My,
solid red line). For the stars HD 31487, PV UMa, HD 209621, BD+04 2466, the
visible component is slightly more massive than the AGB donor, although the AGB
mass is within the error bars of the estimated visual mass. For the star HD 105671,
we did not find a reasonable AGB mass estimate from the flat abundance pattern.

In the right panel of Figure 2.13 we compare the estimated AGB donor mass from
FRUITY (black line) and the level of s-process enrichment from our abundance
analysis (green lines). With the exception of the mild Ba star PV UMa, we observe
more s-process enrichment from low- and intermediate-mass AGB stars, with masses
between 2 — 3 Mg. The exception of PV UMa could be related to the orbital
configuration, where PV UMa has a short orbital period compared to other stars in
these classes. mass transfer may have proceeded via RLOF, transferring significant
angular momentum and shrinking the orbit of the binary. This may have ejected the
AGB envelope, and resulted in an overall reduced accretion mass. Alternatively, the
accretion may have occurred long in the past, and the mixing processes in this star
have strongly diluted the surface abundances. In the extreme cases of magg ~4—06
Mg such as HD 104979, HD 105671, and HD 196673, we observe comparatively less
s-process enrichment.

With our derived stellar masses and atmospheric parameters, we approximate
the ages of our program stars. Using PARSEC isochrones (Bressan et al., 2012;
Chen et al., 2014, 2015; Tang et al., 2014; Marigo et al., 2017) for metallicities

comparable to those in our abundance sub-sample, we investigate the ages for eight
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Figure 2.13: Top: Estimated masses for AGB donor stars from FRUITY (black line),
and dynamically derived visible (solid red line) and white dwarf (dashed
red line) masses from ELC. Bottom: AGB donor mass (black) com-
pared with observed s-process enrichment (shades of green). Dashed

green lines are predicted s-process enrichment from the FRUITY mod-
els. Adapted from Dimoff et al. (2024).

of our best-fit stellar systems: HD 50264, HR CMa, HD 104979, BD+41 2150, HD
31487, HD 209621, CD-62 1346, and BD+04 2466. We chose these systems because
they display strong s-process enhancement and show good agreement between AGB
mass, dynamical mass, and white dwarf masses. We initialize our isochrones using
an IMF from Kroupa et al. (2013), which corrects for unresolved binaries. We
compare our stars to the isochrones based on our dynamical mass estimates, effective

temperature, surface gravity, and extinction-corrected absolute G magnitudes (Go)

from Gaia DR3.

For a given metallicity bin, we determine on which isochrone our star sits by
minimizing the distance between our data and the isochrones in a least-squares
fitting routine. We perform comparisons in Tyg-mass space, log(g)-mass space, and
Go-mass space, and compare these results to the standard HR diagram of T.4-Gy.
Approximated ages of our systems are in Table 2.8.

In Figure 2.14 we plot our stars against isochrones in the HR-Diagram parameter
space (magnitude vs temperature), organized by metallicity. The color bar repre-
sents the age of the isochrones ranging from 10® to 10'° years, with our stars plotted

on top. For these eight selected stars, stellar ages from the HR diagram are all
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Table 2.8: Stellar metallicities, masses, and estimated ages. Ages are based on fitting
stellar parameters on PARSEC isochrones (HR) and using the dynamical
stellar masses derived using ELC (M).

Star [Fe/H] [dex] O[Fe/H] Mass [M@] oM log(Ageps yrs) o(Agepr) log(Ageg r yrs) o(AgegRr)
HD 50264 -0.17 0.07 1.25 0.85 9.55 0.11 9.71 0.33
HR CMa -0.23 0.12 1.87 0.95 9.12 0.07 9.47 0.42
HD 104979 -0.35 0.10 2.99 1.10 9.36 0.16 9.50 0.33
HD 31487 -0.38 0.14 1.95 0.98 9.19 0.07 9.42 0.47

BD+41 2150 -0.48 0.18 1.69 0.94 9.19 0.08 9.42 0.47
CD-62 1346 -1.33 0.10 2.89 0.87 8.52 0.14 9.79 0.30
HD 209621 -1.60 0.40 2.30 1.10 8.63 0.49 9.45 0.36
BD+04 2466 -1.93 0.30 2.40 0.92 8.49 0.51 9.55 0.33

over 10? years, with the oldest around 6.2 x 10° years. The ages derived using mass
estimates are between 3.3 x 10% and 3.5 x 10 years. For more metal-poor stars,
we find a systematic offset of about 0.7 dex toward younger ages when using our
derived masses. One would generally not expect a metal-poor ([Fe/H] ~ —2) star to
be less than ~ 10? years old; however, one would also not expect a two-solar-mass
star to be older than about 1.7 Gyr. In the cases where the age estimates from the
stellar mass disagree strongly with those from the HR diagram, we find the ages

determined from our dynamical mass estimates to be more robust.

The metal-poor star BD4-04 2466 sits on the RGB, but the low surface gravity
of log(g) = 1.68 may suggest the possibility of being a second-ascent giant, where
uncertainties in the stellar temperature overlap with the AGB. The CEMP-s star
CD-62 1346 lies on the RGB, between the first ascent RGB and the red clump.
The low surface gravity may indicate advanced evolution from the RGB toward the
horizontal branch (HB). The Ba star HD 104979 is on the RGB, or advancing onto
the HB in the HR diagram. The surface gravity log(g) = 2.08 does not suggest this
star is an AGB star. The star BD+41 2150 is definitively on the first ascent of the
RGB, undergoing hydrogen shell fusion. While we find a log(g) < 2, the error bars
are not small; we do not suggest this star is an AGB. The Ba star HD 31487 is
also on the RGB, in a similar evolutionary state as BD+41 2150. The Ba star HD
209621 sits in a similar place to HD 104979, between the RGB and HB phases. The
lower surface gravity of log(g) = 1.64 indicates advanced evolution, and He burning
on the second ascent of the giant branch may be beginning. The Ba star HR CMa
sits in the red clump region of the HR diagram, possibly undergoing helium fusion
in the core before ascending the AGB. The lower surface gravity of log(g) = 1.98
indicates advanced RGB or HB evolution. The Ba dwarf star HD 50264 has a high
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Figure 2.14: PARSEC isochrone fits for systems where we have dynamical masses,
shown in compatible mass and metallicity bins. Adapted from Dimoff
et al. (2024).

surface gravity log(g) = 4.24, and lies on the main sequence at the bottom of the

HR diagram.

2.8.6 Galactic Chemical Evolution

We visually compare our abundances [X/Fe] to the galactic nucleosynthesis analysis
of Kobayashi et al. (2020), and find similar trends in increasing s-process enrichment
[s/Fe] with decreasing metallicity. This is the result of a higher ratio of available
neutrons to seed nuclei. The same trend can be observed in [C/Fe], where more
metal poor stars are more enriched in carbon than their metal-rich counterparts.
Our Mg abundances follow the same general a-element trend with near-solar values
at higher metallicities, and with slight enhancements at lower metallicities. The

heavy element trends show increased scatter at lower metallicities.

Uncertainties

To determine the uncertainties in the radial velocities, we fit a Gaussian profile to
peak in the CCF and take the half-width at the half-maximum of the Gaussian fit
for each cross-correlation. Uncertainties in the RVs are taken as standard devia-

tion across all spectral orders. Uncertainties in the radial velocities from the OES
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instrument are numerically approximated using the equation

opy =C x (SNR) ™' x AN"% x R (2.13)

where AX = 5900 A, R = 51600 for the high-resolution fibre, and the instrument-
specific constant C' = 6.5x 102 Kabdth et al. (2020). For a SNR of ~ 10—15, deemed
adequate for RV observations, a RV accuracy of ~ 0.8 km/s is estimated. Our OES
observations typically have SNR ~ 30, and using our multi-CCF approach we find
an average uncertainty of ~ 0.5 km/s. Due to the similarities between the ASU and
IANAO telescopes, we estimate the average RV uncertainty of our observations is
~ 0.8 km/s for observations with SNR ~ 10 — 15. Our observations with ESpeRo
have consistently high SNR on the order of 30, resulting in likely more precise RV

measurements than predicted.

We estimated uncertainties for data collected from the FIES and FEROS instru-
ments using the CERES pipeline. The reduction code additionally calculates the
error in the computed radial velocities using the SNR of the observations and in-

cludes the statistical deviation across the spectral orders.

Uncertainties in our atmospheric parameters stem from spectral qualities SNR, the
spectral normalization, and cross correlation. Additionally, each derivation method
comes with its own set of uncertainties. Using flux ratios, the spectral uncertainties
play the most significant role, as the statistical uncertainties from ATHOS are small.
Balancing excitation and ionization levels requires the widths of many Fe spectral
features, whose uncertainties add to those of the overall spectrum. However, at
high resolution, the uncertainty in fitting a well-defined spectral feature is small,

provided well-reduced data.

The average uncertainty in our abundance derivations is a combination of the
statistical scatter measurement between lines and the uncertainties in the atmo-
spheric parameters. Abundance uncertainties are calculated for all elements using
the methodology described in Karinkuzhi et al. (2018, 2021b), following Equation
(2) from Johnson (2002) or Equation (A20) from McWilliam et al. (1995), where
Oran 18 the statistical uncertainty in the line measurements, and o7 , 0lg g, O[Fe/H],

and o¢ are the uncertainties on the atmospheric parameters:
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2.9 Conclusions

It is understood that AGB stars produce s-process elements in the He-intershell
boundary region outside the core. Convective mixing processes and thermal flashes
resulting in pulses and dredge-up events bring this material to the surface where it is
observable. Binary AGB stars share their enriched envelope material through TPs,
strong stellar winds, or by overflowing their Roche lobe. The polluted companion is
either a main-sequence or a giant star with s-process material visible on the surface,
even long after the AGB itself has faded to a white dwarf and disappeared from view.
This results in a single-lined spectroscopic binary enriched in s-process material. By
understanding element ratios produced by AGB stars of different masses, we aim to
better understand the nuclear physics of the s-process, mass transfer processes in
binary systems, and galactic chemical evolution.

We observed spectroscopic binaries with high-resolution spectrographs to trace
AGB nucleosynthesis patterns in the now-visible extrinsic binary companions. We
derived atmospheric parameters estimated with ATHOS and Xiru, and computed
1D-LTE photospheric abundances in a sample of 25 extrinsic stars with MOOG.
We added Mo and Pb to abundance patterns, useful in determining the initial AGB
mass in binary systems polluted with s-process material. We see similar trends
between both light and heavy s-process elements and Mo, and note correlations in

elemental abundances produced by the s-process. For 5 AGB stars, we determined
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atmospheric parameters using scaling relations and derive abundances of s-process
elements with MOOG.

We use our derived s-process signatures to infer the mass of the former AGB
companion star that produced the heavy elements through comparison to FRUITY
model AGB yields. We find a narrow range of initial AGB masses corresponding
to enrichment in s-process material and observe a general trend between s-process
enhancement and donor AGB mass, where low- and intermediate-mass AGB stars
produce more heavy s-process material compared to higher mass AGB stars. With
RV monitoring, we model binary orbits to further investigate the estimated stellar
masses of our sample. We find general agreement in the observed stellar masses,

initial AGB masses, and calculated white dwarf masses.
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3 Simulating Stellar Evolution with
Accretion from a Binary AGB

Companion

3.1 Motivation

It is not yet precisely known how or how much asymptotic giant branch (AGB)
stars enrich their binary companions. To this end, we present a large grid of 2691
stellar stellar evolution models, including accretion from a binary AGB companion.
By modeling the evolution of these polluted stars through the accretion phase, we
estimate the amount of material necessary to reproduce the observed surface abun-
dance patterns. For a large and diverse set of chemically enriched stars, we compute
accretion efficiencies and infer how material is transferred in these binary systems.
We rule out accretion mechanisms for some classes of stars. We trace evolutionary
links through cosmic time between different classes of chemically peculiar stars and
comment on convective mixing and mass-transfer efficiencies. This chapter closely
follows the work in Dimoff et al. (2025), Modeling the Progenitors of Low-Mass

Post-Accretion Binaries.

What’s New: We generate a new grid of binary stellar evolution models including
accretion for a broad range of metallicities, AGB donor masses, initial stellar masses,
and accretion masses. This is the first time such modeling has been performed
at low metallicities ([Fe/H] = —2.15). We find distinctions in accretion mass for
populations of stars. Different groups in metallicity formed at different times, hinting

at trends in accretion and mixing efficiencies with cosmic age.
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3.2 Abstract

About half of the mass of all heavy elements with mass number A > 90 is formed
through the slow neutron capture process (s-process), occurring in evolved asymp-
totic giant branch (AGB) stars with masses ~ 1 — 6 My. The s-process can be
studied by modeling the evolution of barium (Ba), CH, and carbon-enhanced metal-
poor (CEMP)-s stars. Comparing observationally derived surface parameters and
1D-LTE abundance patterns of s-process elements to theoretical binary accretion
models, we aim to understand the formation of post-accretion systems. We explore
the extent of dilution of the accreted material and describe the impact of convective
mixing on the observed surface abundances. We compute a new grid of 2691 stellar
evolution models including accretion from an AGB companion for low-mass post-
accretion systems. A maximum-likelihood comparison of surface parameters and
derived abundances determines the best fit model. We find consistent AGB donor
masses in the mass range of 2 —3 Mg, across our sample of post-accretion stars. Our
modeling shows CH and CEMP-s stars have low final masses (~ 1.0 M) and small
amounts of transferred material (~ 0.1 Mg). We find the formation scenario for
weak Ba stars is an AGB star transferring a moderate amount of mass (< 0.5 M)
resulting in a ~ 2.0 — 2.5 My Ba star. The strong Ba stars are best fit with lower
final masses ~ 1.0 — 2.0 My, and significant accreted mass (> 0.5 My). We find that
metal rich Ba stars generally accrete more material than metal poor CEMP-s and
CH stars. We also find that strong Ba stars must accrete more than 0.50 Mg to
explain their abundance patterns, and in this limit we are unable to reproduce the
observed mass distribution of strong Ba stars. The mass distributions of the weak

Ba stars, CEMP-s, and CH stars are well reproduced in our modeling.

3.3 Modeling the Progenitor AGB Stars

When modeling the effects of mass transfer, the nucleosynthetic signatures depend
heavily on the nature of the original AGB star. Significant effort has been made to
model the s-process nucleosynthesis within AGB stars.

The FUIl-Network Repository for Updated Isotopic Tables and Yields (FRUITY)
Straniero et al. (2006); Cristallo et al. (2011) provides results of modeling AGB
yields of s-process elements. They found that low-mass (1-3 M) AGB stars present
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the best match to the observed s-process abundance patterns in CEMP-s, CH, and
Barium stars. Karakas and Lattanzio (2014) modeled the yields of s-process elements
in AGB stars in the MONASH models, and found similar results, in that low-mass
(1-3 M) AGB stars are primarily responsible for the chemical signatures observed
in these post-mass-transfer systems.

The peculiar abundance patterns in the populations of Ba, CH, and CEMP-s stars
are understood to be the result of AGB mass-transfer in binary systems. To explain
the origins of the chemical enhancements in these stars, various models of accretion
and mass transfer have been developed with the aim of determining how AGB stars
enrich their binary companions, the efficiency of accretion, and evolutionary links
between classes of chemically peculiar stars. Boffin and Jorissen (1988) showed
that for some Ba stars with short orbits, Roche-lobe overflow (RLOF) is a likely
mechanism of mass transfer. However, many observed Ba, CH, and CEMP-s stars
have long orbital periods (P > 1 x 10* days, where RLOF is unlikely to occur.

The observable surface abundances of these stars are strongly dependent on the
amount of mass transferred AM, when the mass is transferred during the evolution
of the secondary, and the mixing processes within the accretor star. One of the
outstanding questions is how much material is actually accreted by the companion,
which provides a direct link to the efficiencies of AGB mass transfer. Stancliffe (2021)
has modeled Ba star progenitor systems at a fixed metallicity of [Fe/H] = —0.25 and
a fixed post-accretion Ba star mass of 2.5 Mg, corresponding to the average mass of
Ba giants determined by Escorza et al. (2017). Under these assumptions, Stancliffe
(2021) found that the amount of accretion in Ba star systems is typically small, on
the order of 0.10 M.

3.4 Observational Data

We compare our models to stellar parameters and surface abundances derived from
high-resolution (30000 < R < 60000) spectroscopic observations. We include the
homogeneously analyzed sample of Ba, CH, and CEMP-s stars from Dimoff et al.
(2024). We collect further data from the large sample of strong and weak Ba stars
from de Castro et al. (2016), supplemented by additional heavy element abundances

from Roriz et al. (2021a). We extend our analysis to the metal-poor regime and
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include CH and CEMP-s stars from Goswami et al. (2006); Karinkuzhi and Goswami
(2014, 2015); Goswami et al. (2016, 2021). For each of our observational samples,
we collect stellar surface parameters Tog, logg, and [Fe/H] (see Figure 3.1) and
surface abundances of C and heavy elements produced via the s-process, as well as
the r-process tracer Eu.

These observational data are non-homogeneous and do not contain the same ele-
mental abundances, as we draw our observed data from different sources. In some
cases, the observable Ba lines are saturated and are not used for abundance deriva-
tions. By comparing our models to different populations of stars believed to have
accreted material from a previous AGB companion, we make predictions about AGB
masses, stellar masses, and accretion masses, and we make distinctions between
metal-poor and metal-rich populations.

We take note of stellar labels from the literature, and we apply corresponding
labels based on metallicity and chemical enrichment. The original CEMP classifi-
cation scheme from Beers and Christlieb (2005) and Masseron et al. (2010) defines
metal poor stars as those with [Fe/H| < —1.00. Within this category, we define
CEMP stars in our sample as stars with [C/Fe] > 0.70. Further classifying the stars
in our sample, we define [Is/Fe| as the average abundances of Sr, Y, Zr, and Mo
with respect to Fe, and |[hs/Fe| as the average abundances of Ba, La, Ce, and Pr
with respect to Fe. According to Bisterzo et al. (2014), Nb is mostly produced by
the s-process, but Nb abundances in the de Castro et al. (2016) dataset are system-
atically higher than the models. Given this information, we choose to exclude Nb
from the computation of [hs/Fe].

Following Hansen et al. (2019), we classify our CEMP population based on carbon
and relative ratios of light- and heavy- s-process element abundances. We substi-
tute [ls/Fe| for [Sr/Fe] and [hs/Fe] for [Ba/Fe] to account for observations where
derivations of these elements are missing. If the CEMP star has enhancements in
both light and heavy s-elements ([Sr/Fe| or [Is/Fe] > 0.30 and [Ba/Fe| or [hs/Fe| >
0.30) and does not have significant r-process enhancements ([Eu/Fe] < 0.50), it is a
CEMP-s star. Otherwise, we exclude any -r/s enriched stars from our investigation.
The CH stars also have high carbon enhancements [C/Fe| > 0.70, and are expected
to have enhancements in s-process material with [ls/Fe|] > 0.30 or [hs/Fe|] > 0.30,
but may have metallicities up to [Fe/H| < -0.15. If there are no enhancements in

either r- or s- elements, the star is labeled as a CEMP-no star. From our accretion
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modeling, we omit the CEMP-r, -r/s, and -no stars, as they are not believed to have
accreted pure s-process signatures from a former AGB companion.

Ba stars have higher metallicities ([Fe/H] > —1.00) and are generally not as
enhanced in carbon as the CEMP and CH populations. Ba stars are split into
two categories: strong and weak Ba stars. Karinkuzhi et al. (2021b) provides a
classification of the Ba stars based on heavy element abundance ratios. We use
the [Is/Fe| and [hs/Fe| ratios to satisfy the criterion that more than three elements
in the light- and heavy- s-process peaks are included. A star is a ‘Ba-no’ star if
both [hs/Fe] and [ls/Fe] < 0.20. A ‘mild’ (or weak) Ba star has either [hs/Fe] or
Is/Fe] in the range 0.20 < [hs/Fe] or [Is/Fe] < 0.80, and a strong Ba star has either
[hs/Fe] or [Is/Fe] > 0.80. Our observational sample is displayed in Figure 3.1, where

the stars are colored following these classification schemes.

We use a statistical treatment for upper limits in our comparison. When explicitly
stated, or when the uncertainties are not provided in the source material, we treat
upper limits on abundance by the following: the value of the abundance is consistent

with zero (0), and the observed 'upper limit’ is taken as the 2-0 uncertainty, so the
1
2
limit of [Sr/Fe] < 3.00, the value [Sr/Fe] = 0.0 and the uncertainty og;/r) = 1.50.

true uncertainty in the abundance is 5 of the upper limit. For an example upper

3.5 Modeling Methods

We compute a grid of stellar evolution models using the STARS code (Eggleton,
1971, 1972; Pols et al., 1995; Stancliffe and Eldridge, 2009), including the addition
of mass to simulate binary accretion. The code requires inputs of an opacity table for
a specific metallicity, and a starting stellar structure, which the code also generates.
The program solves the equations of stellar structure with the chemical evolution
of seven energetically important species: 'H, 3He, *He, 2C, "N, 10, and *Ne.
At the convergence of every time step in the model, a network of 40 isotopes is
computed (Stancliffe, 2005). Our models use 499 mesh-points, no additional mass-
loss, a mixing length of o = 2.025 following Stancliffe (2021), and a prescription
for convective overshoot following Schroder et al. (1997), using d,, = 0.15 from
Stancliffe et al. (2015). We define the primary star to be the AGB donor star, and
the secondary star to be the accreting Ba, CH, or CEMP-s star.
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Figure 3.1: Kiel diagram showing surface gravities and effective temperatures for
the collected observational sample. Blue data points are strong Ba stars,
cyan data points are weak Ba stars, orange data points are CH stars, and
red data points are CEMP-s stars. Surface parameters and abundances
are collected from Dimoff et al. (2024), de Castro et al. (2016), Roriz
et al. (2021b), Goswami et al. (2006), Karinkuzhi and Goswami (2014),
Karinkuzhi and Goswami (2015), Goswami et al. (2016), Goswami et al.
(2021). From Dimoff et al. (2025).

The code uses a prescription for convection using mixing length theory with a

mixing-length parameter o = 2.025, includes atomic diffusive mechanisms, and ther-
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mohaline mixing (THM). The effects of radiative levitation and gravitational settling
are included in the code but are not considered in our modeling. While THM is more
important in the dwarfs and stars on the upper giant branch (Stancliffe, 2015), most
of our stars are giants, and we opt to not include THM for convergence purposes.
This choice plays a role when fitting dwarf star abundance patterns. Without THM,
there is no significant mixing occurring on the main sequence so, until accretion oc-
curs, the accreted material will remain in a layer on the surface until the convective
envelope advances.

In our models, the main mixing processes occur due to convection as the accretor
star ascends the giant branch. We do not consider thermohaline mixing, and note
that thermohaline mixing has been shown to be an effective means of changing
the surface composition of low-mass stars on the upper part of the giant branch
(Stancliffe, 2015), but our observational sample contains generally less evolved stars.
While Stancliffe et al. (2007) found that thermohaline mixing is effective on the
main sequence, a follow-up study found that the effects of gravitational settling
can inhibit thermohaline mixing at low metallicities and, in cases where a small
quantity of material is accreted, may be suppressed almost completely (Stancliffe
and Glebbeek, 2008). Stancliffe (2021) showed that THM plays an overall less
significant role in diluting surface abundances compared to convective mixing upon
first dredge-up (FDU) in metal-rich stars.

The grid of stellar evolutionary tracks is parameterized by the metallicity, the
AGB donor mass, the initial mass, and the amount of accreted material. Metallicities
range from Z = 0.0001 ([Fe/H|=-2.15) to Z = 0.010 ([Fe/H]=-0.15), complementary
to the set of barium star models from Stancliffe (2021) who computed models for
a metallicity of [Fe/H] = -0.25. It is assumed that the AGB donor and companion
are the same metallicity. Our models cover a post-accretion final mass range to
include low- and intermediate-mass stars with final masses from 0.80 to 5.0 M. The
initial masses of the models are determined by subtracting the prescribed amount
of accreted material. For any given final mass, the initial masses range from M; —
0.50 Mg to My — 0.05 Mg, , with accretion masses equal to 0.05, 0.10, 0.20, 0.30,
0.40, and 0.50 M, . In total, we generated 2691 stellar evolution models.

Following Stancliffe (2021), each model was evolved up to an age that is deter-
mined by the lifetime of the AGB companion, where material from the AGB is

added to the stellar surface at a constant rate until the final target mass is achieved.

119



The composition of the AGB ejecta is taken from the FRUITY database Dominguez
et al. (2011); Cristallo et al. (2011, 2015). The FRUITY database contains around
120 models that range in initial mass from 1.3 - 6 M and metallicities from 7 =
0.0001 ([Fe/H]=-2.15) to 0.03 ([Fe/H]=40.32). After the accretion phase has ended,
the secondary star continues to evolve, taking the new surface composition into ac-
count. Surface abundances are diluted following mixing processes in the accretor
star. We use a tracer element ‘arbitrarium’ to define how the AGB material is mixed
into the secondary star. If the material originates from the AGB star, the value of
arbitrarium is set to one, and it is set to zero if it originates within the secondary.

We quantify the mixing following

Xiactual — Xarinacc + (1 . Xarb)Xioriginal7 (31)

where X%l ig the surface abundance, 7 is the timestep, X, is the value of arbitrar-
ium, X is the ejecta abundance, and X794 i equal to the elemental abundance
in a star of solar metallicity, scaled by the metallicity of the star. We use the solar
abundances from Asplund et al. (2009). The effects of mixing due to convection
become more prominent with lower surface gravities and the inward advance of the

convective envelope as the star ascends the giant branch.

The time of accretion changes with the mass and metallicity of the AGB donor
star, with more massive and more metal rich AGBs donating their material earlier
than lower mass and more metal-poor stars. To this end, we first evolve single
stars using the STARS code with masses of 1.3, 1.5, 2.0, 2.5, 3.0, 4.0, and 5.0 M,
compatible with the AGB masses in the FRUITY database. Evolution in the STARS
code continues past the core helium burning phase and begins the ascent of the
AGB, past the evolutionary states of our observed sample stars. The AGB phase
is very short compared to the lifetime of a lower mass companion, and we find this

acceptable for our purposes.

A selection of evolutionary tracks from our grid of models is seen in Figure 3.2,
where in the left panel the evolutionary tracks are offset from one another in the Kiel
diagram. The accretion phase is highlighted in blue where, for the lowest initial mass
tracks, there is a noticeable change in temperature between the beginning and end
of the accretion phase. The right panel of Figure 3.2 shows the surface abundance

of [Ba/Fe], an element produced in AGB stars, as a function of model number, a
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proxy for time. Our models are parameterized such that after the star accretes the
specified amount of mass, the surface abundances are changed to reflect that of the
transferred AGB material. Beyond this, the convective envelope mixes and dilutes

the surface abundances.
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Figure 3.2: Left: Evolutionary tracks for a sample of stars with m i, = 2.50 Mg at
[Fe/H] = -0.15 with varying initial masses and accretion masses, with
accretion phases for each model highlighted in blue. Right: Relative
surface abundance of the s-process element Ba with log,, (Age/yr). The
abundance is elevated after the accretion phase, and after the onset of
first dredge-up the surface abundance is diluted. From Dimoff et al.
(2025).

An example Kippenhahn diagram is shown in Figure 3.3. In this example, we
display the structure of a 2.0 My star accreting 0.5 Mg of material from a 2.5
My AGB primary. The total mass is plotted against the model number, a proxy
for time. The logarithm of the stellar age in years is included on the upper x-axis.
The purple and green regions denote radiative and convective zones respectively,
determined by computing the difference between the radiative and adiabatic transfer
gradients, shown in the color bar. The onset of FDU is visible in the advance of the
convective envelope towards the core as the star ascends the giant branch around
model number 4500, as well as the onset of core He burning as the star begins to
ascend the AGB around model number 5250. The accretion phase is shown as an

increase in the overall mass of the star. In this case, accretion occurs while the
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secondary star is on the main sequence.

logio(Age / yr)
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Figure 3.3: Example Kippenhahn diagram for a 2.00 M, star accreting 0.50 M, of
material from a 2.50 M, AGB star at a metallicity of [Fe/H| = -0.15.
Green colors denote convective regions, and purple colors denote radia-
tive regions, determined by the computed difference in the radiative and
adiabatic transfer gradients. In the total mass on the y-axis, the ac-
cretion phase is identified by the steady increase in mass. The upper
x-axis shows log,, (Age/yr), and the lower x-axis shows the model num-
ber, which is highly non-linear with respect to time. From Dimoff et al.
(2025).

We describe the general features of our models by focusing on the case of a 2.00
Mg star accreting 0.5 Mg from a 2.50 My AGB star at a metallicity of [Fe/H]
= -0.15. This evolution is shown in Figure 3.3. The accretion phase starts at a
stellar age of around 780 Myr. At this point, the 2.00 My star reaches a core
helium abundance of Xy, ~ 0.48, and the convective core contains around 0.64
Mg of material. As accretion progresses, the convective core expands to reach a
mass coordinate around 0.77 Mg, where the core helium abundance is reduced as

fresh hydrogen is ingested into the core of the now more-massive star. Since we
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only account for convective mixing, the accreted layer remains on the surface until
the onset of FDU. At its maximum depth, the convective envelope reaches a mass
coordinate of around 0.50 Mg, and penetrates the outer layers of the core. This
signifies the maximum dilution of the accreted material, as the envelope will not
reach this depth for the remainder of the lifetime of the star. As in Stancliffe
(2021), we can define the dilution factor

d= Macc/Mmim

where M, is the mass of the accreted material and M,,;, is the mass through which
it is mixed. At this point, d = 0.25. While expressed in different notation, this is
analogous to the dilution factor described in den Hartogh et al. (2023).

As the initial mass ratio ¢ of the binary approaches one, accretion occurs later
in the evolution of the secondary star (see Figure 3.2). A secondary with an initial
mass of 2.40 Mg, accretes after it has left the main sequence and is going through
the core-He burning phase, shown in the orange evolutionary track in Figure 3.2.
At this point, the convective envelope is considerably shallower than at the onset
of FDU, and has a thickness of only about 0.70 My. Convective mixing quickly
dilutes the accreted material. During this time, the maximum mass contained in

the envelope is ~ 1.90 Mg,

e AGB masses: 1.3, 1.5, 2.0, 2.5, 3.0, 4.0, 5.0 My consistent with FRUITY

models, so we can reliably use their yields.
e Accretion masses: 0.5, 0.4, 0.3, 0.2, 0.1, 0.05 Mg

e Metallicities [Fe/H| = -2.15, -1.68, -1.15, -0.68, -0.37, -0.15, allowing coverage

from metal-rich Ba stars to metal-poor CEMP-s stars.

e Initial stellar masses: unequally spaced bins from 0.45 - 4.95 M pre-accretion.

The evolution of the surface abundances generally follows that of the dilution
factor, since temperatures in the envelope are not high enough to process the heavy
elements accreted from the AGB star. In the right panel of Figure 3.2, the surface
abundances of the s-process element [Ba/Fe| are displayed. With only convection

acting, the abundance of Ba in models with earlier accretion times is unchanged from
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the end of the accretion phase until the onset of FDU. With the inward advance
of the convective envelope, the accreted material is mixed and diluted within the
stellar interior, and the surface abundance falls dramatically. With the increase of
the mass of the accretor star, the mass of the convective envelope increases, and

through this the surface abundances are diluted more effectively.

3.6 Results

Our grid of stellar evolution models spans a wide range in mass and metallicity, com-
patible with both metal-poor and metal-rich post-accretion systems. Such models
give insight into initial the mass of the primary AGB donor, how much material
is transferred, and the initial mass of the observed polluted star. We compare ob-
servationally derived stellar surface parameters and abundances to our evolution
models. When viewed together as multiple populations formed through similar
scenarios, these systems trace changes in nucleosynthesis, accretion, and mixing

processes through cosmic time.

3.6.1 Comparison to the Models

When comparing to our observational sample, we consider models in the grid that
have mass ratios ¢ = My /M; < 1.00. Otherwise, the companion would be more mas-
sive than the AGB star and would have evolved first. We require that each observed
star have measured surface parameters Teg, log(g), and [Fe/H], and computed 1D-
LTE abundances for at least one s-process element in each s-process peak. Many
evolutionary tracks exist on the HR diagram during periods of rapid evolution (i.e.
the red giant branch (RGB), where many stars in our sample lie), and the density
of model data points in these regions can be preventative in selecting a single model
that is physically representative of the observed system. Since this is the case, we
exercise caution when addressing the best fit models using this method.

To quantify the comparison between our models and observations, we computed
the likelihood for each model at each time step, comparing the observed values of the
stellar surface temperature, surface gravity, metallicity, and available abundances to
those within the models. To find the best fit model, we minimize the y? difference

between the models and observations. One caveat to the x? method is that it
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Figure 3.4: Our computed grid of evolutionary models in the HR diagram, display-
ing every Hth model in gray. Selected models are highlighted to show
the range of parameters across the grid. Panel (a) shows the varying
metallicities of our models, with purple models at lower metallicity and
orange models at higher metallicities. These are spread across the Kiel
diagram. On the giant branch, metal-rich evolutionary tracks fall to
the right side of the giant branch towards cooler temperatures, where
metal-poor giants are on the left side at higher temperatures. Panel
(b) shows the range of initial masses, with lower initial masses in blue
and higher initial masses in pink. Lower initial-mass models appear to-
wards the bottom and right of the panel, and higher initial-mass models
to top and the left. Panel (¢) shows the range of final masses. The
highlighted evolutionary tracks are for a fixed metallicity of -0.15, with
green and yellow models showing higher mass and blue models showing
lower mass. This parameter follows the same general trend as the initial
masses. Panel (d) displays an example of the varying accretion mass
in our models. The highlighted tracks begin at different initial masses
all resulting in meaua = 2.50 Mg, at a metallicity of [Fe/H] = -0.15.
Black tracks show higher accretion masses, and yellow tracks show lower
amounts of accretion. From Dimoff et al. (2025).
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generally assumes that the parameters being fit are uncorrelated; in our comparison,
this is not true. The relative abundances of heavy elements are highly correlated
with one another as well as the surface parameters. In many cases, the difference in
x? between best-fit models is small, indicating only subtle differences between them.

We computed probability distributions to estimate uncertainties in our modeling
efforts. By calculating the distance between adjacent data points in each of the
model parameters, we compute and normalize the volume of each grid cell df and

integrate for the full volume of the grid 6,

dZ dMa.  dM;dMagp
B Z dZ Z szzcc Z sz dMAGB .

Using our calculated x? values, we calculate the likelihood function L(#) for each

do

(3.2)

model. The probability is calculated by convolving the likelihood function with prior
distributions for each fitting parameter,
S LO)AZ

P(Z) = Az (3.3)

where L(0) is the likelihood function and AZ is the grid spacing in metallicity space,
for example. This is performed for each model parameter Z, Magp, M;ni:, and M.,
and provides an error envelope within the model space based on the likelihood where
we can determine confidence intervals. The width of the probability distribution can
be taken as representative uncertainties in the models. The condition we impose
such that the AGB star must be more massive than the accretor imposes a prior on

M and M agg, and for the other parameters we maintain a flat prior.

3.6.2 Validating the Model Fits

We compare one of the grid models to the grid as a fiducial set of observational
parameters. This should result in a zero-value chi-squared and 100% model proba-
bility. In this comparison, we recover the inputs as the best fit model. Furthermore,
we test sets of constraints and priors within our model comparison.

We first test by fitting only the stellar parameters, leaving surface abundances
as free parameters, and vice versa. We find that this does not adequately find a
single best-fit model. Considering the stellar parameters, single models are difficult

to identify in dense regions of stellar parameter space, for example, on the RGB.
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Considering the abundances, for a given AGB mass, we model accretion onto all
initial masses within the grid lower than that of the AGB. Thus, there exist dense
regions in abundance space as well. We find that stellar parameters and surface
abundances are both necessary in making this comparison.

We test two conditions on the metallicity. First, we only allow comparison with
models within metallicities set by three-sigma observational uncertainties around
the observed [Fe/H]. This prevents many systems from finding best fit models, as
the grid is widely spaced in metallicity. Second, we allow the comparison to probe
metallicities only within in closest [Fe/H] bins. In both cases, we generally recover
our input metallicities and the resulting populations are not significantly affected.
Ultimately, we do not constrain our metallicities in our comparison, and we still
recover input metallicities.

From stellar theory, we test visible mass constraints by setting priors on the
preferred final mass of our stars to be either 0.8 Mg, for the metal-poor population
or 2.50 M, for the metal-rich population. We find that these constraints too sharply
confine our results. We do not impose any strict boundaries in the masses, as this is
a key output parameter in our study. We opt to fit our models across the full range
of stellar masses with only a flat prior.

We test the dependence on individual abundances. We test the removal of C,
Mg, Pb in turn to determine if they make a significant difference. We find that C
is important, particularly for the metal-poor population. Some of our observational
datasets contain alpha elements, including Mg. We find observed Mg abundances
consistently higher than the AGB yield predictions, and the inclusion of Mg and
other alpha elements is a hindrance in finding the best fit model, decreasing the
likelihood and probability that any given model fits the observed data. Previous
studies on Galactic chemical evolution have also observed problems where the ob-
servations of Mg are systematically higher than the model predictions Romano et al.
(2010); Prantzos et al. (2018); Jost et al. (2024). By this justification, we omit Mg
and other alpha elements in the fitting routine, and focus on C and the s-process
material that is produced in AGB stars.

As the end of the s-process, we find that any derived Pb abundances or upper
limits are helpful in finding a best fit model. For the light- and heavy s-process
elements, we test fitting the abundances individually as separate parameters or

together in groups of [Is| and [hs]. The choice of which elements to include in the
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groups (e.g., Nb within the [Is] group or Dy within the [hs| group) makes a difference
in the quality of the fits. To remain agnostic to these choices, we treat the surfaces

as individual parameters in our comparison.

3.6.3 Fits to Known Ba, CH, and CEMP-s Stars

We compare our model grid to the properties of known Ba, CH and CEMP-s stars.
Comparing the effective temperature, surface gravity, metallicity, stellar mass, and
elemental abundance patterns, we determine the most probable initial configuration
to have produced the observations. We estimate the mass of the AGB star that
transferred mass to the observed star, the initial and final mass of the chemically
peculiar star, and the amount of accreted material required to reproduce the ob-
served chemical signatures. We are able to recover the metallicity of the observed
system with high accuracy. For each star, we visually examine the three best fit
models according to their y? values. In many cases, there is only a small difference
in y? between the best fit models. Before discussing the sample as a whole and the
constituent populations of stars within our sample, we describe individual objects.
Stancliffe (2021) analyzed a subset of 74 Ba stars from de Castro et al. (2016), al-
though with fewer abundances compared to our inclusion of the data from Roriz
et al. (2021b).

PV UMa We find a very good fit for this weak Ba star in both the Kiel diagram
and abundance space, shown in the top panels of Figure 3.5. Our best fit to this
star is a 2.40 Mg star accreting 0.10 Mgy of material from a 2.50 M, AGB
star at a metallicity of [Fe/H] = -0.37. The observed temperature The two best
fit models could each be likely scenarios to produce this and other weak Ba star
systems. Recently observed and studied by Dimoff et al. (2024), PV UMa is best
fit on the second ascent of the giant branch, after the onset of core He burning.
Computed abundances including carbon are well represented in the models, except
for an over-abundance of Sr and an under-abundance of Ce. The low accretion
mass and significant mixing on the giant branch results in relatively low surface

abundances compared to the Ba strong stars.
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Figure 3.5: Kiel diagrams and abundance patterns for selected stars within our sam-

ple. We show the weak Ba star PV UMa, the strong Ba star HD 123949,
and the CEMP-s star CS 29512-073, each showing the three best-fitting
models and their associated x? values. From Dimoff et al. (2025).
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HD 123949 This object is representative of a large portion of the strong Ba stars
in the de Castro et al. (2016) sample in both the Kiel diagram and in abundance
space. An acceptable fit is obtained for this system, shown in the middle panels of
Figure 3.5. This star lies directly on the evolutionary track for a 0.95 M, star and
the abundances are well-fit, save for slight over-abundances in Nb and Nd. The low
x? values indicate a good fit, given the number of fitting parameters. We find best
fit models to be low initial mass stars M; ~ 0.45 — 0.55 Mg, accreting significant
(> 0.40 M) amounts of material from a 2.50 My AGB star, resulting in a 0.95
Mg Ba giant. This does not fully agree with estimated Ba star masses from Escorza
et al. (2017). More massive stars will have more massive convective envelopes, which
will more efficiently mix and dilute surface abundances on the ascent of the giant

branch, and a less massive accretor star will retain higher surface abundances.

CS 29512-073 In this CEMP-s star, we find an excellent match in metallicity with
both observed and modeled [Fe/H| = -2.15. The precise observed stellar parame-
ters are in good agreement with low-mass stellar evolution tracks on the sub-giant
branch, with best fit final masses between My = 0.80 and 0.95 M. These values
are in good agreement with theoretical masses of metal-poor stars. Carbon is over-
produced by the models compared to the observations; thermohaline mixing on the
main sequence could dilute the surface abundance of C to explain the observations.
Abundances of heavy elements are generally well fit by our modeling, aside from a
slight overabundance in Nd and an overabundance in Sm past the second s-process
peak. The best fit AGB mass is 2.50 My, and our modeling suggests around 0.20

Mg of material is accreted from the former AGB companion.

We present histograms of the main parameters of our models for our complete
sample in Figure 3.6, where different populations are represented in different colors.
The weak Ba stars are shown in cyan, the strong Ba stars in blue, the CEMP-s
stars in red, and the CH stars in orange. While our grid is neither continuously nor
equally spaced in initial and final mass, we are nonetheless able to make generalized
statements about the progenitors of these post-accretion systems. We recover the
metallicity distribution of stars in our sample, and since our model grid is limited
to metallicities above [Fe/H] = -2.15, we make a cut on the observed stars at [Fe/H]
> -2.50.
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Figure 3.6: Histograms of model parameters for the different classes of stars in our
investigation. Dark blue regions are strong Ba stars, cyan regions are
weak Ba stars, red regions are CEMP-s stars, and orange regions are CH
stars. From Dimoff et al. (2025).

Overall, there is a clear preference of donor AGB masses across all stellar classifi-
cations with a very strong peak at a mean AGB mass of (Magp) = 2.70 M. This
is expected, as the s-process production rates peak in this mass range. Fits to the
strong Ba stars show a very pronounced peak at an AGB mass of 2.50 My, with a
width of o = 0.52 M. For the weak Ba stars, most of the fits suggest an average
AGB mass of (Magp) = 2.80 M. The distribution is broader compared to the
strong Ba stars, with a width of ¢ = 0.78 M. For both the carbon-enhanced CH
and metal-poor CEMP-s populations, the preferred AGB mass is (Magp) = 2.80

Mg with an even broader distribution (o = 0.88).

Across the four different populations of post-accretion systems analyzed, all dis-
play non-gaussian behavior in their initial and final mass distributions. The weak
Ba stars show a broad distribution in initial mass (M;,;) = 1.70 My with a width
of ous,,,, = 0.74, and final masses around (M) = 2.30 Mg, and oy, = 0.75.
The mass ratios ¢ of the weak Ba stars show a peak at higher values close to 0.90
with a tail down to low mass ratios of 0.10. The models suggest that weak Ba stars
accrete moderate amounts of material; on average, they accrete about 0.35 Mg

from their AGB companion.
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In the strong Ba stars, we find a very dominant peak at low initial masses around
0.5 Mg with a tail extending up to 2.50 My. The final masses are concentrated at
about 1.00 M, with a tail extending as high as 3.00 M. The mass ratios q of strong
Ba stars are almost opposite that of the weak Ba stars, with most models fitting
low ¢ values of 0.20. There is a long tail extending to higher mass ratios, with a
small peak at mass ratios close to ¢ = 1.0. The models suggest that strong Ba stars
accrete large amounts of material, with most fits showing m,.. = 0.50 My . The
distribution is strongly peaked at high accretion masses, with few systems indicating
smaller amounts of accretion. This is more material compared to the weak Ba stars,
which is reflected in the higher surface abundances observed in the strong Ba stars.

We note this is the limit of our allowed accretion mass range.

At intermediate metallicities, the CH stars show initial masses with peaks at ~
0.50 Mg, and a small broader peak at ~ 2.00 M. Final masses show corresponding
peaks at ~ 0.90 M, and around 2.10 M. Mass ratios in the CH stars are distributed
between low (/= 0.20) and high (= 0.98) values. The distribution of accretion masses
in the CH systems display no clear preference in accretion masses. The number of
CH stars in our sample is likely too low to make strong claims about the population

as a whole.

At the lowest metallicities, the CEMP-s stars are somewhat scattered in initial
and final masses. The majority of initial masses show peaks at ~ 0.50 M, and
~ 2.0 My with a tail extending to higher initial masses. Most of the final masses
show a peak around 0.90 M , with a second peak close to 2.70 M. As in the
initial masses, there is a tail extending to higher masses. These could be dwarf
stars in our sample, which are not as well modeled as the giant stars due to less
intense convective mixing, or giant stars with very low surface gravities with values
log(g) < 0.5 and very high derived abundances [ls/Fe| or [hs/Fe|] > 1.50. Initial mass
ratios for the metal-poor systems show two clear peaks at ¢ ~ 0.30 and ¢ ~ 1.00,
with a preference for higher initial mass ratios. Our modeling finds low accretion
masses around 0.10 Mg for the CEMP-s stars.
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3.7 Discussion

The strong Ba stars almost always accrete the maximum amount of mass, and the
final mass distribution we recover does not fully agree with that of Escorza et al.
(2017), where we find lower initial and final masses for many strong Ba stars by about
a full solar mass. At higher masses, the more massive convective envelope dilutes
surface abundances more efficiently compared to lower masses, and to maintain
the observed higher surface abundances in the strong Ba stars, lower masses are
required. We note our sample of Ba stars is only from de Castro et al. (2016) and
Dimoff et al. (2024), where the larger Escorza et al. (2017) sample includes the de
Castro et al. (2016) data set, plus more Ba stars compiled from Lu et al. (1983);
Lu (1991); Edvardsson et al. (1993); Bartkevicius (1996). The differences in average
mass could be influenced by the larger sample.

We find that when accretion happens while the secondary is on the first ascent of
the giant branch, the mixing processes within the advancing convective region have
a significant effect in quickly diluting the surface abundances. Our models generally
suggest higher accretion masses in secondary stars accreting on the main sequence
or while first ascending the giant branch, compared to those accreting close to the
tip of the RGB or near the onset of core He burning. This is also due to evolutionary
reasons, where in systems with mass ratios ¢ ~ 1 the primary and secondary stars
are of near equal mass and can evolve nearly simultaneously.

Comparing our models and the observational data, we find better fits when ob-
served abundances have lower uncertainties, and when there are more observed
abundances available in the pattern. Overall, the CEMP-s and CH datasets have
fewer observed abundances than the Ba stars in our sample. The average uncertainty
in the Dimoff et al. (2024) abundances is ox/re ~ 0.15, where in the combined de
Castro et al. (2016) and Roriz et al. (2021b) dataset it is oyx/p¢ ~ 0.20, and we find
consistently smaller uncertainties approximately equally important when there are
fewer computed abundances. The combined dataset from Cristallo et al. (2016)
(and references therein) has average abundance uncertainties of opx/pg ~ 0.23,
and the CEMP-s stars dataset from Goswami et al. (2021) reports uncertainties
of o(x/re) ~ 0.25, on average.

In the evolution of low-mass metal-poor stars, we generally find the accretion

happens while the secondary star is on the main sequence. With initial AGB masses
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much higher than accretor masses (2.50 My vs. <1.00 Mg), the secondary star
is on the main sequence when the AGB star begins thermal pulsations. Without
thermohaline mixing, the surface abundances remain nearly constant until the onset
of first dredge-up, making the differentiation between best fit models in this regime
difficult (Stancliffe et al., 2007; Stancliffe and Glebbeek, 2008). Thus we find this
set of models better for analyzing giant stars, and main sequence stars may not be

as representative.

We find it unlikely that all barium stars are observed shortly after the accretion
process has ended, as would need be the case for initial mass ratios very close to
q = 1, where mixing on the giant branch is very effective and quickly dilutes surface
abundances (see the right panel in Figure 3.2). Thus, larger accretion masses at
lower initial mass ratios make sense for stars that exhibit large surface abundances
of heavy elements. As the secondary star gains mass, it will alter its evolutionary
path to follow that of the post-accretion mass. Some models in the grid have initial
mass ratios ¢ > 1.0 where the secondary star is more massive than the primary and
would evolve more quickly. While these models could be useful in analyzing systems
with multiple mass transfer events, we do not consider these models in this analysis,

where mass transfer does not happen during the lifetime of the secondary.

A few stars in our sample are poorly fit due to relatively low surface gravities
(log(g) < 0.50), very high surface abundances of heavy elements where [ls/Fe] or
[hs/Fe] > 2.00, large amounts of Eu compared to the s-process elements, or some
combination of these. For some observed systems, only one derived elemental abun-
dance exists in each of the s-process peaks, providing only weak constraints within
the fitting routine. Very few evolutionary tracks with high elemental abundances
extend toward the upper part of the giant branch in the Kiel diagram, and the ones
that do show in high masses close to 5.00 M that do not agree with the theoretical
masses of stars in our observational sample. These also correspond to AGB masses
of 5.00 Mg, , by the construction that the AGB mass must be larger than the initial
mass of the observed star. Large x? values on the order of > 60 indicate poor fits in
these instances. Fits resulting in high stellar masses often find flattened abundance
patterns indicating the accreted material has been fully diluted, and the surface

abundances have effectively returned to the un-enhanced values.
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3.7.1 Mixing and Dilution

Matrozis and Stancliffe (2016) found that atomic diffusion does not have a substan-
tial effect on the surface abundances of CEMP-s stars. As such, the dilution of the
accreted material is most likely the same for all elements, and the mass ratios and
overall pattern will be preserved. Thermohaline mixing on the main sequence will
dilute the surface abundances to some extent. Stancliffe (2021) tested the inclusion
and exclusion of thermohaline mixing in Ba stars, and after the onset of FDU the
surface abundance ratios of heavy elements between the two cases are nearly iden-
tical. Convective mixing processes in metal-rich giant stars outweigh thermohaline
mixing, and the overall level of mixing in both scenarios is the same after FDU.

In more metal-poor stars this is not always the case; Stancliffe et al. (2007) found
that thermohaline mixing on the main sequence is effective for light elements C, N,
and O, and predicts different surfaces abundances for CEMP-s stars compared to
models with only convective mixing. Modeling additional mixing processes, Stan-
cliffe and Glebbeek (2008) found that the effects of gravitational settling inhibit
thermohaline mixing in CEMP-s stars and, in cases where a small quantity of ma-
terial is accreted, mixing can be suppressed almost entirely. Low surface gravities
indicate evolution on the upper part of the giant branch, where THM is effective in
diluting surface abundances (Stancliffe, 2015).

The accretion phase in our models coincides with the AGB phase of the donor, so
the initial mass ratio of the system effectively controls when the accretion happens
during the lifetime of the secondary. If accretion occurs while the secondary is on
the main sequence or on the sub-giant branch, the onset of first dredge-up (FDU)
will severely deplete the surface abundances. If accretion happens after the onset of

FDU, significant mixing will still occur within the convective envelope.

3.7.2 Angular Momentum

Matrozis et al. (2017) suggests that in the wind regime only about 0.05 Mg of
material is accreted before the star reaches critical rotation. The specific angular
momentum of the accreted material should be be lower than the Keplerian value by
about an order of magnitude, or significant angular momentum losses must occur for
substantial accretion to take place. We find small amounts of mass transfer are able

to explain the chemical enrichment of many CEMP-s stars, and this may happen in
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the wind regime.

This may not be a significant issue for the weak-Ba stars, where the larger radius
of the giant accretor star requires more angular momentum transfer to reach the
critical rotation velocity, allowing more mass to be accreted. The strong Ba stars
require more accreted mass to reproduce the patterns. The angular momentum
transfer poses a problem for the strong Ba stars. The high amounts of required
material for the Ba stars suggests that BHL wind mass transfer is not applicable to

these systems.

3.7.3 Accretion Efficiencies

For our binary systems, we compute the accretion efficiency 7, by dividing the
amount of mass gained by the accretor by the total mass lost by the AGB star in
the system:

Nace = (mfinal — minitial)/(mAGB - mWD) x 100 [%] (34)

In this sense, we assume non-conservative mass transfer. We estimate white dwarf
masses using tabulated H-exhausted core masses from Cristallo et al. (2015) for
the given AGB mass and metallicity of the model. We compare the white dwarf
masses from the FRUITY models used in this study to computed dynamical mass
estimates from Dimoff et al. (2024) and find good agreement. Additionally, we
find no significant differences between our samples of CH and CEMP-s stars in this
analysis of accretion efficiencies and, in respect to accretion efficiencies, we treat
them as one metal-poor and carbon-rich population following Jorissen et al. (2016).
We note that the lack of chemical differences could be due to the relatively low
number of CH stars studied.

In Figure 3.7 we compare our computed 7,.. to 3D hydrodynamical wind mass-
transfer models from Liu et al. (2017), where the black dashed and dotted lines
are linear and 5th order polynomial fits from the 3D models respectively. These
simulations generally result in low accretion efficiencies, with a trend toward higher
efficiencies at higher mass ratios.

The models in our grid are discrete points, and often the same model is chosen to
represent multiple systems. For this reason, we present our populations as density

contours in 17 — ¢ space. We see a general trend of increasing efficiency n with de-
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creasing mass ratio ¢ across the different stellar populations. The metal-poor stars
require less accretion in systems with initial mass ratios closer to ¢ = 1 to repro-
duce the observed surface abundances, resulting in lower efficiencies. The bimodal
distribution of the carbon-enhanced systems is well-shown in the density contours.
At lower mass ratios below about ¢ < 0.5, there are only a few carbon-enriched
systems with relatively low mass-transfer efficiencies, ~ 10%. Higher metallicity
systems with lower mass ratios congregate in efficiencies around ~ 25%; these are
the strong Ba stars. Generally, we find that accretion masses greater than about
0.30 M will result in efficiencies higher than the theoretical wind mass transfer
regime described in Liu et al. (2017).

3.7.4 Orbital Properties

Orbital periods and eccentricities, collected from Jorissen et al. (1998), Udry et al.
(1998), Lucatello et al. (2005), Hansen et al. (2016b), Karinkuzhi and Goswami
(2014), Goswami et al. (2016), Jorissen et al. (2016), Goswami et al. (2021), and
Dimoff et al. (2024), are shown in Figure 3.8, where cyan data points are weak Ba
stars, blue data points are strong Ba stars, orange data points are CH stars, and red
data points are the CEMP-s stars. There is significant scatter in the e — P relation,
even within single populations, and many systems show high orbital eccentricities.
We compute and mark the centroids of the populations of stars. The strong Ba
stars and weak Ba stars tend toward slightly higher eccentricities ({e¢) = 0.18 and
0.25, respectively) compared to the CEMP-s and CH stars ((¢) = 0.11 and 0.12,
respectively). The weak Ba stars and CH stars have on average longer periods (P ~
4500 days) compared to the strong Ba stars and the CEMP-s stars (P = 2300 days),
although the spread in these data overlap with each other. Mass transfer should aid
in circularizing the binary orbits through tidal interactions and angular momentum
transfer, and the older more metal-poor populations show orbital eccentricities closer
to zero than the younger, more metal-rich populations. Krynski et al. (2025) have
made progress explaining the spread of orbital eccentricities in these post-accretion
systems with the inclusion of a circumbinary disc to assist in angular momentum
transport and enhancing the orbital eccentricity.

When applying the accretion mass as a dimension to the e — P plane, we find

no significant trends with orbital period or eccentricity. In Figure 3.9, we see large
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Figure 3.8: Eccentricity-period diagram for our combined sample of stars. Cyan data
points are weak Ba stars, blue data points are strong Ba stars, orange
data points are CH stars, and crimson data points are the CEMP-s
stars. Centroids of the populations are marked with X’s of corresponding

colors. A characteristic errorbar is placed below the legend. From Dimoff
et al. (2025).

scatter in the orbital period for all systems. We observe systems with high accretion
masses at long and short orbital periods, and across eccentricity space. Systems with
moderate and low accretion masses present no trend with orbital period. While there
are more systems with lower accretion masses at lower eccentricities, this is likely

an observational bias, where few data points exist at high eccentricities.

3.7.5 Possible Mass Transfer Scenarios

The mechanism of mass transfer in AGB stars is directly linked to the properties
of the initial binary orbit and the relative velocity of the AGB wind compared to
the orbital velocity. There are multiple regimes in which mass transfer can occur.
With mass transfer comes angular momentum transfer, which will perturb the initial
orbital configuration. The resulting orbit will likely not be the same as the initial
orbit of the binary.

Krynski et al. (2025) suggest that WRLOF and non-conservative mass-transfer
with the presence of a circumbinary disc provides mechanisms for both high accretion

efficiencies and enhanced eccentricities, explaining the observed orbital geometries
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Figure 3.9: Eccentricity-period diagram with a third dimension of accretion mass
indicated by the colorbar. Our sample is shown in the star-shaped data
points, and the grey data in the background is compiled orbital data
from the literature.

of these post-accretion systems. For slow and dense stellar winds with low wind
velocities compared to the orbital velocity, structures resembling wind Roche-lobe
overflow form as the stars approach periastron, indicating a form of tidally enhanced
mass transfer (Mohamed and Podsiadlowski, 2007, 2012). Through this process, the
circumstellar outflows are non-spherical and concentrated in the orbital plane of
the binary. The non-symmetric flows contribute to maintaining or increasing the
eccentricity of the binary system. Abate et al. (2013) discusses WRLOF in the
context of binary population synthesis for the CEMP-s stars, finding that, pending
the stability criterion, in short period systems, RLOF is likely to occur. However,
most > 70% of the CEMP-s stars in their synthetic population have wide orbits and
accrete through some form of wind-driven mass-transfer. In this work, we find that
most CEMP-s stars accrete small amounts of material, consistent with the wind

mass-transfer regime.

3.7.6 Mass Distributions of Post-Accretion Systems and their

White-Dwarf Companions

In Ba stars, an empirical relation similar to the binary mass function has been

proposed by Jorissen et al. (2019) to quantify correlations between the masses of
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the two system components,

3
My p

©= (Mp, + ]WWD)27

(3.5)

where Mp, is the mass of the barium star and My p is the mass of the white dwarf
in solar masses. We tabulate our findings in Table 3.1. In our sample of strong Ba
stars, we find the median value of () = 0.055. Overall, the distribution is highly
non-Gaussian, with the mode of the strong Ba stars at () = 0.041 and a second peak
around () ~ 0.100. For the weak Ba stars, we find a median value of ) = 0.032,
where the mode of the distribution is at ) = 0.025. Results from Jorissen et al.
(2019) suggest the distribution of @) values at high metallicities is bimodal, with
peaks at Q = 0.057 4+ 0.009 for the strong Ba stars and ) = 0.036 4 0.027 for the
weak Ba stars. In our analysis, both classes of Ba stars are within the bounds of
the wide distribution determined by Jorissen et al. (2019), and the median values

of the distributions are in good agreement.

We extend this to the metal-poor regime and investigate trends in the value of
() with metallicity. To increase the statistics, we combine our samples of CH and
CEMP-s stars. We find a median value of () = 0.043, where there exists a prominent
peak at a value of @ = 0.037, and a smaller secondary peak at values ¢ = 0.120.
This suggests that lower metallicities overall have smaller () values. As in our
samples of Ba stars, the distribution in () is non-Gaussian, where the median and
mean averages are substantially different within each population. The secondary
peaks in these populations could highlight the dwarf stars, where the models are

less constrained by the lack of mixing and dilution of surface material.

Table 3.1: Computed Q values for the different populations of stars. From Dimoff
et al. (2025).

Class median(Q) mode(Q)
Ba-weak 0.032 0.025
Ba-strong 0.055 0.041
CEMP-s 4+ CH 0.043 0.037
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3.8 Conclusions

In this study, we compute a large grid of binary accretion models to investigate
the progenitor configurations of the Ba, CH, and CEMP-s stars. We find that the
preferred model to explain weak Ba stars is a system that results in a Myipu =
2.50 Mg, secondary, accreting a moderate amount of mass mg.. < 0.40 Mg from a
2.00 — 3.00 M, primary AGB star. We find that strong Ba stars tend to have lower
initial masses M;,;; ~ 0.6 My and accrete more material mg.. > 0.50 Mg, from 2.50
My AGB stars, resulting in higher accretion efficiencies at lower initial mass ratios.
Both subclasses of metal-rich Ba stars accrete moderate to high amounts of enriched
material. This could be due to higher mass-loss efficiencies at higher metallicities,
or higher masses where the convective envelope mixes more strongly than in lower
mass stars. In both cases, we find that BHL wind mass-transfer models cannot
explain the accretion masses and efficiencies.

The CH and CEMP stars are similar in many ways. Together, they share a
preference for a 2.00 — 3.00 M AGB donor and both show bimodal behavior with
peaks at lower (~ 0.80 / ~ 1.00 M) and higher masses (~ 2 —3 M) in initial and
final mass respectively. The initial mass ratios for these metal-poor and carbon-
rich systems are also bimodally split between ¢ ~ 0.2 and ¢ = 1, and they tend
to accrete less material (~ 0.1 M) from their AGB companion compared to the
metal-rich systems. These stars display lower accretion efficiencies, allowing better
agreement with the BHL wind regime. Less massive convective envelopes do not
mix the accreted material as thoroughly compared to the more massive and more
metal-rich stars, allowing for less accretion while maintaining large enhancements
in s-process material. Accretion in this regime is supported by their long orbital

periods and comparatively lower eccentricities.
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4 Measuring the Neutron Interaction

cross section of 298pp

4.1 Motivations

Many reactions relevant to the s-process remain poorly constrained experimentally.
The interpretation and modeling of observed s-process abundances in stars critically
depends on accurate neutron-capture reaction rates under astrophysical conditions.
We aim to better understand neutron capture reactions at low energies relevant to
the strong component of the s-process taking place in low-mass asymptotic giant
branch (AGB) stars. By performing activation experiments to obtain direct cross-
section measurements, we provide essential nuclear physics inputs needed for stellar
nucleosynthesis models. These experiments enable precise predictions of elemental
and isotopic abundances and provide a robust connection between nuclear processes
and the observed chemical signatures in AGB stars and post-AGB binaries. Ac-
curate reaction rates also help identify which isotopes dominate branching points
in the s-process path, improving our understanding of nucleosynthesis in low- and
intermediate-mass stars.

What’s New: Using the novel ring-activation method, we experimentally repro-
duce the conditions of stellar interiors. We measure the neutron interaction cross

section of Pb at kgT = 25 and establish an upper limit for the cross section at 5
keV.

4.2 Abstract

We investigate the neutron interaction cross section of 2°Pb at astrophysical energies

relevant to the nucleosynthetic slow-neutron capture process (s-process), kgT = 5
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and 25 keV, by means of the ring-activation technique. The activation experi-
ment was performed using a quasi-stellar neutron source at the Goethe University
Frankfurt Van-de-Graff accelerator with a proton energy of 1918 keV. Protons were
accelerated onto a Li target to produce neutrons with a quasi-Maxwellian energy
distribution of kgT = 25keV via the reaction 7(Li,p)n7Be. Natural Pb samples are
placed behind the Li target with Au neutron monitors. The neutron flux through the
sample was determined relative to the well-known cross section (GA“>S Acs- Through
neutron capture, 2°Pb becomes 2?Pb and decays via 3~ -decay with a half-life of
3.257 hours. The induced activities were measured using 5~ spectroscopy with
broad-energy Germanium (BEGe) detectors, and we computed the number of acti-
vated nuclei in each Pb sample. The total 5~ detection efficiency of the two detectors
was estimated using the GEANT simulation. We measure the neutron capture cross
section g95 = 18.87 £ 6.18 mb and the upper limit o5 < 41.58 mb. Within 3o
uncertainties, the cross section at 25 keV is in statistical agreement with literature
values. Our upper limit of the cross section at 5 keV is larger than the computed
literature value from et al. (1998). Together with our measurement at kg7 = 25
keV, Maxwellian-averaged capture (MACS) cross sections at the thermal energies

of the s-process, i.e., at kgT = 8 and 23 keV, can be interpolated.

4.3 Methods

4.3.1 PINO Simulations

We use the PINO (Protons In Neutrons Out) tool (Reifarth et al., 2009) to simulate
the neutron flux through our samples at different energies. PINO is a Monte Carlo
based program that simulates a neutron spectrum for an activation experiment from
the 7(Li,p)n7Be reaction. It simulates the number of produced neutrons, as well as
the ogacs for gold at different energies and geometries. The simulation requires
the proton energy, the neutron production target including the thickness in microns
and the target geometry, the activation sample geometry, and the distance between
the sample and the neutron production Li target. We optimize the target size and
distance to match a desired neutron energy spectrum.

We determine the optimal sample shape and distance from the beam source to

the Pb target to capture the desired 5 keV neutron spectrum. Our targets have two
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Figure 4.1: Simulated neutron spectra using PINO. Left: kgT = 25 keV quasi-
Maxwellian neutron spectrum for a disc shaped target. Right: kgT =5
keV quasi-Maxwellian neutron spectrum for a ring-shaped target.

components: the inner discs have an radius of 5 mm, and the outer rings have an
inner radius of 5 mm with an outer radius of 10 mm. We find the best distance to
produce the 5 keV neutron spectrum to be 2.25 mm, using an proton energy of 1918
keV. At this distance, we estimate a total number of 5.07 x 10 neutrons will pass
through our Pb ring targets. In Figure 4.1 we compare Maxwellian distributions to
the simulated neutron spectra. In each panel, the total neutron spectrum is shown
in black, and the total number of neutrons passing through the sample are shown

in blue and orange, including the geometric angular weighting.

4.3.2 Detector Setup

To measure the activity of the radionuclei, we use semiconductor broad energy
germanium detectors (BEGe). These detectors have a high efficiency over a wide
energy range of 3 keV - 3 MeV, ideal for y-spectroscopy. Each detector is housed
in a vacuum chamber, attached to a liquid nitrogen dewar. Germanium has a
relatively small band gap at room temperature (Eg = 0.7 €V), and the detectors
must be cooled using liquid nitrogen (77 K) to reduce the background current. To
minimize the background noise during the measurement, the detectors are housed
in a lead “castle”. Background X-ray radiation is reduced by lining the castle with

a copper tank. To measure the activity, samples and monitors are individually
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Figure 4.2: 2.5 MV Van-de-Graff accelerator at the Goethe University Frankfurt
Institute for Nuclear Physics (IKF). The beamline continues to the right
where the Li target, our target samples, and the Li-glass scintillator are
located.

inserted between the detectors. The two detectors are positioned on a movable rail,
allowing the distance between the detectors and the sample to be adjusted. The
distance indicator on the rail is not perfect, and requires further calibration. We
place the sample close to the BEGe detectors at a nominal distance of 1.0 cm to

maximize the detection rate of the escaping particles.

4.3.3 Experimental Setup
Proton Generation

Protons are extracted from a high frequency ion source and accelerated with an
electrostatic 2.5 MV Van-de-Graff accelerator, seen in Figure 4.2. We accelerated
protons to an energy of 1918 keV, and beam them onto a “Li target to produce
thermal neutrons. We ensure a narrow energy distribution using an energy analyzing
dipole with a spread of about 2 keV. Quadrupole magnets focus the beam onto the

Li target position without major losses.
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Figure 4.3: Setup for the activation measurements.

Neutron Generation

Neutrons from the "Li(p,n)"Be reaction are emitted in a cone with an opening angle
of ~ 120° (Figure 4.3). The neutron energy decreases with radius from the center of
the cone. The highest energy neutrons are more tightly beamed, and lower energy
neutrons are only weakly beamed. Fluctuations in the neutron flux were determined
using a Li-glass scintillator detector positioned behind the target. The scintillator is
enriched in %Li and produces ions through an (n,«) reaction. When ionizing particles
enter the scintillator, they excite electrons which, upon returning to their ground
state, emit low-energy photons. These photons are collected in a photomultiplier

via an optical fiber.

We use these neutrons to activate disc- and ring-shaped targets of 2*Pb. From
the neutron bombardment, we form the radioisotope 2*Pb. The only way to detect
the decay of 2%°Pb to 2%Bi is through the detection of 3~ particles, as there is no
decay channel where v photons are released. From our PINO simulations, the rings
are designed to probe 5 keV neutrons, and combining the two target components
probes neutron energies of 25 keV. This allows us to interpolate between for the 8

keV region.
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4.3.4 Samples

The average energy of the 3~ particles released from the 2°Pb decay is 197.5 keV,
and the end-point energy, or maximum kinetic energy is 644 keV. We compute the
maximum and the optimal thickness of our targets based on the kinetic energy and
transmission of the S~ particles. In Figure 4.4, we see that with the maximum
kinetic energy of 644 keV, the total stopping power is 1.12 MeV cm?/g. At the
average kinetic energy of 197.5 keV, the total stopping power is 1.43 MeV cm?/g. At
these energies, we remain in the collision-dominated regime. Radiative contributions
from bremsstrahlung only become significant at higher kinetic energies, around ~10
MeV.

dx
an upper limit of our target thickness dz = 0.474 mm for our 2®Pb foil target. A

Using the maximum stopping power and the formula %(@> = S(FE) we calculate

Pb target thicker than this will not allow electrons with energies lower than the
maximum energy to traverse the width of the sample. Using the mean S~ particle

energy of 197.5 keV, we compute a optimal target thickness of 0.12 mm.
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Figure 4.4: Total stopping power as a function of energy for electrons traveling
through Pb, with contributions from collisions and bremsstrahlung
shown in dotted and dashed lines respectively. Data collected from the
ESTAR database (Berger, 1992).
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Transmission Coefficients

The electrons emitted by the 8~ decay can be self-absorbed by the 28Pb target.
If the target is too thick, the electrons will not be able to escape the Pb sample
and make it to our detectors Eyring (1962). At low energies the transmission is
dominated by the inelastic scattering of other electrons within the material, and
the low-energy modified version of the Bethe-Bloch formula in Equation 1.79 is
implemented, where we additionally consider the quantum indistinguishability of
the incident and scattered electrons.

For a range of energies we compute the transmission coefficients T'(F), or the ratio

of electrons that escape to those that are stopped within the material,

T(E) = ECYRE), (4.1)

where, in this expression, R(F) is the Continuous Slowing Down Approximation
(CSDA) range. The CSDA range is calculated following Equation 1.84, using

R(E) =0.412 % E(1.26570.0954*ln(E)) % p (42)

where p is the density of the medium through which the particles are traveling. The
CSDA range assumes a linear trajectory as the longest possible path length through
a material as the particle slows down to rest, and is attenuated by the density of
the material through which it is traveling. This is crucial in understanding how
many particles escape the target and are available for detection. Figure 4.5 shows
computed CSDA ranges for ~ particles traveling through Pb as a function of kinetic
energy. These ranges correspond to the computed target thicknesses above.

In Figure 4.6 we show transmission coefficients as functions of energy for differ-
ent thicknesses of Pb targets. We see that for thicknesses less than 0.1 mm, we
retain ~30% of the electrons with energies £ = 200 keV, and ~ 3% of electrons
with energies £ = 100 keV. Combining this with simulated expected 3~ counts at
different target thicknesses, we can optimize the two curves such that we maximize
the produced 5~ particles and minimize the particle self-absorption.

We simulate neutron counts for a theoretical activation of three times the half-
life of 2“Pb for different thicknesses of a Pb target in Figure 4.7. The counts

are estimated using a minimal waiting time of five minutes between activation and
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Figure 4.7: Simulated S~ counts as a function of target thickness for the inner disc
(Left) and the outer ring (Right). Data points are the estimated counts
at the given thickness, and the curves are cubic spline fits to the data.
The outer ring captures the 5 keV neutron spectrum, where the full disc
captures the 25 keV neutron spectrum.

measurement. In reality, the activity of the inner disc will be measured after the
ring with a longer waiting time. There neutrons in the center of the beam are higher
energy and more numerous, and we expect a higher activity from the disc.

The simulated counts for the Pb ring are about two orders of magnitude less than
the disc, since the ring captures fewer neutrons at lower energies. From this data,
we compute an optimal thickness of 0.08 mm. Since this thickness was not available
from the manufacturer, we opted for the next closest value of 0.10 mm. This allows
the 8~ particles to traverse the sample width and escape on either side of the target
toward the detectors, regardless of where in the sample the S~ is produced, and
allows enough S~ particles to be produced such that we can expect to detect the
decay products.

We choose a Pb target thickness of 0.1 mm to ensure the production of electrons
in the target and to allow the escape of low-energy electrons. This is in agreement
with the computed maximum target thickness of 0.5 mm, where virtually no low-
energy electrons will escape. A thinner target would have allowed more electrons to
escape, but the total number of activated nuclei would be lower as a result of there
being less material to capture the neutrons.

The Pb samples used in this experiment were high purity (99.99%) metal foils of
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natural composition obtained from Goodfellow Advanced Materials. Panel (a) of
Figure 4.8 shows the unaltered Pb foil from the manufacturer with a side length of 5
cm. We cut our samples to the desired geometries using a metal stamp press, seen in
Panel (b) of Figure 4.8. Specially machined stamp heads are designed to cut precise
geometries. We stamp discs with a radius of 0.5 ¢m, and rings with an inner radius
of 0.5 cm and an outer radius of 1.0 cm. Targets are prepared by suspending them
in 3D-printed rings using Kapton® tape, a thin polyamide tape used for insulation
and heat control. We prepare five sets of Pb targets, each consisting of an inner
disc and an outer ring. Panel (c) shows a complete set of prepared Au, Pb, and
Au samples. The Pb disc and ring can be distinguished within the 3D printed ring
housing. The upstream gold monitor sits behind the Pb targets in this image. The
downstream Au monitor is visible in the bottom of the image.

For each Pb sample, we assemble *7Au foils to act as a neutron monitor to esti-
mate the number of neutrons passing through our sample. During the activations,
the Pb samples were sandwiched between two 0.03 mm gold foils of the same geom-
etry, placed upstream and downstream of the Pb sample within the beam path. As
such, all activation measurements are carried out relative to the gold cross section

standard (see section 4.5).

Areal Surface Density

We compute the areal surface density fiqreq for our samples and monitors using their
geometric and physical properties. The number of atoms of a chosen isotope within

a sample is

Nsample - AI Msample N Avo p/mmol (43)

where A; is the abundance of the isotope of interest, mggmpie is the mass in grams,
p is the purity, and m,,, is the molar mass of the element. Our samples have the

natural abundance of 2°®Pb, 52.5%. The surface areas of our disc and ring samples

2

2 . —12), where for the discs the inner radius is

were computed using Agsgmpre = (7
equal to zero. The areal density is then equal to the number of atoms in the sample

divided by the surface area,

Hareal = Nsample/Asample- (44)

152


https://www.goodfellow.com/eu/lead-foil-group

(a)

Figure 4.8: Sample preparation for the activation experiment. (a) Pb foil sheet from
the manufacturer. (b) Stamp press used to cut disc and ring shapes
fromo the foils. (c¢) Prepared Pb and Au samples suspended in 3D printed
rings using Kapton tape.

4.4 Activation of 298Pp

While the duration of the desired activation is three times the half-life of 2°Pb, the
activation time is constrained by the working hours of the accelerator staff, and is
limited to ~ 8 hours per day. After each activation, the number of activated nuclei

in the samples and in the gold monitors are computed,

A = ¢rpao fo, (4.5)

tp
0

is the capture cross section, and f; is the beam-time correction factor.

where ¢ = [," ¢(t)dt is the time-integrated neutron flux, 4 is the areal density, o

For a given v-ray line, the number of counts in the BEGe detector is

C' = Ak Kegsety L, (1 — e Am)e A, (4.6)

where A is the number of activated nuclei, ¢, is the efficiency of the BEGe detector
and I, is the v-ray intensity per decay. The correction factors . and kgqs. account

for self-absorption of v rays in the sample and the summing effect of the detector due
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to cascade transitions, respectively. These correction factors have been calculated
by means of Monte Carlo simulations using the GEANT-3 toolkit generously by
Prof. Dr. Rene Riefarth, and are folded into in the computed € detection efficiency.
The same expression exists for detecting S~ particles, with subscripts v replaced by
B~. Since all measurements are relative to the cross section of "Au, Equation 4.5

yields

A; oiNify,

- 9
Asw  0aulNawfo,,

(4.7)

where A; and Ay, are determined by the respective net counts registered in the

detector.

4.4.1 Time Dependent Correction Factors

Decay of Nuclei during the Activation We compute the f; correction factor using

the time-dependent neutron flux measured using the Li-glass scintillator,

. J p(t)e A B0t
T L e

ZiT:o r(i) e M)
ZiTzo r(7)

where T is the full time period of the activation, ¢ indicates the bin number of the

(4.8)

fo=

: (4.9)

time, and 7(4) is the count rate in the Li-glass scintillator for the respective time
bin. Our neutron flux during one of the activation runs as measured by the Li-glass
detector is shown in Figure 4.9.

To perform an analytical comparison for a constant neutron flux, we also compute
f» using the approximation

1— e—)\tb

fo= N (4.10)

for the decay constant A\ and the beam time (or activation time) ;. This term ac-
counts for the decay of nuclei and variation of the neutron flux during the activation
time. The neutron distribution within the samples, and therefore the cross sections,

depends on the relative position of the of the samples to the neutron-producing Li
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Figure 4.9: Neutron flux with time during one of the activation runs. Deviations in
the neutron flux are accounted for by computing f,.

target. Cross sections at different neutron energies and distributions for Au are

computed with PINO.

Decay during the Waiting Time and Measuring Time After a waiting time
t., the sample is placed within the BEGe detector setup, and y-rays and 5~ elec-
trons are counted during a measuring time t,,. The two factors f,, and f,, correct
for the number of decays that occur during the waiting and measurement phases,

respectively. They are calculated with

Ja— (4.11)
fm=1—e"m, (4.12)

for waiting time t,, and measurement time t,,. The final time dependent correction
factor is the dead time correction fpp, intrinsic to the BEGe particle detectors.
After an event is registered within the detector, a small period of time passes before
another event can be registered. We correct for the counts missed by the detector
by using the ratio of the live time and the wall-clock time during measurement,

for = tiwe/trear, Where ;. and t,., are additional outputs from the measurements.
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4.4.2 Number of Activated Nuclei

Radioactive isotopes decay according to the decay law following their nuclear decay
constant A, which is related to the half-life through A = In(2)/t;/,. The number of
activated nuclei within a sample can be computed using the correction factors and

the number of detected counts C,

C

Necte = TEYe(E) i for fo fo for

(4.13)

4.4.3 Pb Sample and Au Monitors

The S~ spectrum should be relatively smooth. However, the natural isotope distri-
bution of Pb within the sample includes isotope 2°>Pb, which will emit photons as
decay products, which appear in the output spectra. We identify and remove the
contributions from these photons in our 3~ spectra. The v spectra from the *7Au

monitors contains v peaks and cascade effects at low energies.

4.5 Data Analysis

4.5.1 Detector Calibration
Energy Calibration

To calibrate the energy sensitivity range of the detector, we used radionuclides with
well-known ~ emission energies from Table 4.2. We placed the radionuclide in the
detector configuration and measured the v emission to calibrate the detector energy
range. There are 4096 channels in each detector, and known 7 peaks identify specific
energy channels.

From the decay of 2?Na, we computed the positions of two prominent v peaks and
calibrated the detector energy channels. The energy range was set to a range of 0
- 1500 keV to capture the K background line (E ~ 1459.7 keV) emitted from the
concrete blocks surrounding the detector bunker to serve as an additional calibration
point. In Figure 4.10, we plot the v peak energies as a function of detector channel
for the set of calibration radioisotopes. The calibration energies follow a linear trend

with detector channel. Our theoretical energy range of 3~ particles from 2*°Pb decay
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Figure 4.10: Detector energy calibration using a set of radioisotopes with known
activities. The linear correlation is constructed using #?Na data.

is 0 keV - 644 keV; however, we expect the higher energy 5~ electrons to lose energy

as they travel.

Distance Calibration

Using radioisotopes with known activities, we determined the true detector-sample
distance by comparing to GEANT simulations. We computed the counts within each
~ peak for each of the calibration samples. For a given measurement time, we expect
a number of detected counts from the radioisotope. By simulating different distances
and the known activities, we determined the true detector distance. Visually, this
calibration is seen in Figure 4.11, for Detector 1 in the left panel and Detector 2 in
the right panel. For Detector 2, the data points from '*3Ba emission were trimmed
as extreme outliers. Calibrated distances are indicated in the lower right corner
of each panel. Understanding the true distance from the sample to the detector is
crucial in determining the particle detection efficiency, and may have a significant
effect on the computed cross section. Where the detector setup distance scale reads
1 c¢m separation between the sample and the detectors, we found distances of 1.38
and 1.29 cm for Detectors 1 and 2, respectively. This feeds directly into the efficiency

calibration of the detectors.
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Figure 4.11: Calibrated detector distances using the efficiency ratio of the calibration
radioisotopes, for detectors 1 and 2, respectively. Calibrated distances
are in the boxes in the lower right of each plot.

Efficiency Calibration

A crucial factor to compute the cross section is the detector efficiency e, which
were estimated using GEANT-3 simulations, run by Prof. Dr. Rene Reifarth.
The efficiency simulations were fitted to calibration source by varying geometric
parameters, including the sample thickness and geometry, the detector dead layer
thickness, and the distance to the detector. We estimated the efficiencies for both
detectors at their calibrated distances, for our respective sample geometries, and
for the different detected particles. The values for € include the cascade and self-
absorption coefficients k, as well as the relative intensity of the emission I. We list

our estimated efficiencies in Table 4.3 for our sample compositions and geometries.

To reduce our uncertainties, we integrated our simulated S~ counts within an
energy range where most electrons are detected, from (20,200) keV. From the sim-
ulations, around 86% of the detected S~ particles were detected within this range,
and we multiplied our total estimated efficiency by this factor. Our measured 5~

counts are also calculated within this energy window for consistency.
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4.5.2 Number of Detected Counts

The number of decays was determined by integrating the number of events within
emission peaks or regions of characteristic energies. To prevent systematic deviations
in the measured peak content, we ensure the contributions from other decays does

not contaminate energy peak.

Background Calibration

We measured the environmental background radiation at the detection site using an
empty detector setup and a measurement time of 2.54 days (58.87 hours). To remove
the background contributions from our measured energy spectra we applied a scaling
factor, SF, as the ratio of the measurement time to the background time SF =
tm/tokg. With this we ensure that no significant contribution from the background

persists in our calibration spectra.

Lead

Energy spectra from our Pb samples are shown in Figure 4.12. The raw S~ spectra
are shown in grey, where the background contribution is significant. The background
subtracted spectra are shown in the black lines. To better visualize the shape of
the extracted S~ spectra, we re-binned our sample at intervals of 10 keV. The disc
samples show a characteristic curve at low energies with a soft peak near 100 keV.
While the end-point energy of the 22Pb 3~ decay is 644 keV, the 3~ particle energies
are attenuated as they pass through both the sample and the detector. As such,
few high-energy electrons were detected in this experiment. The ring samples show
significant noise in the spectra.

Integrating the electron spectrum across the whole energy range will introduce
noise and uncertainty to our computation of the cross section. Following our com-
putation of the detector efficiency, we recover more signal by integrating our S~

spectra over a narrow energy range from (20,200) keV.

Gold

The v spectra for the Au flux monitors is shown in Figure 4.13 in the energy range

is 0 - 800 keV. There are prominent emission features visible in the spectra, where
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Figure 4.12: Energy spectra detected from our Pb samples. The grey lines are the
raw spectra before background subtraction. In black are the back-
ground subtracted S~ spectra. Blue lines are the background sub-
tracted spectra re-binned at 10 keV intervals.

peaks at 411.8 keV and at 675.9 keV correspond to the *Au — 1%Hg + ~ decay
products. The Compton continuum is seen in the sloping behavior of the spectra. A
degraded y-spectrum is seen in the Au ring spectra in Run 3 upstream ring, where
the neutron flux was highly variable.

We used the 7y-emission feature at 411.8 keV to compute the counts from our
Au samples, and computed corresponding detection efficiencies from GEANT. As
shown in Figure 4.14, we fit a Gaussian function (shown in red) to the  peak in the
background subtracted spectra (shown in black), with the same energy resolution
as the detector. We integrated the Gaussian curve to obtain the number of counts
within the peak.

From the detected number of counts, we computed the number of activated nuclei
within the sample. We applied the correction factors for continuous decay during

different phases of the experiment, and corrected for the detector efficiency.

4.5.3 Integrated Neutron Flux

The total neutron flux through the Pb samples cannot be measured directly; in-
stead neutron flux through the sample was approximated by using the Au neutron

monitors. Gold has the advantage of having a well-known neutron interaction cross
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Figure 4.13: Energy spectra for our Au samples. Titles indicate which sample is pre-
sented. 7 emission features and cascade features can be distinguished.
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Figure 4.14: Energy spectra for our Au samples, stacked and focused on the 411.8
keV peak. Black curves are the Au spectra, and the red dotted curves
are the Gaussian fits. The left and right panels show spectra from
Detectors 1 and 2, respectively.

section, and is an established standard for cross-section measurements (Ratynski
and Képpeler, 1988). Activities of the Au monitors were measured with BEGe de-
tectors, and the integrated neutron flux through the Pb sample was determined by
arithmetically averaging the computed neutron fluxes through the upstream and

downstream monitors,

1 o Cy >
Oy = = + , 414
g 2(#1016411fbfwfmeT W202€411 fo fu fn fOT (4.14)

with T" being the full time period of activation. The neutron distribution inside the
samples, and therefore the cross sections o, depend on the relative position of the
samples to the neutron producing Li target. These energy-dependent cross sections

for gold were simulated using PINO. Using the degree of activation R,

¢upstream
Rupstream = s
¢upstream,sim
R _ ¢downstream 4.1
downstream — — ( : 5)

Qsdownstream7 sim

o Rupstream + Rdownstream

Rsample - 92 3
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we rewrite the expression for the neutron flux through our Pb sample,

2
mr Rupstream Rdownstream
Op = — + )

5 (4.16)

Oupstream,sim O downstream,sim

4.5.4 Cross Section

Using the computed neutron flux and the activity of the Pb samples, we calculated

the neutron interaction cross section using the expression,

g = Nactive/(na (I)T) (417)

4.6 Results and Discussion

We tabulate our data and results for our measurement of the neutron interaction
cross section of 2®*Pb in Appendix A. Physical data include masses, geometri-
cal properties, and areal densities. Simulated data for each sample include the
SACS1974, and ¢, values from PINO, each listed by sample in Tables A.2 and
A.7. Experimental timing for each sample is shown in Tables A.3 and A.8, followed
by computed decay time correction factors in Tables A.4 and A.9. In Tables A.5
and A.6 for the Au samples, we list values for background scaling factors, detector
efficiencies from GEANT, computed counts at 411.8 keV, the number of activated
nuclei, and the computed neutron flux data. For the Pb samples, in Tables A.10a
and A.10b we list the background scaling factors, detector efficiencies from GEANT,
integrated S~ counts between 20 - 200 keV, the computed neutron flux, the number
of activated nuclei, and neutron interaction cross sections in [cm?).

We calculate the weighted mean of the cross sections across our five activation
runs and between the two detectors. From our activation experiments of 2®Pb,
we measure the spectrum-averaged cross sections (SACS) at kgT = 25 keV 095 =
18.87 + 6.18 mb.

We compare our results at kg1 = 25 keV to literature values from activation
and time-of-flight (TOF) measurements in Table 4.4. There is scatter in literature
values for the cross section at this energy, ranging from 0.32 to 0.75 mb. TOF
measurements are, on average, higher than the activation experiments. We use this

data as a check on our results and a measurement calibration point; if our results
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Figure 4.15: Experimentally measured SACS compared to computed total-capture
cross sections from Beer et al. (1997) and other literature values. A
zoom-in panel at 25 keV is shown to display the literature cross sections.
At 25 keV, we find our result statistically consistent with the literature.
At 5 keV, we establish an upper limit.

at this energy are sensible, then we may trust our results at lower energies. Our
obtained experimental cross section is in statistical agreement and lies within 30 of
the literature data.

Our measured SACS value at 5 keV has large uncertainties of over fifty percent.
Extending the uncertainties to cover the full confidence range, cross section values
become negative, indicating our measurement is an upper limit. We establish the
upper limit of o5 < 41.58 mb at kgT = 5 keV, determined using the 20 uncertainties
in the computed value. This is much higher than the total-capture cross section
Ttotal, 5 kev = 0.058 mb, computed by Beer et al. (1997).

In Figure 4.15, we compare our results to the computed total-capture cross sections
from Beer et al. (1997) and experimental results compiled in Table 4.4. All data are

shown with 30 uncertainties.

4.6.1 MACS

From the experiment we measure the SACS, which is used to approximate Maxwellian-
averaged cross sections (MACS) through the relation oy acs =~ (2/7/7) 0sacs. We

compare our computed MACS values to theoretical predictions in Figure 4.16 to sets
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of simulation data from Pritychenko et al. (2010); Chadwick et al. (1996); Chadwick
et al. (2011); Plompen et al. (2025); Iwamoto and Iwamoto (2025); IAE (2022).
In the figure, grey data identify the computed MACS at energies of kg1 = 5 and
25 keV. In this region, there is more than one order of magnitude discrepancy
between the theoretical models. Our cross section at 25 keV lies between the the-
oretical curves, suggesting compatibility with models from Chadwick et al. (2011)
and Iwamoto and Iwamoto (2025). The upper limit at 5 keV prevents us from ruling

out any models.
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Figure 4.16: Theoretical MACS values for 2°Pb at energies from 1 keV to 1 MeV,
from Pritychenko et al. (2010); Chadwick et al. (1996); Chadwick et al.
(2011); Plompen et al. (2025); Iwamoto and Iwamoto (2025); IAE
(2022). Computed MACS at 5 keV and 25 keV are shown in grey.

We note the relative success of our experiment, in that we are able to measure
a cross section at astrophysical energies relevant to the s-process within statistical
significance of the literature. However, we were not able to fully determine the n-
interaction cross section of 2%®Pb at 5 keV, due to low sensitivity in detecting low

energy [~ particles.

4.6.2 Estimation of Uncertainties

Measurement methods cannot perfectly determine the true value of any quantity.
Thus, a good understanding of the involved systematic and statistical uncertain-

ties is important. Systematic uncertainties are the result of insufficient calibration
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of the instrument, or experimental errors. If the cause of the systematic error is
determined, it can be completely corrected for in the final result.

Statistical uncertainties are a product of the unpredictable behavior of statistical
processes involved in the experiment and analysis. These can be reduced with re-
peated measurements. The direct measurements of the cross sections are calculated
through analytical and numerical expressions through which we propagate statis-
tical uncertainties. In general, the total uncertainty can be obtained by Gaussian

error calculation,

o= i (@0»)2 (4.18)
i=1 2 .
assuming variables are independent. For multiple independent variables contribut-
ing to the computation of another, their uncertainties can be included following
Equation 4.18. For dependent variables, the covariance is taken into account with
the inclusion of cross-terms.
Uncertainties in the laboratory scales and calipers for measuring the geometry
and mass of the samples were taken into account when computing computing the
areal density figreq;. The uncertainty in the measured masses is £0.05 mg, and the

uncertainties in the measured radii is £0.05 mm.

N, 2 2omN 1o 2
Ap = A ZTAT AR 41
a \/<er2 m) - < M mr3 T) (4.19)

The uncertainties in the detected counts are taken as the square root of the number

of counts summed with the counts of the background, within the same energy range
AC = \/m. On average, for the Au samples we compute uncertainties on
the order of 0.6%. In the realm of large numbers, e.g., the v spectra from our Au
samples, we are in the statistical Poisson counting regime, and the contributions
from the background are negligible. However, we observe few 5~ counts from our
Pb samples, and the background makes a significant contribution to the uncertainty
in the counts. The uncertainty in our computed S~ counts is 38%. This is the
dominant source of uncertainty in our computed cross sections.

The uncertainties in the neutron flux stem from the uncertainties in the Au cross

section, the areal density of Au, the integrated counts within the 411.8 keV  peak,
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and the detector efficiency. The relative uncertainty in the neutron flux is given by

q) 2 2 2 2
Ady (A;m) N (ACAU) N (AasAcs,Au> N (g) . (4.20)
Op HAu Cau TSACS,Au €

Uncertainties in the activity are the combined contributions from uncertainties in

the counts and correction factors

A4 [(ACNT (AL (AR, (AL (Ao
7‘\/(0)+(fw)+<fb)+<fm)+<fm)' (4.21)

The uncertainty of the correction factor for the waiting phase f,, depends on the

uncertainty of the waiting time ¢,, and the uncertainty of the decay constant A of
the respective isotope. The uncertainties in the measurement timings is negligibly
small. The uncertainty in ¢, is small, and the only source of uncertainty taken into
account for the irradiation time correction factor t, is the decay constant A. The
relevant source of uncertainty in the measurement time correction factor is the decay
constant A. The determination of the dead time correction factor has three sources
of uncertainty occur, the dead time correction fpr(r) depending on the rate in the

detector r and the uncertainty of the decay constant A,

Afy =\ (twe e AN? + (Ae—Nw AL, (4.22)
67}\1‘/17 1— 67}\tb

Afb_< i )A)\ (4.23)

Afp =ty e MmAN (4.24)

)G e

Uncertainties in simulations are taken to be 5% for the 7 energies, simulated cross

sections, and electron energies and intensities,
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Afam  [(ALN | (ALN? | (AL

The uncertainty in the cross section is the combination of the contributions from

the areal density, the observed counts, the neutron flux, and the simulations,

R CIRCRCa R

4.7 Conclusion

The double-magic number nucleus 2*Pb marks the end point of the s-process. The
cross section for neutron capture directly affects the produced ratio of Pb to Bi
in stars. The rare capture of a neutron produces 2*Pb, which quickly decays to
209Bi by releasing a 3~ particle. In order to proceed with neutron captures beyond
this reaction, the necessary neutron flux is much higher than that reached within
thermally pulsing AGB stars.

To constrain the theoretical models and refine the rate of the s-process in AGB
stars, the cross sections and reaction rate are measured. In this experiment, natural
Pb was irradiated with pseudo-thermal neutrons, and the activated Pb samples were
used to compute the interaction cross sections. Many direct measurements of the
neutron capture cross section at kT = 25 keV have been made in the last 60
years, and our computed cross section g9 = 18.874+6.18 mb is within 30 agreement
with the literature. However, below this energy, only theoretical predictions of the
cross section have been used. We compute the upper limit o5 =< 41.58 mb in our
investigation of neutron capture cross sections at low energies relevant to the strong
component of the s-process. This is the first time a direct measurement has been
made at kgT = 5 keV for 2%®Pb. These measurements together can be used to
interpolate other astrophysically relevant energies and increase the reliability of the

predicted production rates of s-process elements in AGB stars.

168



Table 4.1: Combined measurement runs including wait times and activation times.

Run Sample twait [s] Start—Stop Duration [s]
1 Pb ring 500 16:15:00 — 22:45:00 23400
1 Pb disc 24289  22:51:29 — 09:05:39 36850
1 Au ring downstream 65885  10:24:45 — 11:24:45 3600
1 Au ring upstream 61625  09:13:45 — 10:20:20 3995
1 Au disc downstream 72365  12:12:45 — 12:35:45 1380
1 Au disc upstream 69725  11:28:45 — 12:07:20 2315
2 Pb ring 833 15:44:45 — 22:25:45 24060
2 Pb disc 25198  22:30:00 — 10:10:15 42015
2 Au ring downstream 67513  10:15:15 — 11:16:45 3690
2 Au ring upstream 73238  11:50:40 — 13:50:40 7200
2 Au disc downstream 71378  11:19:40 — 11:45:10 1530
2 Au disc upstream 80603  13:53:25 — 14:30:25 5820
3 Pb ring 653 15:41:45 — 22:28:45 24420
3 Pb disc 25779  22:40:31 — 08:46:31 36360
3 Au ring downstream 62453  08:51:45 — 14:18:30 19605
3 Au ring upstream 82304  14:22:36 — 15:51:36 5340
3 Au disc downstream 158558  11:33:30 — 12:21:32 2882
3 Au disc upstream 161678  12:25:00 — 13:09:30 2670
4 Pb ring 750 16:01:40 — 23:01:40 25200
4 Pb disc 26331  23:08:01 — 08:47:46 34785
4 Au ring downstream 64635  09:46:25 — 10:23:25 2220
4 Au ring upstream 67010  10:26:00 — 11:02:30 2190
4 Au disc downstream 69320  11:04:30 — 11:15:00 870
4 Au disc upstream 70100  11:17:30 — 11:29:30 720
5 Pb ring 535 15:34:15 — 23:19:45 27930
5 Pb disc 28645  23:22:45 — 10:57:45 41700
5 Au ring downstream 70540  11:01:00 — 11:14:05 785
5 Au ring upstream 71500  11:17:00 — 11:27:30 630
5 Au disc downstream 72280  11:30:00 — 11:40:00 600
5 Au disc upstream 73000  11:42:00 — 11:52:20 620
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Table 4.2: Gamma-ray energies of selected calibration isotopes.

Isotope Gamma Energies [keV]

2Na 511, 1274.54
54Mn 834.85

57Co 14.41, 122.06, 136.47
60 1173.23, 1332.49
109Cq 88.03

133Ba 53.16, 79.61, 80.99,
160.61, 223.24, 276.39,
302.85, 356.01, 383.85,

(1173.23, 1332.49)

137Cs 661.66
210pp 45.539
2 Am 59.54

Table 4.3: Estimated efficiencies for S~ detection in our BEGe setup using the
GEANT simulations.

Sample Detector Distance [cm] € Ac

Pb Disc 1 1.38 0.010873 0.000451
Pb Disc 2 1.29 0.011249 0.000448
Pb Ring 1 1.38 0.010702 0.000436
Pb Ring 2 1.29 0.011037 0.000456
Au Disc 1 1.38 0.065485 0.000274
Au Disc 2 1.29 0.068699 0.000277
Au Ring 1 1.38 0.064063 0.000275
Au Ring 2 1.29 0.067805 0.000275

Table 4.4: Neutron capture cross sections at kgl = 25 keV from sources in the
literature. Results from activation and TOF experiments are compared.

o [mb] o0,  Comment Ref.

18.87  6.18 VdG This Work

0.36  0.03 VdG Ratzel et al. (2004)
0.36  0.04 Linac, TOF Beer et al. (1997)
0.60 0.06 Linac, TOF Macklin et al. (1977)
0.75  0.09 Linac, TOF Allen et al. (1973)

0.32  0.07 VdG Macklin and Gibbons (1967)
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5 Conclusion and Outlook

This thesis represents the culmination of a body of work through which I have
obtained a comprehensive perspective on the s-process, and on how observational,
computational, and experimental techniques are used to investigate nucleosynthesis
in stars.

We observe spectroscopic binaries with high-resolution spectrographs to trace
AGB nucleosynthesis patterns in the now-visible extrinsic binary companions dis-
playing s-process element enhancements. We monitor spectroscopic orbits for a
sample of 404 stars over the course of 4 years. For 312 of these stars, we have de-
rived stellar atmospheric parameters using ATHOS and Xiru. We interpolate grids
of stellar atmospheric models and generate synthetic spectra. We compute 1D-LTE
photospheric abundances of C, the alpha element Mg, the s-process elements Sr, Y,
Zr, Mo, Ba, La, Ce, Nd, Pb, and the r-process element Eu. Adding Mo and Pb
to the abundance patterns, we determine the initial AGB mass in binary systems
polluted with s-process material. We observe trends in Mo with both light and
heavy s-process element production, and note correlations in elemental abundances
produced by the s-process. We compare our abundance patterns to the FRUTTY
models. For stars with good fits, we find a small range of initial AGB masses corre-
sponding to a given level of enrichment in s-process material. We optimize binary
orbits to further investigate estimated stellar masses. We find general agreement
between the observed stellar masses, initial AGB masses, and white dwarf masses.
We observe a general trend between s-process enhancement and donor AGB mass,
where low- and intermediate-mass AGB stars produce higher [hs]/[ls] ratios com-
pared to higher mass AGB stars. A natural extension to this project is to complete
the analysis of the stars for the full sample. We plan to model and update the
spectroscopic binary orbits of the entire catalog of stars. Further spectral analysis
will be performed to derive stellar atmospheric parameters for the sample, and to

calculate evolutionary states and ages. In addition, we plan to analyze the surface
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chemistry of the sample whose observations have high enough SNR.

Modeling the accretion and evolution of extrinsic stars, we distinguish between
different stellar populations and draw conclusions about the efficiencies of mass
transfer over cosmic time. More carbon-rich and metal-poor (CH, CEMP-s) stars
generally accrete less material from their companion star, whereas more metal-rich
(Ba) stars tend to accrete more material from their AGB companion. The metal-rich
population is typically of higher stellar mass, which may mean that the more massive
envelope is more efficient at mixing the accreted material, requiring more accretion to
produce the observed abundance pattern. Additionally, AGB mass loss may be more
effective at higher metallicities due to the increasing effect of radiation pressure on
the plasma, providing more material to be accreted. This project can be broadened
by including more mixing mechanisms in the models, by extending to metallicities
down to the theoretical limit of the s-process, and by refining the range of accretion
masses to 0.10 step increments up to higher accretion masses, above 1 M. Further
modeling considering these higher accretion masses may reveal a scenario that better
describes the final mass distribution of the strong Ba stars. Evolution modeling
including rotation is planned to track the angular momentum through the accretion
process. The orbital evolution can also be taken into account, where a particular
star system is investigated using binary stellar evolution and nucleosynthesis models,
evolving the AGB star along with the companion in a focused case study. This
exercise could also be performed for binary systems of higher mass.

Using the activation method, we beamed neutrons at pseudo-Maxwellian energies
at a sample of 2%*Pb. We measured the activity of the sample by counting the number
of 3~ decays from the produced 2*Pb. Applying corrections for the decay process
and the experimental setup, we computed the neutron-interaction cross sections for
208Ph at the s-process relevant energies of kT = 25 keV and kT = 5 keV. These cross
sections have significant implications for modeling other neutron-capture processes,
where both the i-process and the r-process extend their synthesis beyond Pb. We
plan to compute corresponding upper limits on reaction rate constants and formation
rates of Pb. This study may be improved using a detector setup specifically designed
to detect S~ particles. A thinner Pb sample will also allow the release of more
[~ particles to improve counting statistics. Using the ring method in activation
experiments can probe energies intermediate to those already established, and may

reveal energy dependent resonances in the cross section.
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A Appendix

A.1 Line Lists

A.2 Experimental Data

In the tables below, we list our experimental data. There are 20 Au samples, identified
with a run number and a geometric name, with a ‘d” or ‘u’ for downstream or upstream
respectively. The 10 Pb samples are only identified with a run number and a geometric
name. Physical data include masses, geometrical properties, and areal densities. Simulated
data for each sample include the SACS1974, and ¢gm values from PINO, each listed by
sample in Tables A.2 and A.7. Experimental timing for each sample is shown in Tables
A.3 and A.8, followed by computed decay time correction factors in Tables A.4 and A.9.
In Tables A.5 and A.6 for the Au samples we list values for background scaling factors,
detector efficiencies from GEANT, computed counts at 411.8 keV, the number of activated
nuclei, and the computed neutron flux data. For the Pb samples, in Tables A.10a and
A.10b we list the background scaling factors, detector efficiencies from GEANT, integrated
B~ counts between 20 - 200 keV, the computed neutron flux, the number of activated

nuclei, and neutron interaction cross sections in [cm?].
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Table A.1: Wavelengths, excitation potentials, and oscillator strengths of atomic lines used in this study, sorted by
element, with NIST data quality flags. Oscillator strengths for lines that include hyper-fine splitting (hfs)
are the total log(gf) from all contributing components. The ionization state is identified by the roman
numerals in the parentheses, where (I) is the ground state, and (II) is the first ionized state. Adapted from

Dimoff et al. (2024).

Element / A Exc. Potential Osc. Str. NIST Flag Element / A Exc. Potential Osc. Str. NIST Flag
A eV A eV
Mg (12) Sr (38)
5528.405 (I) 4.343 -0.620 B+ 4077.714 (II) 0.000 0.150 AA
5711.088 (I) 4.343 -1.830 B+ 4215.524 (II) 0.000 -0.170 AA
4607.331 (I) 0.000 0.280 AA
4722.278 (I) 1.797 -0.130 B+
Zr (40) 4962.263 (I) 1.846 0.250 AA
4359.74 (II) 1.236 -0.510 5256.899 (1) 2.270 0.390 B+
4496.97 (II) 0.713 -0.890
4687.80 (I) 0.730 0.550 Y (39)
4739.48 (I) 0.650 0.230 4374.933 (II) 0.408 0.160 A
6127.44 (I) 0.154 -1.060 4689.767 (I) 2.002 -0.170 A
4883.682 (II) 1.083 0.070 B
Ba (56) 5205.722 (II) 1.032 -0.340 B+
4554.033 (II) 0.000 -0.562 B (hfs) 5503.464 (1) 1.965 0.370 A
5853.675 (II) 0.604 -1.914 B (hfs) 5509.894 (II) 0.992 -1.010 B+
6141.713 (II) 0.704 -1.158 B (hfs)
6496.898 (II) 0.604 -1.111 B (hfs) Mo (42)
5506.493 (1) 1.334 0.060 A+
Ce (58) 5533.031 (I) 1.334 -0.070 A+
4628.161 (II) 0.516 0.140 B+ 5570.444 (1) 1.334 -0.340 A
5274.229 (II) 1.044 0.130 B+
5330.556 (II) 0.869 -0.400 B La (57)
5353.524 (II) 0.879 0.090 B+ 4920.98 (II) 0.126 -0.580 B+
4921.79 (II) 0.244 -0.450 B+
Eu (63) 5114.56 (II) 0.235 -1.999 B+ (hfs)
4129.70 (II) 0.000 0.109 (hfs) 5122.99 (II) 0.321 -2.212 B+ (hfs)
4594.03 (I) 0.000 0.680 B+ 5301.98 (II) 0.403 -2.300 B+ (hfs)
5577.14 (I) 1.667 0.000 B+ 5805.78 (II) 0.126 -2.940 B (hfs)
6645.11 (II) 1.379 -0.517 (hfs)
Nd (60)
Pb (82) 4232.378 (II) - - - - B
4057.807 (I) 1.319 -0.170 C+ 4247.367 (II) 0.000 -0.210 B+
5212.365 (II) 0.204 -0.960 B+
5361.474 (II) 0.680 -0.370
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Table A.2: Au sample data. Mass is in [g], diameters are in [cm], cross sections are
2

in [cm], and p is measured in cm™

Run mass din dout Hareal On SACSlQ'TAu d)sim

1discd | 0.0400 | 0.000 | 0.995 | 1.565e+20 | 3.152e+18 6.331e-25 2.99e4-09
1 discu | 0.0399 | 0.000 | 0.988 | 1.583e+20 | 3.211e+18 6.334e-25 2.99e+-09
1ringd | 0.1174 | 1.000 | 2.045 1.429e+20 | 2.046e+18 1.660e-24 8.62e+-07
lringu | 0.1199 | 0.990 | 2.004 | 1.530e+20 | 2.253e+18 1.688e-24 8.25e+07
2 discd | 0.0403 | 0.000 | 1.007 | 1.538e+20 | 3.060e+18 6.430e-25 3.02e+-09
2 discu | 0.0383 | 0.000 | 1.009 | 1.456e+20 | 2.892e+18 6.443e-25 3.02e+4-09
2ring d | 0.1175 | 1.001 | 2.000 | 1.518e+20 | 2.266e+18 1.856e-24 5.82e+07
2ring u | 0.1113 | 1.010 | 1.995 | 1.456e+20 | 2.202e418 1.893e-24 5.54e4-07
3 discd | 0.0377 | 0.000 | 1.005 1.446e+20 | 2.884e+18 6.430e-25 3.02e+-09
3 discu | 0.0358 | 0.000 | 1.016 | 1.341e+20 | 2.647e+18 6.443e-25 3.02e+09
3ringd | 0.1130 | 0.998 | 2.001 | 1.456e+20 | 2.165e+18 1.857e-24 5.82e4-07
3ring u | 0.1049 | 0.983 | 1.993 | 1.351e+20 | 1.999e+18 1.893e-24 5.54e+07
4 discd | 0.0376 | 0.000 | 1.014 | 1.416e+20 | 2.799e+18 6.430e-25 3.02e+09
4 discu | 0.0398 | 0.000 | 1.027 | 1.460e+20 | 2.849e+18 6.443e-25 3.02e+4-09
4ringd | 0.1095 | 0.998 | 2.011 | 1.392e+20 | 2.051le+18 1.857e-24 5.82e4-07
4 ringu | 0.1168 | 0.995 | 2.015 1.473e+20 | 2.158e+18 1.893e-24 5.54e+4-07
5discd | 0.0400 | 0.000 | 0.995 | 1.565e+20 | 3.152e+18 6.430e-25 3.02e+09
5discu | 0.0399 | 0.000 | 0.988 | 1.583e+20 | 3.211e+18 6.443e-25 3.02e+09
5ring d | 0.1174 | 1.000 | 2.045 1.429e+4-20 | 2.046e+18 1.857e-24 5.82e+07
5ring u | 0.1199 | 0.990 | 2.004 | 1.530e+20 | 2.253e+18 1.893e-24 5.54e4-07

Table A.3: Au experimental times.
Times are given in seconds.

Live times are determined by the detector.

Run tlive tm ty tw
1 disc d 1746 1754 | 23870 | 72360
1 disc u 2302 2313 | 23870 | 69720
1ringd | 3590 3598 | 23870 | 65880
1ringu | 3980 3993 | 23870 | 61620
2 disc d 1522 1529 | 24310 | 71380
2 disc u 2207 2218 | 24310 | 80600
2 ring d 3679 3688 | 24310 | 67510
2 ring u 7169 7197 | 24310 | 73240
3 disc d 2872 2880 | 25030 | 15860
3 disc u 2662 2668 | 25300 | 16170
3ring d | 19374 | 19602 | 25297 | 62450
3 ring u 8129 8221 | 25297 | 82300
4 disc d 625 628 | 27188 | 69320
4 disc u 714 717 | 27188 | 70100
4 ring d 2212 2218 | 27188 | 64630
4 ring u 2182 2188 | 27188 | 67010
5 disc d 594 598 | 25550 | 72280
5 disc u 614 617 | 25550 | 73000
5 ring d 780 783 | 25550 | 70540
5 ring u 626 628 | 25550 | 71500
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Table A.4: Au decay correction factors.

Run fDT fm fw fb Ufb

1discd | 0.9954 | 0.0052 | 0.8061 | 0.9639 | 1.8945e-06
1 discu | 0.9952 | 0.0068 | 0.8125 | 0.9639 | 1.8945e-06
1 ring d | 0.9977 | 0.0106 | 0.8218 | 0.9639 | 1.8945e-06
1 ring u | 0.9967 | 0.0118 | 0.8323 | 0.9639 | 1.8945e-06
2 disc d | 0.9954 | 0.0045 | 0.8085 | 0.9630 | 1.9443e-06
2 disc u | 0.9950 | 0.0065 | 0.7866 | 0.9630 | 1.9443e-06
2ring d | 0.9975 | 0.0109 | 0.8179 | 0.9630 | 1.9443e-06
2 ring u | 0.9961 | 0.0211 | 0.8040 | 0.9630 | 1.9443e-06
3discd | 0.9972 | 0.0085 | 0.6237 | 0.9597 | 2.1152e-06
3 discu | 0.9977 | 0.0079 | 0.6179 | 0.9597 | 2.1152e-06
3ring d | 0.9883 | 0.0566 | 0.8303 | 0.9597 | 2.1152e-06
dring u | 0.9888 | 0.0241 | 0.7826 | 0.9597 | 2.1152e-06
4 disc d | 0.9952 | 0.0018 | 0.8135 | 0.9594 | 2.1348e-06
4 disc u | 0.9958 | 0.0021 | 0.8116 | 0.9594 | 2.1348e-06
4 ring d | 0.9972 | 0.0065 | 0.8249 | 0.9594 | 2.1348e-06
4 ring u | 0.9972 | 0.0064 | 0.8191 | 0.9594 | 2.1348e-06
5discd | 0.9933 | 0.0017 | 0.8063 | 0.9618 | 2.0088e-06
5 disc u | 0.9951 | 0.0018 | 0.8046 | 0.9618 | 2.0088e-06
5ring d | 0.9961 | 0.0023 | 0.8105 | 0.9618 | 2.0088e-06
5 ring u | 0.9968 | 0.0018 | 0.8082 | 0.9618 | 2.0088e-06

Table A.5: Detector 1 Au scaling factors, detector efficiencies, counts, number of
active nuclei, and computed neutron flux data.

Run SF € O Counts oc Ng oN, bn O,

1 disc d 0.00827 0.06549 2.742e-4 | 4.242e+04 210.6 1.608e+-08 7.982e+05 1.623e+12 3.366e+10
1 discu | 0.01091 | 0.06549 | 2.742e-4 | 6.296e+04 | 255.9 | 1.797e+08 | 7.305e+05 | 1.792e+12 | 3.707e+10
1ringd | 0.01698 | 0.06406 | 2.742e-4 | 1.444e+404 | 123.0 | 2.676e+07 | 2.280e+05 | 1.128e+11 | 1.879e+09
1 ring u 0.01884 0.06406 2.742e-4 8.566e+03 94.5 1.415e4-07 1.561e4-05 5.479e+10 1.008e+-09
2 discd | 0.00721 | 0.06549 | 2.742e-4 | 3.740e+04 | 197.8 | 1.622e+08 | 8.578¢+05 | 1.641e+12 | 3.378e-+10
2 disc u 0.01047 0.06549 2.742e-4 5.974e+04 249.8 1.839e4-08 7.688e+05 1.906e+12 3.979e+10
2ring d | 0.01740 | 0.06406 | 2.742e-4 | 2.447e+04 | 159.7 | 4.451e+07 | 2.906e+05 | 1.579e+11 | 2.572e+09
2 ring u 0.03396 0.06406 2.742e-4 1.078e+04 106.6 1.029e+4-07 1.017e+05 3.732e+10 6.740e+08
3discd | 0.01359 | 0.06549 | 2.742e-4 | 1.090e+04 | 106.8 | 3.266e+07 | 3.200e+05 | 3.514e+11 | 7.807e+09
3 disc u 0.01259 0.06549 2.742e-4 9.430e+03 99.3 3.076e+07 | 3.238e+405 3.559e+11 7.960e+09
3ring d | 0.09249 | 0.06406 | 2.742e-4 | 4.784e+03 71.3 | 1.673e+06 | 2.513e4+05 | 6.1890409 | 1.309e+08
3ring u | 0.03879 | 0.06406 | 2.742e-4 | 1.070e+03 32.8 | 9.302e+405 | 2.856e+05 | 3.636e+09 | 1.239e+08
4 disc d 0.00296 0.06549 2.742e-4 1.188e+-04 111.5 1.251e+4-08 1.174e+06 1.374e+12 3.006e+10
4 disc u | 0.00338 | 0.06549 | 2.742e-4 | 1.514e+04 | 125.9 | 1.399¢+08 | 1.163e+06 | 1.487e+12 | 3.154e+10
4 ring d | 0.01047 | 0.06406 | 2.742e-4 | 9.629e+03 | 100.3 | 2.893e+07 | 3.016e+05 | 1.120e+11 | 2.022e+09
4 ring u | 0.01032 | 0.06406 | 2.742e-4 | 7.373e+03 87.7 | 2.262e+07 | 2.691e4+05 | 8.109e+10 | 1.530e+09
5 disc d 0.00282 0.06549 2.742e-4 1.712e+4-04 133.7 1.909e+-08 1.491e+06 1.897e+12 4.097e+10
5 disc u 0.00291 0.06549 2.742e-4 1.793e+4-04 136.8 1.937e4-08 1.478e+406 1.899e+12 4.116e+410
5ring d | 0.00369 | 0.06406 | 2.742e-4 | 1.093e+04 | 107.0 | 9.436e+07 | 9.236e+05 | 3.557e+11 | 6.168e+09
5 ring u | 0.00296 | 0.06406 | 2.742e-4 | 9.013e+03 97.2 | 9.720e+07 | 1.049e+06 | 3.356e+11 | 6.128e+09
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Table A.6: Detector 2 Au scaling factors, detector efficiencies, counts, number of

active nuclei, and computed neutron flux data.

SF

Counts

Run € O oc Ng ON, Pn Oon

1 disc d 0.0083 0.0687 2.769e-04 5.199e+04 232.3 1.878e+08 8.394e+05 1.895e+12 3.910e+10
1 disc u 0.0109 | 0.0687 | 2.769e-04 | 6.631e+04 | 263.3 1.804e+08 | 7.166e+05 1.799e+12 | 3.718e+10
1 ringd | 0.0170 | 0.0678 | 2.769e-04 | 1.597e+04 128.8 | 2.797e+07 | 2.256e+05 1.179e+11 1.938e+09
1 ringu | 0.0188 | 0.0678 | 2.769e-04 | 8.721e+03 95.3 1.361e+4-07 1.488e+4-05 | 5.271e4+10 | 9.670e+408
1 disc d 0.0072 | 0.0687 | 2.769e-04 | 4.145e+04 | 207.3 1.713e4+08 | 8.574e+405 1.733e+12 | 3.556e+09
1 disc u 0.0105 | 0.0687 | 2.769e-04 | 6.679e+04 | 264.2 1.959e+08 | 7.751e+05 | 2.088e+12 | 4.230e+10
1ringd | 0.0174 | 0.0678 | 2.769e-04 | 2.464e+04 159.9 | 4.235e+07 | 2.749e405 1.502e+11 2.445e+09
1 ringu | 0.0340 | 0.0678 | 2.769e-04 | 1.070e+04 105.6 | 9.653e+06 | 9.529e+4-04 | 3.501le+10 | 6.320e+08
1 disc d 0.0136 | 0.0687 | 2.769e-04 | 1.137e+04 108.8 | 3.248e+07 | 3.107e405 | 3.493e+11 7.728e+09
1 disc u 0.0126 0.0687 2.769e-04 9.240e+03 98.0 2.872e+07 3.047e+05 3.323e+11 7.447e+09
1ring d | 0.0925 | 0.0678 | 2.769e-04 | 5.069e+03 73.3 1.674e4+06 | 2.421e+04 | 6.196e+09 1.285e+4-08
1 ring u | 0.0388 | 0.0678 | 2.769e-04 | 1.210e+03 35.0 | 9.938e+05 | 2.880e+04 | 3.884e+09 1.264e+08
1 disc d 0.0030 | 0.0687 | 2.769e-04 | 1.415e+04 | 121.1 1.419e+08 1.215e+06 1.559e+12 | 3.359e+10
1 disc u 0.0034 | 0.0687 | 2.769e-04 1.723e+04 133.8 1.516e+-08 1.178e+406 1.612e+12 | 3.387e+10
1ringd | 0.0105 | 0.0678 | 2.769e-04 | 9.598e+03 100.0 | 2.724e+407 | 2.840e+05 1.054e+11 1.903e+-09
1 ring u | 0.0103 | 0.0678 | 2.769e-04 | 7.649e+03 89.2 | 2.216e+407 | 2.585e405 | 7.948e+10 1.488e+09
1 disc d 0.0028 0.0687 2.769e-04 1.867e+04 139.3 1.983e+4-08 1.480e+-06 1.971e+12 4.233e+10
1 disc u 0.0029 | 0.0687 | 2.769e-04 | 1.996e+04 143.9 | 2.056e+4-08 1.482e4-06 | 2.015e+12 | 4.338e+10
1 ringd | 0.0037 | 0.0678 | 2.769e-04 | 1.323e+04 117.2 1.079e4+08 | 9.563e+05 | 4.067e+11 6.847e+09
1 ring u | 0.0030 | 0.0678 | 2.769e-04 | 1.009e+04 102.3 1.028e+4-08 1.043e+06 | 3.551e+11 | 6.351e+09

Table A.7: Pb sample data. Mass is in [g], diameters are in

in [cm], and g is measured in cm™2.

Run mass dzn dout Hareal Ou ¢sim

1 disc | 0.0811 | 0.000 | 1.015 | 1.52+20 | 3.00+18 | 2.99e+09
1 ring | 0.2597 | 1.007 | 2.013 | 1.65+20 | 2.45+18 | 8.50e+4-07
2 disc | 0.0873 | 0.000 | 1.009 | 1.66+20 | 3.29+18 | 3.02e+09
2 ring | 0.2604 | 0.996 | 2.007 | 1.66420 | 2.454+18 | 5.67e+07
3 disc | 0.0871 | 0.000 | 1.016 | 1.634+20 | 3.22418 | 3.02e+09
3ring | 0.2602 | 0.995 | 2.016 | 1.644-20 | 2.40418 | 5.67e+07
4 disc | 0.0875 | 0.000 | 1.010 | 1.664+20 | 3.29418 | 3.02e+09
4 ring | 0.2577 | 1.004 | 2.007 | 1.65+20 | 2.45+18 | 5.67e+07
5 disc | 0.0811 | 0.000 | 1.015 | 1.52420 | 3.00+18 | 3.02e+09
5 ring | 0.2597 | 1.007 | 2.013 | 1.654+20 | 2.45+18 | 5.67e+07

[cm], cross sections are
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Table A.8: Pb timing Data, part 1. Mass is in [g], diameters are in [cm], and times
are in seconds.

Run tiive tm ty tw

1 disc | 36170.0 | 36848.0 | 23870.0 | 24289.0
1 ring | 21835.0 | 22261.0 | 23870.0 500.0
2 disc | 42161.0 | 42013.0 | 24311.0 | 25198.0
2 ring | 23695.0 | 24058.0 | 24311.0 | 833.0
3 disc | 35699.0 | 36359.0 | 25297.0 | 25779.0
3 ring | 24339.0 | 24777.0 | 25297.0 | 653.0
4 disc | 34183.0 | 34787.0 | 27188.0 | 26331.0
4 ring | 24874.0 | 25197.0 | 27188.0 750.0
5 disc | 40953.0 | 41698.0 | 25550.0 | 28645.0
5 ring | 27441.0 | 27928.0 | 25550.0 535.0

Table A.9: Pb background decay correction factors.

Run for fm fw fv ofy
1 disc | 0.9816 | 0.8870 | 0.2374 | 0.5222 | 0.0524

1 ring | 0.9808 | 0.7322 | 0.9708 | 0.5222 | 0.0524
2 disc | 1.0035 | 0.9168 | 0.2250 | 0.5112 | 0.0545
2 ring | 0.9849 | 0.7592 | 0.9518 | 0.5112 | 0.0545
3 disc | 0.9818 | 0.8837 | 0.2174 | 0.5020 | 0.0517
3 ring | 0.9823 | 0.7692 | 0.9620 | 0.5020 | 0.0517
4 disc | 0.9826 | 0.8724 | 0.2104 | 0.4889 | 0.0560
4 ring | 0.9871 | 0.7749 | 0.9565 | 0.4889 | 0.0560
5 disc | 0.9821 | 0.9152 | 0.1835 | 0.5089 | 0.0531
5 ring | 0.9825 | 0.8085 | 0.9688 | 0.5089 | 0.0531
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experimental times, tqct, tstarts tstop are shown, and the number of active

nuclei at these times, Nyod4, Nact, Nstarts Nstop, are marked. . . . . . . . .

Left: HR Diagram for stars in our sample, using Gaia photometric data
and parallax. Stars are generally split between main-sequence dwarfs and
giants from 4000 - 7000 K. Right: Histogram of stellar distances for our
sample, using Gaia DR3 parallaxes. Adapted from Dimoff et al. (2024). . .

Position of sample stars on the sky, in galactic coordinates. Different colors

symbolize different instruments. . . . . . . . ... ...

Contributions from RV monitoring program to the literature. Each bin is
one observed star, and the y-axis value is the total number of RV data
points for the given star. Blue data is the available literature data, and
orange is the contribution from our monitoring program. Adapted from
Dimoff et al. (2024). . . . . . . . .

Left: Kiel diagram of our estimated stellar parameters from ATHOS and
Xiru. Open circles are parameters estimated by Xiru. Blue data points are
Ba stars, red are carbon enhanced stars, green are “other” stars, and orange
are AGB stars. Floating error bars are averages for Xiru (black), ATHOS
(green), and our AGB parameter averages (orange). Cool giants are in the
upper right, and warm dwarfs are in the lower left. Right: Metallicity vs
temperature for our this sub-sample, with ATHOS operational limits as the
dashed grey box. Colors are the same as the top panel. Adapted from
Dimoff et al. (2024). . . . . . . . ..
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Top Panel: Synthetic fits to a C and La blend at 5114.5 A in the CEMP-s
star HE 0414-0343, varying the abundance of La. Bottom Panel: Residuals
between the synthetic spectral fits and the observed data points, and relative
goodness-of-fit values for the spectral region. Adapted from Dimoff et al.
(2024). . . L
Abundances for our sample of stars by element. Blue squares are Ba stars,
red circles are carbon-enhanced (CEMP-s/-no or CH) stars, and green x’s
are “other” or unclassified stars. Inverted arrows are upper limits on the
abundance of [X/Fe]. From Dimoff et al. (2024). . . . . . . . . .. .. ..
Abundance patterns for our sample of stars by stellar classification; carbon
enhanced stars, Ba stars, “other” stars, and AGB stars. There is minor
spread in metallicity within each population. Adapted from Dimoff et al.
(2024) . . .
Comparison of [Fe/H| abundances between ionization and excitation bal-
ance from Xiru and spectral synthesis abundances using MOOG. There is
good agreement between Xiru and MOOG, with only two metal-poor stars
slightly outlying from the one-to-one trend. From Dimoff et al. (2024).
Phase-folded RV curves for the post-accretion binaries CD-62 1346, HD
50264, HR Peg, and HD 31732. We use available literature RV data (blue)
in conjunction with our own observations (orange). These four stars have
few literature data points, and with our provide enough data to characterize
their orbits and constrain component masses. Adapted from Dimoff et al.
(2024). . .
Elemental comparison between light- and heavy s-process elements. We
compare [X/H] values to remove metallicity dependent biases in the abun-
dances. We observe general correlations in all shown comparisons, with

trends between s-process elements following tight correlations (Dimoff et al.,

Corner plot of s-process elements in our sample. We observe correlations be-
tween s-process elements within the light s-process elements and the heavy
s-process elements. Dimoff et al. (2024) . . . . . . . . ... ... .. ...
FRUITY models compared to computed abundances for our high-quality
abundance sample, organized by decreasing metallicity. Blue data points
correspond to Ba stars, red to C-enriched stars, and green to “other” stars.
Inverted triangles in the plots are upper limits from our abundance compu-
tations. FRUITY model data is shown in black (Dimoff et al., 2024).
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Top: Estimated masses for AGB donor stars from FRUITY (black line),
and dynamically derived visible (solid red line) and white dwarf (dashed
red line) masses from ELC. Bottom: AGB donor mass (black) compared
with observed s-process enrichment (shades of green). Dashed green lines
are predicted s-process enrichment from the FRUITY models. Adapted
from Dimoff et al. (2024). . . . . . . . .. ... oo

PARSEC isochrone fits for systems where we have dynamical masses, shown

in compatible mass and metallicity bins. Adapted from Dimoff et al. (2024).108

Kiel diagram showing surface gravities and effective temperatures for the
collected observational sample. Blue data points are strong Ba stars, cyan
data points are weak Ba stars, orange data points are CH stars, and red data
points are CEMP-s stars. Surface parameters and abundances are collected
from Dimoff et al. (2024), de Castro et al. (2016), Roriz et al. (2021b),
Goswami et al. (2006), Karinkuzhi and Goswami (2014), Karinkuzhi and
Goswami (2015), Goswami et al. (2016), Goswami et al. (2021). From
Dimoff et al. (2025). . . . . . . . ..o

Left: Evolutionary tracks for a sample of stars with mf;,, = 2.50 Mg at
[Fe/H] = -0.15 with varying initial masses and accretion masses, with ac-
cretion phases for each model highlighted in blue. Right: Relative surface
abundance of the s-process element Ba with log;, (Age/yr). The abundance
is elevated after the accretion phase, and after the onset of first dredge-up
the surface abundance is diluted. From Dimoff et al. (2025). . . . . . . . .

Example Kippenhahn diagram for a 2.00 Mg, star accreting 0.50 Mg, of ma-
terial from a 2.50 My AGB star at a metallicity of [Fe/H] = -0.15. Green
colors denote convective regions, and purple colors denote radiative regions,
determined by the computed difference in the radiative and adiabatic trans-
fer gradients. In the total mass on the y-axis, the accretion phase is identi-
fied by the steady increase in mass. The upper x-axis shows log;, (Age/yr),
and the lower x-axis shows the model number, which is highly non-linear
with respect to time. From Dimoff et al. (2025). . . . . . . .. ... ...



3.4  Our computed grid of evolutionary models in the HR diagram, displaying
every bth model in gray. Selected models are highlighted to show the range
of parameters across the grid. Panel (a) shows the varying metallicities
of our models, with purple models at lower metallicity and orange models
at higher metallicities. These are spread across the Kiel diagram. On the
giant branch, metal-rich evolutionary tracks fall to the right side of the giant
branch towards cooler temperatures, where metal-poor giants are on the left
side at higher temperatures. Panel (b) shows the range of initial masses,
with lower initial masses in blue and higher initial masses in pink. Lower
initial-mass models appear towards the bottom and right of the panel, and
higher initial-mass models to top and the left. Panel (c) shows the range of
final masses. The highlighted evolutionary tracks are for a fixed metallicity
of -0.15, with green and yellow models showing higher mass and blue models
showing lower mass. This parameter follows the same general trend as the
initial masses. Panel (d) displays an example of the varying accretion mass
in our models. The highlighted tracks begin at different initial masses all
resulting in mgp. = 2.50 Mg, at a metallicity of [Fe/H] = -0.15. Black
tracks show higher accretion masses, and yellow tracks show lower amounts
of accretion. From Dimoff et al. (2025). . . . . . . . . ... .. ... ...

3.5 Kiel diagrams and abundance patterns for selected stars within our sample.
We show the weak Ba star PV UMa, the strong Ba star HD 123949, and
the CEMP-s star CS 29512-073, each showing the three best-fitting models
and their associated x? values. From Dimoff et al. (2025). . . . . . . . ..

3.6 Histograms of model parameters for the different classes of stars in our
investigation. Dark blue regions are strong Ba stars, cyan regions are weak
Ba stars, red regions are CEMP-s stars, and orange regions are CH stars.
From Dimoff et al. (2025). . . . . . . .. .. ...

3.7 Computed accretion efficiencies for our sample populations. Dark blue con-
tours are the strong Ba stars, and light blue contours are the weak Ba stars.
Red-yellow contours represent our full carbon-enhanced sample, including
both CH and CEMP-s stars. From Dimoff et al. (2025). . . . . .. .. ..
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Eccentricity-period diagram for our combined sample of stars. Cyan data
points are weak Ba stars, blue data points are strong Ba stars, orange
data points are CH stars, and crimson data points are the CEMP-s stars.
Centroids of the populations are marked with X’s of corresponding colors.

A characteristic errorbar is placed below the legend. From Dimoff et al.
(2025). . 139

Eccentricity-period diagram with a third dimension of accretion mass indi-
cated by the colorbar. Our sample is shown in the star-shaped data points,
and the grey data in the background is compiled orbital data from the
literature. . . . . . . . . . L 140

Simulated neutron spectra using PINO. Left: kT = 25 keV quasi-Maxwellian
neutron spectrum for a disc shaped target. Right: kT = 5 keV quasi-

Maxwellian neutron spectrum for a ring-shaped target. . . . . . . . . . .. 145

2.5 MV Van-de-Graff accelerator at the Goethe University Frankfurt Insti-
tute for Nuclear Physics (IKF). The beamline continues to the right where

the "Li target, our target samples, and the Li-glass scintillator are located. 146
Setup for the activation measurements. . . . . . . . . . . . . . ... ... 147

Total stopping power as a function of energy for electrons traveling through
Pb, with contributions from collisions and bremsstrahlung shown in dotted
and dashed lines respectively. Data collected from the ESTAR database
(Berger, 1992). . . . . .. 148

Continuous Slowing-Down Approximation (CSDA) range of 8~ particles
passing through Pb as a function of 5~ kinetic energy. . . . . . . . . . .. 150

Transmission coefficients as functions of energy for electrons traveling through

natural Pb. Different thicknesses of Pb are shown in different line-styles. . 150

Simulated S~ counts as a function of target thickness for the inner disc
(Left) and the outer ring (Right). Data points are the estimated counts at
the given thickness, and the curves are cubic spline fits to the data. The
outer ring captures the 5 keV neutron spectrum, where the full disc captures
the 25 keV neutron spectrum. . . . . . . ..o 151

Sample preparation for the activation experiment. (a) Pb foil sheet from
the manufacturer. (b) Stamp press used to cut disc and ring shapes fromo
the foils. (c) Prepared Pb and Au samples suspended in 3D printed rings
using Kapton tape. . . . . . . . . ... ... 153
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Neutron flux with time during one of the activation runs. Deviations in the
neutron flux are accounted for by computing f,. . . . . . . ... ... ..
Detector energy calibration using a set of radioisotopes with known activi-
ties. The linear correlation is constructed using ?’Na data. . . . . . . . . .
Calibrated detector distances using the efficiency ratio of the calibration
radioisotopes, for detectors 1 and 2, respectively. Calibrated distances are
in the boxes in the lower right of each plot. . . . . . . . . . ... .. ..
Energy spectra detected from our Pb samples. The grey lines are the raw
spectra before background subtraction. In black are the background sub-
tracted B~ spectra. Blue lines are the background subtracted spectra re-
binned at 10 keV intervals. . . . . . . . . ..o
Energy spectra for our Au samples. Titles indicate which sample is pre-
sented. v emission features and cascade features can be distinguished. . .
Energy spectra for our Au samples, stacked and focused on the 411.8 keV
peak. Black curves are the Au spectra, and the red dotted curves are the
Gaussian fits. The left and right panels show spectra from Detectors 1 and
2, respectively. . . . ... Lo
Experimentally measured SACS compared to computed total-capture cross
sections from Beer et al. (1997) and other literature values. A zoom-in
panel at 25 keV is shown to display the literature cross sections. At 25 keV,
we find our result statistically consistent with the literature. At 5 keV, we
establish an upper limit. . . . . . . . . . . ... ...
Theoretical MACS values for 2%®Pb at energies from 1 keV to 1 MeV, from
Pritychenko et al. (2010); Chadwick et al. (1996); Chadwick et al. (2011);
Plompen et al. (2025); Iwamoto and Iwamoto (2025); TAE (2022). Com-
puted MACS at 5 keV and 25 keV are shown in grey. . . . . . . .. ...
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